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Preface

It is a pleasure to produce a second edition of High energy astrophysics. Writing
the first edition was great fun and it corresponded rather closely to the lecturing
style in which I had presented high energy astrophysics in the peried 1973-7.
Although I updated the material of the first edition to 1980 when the manuscript
was sent to the press, it still remained in essence a lecture course. The reception of
the book was encouraging and the time is now ripe for revising the contents
considerably in the light of more recent developments and of changing perspectives
about what should be included in an intreduction to high energy astrophysics.
In preparing the revised edition, I have aimed to include a much broader range
of astrophysical topics into the text. Whilst the first edition contained many useful
tools for high enmergy astrophysics, many more examples can be given of their
practical application in asirophysical problems. There is now a need Lo give more
thorough treatments of phenomena such as accretion discs and the astrophysics of
extragalactic radio sources, of active galactic nuclei and of compact objects. For
much of the new material T have taken as a basis my recent review article ‘The new

- astrophysics® which was published in the volume The new physics (Cambridge

University Press, 1989) but again brought up to date.

I have, however, aimed to maintain as many of the positive features of the first
edition as possible. In particular, I maintain the informal style and have no
hesitation about using the first person singular or expressing my personal opinion
about the material under discussion. I will emphasise strongly physical principles
and the discussion of general results rather than particular models which may have
only ephemeral appeal.

My general approach to astrophysics was set out in the first-edition. Physics and
astrophysics have a symbiotic relation. On the one hand, the astrophysical scisnces
are concerned with the application of the laws of physics to phenomena on a large
scale in a Universe. On the other hand, new laws of physics are discovered through
astronomical observations and their astrophysical interpretation. In these ways,
the pew astrophysics, of which high energy astrophysics is perhaps the most
important ingredient, is just as much a part of modern physics as laboratary
physics.

My other aim is similar to that already expressed in the preface to the first

XV



xvi Preface

edition and in my book Theoretical concepts in- physics (Camb_ridge Univer.sit.y
Press 1984, 1986,“1987) and that is to give undergraduates a feeling for what 115

Jike to undertake research at the limits of present understanding. Astrophysics is

fortunate in that many of the fundamental.. prablems can be L}nderstood w:tho;;
a great deal of new physics or new physical COI'-ICC[)(S‘. Thus, the .16)([ r{;a;iy ;
considered valuable as an introduction to the way in which research is cartied ou
i ical confext. .
i g:fi:;?:?i; in preparing the revised edition, it be-came obvious thatht_he
(material could not be contained within one reasonal:_»ly-sszed volume and } av;
therefore, with considerable reluctance, split the texl into two volumcs.. Volume
is concerned with establishing most of the basm. Loiols needed for the high i‘:nerg-ﬂ
astrophysics which can be tried and tested within the S_o]ar Svystem. “{lc "m]
continually make forward reference to the use of these_tools in purely astrop, y:Fah
situations. There is considerable emphasis upon techniques of observations of » ig
enetgy particies and photons, both from t_he §u.rface of the Earth. and from above
the Earth’s atmosphere. Some attention s given to the properties of cosmic ray
particles since these are the only particles which we can detect on Earth w!uch
originate in astrophysical sources outside our own Solar Sy_stem..We have 8 unf.:ql:e
opportunity to understand the behaviour of these p'arnclcs in rf\agm;;}c‘ ei s
through their dynamics in the interplanetary magne?lc field and in-co! lsllaon fls:s
shocks when they encounter the shock wave wi.nch surrounds .the _ ar!;l s
magnetoéphere. In my opinion, this is an area which has not received its, m:f
attention from those astrophysicists who w1$¥1 t{? understand the be‘havmur o
charged particles in the somewhat more exouc cucymstances of active g_a.iac:_c
nuclei and black holes. There is a sirong emphasis upon observation in t ;
volume, my belief being that it is important 1o underst:cmd the observat:onh
limitations which exist in each astronomical wav.’eband in order to assess ;[11 e
feasibility of some of the more demanding obsel"vanons_ whlch. one would certal “y
wish to carry out. I do not shrink from tackling topics vthlch do an‘E nor;n; {1
appear in text books on astrophysics, such as the economies and politics of hig
eni;gyVE?::f }gsﬁz will adopt a much more straightforwa::trd app}'oach 0 tt.m
“traditional” problems of high energy astrophysics — 1 use this term in the “;13;1 in
which it is normally used nowadays, although I would hate to have to try to dehne
it '
Malcolm Longair
Edinburgh, Scotland and Cambridge, Massachusetts, USA.

May 1990.
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High energy astrophysics — two
approaches

11 Introduction - the anthor’s dilemma

There has been a revolution in astronomy and astrophysics over the last
40 years. The prime reason for this has been the opening up of the whele of the
electromagnetic spectrum for astronomica! observations. This revolution would
not have been possible without the development of new techniques for making
astronomical observation both from the ground and from space. Hand in hand
with these developments have been major advances in laboratory physics and the
development of high speed computers. It is the combination of all these factors
which has lead to the enormous advances in the astrophysical sciences.

Among the most important of the new disciplines which have developed through
this exciting period has been that of high energy astrophysics. I would hate to have
to provide a definition of the subject because it is an all-embracing title covering
those areas of research undertaken by astrophysicists, physicists and astronomers
interested in high energy phenomena of all types. Roughly speaking, it is the
astrophysics of high energy processes and their applicadon in astrophysical
contexts. The object of this book is to describe these processes and their
application in astrophysics. There is no question but that this is one of the most
exciting areas of modern astrophysical research and involves some of the most
difficult problems of contemporary physics. A few examples include the study of
massive black holes in active galactic nuclei, the acceleration of high enmergy
particles in astronomical environments, the origins of enormous fluxes of high
energy particles from active galaxies, the physical processes in the imeriors and
environments of neutron stars. In these examples we find processes taking place in
physical conditions which cannot be reproduced in the laboratory. Indeed, in
many cases, the astrophysical environment is the only one in which the problems
can be addressed. The aim of this book is 10 set out the logical sequence of steps
by which the astronomers can address these problems meaningfully.
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2, | High energy astrophysics —iwo approaches

The aim of the astrophysical science is lwo—Folthhe und..e.rstanding of the
application of the laws of physics in the extreme physical cm.)dltlons encounteered
in astronomical systems and the discovery of new laws_of physics from observauo:,l.
This second aspect has a long and distinguished pedigree. For exan:lple, Kf-jplcr 3
discovery of the laws of plapetary motion resulted from Tycho Brahe’s mfa_gmﬁccn;
set of astronomical observations which sel mew standards . of precision an :
reliability. Kepler's laws lead directly to Mewton's law of gravity and his lav\;js 0
motion. Balmer’s discovery of the formula for the wavelengths of the spectral nes
of what we now call the Babmer series of hydrogen m\folvcd‘ SPeCctroscopic
observations of the viofel and ultraviolet lines of h)_rdrogen in white dwarf stars.
These were not observable in the laboratory at that time. The Balmer.formula was
the key to Bohr's theory of the atom and consequently to the u.tEravclhng of atom];c
siructure. Good modern examples of the same process are prfmded by some of _t e
best tests of the General Theory of Relativity which involve astronqnncal
observations. One of the most spectacular of thes_c has been the demonstration of
gravitational radiation 1oss in the case of a binary ?ulsar sys.tem. '.I'hcre are
countiess other examples of astronomical Tibzerv;u?ns leading directly or
indi in fundamental and apphed physics.
mt}ﬁ:: g?l:ﬁ:;ivgf“] fhei title of this section is how to reconcile all of these diﬁ”_eren‘t
demands inte a single text. My own view is th.at, in contemporary astrophys:cs., ft
is as important to understand the means by which the obs!:rvanons are n'1ac.ie as l..t is
to understand the astrophysical tools and the astronomical coniext \?’]thln W_h'lCh
the tools are used. Equally, a firm understanding of the undcr].ym{g physxf:al
principles of all aspects of this story seems to me 1o be e§senha1 if cree;t_lve
astrophysical research is to be undertaken. Ijnave a long-stanc.hng goal of making
the disciplines of astronomy and astrophysics as exact a sx_:mncc as lal_bm"ator);
physics. Equally, it is essential to demonstrate the ﬁrm physmal. under]:)mnmg‘:,l od
all our astrophysical research endeavours. 1 wclmld fike the material to be regarde !

as the natural extension of laboratory phys1-cs o the lal:ger s?ale problems o

astrophysics. I therefore put a great emphas.ls upon de_ahng. with very cn':lnc:l:ctel
physical problems and then looking at thelr_ application in the asirophysica

context. Throughout the text, T will emph.ams_e those aspects of high el;erg_ﬂ
astrophysics in which the astrophysica]‘apphcanous are rcaso_nably secm;;. w!u
try 1o avoid ephemera and exotica and if they have to appear in the text they w1

ignalled. ) _

belil\:r?:{hselsin:;nsideraﬁons which led me originally to approach the subject of hlglh
energy astrophysics through the study of cosmic rays. My rt?asons were very gmphe
and mundane. The cosmic ray particles which we dc‘tect directly on Ealrth, at the
top of the atmosphere and in the interplanetary medinm are the only high energy
particles of genuinely cosmic origin which we can _dn?tr-:ct. /.\5 such thev are
presumably examples or close reiatives of the.reianvlstlc particles and pl{lsmas
which are found in extreme astrophysical env1ro_nmcnts. Of COH!’SC,.COSB'IIC ray
physics is a major discipline in its own right bu_L, in the present text, it should be
reéarded in addition as a vehicle for imroducm_g the techfnques @d processss
involved in high emergy astrophysics. The cosmic tay particles which reach the

1.2 A history of cosmic ray physics 3

Earth from intersiellar space exhibit many of the features of the fluxes of high
energy particles assumed to be present in extraterrestrial sources such as
supernovae, radio galaxies, quasars and active galactic nuclei. [ therefore make no
apology for approaching the subject of high energy astrophysics from a somewhat
non-tradiijonal point-of-view. :

At the same time, we have to describe the astrophysical environment in which
this discussion is to take place and hence we have to provide 2 modern view of
‘conventional® astrophysics. In fact, there is almost no aspect of modem
astrenomy which has not in some way been strongly influenced by discoveries in
high energy astrophysics. I will try to draw out these connections as the narrative
develops. This also means that we have to introduce a wide range of diagnostic
tools for analysing the properties of plasmas and lower temperature gases in
astrophysical environments.

Finally, we should not neglect the social, intellectual and political environment
in which these studies are carried out. In many cases, we will describe very large
and expensive projects which are directed towards answering basic purely scientific
questions. Any big science can easily price itself out of what could conceivably be
funded by any national or iniernational agency. We should not neglect the role of
science, including high energy astrophysics, as part of the intellectual, cultural and
economic life of nations. Scientists are more and more being asked te account for
the expenditure of scarce resources on fundamental sciences and it is & challenge
which should be answered convincingly on the basis of the achievements of these
disciplines and their wide ramifications for technology and society. I will not
shrink from including these aspects in this story.

1.2 Historical perspective I — a history of cosmic ray physics

I make no apology for beginning with a few historical notes about the
history of cosmic ray physics and of high energy astrophysics. This is much more
than simply the recounting of the key events in the history of these disciplines.
Many of the key ideas and experimental procedures have a long and distinguished
history which refiect the insight and ingenuity of the great scientists of the past.
These are our legacy and the foundation of modern scientific practice.

1.2.1  The discovery of sub-atomic particles — 18901910

The story begins in the late ninecteenth century. The unification of
electricity and magnetism in Maxwell’s theory of the eleciromagnetic field was one
of the great triumphs of nineteenth century science. The theory appeared in its full
modern guise in 1864 and much effort was devoted in the succeeding years to
testing it and comparing its predictions with those of other thoeries. The prediction
that light is a form of electromagnetic radiation was fully confirmed by the
ingenious experiments of Hertz more than 20 years later. 1 have told this
remarkable story elsewhere (Longair 1987). From the point of view of the present
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Flan of a, b.

Plan of c and d.

(b} .
Figure 1.1. (@) Crookes' original expeniment in which he demons}rated the pro_je.ctionl
of *molecular shadows” when a vacuum tube {or ‘Crookes tube ') is operated with a high
vacuum. The electrodes ¢ and & can be used as cathodes and fand g as anodes. The
mica screen a had attached to it a fiat plate of uranium glass onto which the shadows of
the stars ¢ and d were projected. (W. Crookes (1879). Phil. Trans. Roy. Soc., 115, 135.)

1 i

1.2 A kistory of cesmic ray physics 5

study, the important point is that the late nineteenth century was a period when
the full ramifications of Maxwell's theory were being explored and experiments in
electricity and magnetism were a major growth area in physics.

Among the most interesting of these experiments were those concerning the
conduction of eleciricity through gases. It was already known in the early
nineteenth century that an electric current can flow through gases at low pressure.
These studies were put on a firm experimental basis by William Crookes who
began his famous series of investigations in 1879. The key to the success of his
programme was the production of good vacuum tubes and high voltages between
the positive and negative electrodes. These technological advances can be
attributed to two great nineteenth century inventors. The first was Geissler who
was an expert glass blower and who made his own vacuum tubes which were
renowned throughout Europe for their high quality. His great invention was the
Geissler pump for evacuating plass vessels to produce excellent vacuz. The second
was Rimhkorff who invented the Riimhkorfl coil which enabled large voltages to
be generated across the electrodes of the vacuum tubes. Typically voltages of a few
thousands volts conld be generated by his devices. These tools were used in many
of the great experiments of the late nineteenth century including the electro-
magnetic experiments of Hertz, Rntgen’s X-ray experiments, Zeeman’s
experiments in which he discovered the splitting of spectral lines and Thomson’s
experiments on the mass-to-charge ratio of the electron.

Crookes tubes glow when a current is passed through the gas and display
beautiful colours and paiterns which made them popular scientific toys. They are
the forerunners of the sodium and mercury arc lights which are used in street
lighting. As the pressure in the tubes was lowered, the glow from the gas
throughout the tube decreased but there remained a glow from the end of the tube
beyond the anode (Fig. 1.1). By placing obstacles in the tube, Crookes
demonstrated that their shadows were prajected onto the end of the tube beyond
the anode. This was convincing evidence that the glow in the tube was caused by
rays emitted by the cathode and these were naturally referred to as cathode rays.
By 1895, it had been shown that the cathode rays could be deflected by a magnetic
field and then, in one of the great experiments of modern science, J. J. Thomson
succeeded in measuring the charge-to-mass ratio, e/m, of the cathode rays in 1897.
In his famous experiment, the cathode rays were accelerated down the Crookes
tube by the electric field between the anode and cathode and the beam could then
be defiected by crossed electric and magnetic fields. An clementary calculation
shows that the defiection produced by the electric ficld alone is a measure of the
quantity (e/mv®) where v is the velocity of the cathode ray between the crossed

(b) Examples of the effects observed in a Crookes tube. The top series of five sketches
shows the phenomena observed as the tube is evacuated. Tn the fifth sketch, the inner
surface of the tube shines with a greenish glow. The last sketch shows the image cast by
a Maltese cross placed in the tube when it is operated under a high vacuum. (From F.
Close, M. Marten and C. Sutton {(1987). The particle explosion, page 23, Oxford: Oxford
University Press.)
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fields which can be found by balancing exactly the electric and magnetic forces
acting on the rays, v = E/B. ) _ : )
This part of the story is well known. What is less well known is the fact that this
experiment was only possibie because of Thomson’s great experimental skill in
being able to produce a better vacuum than anyone else at that time. If there had

- been a significant amount of jonised gas in the tube, jon—electron pairs would bave

neutralised the electric field. The value of ¢/m ‘was found to be about 2000 times
that of the hydrogen atom, the lightest of ail the chemical elements. Thomson
measured independently the charge of the electron ¢ and he inferred that the
cathode rays were particles with mass about 1/1000 that of the hydrogen atom.
This was the discovery of the first sub-atomic particle. Thomson immediately
concluded that there is structure within the atom and that the process of ionisation
and the flow of electric currents were associated with the tiny electrically charged
particles which can be split off atoms. The identification of the cathode rays with
electrons, the particies which were assumed to carry the elementary electric charge,
was complete. Soon after, Thomson weni on to show that the particles emitted in
the photoeleciric effect discovered some years earlier by Hertz, had the same value
of ejm as the cathode rays, confirming the identity of the photoelectric particles
with electrons.

Many physicists experimented with Crookes tubes about this period and among
them was Réntgen. In 1895, he discovered by accident that wrapped unexposed
photographic plates left close to Crookes tubes were darkened. In addition,
fiuorescent materials left close 1o Crookes tubes glowed in the dark. Rontgen came
to the correct conclusion that both phenomena were associated with some new
form of radiation smitted by the Crookes tube and he named these rays X-rays.
This discovery caused an immediate sensation when the first X-ray photographs
showing the bones of the body were published. Overnight, X-rays became a matter
of the greatest public interest and were very rapidly incorporated into the armoury
of the doctor’s surgery. The nature of the X-rays was not clear. They were found
to be more penetrating than the cathode rays since they could blacken
photographic plates at a considerable distance from the hot spot on the Crookes
tube which was known to be their source. Their identification with ‘ultra-
ultraviolet’ radiation was only convincingly demonstrated when, in 1906, Barkla
found that the X-radiation was polarised and. even more convincingly, when von
Laue had the inspiration of looking for their diffraction by crystals in 1912

The association of X-rays with fluorescent materiais led to the search for other
sources of X-radiation, the idea being that other substances known to be
fluorescent might also be sources of X-rays. In 1896 Becquerel tested several
known fluorescent substances before he investigated some samples of potassium
uranyl disulphate. The standard procedure was 10 wrap the photographic plate in
several sheets of black paper, expose the phosphorescent material to sunlight and
then develop the plate to find if it had been darkened by X-rays. Becquerel's
remarkable discovery was that the plates became darkened even when the
phosphorescent material was nol exposed to light. This was the discovery of
natural radioaetiviry. Further experiments in that year by Becquerel showed that
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the amount of radioactivity was proportional to the amount of uranium in the
substance and that the radioactive flux of radiation was constant in time. Another
key discovery was the fact that the radiation from the wranium compounds
discharged electroscopes.

Other radioactive substances were soon identified. Thorium was discovered in
1898 and then followed the Curies’ isolation of polonium and radium, both of
them much stronger sources of radicactivity than uranium. Rutherford's first
publication on radioactivity appeared in 1898 and in it he established that there are
at least two Sseparate components in the radiation emitted by radioactive
substances from a study of the absorption properties of the radiation. The
component which is most easily absorbed he called ¢-radiation (or a-rays) and the
much more penetrating component was called §-radiation (or B-rays). It took
another ten years befors it was conclusively demonstrated that the a-radiation
consisted of what we now know as the nucleéi of helium atoms. In contrast, the -
radiation was quickly shown te have the same mass-to-charge ratio as the recently
discovered electron. y-radiation was discovered by Villard in 1900 as an extremely
penetrating form of radiation emitted in radioactive decays. The y-rays displayed
no deviation in a magnetic field and they became thought of as extremely high
energy X-rays. Fourteen years later, they were conclusively identified as
clectromagnetic waves when Rutherford and Andrade observed the reflection of -
rays from crystal surfaces.

These were the only particles known which could cause ionisation of air. The
characteristic property which distinguished them so far as their ionisation
properties were concerned was their penetrating power. In quantitative terms, they
were distinguished as follows: :

The w-particles ejected in radicactive decays produce a dense stream of
ions and are stopped in air within about 0.05 m. This is called the range
of the particles. We now understand that, in this type of radioactive decay
in which a single species of particle is ejected from the nucleus, the range
of the p-particle is directly related to the difference in binding encrgies of
the parent and product nuclei. .
The B-particles have greater ranges but there is not a well-defined value for
any particular radioactive decay. We now understand that the spread in
range is due to the fact that the electrons are emitted as part of a three-
body process involving the emission of a neutrino as well as an electron.
The y-rays were found to have by far the longest ranges, a few centimetres
of lead being necessary to reduce their intensity by a factor of 10.

1.2.2  The discovery of cosmic rays

The cosmic ray story begins about 1900 when it was found that
electroscopes discharged even if they were kept in the dark well away from sources
of natural radioactivity. The electroscope was a key instrument in many of the
early experiments in radioactivity because the rate at which the leaves of the
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Figure 1.2. (&) Az example of a traditional electroscope. (From F. W. Sears (1958).
Elecivicity and magnetism, page 5, London: Addison-Wesley.} (§) The gold-leafl
eléctroscope developed by C. T. R. Wilson and used by Rutherford in his early
experiments. In Rutherford's words, *A brass cylindrical vessel is taken of about 1 litre
capacity, The goid-leal system, consisting of a narrow strip of gold-leaf L attached to a
flat rod R, is insulated inside the vessel by the small sulphur bead or piece of amber S,
supported from the rod P. In a dry atmosphere 2 clean suiphur bead or piece of amber
is almost a perfect insulator. The system is charged by a light bent rod CC’ passing
through an ebonite cork. The rod C is connected to one terminal of a battery of small
accurmulators of 200-300 volts. If these are absent, the system can be charged by means
of a rod of sealing-wax. The charging rod CC’ is then removed from contact with the
gold-leaf system. The rods P and C and the cylinder are then connected with earth.” The
amount of ionisation was measured by observing the rate at which the charged gold-leaf
sirip L moved towards the rod R as the gold-leaf discharged due to leakage currents
associated with the ionisation. (From E. Rutherford (1905). Radio-activiry, pages 867,
Cambridge: Cambridge University Press.)

electroscope came together provided a measure of the amount of ionisation (Fig.
1.2). The origin of this behaviour was a major puzzle and, as might be expected,
various ingenious experiments were carried out to discover the origin of the ionising
radiation. A good example is this quotation from C. T. R. Wilson (Wilson 1501)

The experiments with this apparatus were carried out at Peebles. The mean rate
of leak when the apparatus was in an ordinary room amounted 1o 6.6 divisions of
the micrometer scale per hour, An experiment made in the Caledonian Railway
tunnel near Peebles {at nighi afier the traffic had ccased) gave a leakage of 7.0
divisions per hour ... There is thus no evidence of any falling off of the rate of
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production of ions in the vessel, although there were many feet of solid rock
overhead.

It was later shown By Rutherford, however, that most of the ionisation was due

to natural radioactivity, either in rocks or from radioactive contamination of the

equipment. Other experiments included a tantalising experiment in 1910 by Wulf
who was responsible for the construction of the best electremeters used by most
workers. He Found that the ionisation fell from 6x10%ionsm™ to
3.5 x 10* ions m™ as he ascended the Eiffel Towet, a height of 330 m. y-rays were
the most penetrating of the ionising radiations known at that time and their
absorption coefficient in air was known. I the ionisation had been due to y-rays
originating at the surface of the Earth, the intensity of ions should have halved in
only 80 m and would bave been negligible at the top of the- Eiffel Tower.

The big breakthrongh came in 1912 and 1913 when first Hess and then
Kolhdrster made manned balloon ascents in which they measured the ionisation
of the atmosphere with increasing altitude. By late 1912 Hess had flown to 5 km
and then Kolhérster by 1914 had made ascents to 9 km, all of these experiments
being carned out in open balloons. These were experiments of the greatest danger
and the great success of the experiments matched the colrage of the experimenters.
It was Hess who discovered the first definite evidence that the source of the ionising
radiation was extraterrestrial. Fig. 1.3(5) is a photograph of him after one of his
successful flights in 1912,

Hess and Kolhorster found the startling result that the average iomisation
increased with respect 1o the ionisation at sea-Jevel above about 1.5 km (see Table
1.1). This is clear evidence that the source of the ionising radiation must be located
above the Earth’s atmosphere. From the observed decrease in the number of ions
a(l) at a distance / through the atmosphere, the attenuation constant o, defined by
n(l} = ny e, can be found. From the data in Table 1.1 it was found that the values
of & correspond to 107 m™ or less. This can be compared with the absorption
cocfficient for the y-rays from radium C, which in air has a value of 4.5 x 1073 m™,
i.e. the y-rays from radium C are at least five times less penetrating than the
ionising radiation which must originate from above the atmosphere. Hess (1912)
made the immediate inference: '

The results of the present observations seem to be mast readily explained by the
assumption that a radiation of very high penetrating power enters our atmosphere
from above, and still produces in the lower layers a part of the ionisation oberved
in closed vessels.

Even at sea-level there is a residual ionisation due to the extraterrestrial ionising
radiation, amounting to about 1.4 x 10 jon pairs m~, '

It was not too much of an extrapolation to assume that the cosmic radiation or
cosmic rays, as they were named by Millikan in 1925, were y-rays with greater
penetrating power than those observed in natural radioactivity. In 1929,
Skobeltsyn, working in his father’s laboratory in Leningrad, constructed a cloud
chamber Lo study the properties of the f-rays emitted in radioactive decays. The
experiment involved placing the chamber within the jaws of a strong magnet so
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(a) ' ib) :
Figure 1.3. The balloon flights of Victor F. Hess, {a} Preparation for one of his flights
in the period 1911-12. (#) Hess after one of the successful balloon flights in which the
increase in jonisation with altitude through the atmosphere was discovered. (From Y.

Sekido and H. Elliot (eds) (19835). Early history of cosmic ray srudies, Dordrecht: D.
Reidel Publishing Company.)

that the curvature of their tracks could be measured. Among the tracks, he noted
some which were hardly deflected at all and which looked like electrons with
energics greater than 15 MeV (Fig. 1.4). He identified them with secondary
¢electrons produced by the ‘Hess ultra y-radiation’. Although the interpretation
was not correct, these were the first pictures of the tracks of cosmic rays.

The year 1929 also saw the invention of the Geiger-Miiller detector which
enabled individual cosmic rays to be detected. The distinctive feature of this type
of counter is that it has a very fast response time so that not only is it possible to
identify individual events but their arrival times can be determined very precisely.
‘We will have much more to say about this type of detector later. The problem in
using such counters is that they are sensitive to contaminating radioactivity. In the
same year, Bothe and Kolhdrster performed one of the key experiments in cosmic
ray physics and in the process introduced the important concept of coincidence
counting to eliminate background events. In their experiment, Bothe and
Kolhdrster recorded the events on film and were able to measure coincidences 1o
about 0.01 s. The object of the experiment was to determine whether the cosmic
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Table 1.1. The variarion of iomisation with altitude
Jrom the observations of Kolhérsier (data from
Hillas (1972))

Difference between observed
Altitude ionisation and that at sea-level
(% 10* ions m™%)

5

0
—1.5
+1.2
+4.2
+8.8

+16.9
+28.7
+44.2
+61.3
+80.4

Lr=T R - N T P L)

radiation consisted of high energy vy-rays or charged particles. By ustng two
counters, one placed above the other, they found that simultancous discharges of
the two detectors occurred very frequently, even when a strong absorber was
placed between the detectors, indicating that charped particles of sufficient
penetrating power to pass through both of them were very common (Fig. 1.5). This
coincidence technique is now standard practice in many different types of cosmic
ray and X and y-ray experiments and we will meet it over and over again.
In the crucial experiment they placed slabs of lead and then gold up to 4 cm thick
between the counters and measured the decrease in the number of coincidences
when the absorber was introduced. The gold block was, in fact, on very temporary
loan from a local bank and its security was a subject of considerable concern. The
mass absorption coefficient agreed very closely with that of the atmospheric
attenuation of the cosmic radiation. The experiment strongly suggested that the
cosmic radiation consists of charged particles. If the cosmic radiation were y-Tays,
the particles detected in the Geiger counters would have had to be secondary
electrons and two separate events would have to take place in the two detectors in-
itiated by a single y-ray. It is most unlikely that such separate secondary electron
events would occur in the two detectors. As they put in their classic paper (1929}):
One can perhaps summarise the whole discussion in a single argument: the mean
free path of a y-ray between two electron egjecting processes would be 1/ = 10 m
in water 1/u =0.9m in lead and 1/p=10.52m in gold for the high latitude
radiation. Hence one can see that 2 quite exceptional accident must be supposed
to happen if two electrons produced by the same y-ray should display the
necessary penetrating power and the corfect direction to suike both counters
directly.

They also showed that the flux of these particles could account for the observed

intensity of cosmic rays at sca-level. Finally, they noted that the particles would
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Figure 1.4. Stereographic images of the first photographic record of the arrival-of a
cosmic ray particle by Skobeltsyn in 1929. The track of the pamde in the cloud
chamber is indicated by the two white and ¢ne black arrows in the upper picture. (From
D. V. Skobeltsye (1985). Early history of cosmic ray studies, eds Y. Sekido and H. Elliot,
page 47, Dordrecht: D. Reidel Publishing Company, 1985.)
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Figure 1.5. The experimental arrangement used by Bothe and Kolhdrster to
demonstrate that cosmic rays are charged particies and not high energy y-rays. Z, and
Z, are Geiger-Milller detectors and 4 is the absorbing siab —lead and gold were used in
the key experiments, (W, Bothe and W. Kolh&rster (1929). Zeitschrift fur Physik, 56,
751; wanslation — A. M. Hillas (1972). Cosmic Rays, page 161, Oxford: Pergamon
Press.)
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" have to be very energetic because of their long ranges in matter. They estimated the

energies of the particles to be about 10°-10"° eV.

1.2.3  Cosmic rays and the discovery of elementary particles

In Section 1.2.1 we took the story of the development of understanding of
the internal structure of the atom and its nucleus up to about 1910. The unraveiling
of the nature of the atomic nucleus continued throughout the period 1910-30; a
particularly significant development being the invention of the cloud chamber by
C. T. R. Wilson. It was soon established that typical nuclei have a mass about two
or more times that which can be attributed to the protons. The commonly held
explanation for this difference was that the pucleus itself was composed of
electrons and protons, the ‘inner’ electrons neutralising the extra protons. The fact
that certain nuclei ejected electrons in radicactive B decays supported this point of
view. Rutherford had speculated in the early 1920s that the neutral mass in the
nucleus might be in the form of some new type of particle, similar to the proton
but with no electric charge. During the 19205 Rutherford and his colleagues,
particularly Chadwick, made a number of unsuccessful attempts to find evidence
for these particles which became known as neutrons.

In 1930, Bothe and Becker in Germany and, in 1932, Iréne Joliot-Curie and her
husband Frédéric Joliot in France discovered that neutral penetrating radiation
was cmitted when light elements were bombarded by «-particles. Both groups
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believed that the radiation was some form of v-radiation. Chadwick guessed that
the penetrating radiation was a fiux of the elusive néutrons. He rapidly performed

a classic series of experiments in which the neutral radiation collided with different

substances, including hydrogen and nitrogen, and then, from the recoil effects of
the collisions between the unseen particies and the ambient gas, he could estimate
the mass of the particles. This measurement of the mass of the neutral radiation
showed conclusively that it could not be y-radiation but rather neutral particles
ejected from the nucleus with mass roughly the same as that of the proton.

From the 1930s to the early 1950s, the cosmic radiation provided a natural
source of very high energy particles which were epergetic encugh to penetrate into
the nucleus. This procedure turned out to be the principal technique by which new
particles were discovered until the early 1950s. The first discoveries came from
extensions of Skobelisyn’s experiments with cloud chambers. In 1930, Millikan
and Anderson used an electromagnet ten times stronger than that used by
Skobeltsyn to study the tracks of particles passing through the cloud chamber.
Anderson observed curved tracks identical to those of electrons but corresponding
to particles with positive electric charge. This discovery was confirmed by Blackett
and Occhialini in 1933 using an improved technrique in which the cloud chamber
was only triggered afier it was certain that a cosmic ray had passed through. They
achieved this by placing Geiger counters above and below the chamber and only
triggering the chamber and the cameras if both counters were triggered
simultanecusly. The chamber could be triggered within about 0.01 s of the passage
of the cosmic ray, In this way, they achieved a very high success rate in
photographing the tracks of cosmic rays passing through the chamber. Biackett
and Occhialini obtained many excellent photographs of the positive electrons. On
many occasions showers containing equal numbers of positive and negative
elecirons were observed. In both sets of experiments, showers containing both
positive and negative eiectrons were created by cosmic ray interactions with the
body of the apparatus.

The discovery of the positive electron or positron coincided almost exactly with
Dirac’s theory of the electron. In one of the great theoretical extensions of
quantum mechanics, Dirac succeeded in deriving the relativistic wave equation for
the electron which not only predicted its spin and magnetic moment but also the
exisience of what we would now call the anfiparricle to the electron, the positron.

There were more surprises in store, however. Anderson noted that there often
seemed to be much more penetrating positive and negative particle tracks in the
cloud chamber pictures. These particles were bent much less than the electrons and
positrons in the magnetic field and displayed little evidence of interaction with the
gas in the chamber. By 1936, Anderson and Neddermeyer were sufficiently
confident of their results to anmounce the discovery of particles with mass
intermediate between that of the electron and the proton. The ‘mesotrons’ as they
were called has mass in the range about 50--400 times the mass of the eleciron, the
best estimate being about 200 m,. This discovery coincided rather nicely with
anocther theoretical prediciion, this time based upen Yukawa's theory of the strong
force which binds neutrons and protons together in the nucleus. According to
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Yukawa's theory, published in 1936, the strong short-range force which binds the
constituents of the nucleus together could be understood in terms of the exchange
of particles about 250 times as massive as the electron. The mesotrons seemed 1o
be remarkably tike the predicted particles. In fact, the particles discovered by
‘Anderson and Neddermeyer, nowadays known as muons, are not the particles
which bind nuclei together. The identification was somewhat unsatisfactory
because the mesotrons showed so little int€raction with the nuclei in the chamber
whereas the exchanpe particle is expected to show a strong interaction with nuclei.
Nenetheless, a new type of particle, the muon, had been discavered.

The same procedures were used immediately after the Second World War by
Rochester and Butler who constructed a new cloud chamber to use with a large
electromagnet obtained by Blackett before the War. In 1947 they reported the
discovery of two cases of particle tracks in the form-of *V's with apparently no
incoming particle. They sugpested, correctly as it turned out, that the Vs resulted
from the spontaneous decay of an unknown particle whose mass could be
estimated from the decay products. One of the particles was neutral and the other
charged and both had mass about half that of the proton. Te obtain higher fluxes
of cosmic radiation, the experiments were repeated at much higher altitudes. Two
years later, the experiments were carried out by Blackett’s group working at the Pic
du Midi Observatory in the Pyranees and by Anderson and Cowan on White
Mountain in California. Many more examples of Vs were found and this class of
particle became known as stramge particles. Both neutral and charged strange
particles were discovered. Most of them had mass about half that of the proton
and are what are now referred to as charged and neutral kaons (K*, K-, K®). There
were a few examples, however, of neutral particles with mass greater than the mass
of the protons —these are now known as lambda particles {A). What puzzied
physicists was their long lifetimes — 10~* and 107" s which is many orders of
magnitude greater than the timescale associated with the strong interactions.

Meanwhile another pewerful tool for the study of particle collisions and
interactions had been developed by Powell at Bristol University. Photographic
plates had played a key role in the discovery of X-rays and radioactivity in the
1890s. As we will discuss in more detail later, photographic emulsions are activated
by the passage of charged particles which leave tracks showing their paths through
the emulsion. Powell, in collaboration with the Iiford company, developed special
‘nuclear’ emulsions which were sufficiently sensitive to register the tracks of
protons, electrons and all the other classes of charged particle which had been
discovered. Powell and his colleagues mastered the techniques of producing thick
layers of emuision by stacking layer upon layer of emulsion which could then be
separated and developed. The result was a three-dimensional picture of the
interactions taking place in the emulsion. Among the first discoveries using this
high precision technique was that of the pion (z) in 1947 which was the particle
predicted by Yukawa in 1936. The photographic emulsions showed clearly the
production of charged pions (n*, n7) in cosmic ray interaciions and then their
decay within a few tenths of a millimetre into muons which subsequently decayed
into electrons {or positrons) and invisible neutrinos (Fig. 1.6). The nuclear
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Figure 1.6. Four examples of the decay of a pion into a muon, followed by the
subsequent decay of the muon into an electron. These processes were discovered by
Powell and his collaborators using nuclear emulsions. (From C. F. Powell, P. H. Fowler
and D. H. Perkins (1959). The srudy of elementary particles by the photographic method,
page 245, Plate B-5, Oxford: Pergamon Press.)
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emulsions enabled the whole sequence of interactions and decays to be studied in
a single photographic image. .

Two more types of particle were discovered through cosmic ray studies, The &~
particie left a clear signature in a bubble chamber photograph recorded by the

-Manchester group at the Pic du Midi Observatory. in 1952, The decay took place

within the cloud chamber and showed a decay chain which ultimately ended up
with the production of a proton. The T particle was discovered by a group of
Italian physicists in 1953.

By 1953, accelerator technology had developed to the point where energies
comparable to those available in the cosmic rays could be produced in the
laboratory. These ‘artificial’ cosmic rays had the great advantage that the beams
could be produced with known energies and directed precisely onto the target.
After about 1953, the future of high energy physics lay in the accelerator
laborafory rather than in the use of cosmic rays. The interest in cosmic rays shifted
10 the problems of their origin and their propagation in astrophysical environments
from their sources to the Barth.

1.2.4  Cosmic ray astrophysics from space and from the ground

The experiments carried out using cloud chambers showed that showers
of cosmic ray particles are often observed. Most of the cosmic ray particles
observed at the surface of the Earth are, in fact, secondary, tertiary or higher
products of very high energy cosmic rays entering the top of the atmosphere. There
had been much work from balloons and from the tops of high mountains but the

" whole subject was revolutionised with the development of rockets and, more

important, satellites which could stay outside the atmosphere for long periods.

The astrophysical study of the origin and propagation of the cosmic ray particles
had to await the 19605 when cesmic ray particle detectors were flown in satellites.
These observations established many crucial facts about the particles detected in
the cosmic radiation. This is the story which we will tell in more detail in the
following chapters but Jet us summarise some of the key results which will have to
be built into our astrophysical picture. First of all, the energy spectra of the
particles are almost exactly the same as the typical spectrum of high energy
particles inferred to be present in both Galactic and extragalactic non-thermal
radio sources. In the region of the energy spectrum which is unaffected (or, 1o put
it technically, unmodulated) by the propagation of the particles to the Earth
through the Solar Wind (£ z 10° eV), the energy spectra of the cosmic ray particles
can be described by

ME)dE=KE™dE

with x = 2.5-2.7. This relation is found to be applicable for protons, electrons and
nuclei with energies in the range 10°-10' eV. The relation of this flux of particles
to the relativistic gas inferred to be present in the interstellar gas is through two
types of observation. First, the synchrotron radiation of cosmic ray clectrons is



—_—

p—— pe—— it e e

18 1 High energy astrophysics—two approaches

detected in the radio waveband and, second, the Galactic Yy-ray emission at
energies E z 100 MeV is attributed to the decay of neutral pions n® created in
collisions betwesn cosmic ray protons and nuclei and the nuclei of atoms, ions and
molecules in the intersteliar gas. The fact thai these very different types: of
astronomy can be brought suceessfully to bear on these problems indicates that the
cosmic ray particies observed at the top of the étmqsphcre are only part of a
population of high energy particles pervading the whole Galaxy.

The chemical composition of the cosmic rays is similar to the abundances of the
elements in the Sun, with some important exceptions, particularly for the light
elements such as lithium, beryllium and boron which appear in relatively high
abundances in the cosmic rays. These observations provide evidence about the
chemical composition of the cosmic rays as they left their sources and also about
the modifications which take place during propagation from their sources to the
Earth. These observations are significant for high energy astrophysics becanse
these are the only parricles which we can detect which have traversed a
considerable distance through the interstellar medium and which were accelerated
in events such as supernovae in the refatively recent past, probably within the last
107 years.

At the very highest energies, cosmic rays are detecied by large air shower arrays
on the surface of the Earth. The arrival rate of the most energetic particles is very
low indeed but particles with energies up to about 10* eV have been detected. One
important puzzle is the origin of these very high encrgy particies. Their arrival
directions seem to be reasonably isotropic and, at these very high energies, these
should not be significantly influenced by the magnetic field in our own Galaxy, It
may be that these very high energy cosmic ravs are of extragalactic origin. The
acceleration mechanism for these particies is uncertain and poses a real problem
for high energy astrophysicists.

1.3 Historical perspective II — the origin of high energy astrophysics

Up till 1945, astronomers could only study the Universe at large in the
optical waveband. Since that time there has been an enormous expansion of the
wavebands available for astronomical study. The new disciplines of radio,
millimetre, infrared, ultraviolet, X and y-ray astronomies combined with optical
astronomy have led to the growth of many new areas of astrophysics. None of.
these developments has been more dramatic than the rise of high energy
astrophysics which barely existed in 1945, The rise of high energy astrophysics has
been intimately connected with the development of astronomy as a whole through
this period which has unquestionably been one of the golden ages of astronomy
and astrophysics.

" What is the reason for this great upsurge in modern astrophysics? To put it at
its very simplest, it is a question of the range of temperatures which are accessible-
for astronomical study. Fig. 1.7(a) shows a plot of the temperature of a black-body
against the frequency (or wavelength) at which most of the radiation is emitted.
Fig. 1.7(k) is a representation of the transparency of the atmosphere to radiation
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Figure 1.7. {a) The relation between the temperature of a black-body and the
frequency (or wavelength) at which most of the energy is emitted. The frequency {or
wavelength} plotted is that corresponding to the maximum of a black-body at
temperature T. Convenient expressions for this relation are:

Voo = IT/K) Hz; A, T=3x1060m K

The ranges of wavelength corresponding 1o the different wavebands — radio, millimetre,
infrared, optical, ultraviolet, X and y-rays — are shown. (5) The transparency of the
atmosphere for radiation of different wavelengths. The solid line shows the height above
sea-level at which the atmosphere becomes transparent for radiation of different
wavelengths. (After R. Giacconi, H. Gursky and L. P. van Speybroeck (1968). Amn, Rev.
Astr. Astrophys., 6, 373. Both diagrams are from M. 8. Longair (1988). The new physics,
ed. P. C. W, Davies, page 94, Cambridge: Cambridge University Press.)
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as a function of wavelength and shows how high a telescope must be placed above
the surface of the Earth for the atmosphere to become transparent to radiation of
different wavelengths.

Until 1945, astronomy meant optical astronomy and Fig. 1.7(a) shows that this
corresponds 1o studying  the Universe in the rather small wavelength interval
300-800 nm, and hence to black-body temperatures in the range 3000-10000 K.
Of course, a somewhat wider range of temperdtures can be studied since bodies at
temperatures outside this range emit some radiation in the optical waveband but

this range of temperatures is a fair representation of the temperatures of most of

the obijects observed at aptical wavelengths. It is from these observations that most
people derive their intuitive picture of the Universe, a picture dominated by stars,
galaxies and hot gas, most of these components emitting at temperatures berween
3000 and 10000 K (Fig. 1.8()).

1.3.1  Radio astronomy

] The first of the new astronomiss was radio astronomy. Radio waves of
extraterrestrial origin were discovered by Karl Jansky in the early 1930s but this
caused no great stir in the astronomicat world. After the Second World War, radio
astronomy developed very rapidly as major advances were made in electronics,
radio techmiques and digital computers. Radio emission was discovered from a
wide range of different astronomicat objects. Some of the radio emission processes
could be associated directly with phenomena observed at optical wavelengths — for
example, the thermal radiation (or, more preciscly, the free—free emission or
bremsstrahlung) of hot electrons from regions of ionised hydrogen — but others
were totally new. The radio emission did not possess the spectrum of the thermal
radiation of hot gas. It was soon established that, in most of the sources, the radio
emission was synchrotron radiation, the emission of ultrarelativistic electrons
spiralling in magnetic fields (Fig. 1.8{a)). Conirary to what might have been
expected from Fig. 1.7(), these radio observations provide information about the
very hottest, indeed relativistic, plasmas in the Universe.

QObservations made in the 19505 established that most of the discrete radio
sources are extragalactic objects and two features were of particular significance.
First, a number of the most massive galaxies known were found to be extremely
powerful sources of radic waves. They are so powerful that it is easy to detect them
as radio sources at cosmological distances i.e. at distances such that the Universe
was much younger than it is now when the radio waves were emitted. Simple
calculations of the amount of energy necessary to power these radio sources
showed that they must contain an energy in relativistic matter equivalent to the rest
mass energy of about 100 million solar masses (i.e. about 10% Mg cf = 2x 10% ).
These galaxies must be able to convert mass of this order into relatmstlc particle
energy. The second key fact is that the radio emission does not generally originate
from the galaxy itself but comes from giant radio lobes which extend far beyond
the confines of the parent galaxy. In the 1960s and 1970s it was established that the
sources of these vast energies are the active nuclei of these galaxies and the
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Figure 1.8. The whole sky as observed in different astronomical wavebands. In each
image, the plane of our Galaxy, the Milky Way, lies along the centre of the image and
the direction of the centre of our Galaxy lies in the centre of each diagram. This form of
projection is known as an Aithof projection and in it equal areas on the surface of the
celestial sphere are preserved but the orthogonality of the coordinate system is distorted
away from the Galactic equator. The coordinate system shown is known as Gaiactic
coardinares. The north and south galactic poles (b = +90°) are the top and bottom of
each diagram. The scale of Galactic longitude runs from 0° at the centre, through

+180° at the lefl of each image and then from 4+ 180° at the right of each image to 360°
{or 0°} at the centre.

Before 1945, only the optical waveband {d} was available for astronomical study. All
the others have been opened up since that time as outlined in the text.

(a) Long radic wavelengths (408 MHz; 73 cm). This image is dominated by the radio
emission of relativistic electrons gyrating in the interstellar magnetic field, the process
known as syrchrotron radiation. The radiation is most intense in the piane of the Galaxy
but it can be seen that there are extensive ‘loops’ and filaments of radio emission
extending far out of the plane. A1 high Galactic latitudes, there is a radio background
component, most af it associated with the Galactic disc and the halo of the Galaxy but
some of it associated with an isotropic component of diffuse radiation. In addition, at
high (alactic latitudes, there are many discrete radio sources, some of which are visible
on this image. The vast majority of these sources are of small angular diameter. Il a
survey of the discrele radic sources is made, their distribution is found to be isotropic
and the integrated intensity of these sources can account for the isotropic background
radiation at long radio wavelengths. (Countesy of Dr Glyn Hastam, Max-Planck-Institut
fisr Radioastronomie, Bonn.}

(b) Millimetre wavelengths (53 GHz; 5.7 mm). This image of the sky was made by the
COBE satellite which made a complete map of the sky at this wavelength. The image is
a differential map in the sense that alt the intensities are measured relative to the mean
temperature of the Microwave Background Radiation at a fixed point in the sky which
has brightness temperature 2.736 K. The colour coding of the temperature scale
corresponds to a difference between the maximurn and minimum temperatures of about
6 mK. The Galactic plane can be seen, the radiation being associated with the free—free
emission (or bremsstrahlung) of extensive regions of jonised hydrogen. The image is,
however, dominated by the ‘dipole’ component which is hottest in the direction
1= 1270°, b = 30° and coolest in the direction { = 90°, b = —60°. The amplitude of this
dipole component amounts to a temperature fluctuation of AT/T & 107%. This can be
wholly attributed 1o the motion of the Earth through the frame of reference in which
the Microwave Background Radiation is 100 % isotropic al a velocity of about
350 km s*L. (Courtesy of Dr M. Hauser and NASA )}



22 1 High energy astrophysics—two appreaches

{c) d}

Figure 1.8. (c and &),

{(¢) For-infrared waveiengrhs (60-100 pm). This image of the sky was generated from
the IRAS all-sky survey and shows the distribution of radiation at 60 pm. The picture
is dominated by emission from the Galactic plane, the radiation being the reradiated
emission of heated dust grains. This map therefore delineates regions in which aciive
star formation is proceeding. In addition, a broad band of radiation can be observed
stretching across the map {rom top right io bottom left. This is the thermal radiation of
zodiaca! dust which is dust lying in the ecliptic plane of our own Solar System and
which is heated by the Sun. (Courtesy of NASA, the Jet Propulsion Laboratory and the
Rutherford- Appieton Laboratory.)

(d) Optical wavelengths (500-600 nm). A painting of the whole sky as observed at
optical wavelengths by M. and T. Keskula of the Lund Observatory, The painting
reproduces accurately the optical images of nebulae and the observed brightnesses of
stars down to tenth magnitude. This image is convincing evidence thai we live in a disc-
shaped galaxy. The nearby dwarf companion galaxies to our own Galaxy, the Large and
Small Magellanic Clouds, are seen in the Southern Galactic Hemisphere at about
Galactic longitudes 290° and 310° respectively. (Courtesy of the Lund Observatory.)

te} f
Figure 1.8. " (¢ and j).

(e) X-ray wavelengths (1-5 keV). This distribution of bright X-ray sources was derived
from the HEAOQ-1 survey of the X-ray sky. The image shows the distribution of
different types of X-ray source seen among the brightest objects. There is a
concentration of the brightest sources towards the plane of the Galaxy and towards the
Galactic Centre but at high galactic iatitudes the distribution of sources is isotropic
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extended sources result from the expulsion of this energy from the nuclei in the
form of jets of relativistic plasma.

These discoveries revealed a major new component of the Universe which had
been previously unrecognised — relativistic plasma. It is present in all galaxies and

‘in intergalactic space. Of particular. interest from the perspective of our approach

to high energy astrophysics is the fact thai the cosmic rays which we measure at
the top of the atmosphere are a sample of the relativistic plasma present in the
interstellar medium of our own Galaxy. These astronomical discoveries were the
touchstone for the explosive growth of high energy and relativistic astrophysics
over the last 25 years. The basic result of these new discoveries was that the energy
demands and the timescales over which the energy had to be released were so
extreme that conventional astrophysical sources of energy, in particular nuclear
energy, were inadequate and relativistic phenomena associated with compact
energy sources had to be investigated in detail.

The study of these radio sources led to further discoveries. Amongst the earliest
of these was the fact that supernovae, or exploding stars, are very powerful sources
of relativistic plasma. The study of the radio galaxies led to the discovery in the late
1950s of a class of galaxies known as N-galaxies which have very bright star-like
nuclei in which there is a great deal of high energy activity as demonstrated by the
observation of strong, broad emission lines in their spectra and their strongly
varying optical continuum radiation. The culmination of these studies was the
discovery of the guasi-siellar radio sources, or quasars, in the early 1960s, in which
the starlight of the galaxy is completely overwhelmed by the intense non-thermal
optical radiation from the nucleus. In some cases, the optical emission from the
nuclear regions can be more than 1000 times greater than that of the parent galaxy
(Fig. 1.9). These objects and their close relatives, the BL-Lacertae or BL-Lac
objects, which were discovered in 1968, are the most powerful energy sources
known in the Universe. Because of this, these objects can be observed at very great
distances and provide important diagnostic tools for cosmology. The most distant
quasars now known emitted their light and radio waves when the Universe was less
than one-fifth of its present age. Because they can be observed at such great
distances, the quasars can provide important information about the way in which

high energy astrophysical activity in galaxies has changed as the Universe grows
older.

within the jimits of the available statistics. There is, in addition, an intense background
component of diffuse X-ray emission. Its origin is as yet uncertain but discrete sources
such as active galaxies must make up a significant fraction of the background. (Courtesy
of NASA)

(f} y-ray wavelengths (70 MeV-5 GeV}. This map of the y-ray emission from the
Galactic plane was made by the COS-B satellite. The emission consists of, diffuse y-ray
emission from the interstellar gas, most of it probably associated with y-rays produced
in the decay of n° particles generated in collisions between cosmic ray protons and
nuclei and the interstellar gas. In addition, 25 discrete sources of y-rays have been
detected including the pulsars in the Crab and Vela supernova remnants and the quasar
3C 273. (Courtesy of Dr K. Bennett and the European Space Agency.)
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Figure 1.9. The quasar 3C 273. This deep image taken by Dr Halton Arp shows the
quasar and its famous jet pointing towards the bottom right-hand corner of the image.
The faint smudges to the south of the quasar are galaxies at the same distance as the

quasar. {H. A. Arp (1981}, Opiical jets in galaxies, eds B. Battrick and J. Mort, page 55,
ESA Publications SP-162.)

As studies of active galactic nuclei were mushrooming in the 1960s, two other
great discoveries were made in radio astronomy. The first was the discovery of the
Microwave Background Radiation by Penzas and Wilson in 1965. Subsequent
studies showed that this radiation is remarkably isotropic in the sense that it has
the same intensity in all directions on the sky to a very high degree of precision
{Fig. 1.8(b)) and has an almost perfect black-body spectrum (Fig. 1.10). This
radiation 1s the cool remnant of the equilibrium radiation spectrum formed early
in the hot, dense phases of the expanding Universe.

The second was the discovery of pufsars. In 1967 Bell and Hewish constructed
a radio telescope to study very short timescale fluctuations imposed upon the
intensities of compact radio sources by density fluctuations in the interplanetary
plasma streaming out from the Sun, what is known as the Solar Wind. Early in
these studies, sources consisting entirely of pulsed radio emission with very stable
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Figure 1.10. The spectrum of the Microwave Background Radiation as measured by
the Cosmic Background Explorer (COBE) in the direction of the North Galactic Pole.
The error boxes on each point are | % etrors. The best fitting black-body curve has

radiation ternperature 2.735+ 0.06 K. (Mather er al. {1990). Aswrophys. J., 354, 37-41.)

periods of about 15 were discovered. They were soon identified conclusively as
rotating, magnetised neutron stars and thus provided the first definite proof of the
existence of these highly compact stars in which the central densities are as high as
102 kg m™*. A key point from the perspective of relativistic astrophysics was the
fact that solar mass objects had been discovered with radii within a factor of 3 of
the Schwarzschild radius of solar mass black holes. Thus, in these compact objects,
general relativity is no longer simply a small correction term to the equations of
motion. The effects of general relativity are strong and these objects provide
laboratories for the study of matter in strong gravitational fields.

1.32  X-ray and y-ray astronomy

X-ray astronomy can only be carried out at very high altitudes because of
photoelectric absorption of X-rays by the atoms and molecules of the Earth's
atmosphere {see Fip. 1.7(5)). Thus, it was only after rockets capable of lifting
scientific payloads above the atmosphere became availabie that the exploration of
the X-ray sky was possible. These rocket flights provided only about five minutes
of observation above the atmosphere but this was enough, even in the first rocket
flights of 1962 and 1963, to show that the X-ray sky was rich for astrophysical
study. As in the case of the radio waveband, the sources which were first observed
had not been predicted by astrophysicists. Amongst the earliest detections in the
1-10 keV waveband were the supernova remnant the Crab Nebula, the nearby
radio galaxy M87, a number of stellar X-ray sources, which seemed to be highly
variable, and the diffuse X-ray background radiation.
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The full scope of X-ray astronomy became clear in the early 1970s with the
launch of the first dedicated X-ray satellite, the UHURU satéllite Observatory,

which mapped the X-ray sky and provided systematic monitoring of variable X-'

ray sources {Fig. 1.8 (). Some remarkable discoveries resulted from this mission.
The variability of some of the Galactic X-ray sources was found to be due to the
fact that the compact X-ray cmitter is a member of an eclipsing binary star system.
In a number of these cases, the X-ray binaries were found to contain *pulsating’
X-ray sources and these were soon identified with magnetised rotating neutron
stars but, in the cases of the X-ray sources, the source of energy is the infall of
matter transferred from the primary star, the process known as accretion. The X-
ray emission is basically the thermal emission of very hot gas heated up as it falls
onto the magmetic poles of the neutron star. In the case of the pulsating X-ray
sources, the inferred masses are consistent with their being neutron stars but,
intriguingly, there are & few X-ray sources in which the mass of the invisible
secondary is inferred to be greater than the upper limit for stable neutron stars.
These are all candidates for dlack holes in binary systems and as such are objects
of the greatest astrophysical interest.

In extragalactic astronomy, the nuclei of active galaxies were found to be intense
and often variable X-ray sources. It is likely that this emission is associated with
the emission of ultrarelativistic gas generated close to the nucleus itself but the
precise nature of the emission is not clear. One class of extragalactic source in
which the emission processes are understood is the X-ray emissions of diffuse hot
gas in clusters of galaxies. The mass of the cluster forms a deep gravitatioﬁal
potential well in which the gas must be very hot if it is to form a stable extended
atmosphere. This is what is observed in a number of great clusters. The X-ray
emission is extended, filling the core of the cluster and the gas responsible for the
emission has temperature in the range 10°-10° K. The emission process is thermal
free-free emission (or bremsstrahlung) as is confirmed by the observation of very
highly ionised iron lines from the intracluster gas.

In 1978, the Einstein X-ray Observatory was launched. It provided the first high
resolution images of many X-ray sources and made very deep surveys of small
areas of sky. Many different classes of astronomical object were detected as X-ray
sources including regions of star formation and normal galaxies. Perbaps most
significant of all was the fact that X-ray emission was detected from all types of star
and not just from the binary X-ray sources where there are special reasons why
there should be strong X-ray emission.

y-1ay emission from the plane of our Galaxy was first detected by the QSO I
sateliite in 1967, This was foliowed by the SAS-2 satellite which discovered the
diffuse y-ray background and by the COS-B satellite which provided a detailed
map of the Galactic y-ray emission and discovered about 25 discrete y-ray sources.
These included the pulsars in the Crab and Vela supernova remnants and the
quasar 3C 273, The y-ray image of the sky is dominated by the emission from the
Galactic plane (Fig. 1.8(f)). At high photon energies, & > 100 MeV, the principal
emission mechanism is the decay of neutral pions generated in collisions between
the muclei of atoms and molecules of the interstellar gas and cosmic ray protons
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and nuclei. At Jower energies, non-thermal processes, in. particular inverse
Compton scattering and bremsstrahlung, can make important contributions to the

"background y-ray emission.

The first evidence of y-ray line emission came from balloon observations in the
early 1970s by the Rice University Group. In 1377 definitive observations of the
electron—positron annihilation line at 511 keV in the direction of the Galactic
Centre were made by Leventhal and MacCallum in balloon observations. Since
then observations have also been made of the 1.809 MeV line of radioactive *Al
by the HEAQO-C satellite, this line also being detected from the direction of the
Galactic Centre. Another unexpected discovery was that of y-ray bursts which
were detected by the US Vela and also by Soviet satellites. Over 100 of these events
have now been observed over the last ten years but their nature is not yet
established.

Very high energy y-rays (g = 10'% ¢V} have recently been detected by a
remarkable ground-based technique. vy-rays of these energies initiate small
electron-photon cascades in the upper atmosphere. The electrons are of such high
energy that their velocities exceed the speed of light in air and consequently they
emit optical Cherenkov radiation. The optical light emitted by these showers is
detected at sea-level by simple telescope arrays. Several well-known sources,
including Cygnus X-3, Hercules X-1 and the Crab pulsar have been detected as y-
ray emitters at about 10* eV, An important result claimed by the Durham group
is the discovery of a 12.6 ms pulsar at y-ray energies in the binary X-tay source
Cygnus X-3. Finally, at even higher y-ray energies, ¢ = 10 eV, the Kiel and Leeds
University groups have claimed to detect y-rays from Cygnus X-3 using ground-
based cosmic ray air-shower detector arrays. At these very high energies, the fluxes
of y-rays are very low indeed, typically only about one y-ray per month being
detected by the Haverah Park team.

1.3.3  Ultraviolet and infrared astronomy

As soon as observations from above the atmosphere became possible, one
of the obvious developments was the extension of the classical techniques of
optical astronomy to the ultraviolet spectral regions, 120-320 nm. Ultraviolet
spectrographs were flown on rockets in the mid-1960s and were followed by the
series of orbiting astrophysical observatories culmirating in the launch of the
Iniernational Ultraviolet Explorer (IUE) in 1978.

As expected, a wide range of hot objects could be studied but perhaps of most
Importance was the fact that a wide range of the common elements could be
studied because their strong resonance transitions fall in the ultraviolet spectral
region. Active galaxies and quasars are particularly strong emitters in the
ultraviolet waveband because the non-thermal radiation in the nucleus observed in
the optical waveband extends to far-ultraviolet wavelengths. This continuum
radiation excites a wide range of ions and atoms which emit strong resonance lines
in the ultraviolet waveband. These iines have proved to be particularly valuable
diagnostic tools for the astrophysics of active palactic nuclei.
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The waveband 120-300 nm has now been extensively studied spectroscopically
by the TUE but the shorter ultraviolet wavelengths, X < 120 nm, remain relatively
unexplored. There are two reasons why thisis a difficult waveband for astronomical
observations. First, there is the problem of constructing an efficient telescope
because most materials are strongly absorbant for normal incidence optics at
wavelengths shorter than about 120 nm. Second, the interstellar pas is expected to
be opaque to radiation of wavelength less than 91.2 nm corresponding to the
wavelength at which the Lyman continuum begins, and this restricts.the targets
available for study. Fortunately, it appears that the intersiellar medium is
sufficiently clumpy for there to be ‘holes " through which the more distant Universe
can be observed.

The development of infrared astronomy has been largely determined by the
availability of detector materials for the wavelength range 1 pm—i mm. There are
certain wavelength ‘windows’ which can be successfully exploited from the surface
of the Earth in the ranges 1-30 wm and 350 pm-1 mm (see Fig. 1.7(f)). In the
range 30-350 pm, however, the Earth's atumosphere is opaque and observations
can only be made from high flying aircraft, balloons and satellites.

The distinctive problem to be overcome in infrared astronomy is the fact that the
telescope and the Earth’s atmosphere are sirong thermal emitiers of infrared
radiation. For example, the radiation of a black-body at room temperature, say
300 K, peaks at a wavelength of about 10 pm. Therefore, normally, the strength of
the signal from an astronomicai source is very much weaker than the background
due to the telescope and the atmosphere. i

Besides the ability to study cool objects in the temperature range roughly
30001 K, therz are two other important features of the infrared waveband. First,

there is a great deal of dusr in the interstellar gas in galaxies but the dust grains .

become transparert in the infrared waveband and hence it is possible to look deep
inside regions which are obscured at optical wavelengths. Second, at wavelengths
longer than about 3 pm, dust grains become strong emitters rather than absorbers
of radiation. They emit more or less like little black-bodies at the temperature to
which they are heated by the radiation they absorb. They do not radiate at shorter
wavelengths because, if the grains were heated to temperatures greater than about
1000 K, they would evaporate.

The first complete survey of the far infrared sky was carried out by the Infrared
Astronomical Satellite (IRAS) in 19834, It revealed intense emission from regions
of star formation in our own Galaxy and nearby galaxies as well as a host of new
detections of stars, galaxies, active galaxies and quasars (Fig. 1.8(c)).

1.3.4  Neutral hydrogen and molecular line astronomy

One of the greai predictions of modern astronomy was made during the
Second World War by van de Hulst who worked out which emission and
absorption lines of atoms, ions and molecules might be detectable from
astronomical sources in the radio waveband. The most significant prediction was
that nentral hydrogen should emit line radiation at a wavelength of about 21 cm

T
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because of the minute change in energy when the relative spins of the proton and

 electron in a hydrogen atom change. Although this is a highly forbidden transition

with a spontaneous transition probability for a given hydrogen atom of only once
every 12 million years, there is so much neuiral hydrogen present in the Galaxy
that it should be detectable. In 1951, the 21 cm line of neutral hydrogen was
discovered by Ewan and Purcel! and it has proved to be one of the most powerful
tools for diagnosing not only the properties of the intersteilar gas but also the
dvnamics of galaxies since the line is so narrow that it provides an excellent
measure of the velocity fields inside galaxies.

Moiecules had been known to exist in the interstellar medium from the
absorption bands seen in the optical spectra of stars. The real significance of
molecular line astronomy only became apparent, however, with the development
of high precision radio telescopes and line-receivers working in the centimetre and
millimetre wavebands. In 1967, the hydroxyl radical, OH, was first detecied by
radio techniques. In many ways, this was an unexpected detection because the
signals were very strong indeed and variable in intensity. In fact, the inferred
temperature of the source regions was greater than 10° K, indicating that some
form of maser action must be pumping the epergy levels of the molecules. As in
cases of masers and Jasers, the populations of the energy levels of the molecules
must be far from equilibrium in such & way that enormous intensities in the lines
are observed, far exceeding those expected from the thermodynamic temperature
of the source region.

Spon, many more molecules were discovered through their molecular line
emission in the centimetre, millimetre and sub-millimetre wavebands, including
species such as ammonia, water vapour and even ethanol. Most of the molecular
Iines which have been discovered are associated with the rotational transitions of
malecules, linear molecules with up to 11 carbon atoms having now been détected.
The importance of these studies is that they have led to the development of the new
discipline of interstellar chemistry. For the molecules to survive, it is essential that
they should be shieided from the intense interstellar ultraviolet radiation. It is
therefore not surprising that they are found in Jarge abundances in dusty star-
formation regions into which ultraviolet radiation cannot penetrate. These
observations are of special importance because star formation is one of the key
areas of contemporary astronomy which is most poorly understood.

1.3.5 Optical astronomy

It is perhaps ironic that a survey of developments in modern observational
astropomy should end rather than begin with the oldest astronomical discipline ~
optical astronomy. We first note the preat technical developments in instrumental
technique which have taken place over-the last 20 years. Until 1945, essentially all
astronomy was undertaken by photographic techniques. The period 1960-90 has
seen the gradual replacement of photographic plaies by electrooptical detectors.
Photographic plates typically have a quantum efficiency of only a few per cent so
that most of the light incident upon the plate is not detected. The most recent
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electronic detectors such as charge-coupied devices (CCDs) have gquantum
efficiencies of about 60-70 % at the red end of the optical spectrum ($00-1000 nm).
Furthermore, detectors such as CCDs have a linear response to the intensity of the
incident radiation whereas photographic plates are non-linear in the sense that
they saturate at high brightness levels. :
. The preat advance represented by these new devices is that nowadays

astronomers deal directly with digital data and can perform much more readily
procedures such as sky subiraction and intensity and wavelength calibration of
their data. This development would not have been possible without the continued
development of electronic computers. Nowadays, it is routine to deal with arrays
of, say, 1000 x 1000 picture elements and each element can be separately processed
by computer. This has resulted in 2 great increase in the quantity and quality of
the data which the astronomer can study astrophysically. The only present
" limitation in the use of these eiectrooptical devices is that they have only a small
field of view. Thus, the photographic plate still has advantages when very wide
field images or very long-slit spectra have to be obtained.

What is the present status of optical astronomy in the era of the new
astrophysics? There is no guestion but that it continues to play a central role in afl
astrophysics. The fundamental reason for this is that a large fraction of the matter
in the Universe is locked up in stars with masses within about a factor of 10 of that
of the Sun and these emit a large fraction of their energy in the optical waveband.
Since they have long lifetimes, they are the most readily observable objects in the
Universe. The stars are assembled inio galaxies and these are the basic building
blocks of the Universe. Furthermore, the evolution of stars is one of the most
exact of the astrophysical sciences and so stars provide among the best probes of
the evolutionary history of any stellar system.

Thus, whenever observations are made in the new wavebands, it is important to
relate the objects detected to what is observed optically in the same region of
spéce. One particularly important aspect of the procedure of associating optical
objects with objects detected in other wavebands is that very often distances can
only be estimated from optical observations, for example from the properties of
the associated star or the redshift of a galaxy. The key point to be appreciated is
the richness of the optical spectrum in emission and absorption features,

1.3.6  Theoretical astronomy

Unguestionably the years since 1945 have been one of the most exciting
periods in theoretical astronomy. There are three points which are worth noting.
First, the theoretical developments have been largely stimulated by the great
observational discoveries of the period. What I find particularly striking is the
completely new range of astrophysical tools which have had to be developed by
theoretical asironomers before the interpretation of the observations can be
undertaken. All the discoveries of the new .astronomies have resulted in entirely
new pieces of theoretical astrophysics and these, in turn, have deepened our
understanding of the behaviour of matier in- circumstances which are not found
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within terrestrial laboratories. Some obvious examples are the interiors and en-
vironments of neutron stars, the nuclei of galaxies, X-ray emission from accretion
processes in X-ray binaries and so on. 1t is questionable whether or not advances
in understanding general relativity would have been so rapid without the stimulus
of active galaxies and the discoveries of modern astrophysical cosmology.

A second important feature has been the use of high speed computers in
essentially all aspects of theoretical astrophysics. This has been of special
importance in some of the most exact of the astrophysical sciences. An excellent
example is the study of the internal siructure and evolution of stars. The
development of powerful computer codes for stellar models has resulted in precise
predictions of the surface properties of most classes of star. Detailed comparison
between theory and observation is now possible and is leading to more and more
precise understanding of the processes of stellar evolution. This is, however, but
one example and it is fair to say that, in essentially all branches of modern
astrophysics where well-defined astrophysical problems have been formulated,
theorists have provided the observers with good predictions which enable sensible
astrophysical questions 1o be asked.

The third aspect is the impact of advances in theoretical physics npon theoretical
astronemy. Essentially all the major advances in theoretical physics have had an
important impact upon some aspect of astronomy. The importance of nuclear
phiysics in understanding the processes going on in the centres of stars is obvious.
But there are many perhaps less obvious examples— superconductivity and
superfluidity in the centres of neutron stars, the role of the electroweak theory of
elementary particles in understanding how the energy of collapse may result in a
supernova explosion, the role of plasma physics in understanding the dynamics of
clouds and jets of relativistic particles. It is remarkable how many of these theories
are playing a role in modern astrophysics and by extension how these new
applications provide further tests of the theory. We will find numerous examples
of this as the story unfolds.

In a spectacular example of the inverse process, Hawking’s discovery of the
evaporation of biack holes by radiation is a fundamental piece of theoretical
physics which developed from astronomical and cosmological studies. The most
ambitious of these endeavours is the application of Grand Unified Theories of
elementary particles and quantum gravity to the very earliest phases of the hot big
bang. The relevant energies are so high that these theories can probably only be
tested by using the very early Universe itself as a laboratory for ultrahigh energy
physics. The fact that these ideas are being taken seriously by the best workers in
the field is some measure of the advance in understanding and ambitions of
asirophysicists in the 1990s.
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1.4 Units, basic definitions and wavebands
1.41 ST units

We will use SI umits thronghout this text, although this is not at all
common praciice in the asironomical kLiterature. Historically, astronomers and
high energy particle physicists have used convenient non-S1 units and, indeed,
many professionals will not recognise some of the units we will employ! For

cxample, the Literature is full of ergs, pauss, janskies, etc. as well as specifically.

astronomical terms such as astronomical units, parsecs, magnitudes, colours, etc.
The SI units are not always the most convenient units to use since they may result
in enormously large or small numbers. Unfortunately, there is little likelihood of
standardisation in the near Future and one just has to learn to live with it. My
policy is as follows. All formutae and derivations will be given using strict SI units
and, wherever possible, T will quote numerical values in ST units. I will relax my
procedures slightly when observational results are quoted but relate the units to 51
units where appropriate. 1 will introduce non-standard units at the appropriate
points in the text. It is, however, useful te pull all of them together in one place and
these are displayed in Table 1.2.
Energies will play an important part in the story which follows. Normally,
_particle energies are quoted in eleciron-volts (eV) with the usual ST modifications
for greater orders of magnitude:
1 kiloelectron-volt = 1 keV = 10% eV,
1 megaelectron-volt = 1 MeV = 10° eV,
1 gigaelectron-volt = 1 GeV = 10° £V,
1 teraelectron-volt = 1 TeV = 1012 &V,
1 petaelectron-volt = 1 PeV = 10" eV,
1 exaelectron-volt = 1 EeV = 10¥% ¢V, etc.
The following conversion factors will also be found to be very useful:
(proton rest mass) x ¢ = m, ¢* = 938.3 MeV = 10* eV = 1 GeV
(electron rest mass) x ¢ = m, ¢* = 0.511 MeV = 5x10° eV = 0.5 MeV
16V =1602x10"*]=1602x10"erg
Other useful energy conversion factors for photons are as follows:
E=hv=he/h=1.2399/% = 4136 x 107y eV
where the frequency v is measured in hertz (or cycles 7} and the wavclcngths Ain
microns {i.e. 10-°m or 10° nm}. Although it is usual to use angstroms (A) as
wavelength units in astronomy, I will prcfer to use microns or micrometres (um)
and nanometres (nm), recalling that t A=01nm = 10" .
Very often, we will be interested in the radiation from hot bodies and then a
useful conversion factor is:
E=kT=1380x105TJ = §.617 x 10T ¢V

where the temperature T is measured in degrees Kelvin,
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Table 1.2. Physical constants

Velocity of light
Gravitational constant
Planck’s consgant
Electron charge

Mass of electron

c=2997925x 10 m 5!
G=66726x 107" Nm? kg™
2nh=h=66261x10% 5
e=1.6022x10"C
m, = 9100 x 10~ kg
Mass of proton m, = 1.6726 x 107* kg
Boltzmann’s constant k= 13807 =10~ JK*
Gas constant R=8315J K mol™*
Avogadro’s number N, = 6.0221 x 10* mol™*
Permittivity of free space g, = 8.8542x 107 CEm™* N™?
Permeability of free space Po=dnx 107 Hm™
Fine structure constant (& = e*/4mne, #ic) o =7.297x 10
o = 137.04

Classical electron radius (r, = ¢*/4ne, m, %)

Magnetic moment of 1 Bohr magneton (i, = eh/dnm,)
Radiation density constant {(z = 8n%k*/15c°A%)
Stefan—Boltzmann constant (o = ac/4)

r,=2.818x 107" m
fp=92M4x107% 1T

a = 7.5660 x 107 Jm=2 K~*
a=56705%108Wm2K™*

.. Luminosity of Sun (L)

Astronomical units

1 astronomical unit (AU) = 1496 x 10" m
1 parallax-second (parsec, pc) = 30856 % 10" m
I light year (ly) = 2.4605 x H0"* m

1 sotar mass (M)
1 solar radius (R)

= 1.989 x 10" kg
= 69598 x 10 m
=390 x |(*W

1.4.2  Special relativity, four-vectors and basic energy relations

Everyone has their own favourite conventions for calculations in special
relativity. Throughout this book, T use the potation and conventions for special
relativity as presenied by Rindler in his excellent book Essential relarivity (1977).
According to his conventions, the Lorentz transformations are written:

x' =y(x—VD
Y=y
. Ly

= y(t—Vx/c?)
where the Lorentz factor v is defined to be

y={1-Fct (1.2)
¥ is the relative velocity of the inertial frames of reference S and S”. The velocity
of light is always written explicitly in all calculations. The components of four-

vectors are defined to correspond to the components of the primitive displacement
four-vector R which is taken to be the quantity

R=[x,y.z1 (1.3)
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The norm of the four-vector is then the quantity
norm{R) = ¢*?—x®—yt—z* ' (14

and is a Lorentz invarant in any inertial frame of reference. The components of

other four-vectors are defined to be the quantities which transform like x, y, z, t.
In this way, it is possible to define: ’ i - :
Four-velocity U = [yu,, va,. yu,. 7]
Four-momentum P =m, U = [ymyu,., ymyu,, yrm,u,, vm] (1.5)
Four-frequency K = [fik, Ain/c*]
and so on. For more details of the derivations of the forms of these and other four-
vectors and their uses, the reader may consult Rindler’s text or my own version in
Theoretical concepts in physics (1984).

It is useful to recall the various types of energy which we will meet in dealing
with relativistic particles. We will deal with the rotal energies, kinetic energies and
momenta of particles. We recall the standard results. If m, is the rest mass of the
particle, v its velocity and ¢ the velocity of light,

Total energy = (rest energy +kinetic energy) = ym,¢*

Kinetic energy = total energy —resl mass energy = (v—1m, c®

Relativistic three-momentum p = ymy
We will try to use these formulae in their proper relativistic form as often as
possible. However, the limiting non-relativistic and ultrarelativistic forms are
frequently nesded.

In the ron-relativistic case, vice €1,v—1

Kinetic energy = im, v*
Non-relativistic three-momentum = m, v
In the wltrarelativistic case, v » 1, v = ¢, we find
Total energy = Kinetic energy
Kinetic energy = ym,c*
Relativistic three-momentum = ymy,c
Total energy ~ kinetic energy = (relativistic three-momentum) ¢

1.4.3  Astronomical wavebands

All accessible astronomical wavebands will contribute essential infor-
mation to the story we have fo tell and so it is useful to define what is
conventionally meant by these wavebands. The nomenclature is a mixture of
history, tradition, instrumental technique and the influence of the atmosphere and
ionosphere upon the detectibility of extraterrestrial sources of radiation. As a
result, the boundaries between wavebands are often somewhat fuzzy.

Radio waveband 3 x10° <v < 3x10"°Hz; 3 MHz < v < 30 GHz;
IMm=izlcm

The first radio astronomical observations were made at metre wavelengths but, as
radio technology developed through the 1960s and 1970s, observations became
possible up to the shortest centimetre wavelengths. In these wavebands,
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Figure 1.11. The transmission of the alimosphere as a function of wavelength in the
infrared and sub-millimetre wavebands. The precipitable water vapour content of the
atmosphere is assumed to be 1 m. {Courtesy of the Royal Observatory, Edinburgh.)

observations are made with a single radie antenna or with a number of them
combined into arrays which use the principle of aperture synthesis to provide high
angular resolution images. At the low frequency end of this range, 1-10 MHz,
observations of extraterrestrial sources become very difficult because of the
refiection of radio waves by the plasma of the iomosphere. Observations are
difficult at these wavelengths although there are certain favourable sites close to the
auroral zones at which the sky can be observed. Even if the telescope s located
above the ionosphere, observations at frequencies lower than about 1 MHz are
difficult because of the same plasma reflection effects occurring in the interplanetary

and interstellar plasma. The upper frequency end of the radic waveband merges
into the miltimetre waveband.

Millimetre and sub-millimetre waveband 3 x 10" g v 3% 10" Hz,
30 GHz < v < 3000 GHz; 10> A= 0.1 mm

Millimetre wave astronomy is similar in many respecis to radio astronomy but
there are importani astronomical and technical differences. A distinct astronomical
feature of these wavebands is the presence of a wealth of molecular lines in cool
sources. The technology of the detectors is also different in that solid state mixers
and bolometric detectors are used for heterodyne and continuum receivers. The
transparency of the atmosphere varies dramatically with wavelength in this
waveband (Fig. 1.11}. At wavelengths less than about 1 mm, there are very strong
absorption bands due to water vapour, carbon dioxide and other molecules in the
atmosphere. The transparency of the atmosphere is particularly sensitive to the
amount of water vapour in the atmosphere. Te have a reasonable chance of
making observations at wavelengths less than 1 mum, it is essential to observe from
a high, dry site. Thus, a site such as Mauna Kea in Hawaii at 4200 m is ideal for
observations in the sub-millimetre waveband (1 < A < 0.1 mm) where it is found
that there is less than about 1 mm of precipitable water vapour about 35% of the
time. Notice, however, that there are only a few windows available in the sub-
millimetre waveband at 0.8, 0.65, 0.45 and 0.35 mm. To make observations in the



36 1 Higk energy astrophysics —iwo approaches

other parts of the waveband, it is necessary to make observations from above the
Barth’s atmosphers, either from high fying aircraft, such 4s the Kuiper Airborne
Observatory or from satellites.

Infrared waveband 3x 10 € v < 3x 10" Hz; 100 > > 1 ym

There is a distinction between those parts of the infrared waveband which can be
observed from high ground-based sites and those which can only be successfully
observed from above the Earth’s atmosphere. Fig. 1.11 shows the transparency of
the atmosphere in the waveband 1 < & < 100 pm ip which it can be seen that there
are ‘windows’ at a number of wavelengths. The centres of these windows are at
wavelengths of 1.2, 165, 2.2, 3.5, 5, 10, 20 and 30 pm The last two windows are
only accessible from high, dry sites and even observations at 10 pm are often
difficult except under the best observing conditions. Observations outside these
windows have to be undertaken from balloons, high flying aircraft or satellites.
There is thus a complementarity between the types of observation attempted from
the ground and from above the atmosphere. The waveband is often separated into
near and thermal infrared wavelengths. The distinction is related to those parts of
the waveband at which the observations are detector noise limited (the near-
infrared) and those at which the thermal background radiation from the sky and
the telescope are the dominant source of noise {the thermal infrared). The
distinction thus depends upon the type of observation being undertaken. For
broad-band observations using the present generation of detectors, observations at
wavelengths longer than 3 pm are thermal background limited whereas those at
shorter wavelengths are normally detector noise limited. In making observations
in the thermal infrared waveband, the observer is almost always searching for very
faint signals against an enormous thermal background.

Optical waveband 3x 10" €v < 10 Hz; I pm = A = 300 nm

This waveband corresponds to the classical optical region of the specirum in which
virtually all astronomy was carried out until 1945, The wavelength range to which
our eyes are sensitive is roughly 400-700 nm, corresponding to the blue and red
ends of the optical spectrum respectively. Consequently the waveband from 700 to
1000 nm is often referred 1o as ‘infrared’ wavelengths. To distinguish these
wavelengths from the waveband X > 1um, I often refer to the waveband
700 < A < 1000 pm as the ‘optical infrared’ region. At the short wavelength end
of the waveband, the atmosphere becomes opaque because of absorption by ozone
in the upper atmosphere. This has the beneficial effect of protecting us from the
Sun’s hard ultraviolet radiation. The absorption sets in rather suddenly with
decreasing wavelength so that observations from ground-based observatories at
wavelengths less than about 320 nm are penerally impossible. A characteristic
feature of the optical waveband is the ability to carry out astronomical
photography. Photographic emulsions have been developed which are sensitive
throughout the optical waveband, although at the longest wavelengths very
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special emulsions are needed and require long exposure times. Photographic
emulsions have been developed which extend well into the ultraviolet waveband.
Nowadays, however, photographic plates have been largely replaced by opto-
electronic detectors such as charge-coupled devices (CCDs) which use silicon as the
detector material and which have quantum efficiencies about 50 times those of
photographic plates. The band-gap in silicon corresponds to a limiting maximum
wavelength of 1 pm. As a result, for many purposes, CCDs based upon silicon
technology have become a dominant research tool for optical astronomy.

Ultraviolet waveband 10 < v<3x10"¥Hz; 300 2 A = 10 nm

The atmosphere is opaque to radiation in this waveband because of ozone and
molecular absorption and therefore astronomy in these wavebands has to be
carried out from above the atmosphere, preferably from satellites. The band
divides rather naturally into two regions. The region 300 = A = 120 nm can be
studied using techniques similar to those used in the optical waveband. At shorter
wavelengths, however, it is difficult to find matesials which reflect radiation at
normal incidence. Rather, the incident radiation is stmply absorbed by the mirror
material with little or no reflection. One solution is to use grazing incidence rather
than normal incidence optics and then the ultraviolet radiation can be focussed in
a sirnilar manner to optical radiation. However, the telescopes look rather different
from optical telescopes. Another problem is that at wavelengths shorter than
91.2 nm, the Lyman limit for hydrogen, it is expected that the interstellar gas
becomes opaque because of photoelectric absorption by neutral hydrogen in the
Lyman continuum. There is evidence that this is indeed important but, fortunately
for astronomers, it appears that the neutral hydrogen is sufficiently champy for
there 10 be holes through the intersteilar gas which enable the more distant
Universe to be observed.

X-ray waveband 3x10"® < v <3x10"™Hz; 10 = A = 0.01 nm;
0.1 € E< 100 keV

As in the case of the far-ultraviolet waveband, the atmosphere is opaque to X-
rays because of photoelectric absorption by the atoms which make up the
molecular gases of the atmosphere. The detectors of these energetic photons begin
to resemble the detectors used in particle physics experiments. Proportional
counters and scintillation detectors are used as well as other devices such as CCDs
in which the total energy deposited by the X-ray on entering the detector can be
measured. X-ray astronomy is wholly carried out from above the atmosphere. The
photons are of such high energy that they behave like particies and the telescopes
for high energy X-rays are essentially collimators in which the resolution of the
telescope is determined by the geometric design of the coliimator. At low X-ray
encrgies, 0.1 < E < 1 keV, grazing incidence optics can still be used to image the
X-rays to a focal plane, but at higher energies the grazing incidence angles are so
small that enormously long telescopes would be needed to focus the X-ray image.
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y-ray waveband v =3 x10" Hz; A < 0.01 nm; E 2 100 keV

All photons with energies greater than about 100 keV are referred to as y-rays.
Except at the very highest energies, these studies have to be carried out from above
the atmosphere. Between 100 keV and 1 Mev, photoelectric’ absorption is the
dominant absorption mechanisms but at higher energies Compton scatlering and
then electron—positron pair production become the dominant absorption pro-
cesses. The detectors used in satellite experiments are very similar to the detectors
used in particle physics experiments but of course they have to be made as light as
possible since they have 1o be flown in orbit. At the very highest energies,
E = 10" eV, y-rays from extralerrestrial sources are so energetic that they initate
electromagnetic cascades in the upper atmosphere and the Cerenkov radiation of
the ulirahigh energy elecirons and positrons in the showers can be detected at
ground level. Thus indirectly, the very highest energy y-rays can be deiected at
ground level.

2

" Interaction of high energy particles
with matter I — fonisation losses

21 Introduction

‘We consider first of all the interaction of high energy particles with matter. When
they pass through a solid, liquid or gas, they can cause considerable wreckage to
the constituent atoms, molecules and nuclei. There are three basic types of process
which can occur:

(i) ionisation and excitation of the atoms and molecules of the material.
In the process of ionisation, electrons are torn off atoms by the
electrostatic forces between the charged high energy particie and the
electrons. This is not only a source of ionisation bui also a source of
heating of the material because of the transfer of kinetic energy to the
electrons;

(ii) the destruction of crystal structures and molecular chains;

(iil) nuclear interactions between the high energy particles and the nuclei
of the atoms of the matenal.

All three types of interaction find applications in the construction of high energy
particle detectors. In this chapter we will be solely concerned with the first of the
processes, in particular with that known as ionisation losses. This process is
important for many reasons. First of all, the ionisation caused by high energy
particles in detectors can be used to measure the flux of particles and some of their
other properties. Second, the process influences the propagation of high energy
pariicles under cosmic conditions. Third, these losses provide an effective
mechanism for heating the inlerstellar gas, in particular the cool giant molecular
clouds in palaxies. One feature of my approach in this book will be that elementary
physical processes will find a wide variety of appiications, both in the methods of
detecting particles and radiation and in astrophysics. I will also point out how
these results can be adapted to apparently quite different physical problems. This

kY
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2b = duration of coltision X v

x
Wt R

Figure 2.1. The geometry of the collisior of a high energy particle with a stationary
electron illustrating the definition of the collision parameter b.

is part of the fun of my approach —we will build up many powerful astrophysical
tools as we go along.

We will undertake the analysis of ionisation losses reasonably carefully so that
the problems of performing a more complete calcniation can be appreciated.

2.2 Ionisation losses — non-relativistic treatment

Before going into the detailed analysis, it is useful to look at some general
features of the physical process. We consider first the collision of high energy
protons and nuclei with stationary electrons. We can show that only a very small
fraction of the kinetic energy of the high energy particle is transferred to the
electron. Consider a head-on collision between a high energy proton or nucleus of
mass M and velocity v with an electron of mass m,. If we take each of them o be
solid spheres, the maximum velocity which the electron can acquire must be less
than 2v in a perfectly elastic collision. It is a simple calculation to show that the
maximum velocity acquired by the electron in a non-relativistic collision is
[2M /(M +m,)]v. Recalling that m, < M, this is approximately 2v.

Therefore, the loss of kinetic energy of the high energy particle is less than
Ln,(2v)* = 2m,#* and its fractional kinetic emergy loss is less than
im (v /AMv? = 4m /M. Thus, except for electron—electron collisions, the frac-
tional loss of energy per collision is very small. This means that in real collisions
in which the interaction is mediated through the electrostatic fields of the particles,
the incident high energy particle is effectively undeviated. All that happens is that the
electrons of the material receive a small kick through the electrostatic attraction or
repulsion of the particle. We can now give the first treatment which is non-
relatvistic am_:l in which the high energy particle is assumed to move sufficiently
fast for the electron in its orbit to remain effectively stationary during the
interaction. Methodologically, it is interesting that, as our story unfolds, there will
be several occasions on which we will follow the same line of approach in dealing
with the interaction of individual particles with the atoms, ions and electrons of a
diffuse medium.

The interaction is illustrated in Fig. 2.1. The charge of the high energy particle
is ze and its mass M, and it is assumed that it is undeviated in the interaction; b,
the distance of closest approach of the particie to the electron, is called the collision
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parameter of the interaction. Then, the total momentum impulse given to the
electron in this.encounter is [Fd:. By symmetry, the forces parallel to the line of

“flight of the high encrgy particle cancel out and therefore we need only work out

the component of force perpendicalar to the line of flight. Then,

2
ze
F =
L7 Ane,r®

sinB;dz:dj
¥

Changing variables to 8: b/x=tan, r=>bh/sin0 and therefore dx =
(— b/sin®§)d8; v is effectively constant and therefore

= z¢* . ., bsin® ze? .
= - =— do
J_m Fua J: T O e a8 4ng, by J: sin

Therefore

4
momentum impulse p = 2—::? 2.1
(1]

Therefore, the kinetic energy transferred to the electron is

p2 2224

T = B g energy koss by high energy particle
e 0 e

We now want the average energy loss per unit length and so we have to work out
the mumber of collisions with collision parameters in the range b to +db and
integrate over collision parameters. From the geometry of Fig. 2.2, it can be seen
that the total energy loss of the high energy particle, —dE, in length dx is:

{(number of electrons in volume 2nbdb dx) x (energy loss per
interaction)

229‘
2.2 12,2
8nel BPvim,

= rm N,2nbdb (2.2)
b,

min
where N, is the number density, or concentration, of electrons. MNotice that I have
included limits b, and b, to the range of collision parameters in this integral.
Let us complete the integral:

dE %N, (b,m)

Tdx dmelvim,  \b, 23)

bnﬂn

Notice how the logarithmic dependence ot b, /By, comes about. The closer the
encounter, the greater the momentum impulse, p oc 57, However, there are more
electrons at large distances (cc bdb) and hence, when we integrate, we obtain only
a logarithmic dependence of energy loss upon the range of collision parameters.
We will encounter the same phenomenon in the case of bremsstrahlung (Section
3.4) and of working out the conductivity of a plasma (Section 10.4). You may well
ask, *Why introduce the limits b, and b,,,, rather than work out the answer
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Figure 2.2.

properiy?” The simpie reason is that the proper sum is very much more
complicated and would take account of the acceleration of the electron by the high
energy particle and include a proper quantum mechanical treatment of the
interaction. OQur approximate methods give rather good answers, however, because

the limits b, and &, only appear inside the logarithm and hence need not be
known very precisely.

Upper limit b,

An upper limit to the range of integration over collision parameters occurs when
the duration of the collision ts of the same order as the period of the electron in
its orbit. When this occurs, the interaction is no longer impulsive. In the limit in
which the duration of the collision is much greater than the period of the orbit, the
electron feels a slowly varying weak field and, in terms of the dynamics of particles
which we will discuss later, it ‘conserves its motion adiabatically’ during the
perturbation and no ionisation takes place. What do we mean by the duration of
the collision? The energy transfer to the electron can be derived in the following
way: if we take the time during which the particle experiences a strong interaction
with the electron to be Tt = 2b/v (see Fig. 2.1) and multiply by the electrostatic
foree at the distance of closest approach to the electron b, then

F = ze*/4ne, b*; impulse p = Fr = 2z¢*/dng, by
Therefore
p=zetjing, by

This is the same answer as before (expression (2.1)). In other words, we can think
of the encounter as lasting a time t = 2b/v. If the collision ume is the same as the
orbital period of the electron, we obtain an order of magnitude estimate for b__,.
Hence, a good upper limit for b, is

2b /7 R 11V,
where v, is the orbital frequency of the electron. Writing w, = 2rv,,

bt
max ™ 2\’0 - @, (24)
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Lower fimit b,
There are two possibilities:

(i) .According to classical physics, the closest distance of approach
corresponds to that collision parameter at which the electrostatic
potential energy of interaction of the high energy paruicle and the
electron is equal to the maximum possible energy transfer which,
according to our first calculation, is 2m, v*. Thus,

ze®fAme b, 2m 0
b = z€%/8mE MV 2.5

We can casily show that, if this amount of energy is transferred during
the interaction, then the electron moves roughly a distance b, during
the encounter and hence the assumptions on which the calculation is
based break down. To demansirate this, we note that the average
velocity of the electron perpendicular to its initial line of flight during
the encounter is = p/m,. Therefore the distance moved in the collision
time 1 = 2b/v is (p/m,) x (2b/V) = ze*fne,m, ¥*, which is of the same
order of magnitude as b,

{ii} A second possible vaive of b,,, comes from the fact that we should
really use quantum physics to describe close encounters between the
atomic system and the high energy particle. The maximum velocity
acquired by the electron in the encounter is Av = 2v and hence its
change in momentum is Ap=2m,v. There is therefore a cor-
responding uncertainty in the position Ax, according to the
Heisenberg Uncertainty Principle, Ax = #i/2m_v. Therefore,

B = B/ 2m, v (2.6)

If this turns out to be the appropriate value of b_,,, then we ought to
have undertaken a proper quantum mechanical calculation. Granted
this defect in our calculation, the value of b, still tells us the smallest
meaningful value of b for the purposes of our integration,

We must choose whichever of these vatues of b, is the larger according to the
physical conditions of the problem. We must consider the ratic of possible values
of b

min*

bun{quantum) &  Bre,m v'  Ame, vhi
b (Classical)  2m,v ze*?  zet

-59-2()

where & = ¢2/4xe, ch = 1/137 is the fine structure constant. Thus, if the particles
have v/¢ 2 0.01z we should use the quantum restriction. For high energy particles,
we will use this value in the subsequent chapters. Note, however, that the same




44 2 lonisation losses

calculation applies for ionisation losses involving “thermal’ matter, for example,
the gas in a cloud of hot hydrogen. In this case, the typical velocities of the particles
are less than 0.01¢c and so the classical limit is the relevant one. )
Substituting the appropriate limits into equation (2.3), we obtain the following
loss rate per unit length for high energy particles in the non-relativistic limit:

_dE _ PN, 2mm, v
dx  4nelvim, fien,

-(2.8)

The next step is to express the angular frequency w, of the electron in its orbit in
terms of its atomic binding energy. For simplicity, we adopt the simple primitive
Bohr model for the atom in which @, is genuinely the orbital angular frequency of
the electron in its ground state and then the binding energy ¢ of the electron can
be shown to be

lel = i,
This energy is also the ionisation potential I of the atom and so we can write

dE 2N, in (n m, vz)

Tdx dnelvim, I @9)

In practice, I should be some properly weighted mean over all states of the
electrons in the atom i.e. we should write Fnot . This value of 7 takes account of
the fact that there are efectrons in many different energy levels in the atoms of the
substance which can be ejected by the high energy particle. The value of [ cannot
be calculated exactly except for the simplest atoms and has to be found by
experiment. Conventicnally, the loss rate is written,

dE %N, 2m, v*
(2.10)

Tdx 4nel vim, 3
where we Trecognise 2m, v* as an old friend, the maximum kinetic energy £,,, which
can be transferred to the electron.

Another way of obtaining the same result is to work out the energy spectrum of
the ejected electrons. It is easy to show that the energy spectrum is of power-law
form:

2?¢*N, dE

NE =t —
(EME 8nel vim, E® @11

This calculation is left as an exercise to the reader. Integration over all energies
from T E_,, gives the same logarithmic term, In (E, . /T), derived above.

Notice what we have learned already. Inspection of formula (2.11) shows that
the ionisation losses are independent of the mass of the high energy particle. If we
measure the loss rate per unit length, —dE/dx, we obtain information about
{(z/v)*. Another interesting point is that the ionisation losses are proportional to
m;' and therefore we infer that ‘ionisation’ losses due to electrostatic interactions
of the high snergy particles with protons and nuclei can be safely neglected,
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Figure 2.3, The reference frames § and 8 for evaluating the strength of the electric
field of 2 relativistic charged particle as observed at the origin of the frames S and S”.

2.3 The relativistic case

The extension of the above analysis of the relativistic domain i
straightforward. Although the high energy particle is relativistic, the electron still
feels a non-relativistic Force acting upon it, What we need is the electric field of the
relativistic particle as experienced by the stationary observer.

231  The relativistic transformation of an inverse square law Coulomb

fleld

We orient our teference frames § and S’ in standard configuration with
the high energy particle moving along the positive x-axis and the electron located
at a distance b along the z-axis (Fig. 2.3). We set up the coordinate systems so that
{= ¢ =0 and x = ¥ = 0 when the high energy particle is at its distance of closest
approach. At time ¢, the particle is at the point x in 5. In 5, the coordinates of the
electron (or its displacement four-vector) are [~ v, 0, b, ). Furthermore, in $” the
electric field £ of the particle is spherically symmetric about the onigin 0" and
hence, at the electron,

ze X
E .= -——cost =——
= dme,r® 4ne, rt
ze |, ., ze b
= §5in B = ———
¥ dng, rt 4nmg, r®

where r? = (v)?+5% and @ is the angle between the positive x-axis and the
direction of the electron. We now relate time measured by the stationary observer
on the electron in § to that measured by the observer moving with high energy
particle

¢ =vy(i—vx/c?)
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But, by our choice of coordinates, x = 0 for the electron in S and hence v’ = yt.

Therefore

_ ze(yvi)
Ame [0+ (v

E

E.— zeh
“ ame [0+ (v T

Now using the inverse transforms for £ and B from §* to S,

Ez = Ez' ‘Bz = B.‘l:‘
E,=Y(E,+vB,) B, = 7(5,. W:—?_E)
E, =y(E,—vB,} B,= Y(B,.+§E,.)

Since B, = B, = B, = 0, we obtain

yzevt

E-.-: = B: =10
dme [6 + (yvn)E
Yvzeb
E =0 B =
v v 4mg, B+ ()T
yzeb B =0

=7 amegfbt + (rv)R

We notice that

2.3.2  Relativistic ionisation losses

(2.12)

The expressions {2.12) for the eleciric and magnetic fields associated with
a relativistically moving charge are rather useful. It will be noted that, in the non-
relativistic imii, v/c <1, the expressions for the electric field revert to the standard
form of Coulomb’s law as would be expected. When the particle is relativistic,
however, the electric field at the electron is much enhanced but it is experienced by

the electron for a much shorier period of time (see Fig. 2.4). At its distance of

closest approach, x = 0, 7 = 0, E, is greater in the relativistic case by a factor v,
whereas the width of the pulse E,, or the collision time, is shorter by a factor of 1 /7.
The magnitude of the E, component is smaller by a factor of 1/y, as compared with
E,. In the ultrarelativistic limit, v— ¢, the pulse looks very like an electromagnetic

wave, with E, = cB, propagating in the positive x-direction.

2.3 The relativistic case

TEI

Figure 2.4. The electric fields E, and E, of a relativistically moving charged particle

as observed from the laboratory frame of reference S. The cases of a non-relativistic

particle, ¥ = 1 (dashed line) and a relaiivistic particle, y » 1 (solid fine), are compared.

(SFrom 1. D Jackson (1975). Ciassical electrodynamics, page 554, New York: Wiley and
ons, Inc.)

47
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Because of the symmetry of the E, field about 7 = 0,it agéin gives no net impulse
to the electron. From the E, field, we get : :

ze*yb ’r" dr

e = B

Changing variables to x = yvi/b,

zetyb, 1 [® dx
-=—7 ——
I e S J e

ze*

- 2.13
2ne, vb (2.13)

exactly the same as expression ¢2.1). This should not be unexpected because the
simple argument given in Section 2.2 indicates that it is the product of E, and the
collision time which determines the magnitude of the momentum impulse and the
frst term increases by a factor y while the second decreases by the same amount.

The integration over collision parameters proceeds as in the non-relativistic case
and thus all we need worry about are the values of &, and by to put inside the
logarithm. The correct form may be found either by asking how the values of &,
and b, change in the relativistic case, or by making a relativistic generalisation
of the logarithmic form In (E,.x/T) when the high energy particle is relativistic.

In the first approach, by, is greater by a factor ¥ because the duration of-the
imputse is shorter by this factor. In the case of b, the transverse momentum of
the clectron is greater by a factor y and hence, because of the Heisenberg
Uncertainty Principie,

Ax % by, = A/ Ap LY

Thus, we expect the logarithmic term to have the form In (2y%m, v*/T). The second
approach is a useful exercise in relativity.

113  Relativistic collision between a high energy particle and a
stationary electron

We use Rindler’s notation to write the momenturmn four-vectors of the high
energy particle and the electron in the laboratory frame of reference {(see Section
1.4.2);

high energy particle  [yMv, YM]
electron [0,m,)

We transform both four-vectors into a frame of reference moving at velocity P,
for which the Lorentz facter ye = (1— Vé/c‘)‘g and ¥, || v. Thereiore

{yMy) = relyMy— Vey M)
pe = 10— Vem.)
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1n the centre of momentum frame (yMv) + p, = 0 and hence,
Velm,+vM) = yMy

My

V, = ———— 2.14
FomoryM (2.14)

In this frame of reference, the relativistic three-momentum of the electron is
—+, Vom, ie. the particle is travelling in the negative x'-direction. We obtain the
maximum energy exchange if the electron is sent back along the positive x'-
direction. Since the collision is elastic, the three-momentum is v, V., and the
fourth component of the four-vector, the total energy, is the same. Now transform
the four-momentum [vg Ve m,, 0,0, 7, m,) back to the laboratory frame of reference.
To find the energy of the particie, we need only consider the fourth component of
the momentum four-vector. Using the inverse Lorentz transformation.

(1 s = 1A Ty Fym)
Therefore the total ensrgy in S is yim,c®(1+ VE/c®). Correspondingly, the
maximum kinetic energy of the electron is
yim X1+ VEjc) —m,c* = UVe/cyrpm,
Now, m, < vM and hence
Vemvi¥e =Y
In the ultrarelativistic limit, the maximum energy transfer to the electron is
Epyy = 27'm, ¥ (2.15)
If we use this expression for E,,,,, we recover the same logarithmic factor as before.

In (2y*m,v*/T)

2.4 Relativistic ionisation losses and practical forms of the formulae
2.4.1  Relativistic ionisation losses

The exact result derived from relativistic quantum theory is known as the
Beihe-Bloch formula

dE _ %¢'N, 29%m v\ L,
Tadx  dneim, v [!n( I )—v fe (2.16)

We have succeeded in deriving this formula except for the final correction factor
—v*/c* which is always small. As discussed earlier, I is treated as a parameter o
be fitted to laboratory experimental data.

The Bethe-Bloch formula indicates that the energy loss rate depends only upon
the velocity of the particle and its charge. The velocity (or energy) dependence of
this loss rate is shown in Fig. 2.5. Up to velocities of v = ¢ or kinetic energies
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Energy loss rate, log (—dEjfdx}

Kinetic energy, log £
Figure 2.5. A schematic representation of the energy loss rate due tc ionisation losses.

E =~ M¢?, the ionisation Joss rate decreases as ¥™° or E7'. At higher energies, the
loss rate increases only logarithmically with increasing energy, as Iny” according
to our analysis. For energies E & Mc?, there is a minimum loss rate.

These results are found to be satisfactory for not-too-relativistic high energy
particles in not-too-dense materials. There is another modification which has to be
made for very high energies and dense media since the Bethe-Bloch formula
overestimates the losses of the highest energy particles. In our treatment, we have
assumed that we can add together the energy transfers to the electrons incoherently,
i.e. we assume that there is no net reaction of the electrons back on the field of the
high energy particle, which is equivaient to saying that we have neglected the
polarisation of the medium. So far the interactions have been assumed to take
place in free space and this holds good for interactions which do not extend to
many atonic diameters. For highly relativistic particles, however, the upper limit
to the range of collision parameters is yv/4v, and we cannot neglect these collective
effects for the most energetic particles. The simplest thing to do s to split up the
range of collision parameters at a value b, into near and distant encounters and
then treat the distant ones as if they took place in a medium having a refractive
index, i.e.

dE  z%tN, ym, v bly,g)y V¢
——= < - I - 217
dx  4ngim, v [ln( fi b“)+ n( by c? @1n
Since b, appears in both logarithms, it is not too important to use an exact value
for it. This phenomenon is known as the density effecr and was first discussed by
Fermi.
Jackson (1975) gives a nice treatment of this topic and derives suitable forms for

modifications at large collision parameters. He shows that in the extreme
relativistic limit, the second term inside the square brackets becomes

In{1.123¢/b, @)

where @, is the plasma frequency, @, = (¥, effe, me)%; this may be compared with
the value from the previous treatment In(1.123yc/b, w). The net effect is that the
losses are somewhat smaller ai the highest cnergies as compared with the
Bethe-Bioch formula.
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2.4.2  Practical forms of the ionisation loss formulae

The energy loss formulae do not involve explicitly the mass of the high
energy particle but only its velocity v, or equivalently its Loreniz factor
¥ =(1—v*/c*)%, and its charge z. The mass of the high energy particle can be
written M = N, m,, where N, is the number of nucleons in the nucleus and my is
the average nucleon mass, which is roughly that of the proton or neutron, ie.
my = (my+m,)/2 = m = m . Therefors, since the kinetic energy of the particle is
{y— 1}Mc2, the kinetic energy per nucleon is

(=DM /Ny ={y—)my (2.18)

Thus, if we have some way of measuring the charge of the particle z, the ionisation
losses measure its kinetic emergy per nucleon and this is penerally the most
convenient way of describing the energies of the high energy particles.

Suppose that the atomic number of the medium through which the high energy
particle passes is Z and that the number density of atoms is N. Then, N, = NZ. We
may therefore write

dE _ *'NZ 2ytm v L,
F?&_fma;‘,mevz[ln( 7o)

= 2NZAY) (2.19)

dE/dx is often referred to as the stopping power of the material. It is convenient to
express the stopping power not in terms of length but in terms of the total mass
per unit cross-section traversed by the particle. Thus, if a particle travels a distance
x through material of density p, we say that it has traversed px kg m~* of material.
Then, writing px = &,

_% - -%)% = 2 (2.20)
where m is the mass of a nucleus of the material. The benefit of expressing the
losses in this way is that Z/m is rather insensitive to Z for all the stable elemenits.
For light elements Z/m is 1/2m, while for uranium, it decreases slightly to about
1/2.4m,. Thus, the only cause of variation of the energy loss rate from element to
element is the variation in .

The energy loss rate, expressed as —(dE/dE)/z*, for high energy particies
passing through different maierials is shown in Fig. 2.6 which is taken from Enge
(1966). Despite the wide range of values of T for those materials, it can be seen that
the curves lic remarkably close together and this is because the mean ionisation
potential only appears inside the logarithm in the expression (2.19). The
corresponding diagram presented by Hillas (1972) extends to much higher energies
and also shows the energy loss rate as a function of momentum (Fig. 2.7). We
begin to see how these curves can be used to measure the charges of high energy
particles. If we can measure simultaneously the energy loss dE/dE and the kinetic
energy of the particle E, we define a single point on these loss rate diagrams and
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Figure 2.6. The energy loss rate for protons in carbon, copper and lead expressed in
terms of their stopping powers. The scales are given in units such that the graph can be
used for particles-other than protons. The particle’s charge is ze and its mass M. (From
H. A. Enge (1966). fmroduction to nuclear physics, page 184, London: Addison-Wesley
Publishing Co.)

the only remaining variable is the charge z. Since the loss rate increases as z°, we
see that the loss rate at a given kinetic energy is a sensitive measure of z.

Another useful fezture of these curves is the fact that a minimum iontsation loss
rate occurs at Lorentz factors v & 2, corresponding to kinetic energies £ = Mc® A
good approximation is that the minimum ionisation loss rate for ary species in any
medium is roughly

0,222 MeV (kgm™)~
Tndeed, if we measure this ionisation loss rate, we can be sure that the particle is
relativistic.

One way of estimating the total initial energy of the particle is to measure how
far it travels in the medium until it is brought o rest. This distance is calied the
range of the cosmic ray and it is found by integrating the energy loss rate from the
particle’s initial energy until it is brought to rest,

E  dE
= [ax= [ 225 @21
K Ed" J @E)

We know that the calculation breaks down at the very smaliest kinetic energies but
the particle travels only a very short distance once its kinetic energy falls below that
at which our calculation is valid. To be strictly accurate, we can integrate down to
some energy E,, at which energy we know the loss rate can be accurately
represented by the expression £2.19) and then add on the little bit of residual range.
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Figure 2.7. The energy loss rate due to ionisation losses in varjous materials. In
contrast to Fig. 2.6, these curves extend into the relativistic regime, y 1. The diagram
shows both the values of the Lorentz factor y and the kinetic energies of the particles.
The inset shows the loss rates in air as 2 function of the momentum of the particles.
(From A. M. Hillas (1972). Cosmic rays, page 30, Oxford: Pergamon Press.)

Let us demonstrate how the range provides information about the initial kinetic
energy per nucleon of the particle. We write
—dE/dE = (V) Z/m

where, as discussed above, Z/m is roughly constant. The particle enters the
material with energy E, and hence

Za 4E
k= f o 2N Zjm
Now
E={y—1)Mc*;, dE=d(yMcH) = Mvydr
Therefore,
Rzz m Ey V’dev
MTZ), 2.22)

which is a function of only v, or v, which, in turn, is a measure of the initial kinetic
energy per nucleon of the particle. Thus, if we fire arbitrary types of high energy
particle into a material, the range gives information about the initial kinetic energy
per nucleon, the charge z and the mass M of the particie. Enge (1966) has evaluated
this integral and shown how insensitive the range R, expressed as Rz%/M, is to the
material into which the particie is injected (Fig. 2.8).
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Figure 2.8. The ranges for protons in carbon, copper and lead measured in terms of
their path lengths in kg m™2. The scales are such that the graph may be scaled for
particles other than protens. (From H. A. Enge (1966). Introduction to nuclear physics,
page 186, Londen: Addison-Wesley.)

In the ideal experiment, the energy loss rate —(dE/dE) would be measured all
along the path of the particle. Then, curves of the form shown in Figs. 2.6 and 2.7
would be reproduced with distance plotied along the x-axis rather than kinetic
energy. This can be achieved in certain types of experiment, in particular, in the use
of nuclear emulsions as particle detectors (Section 6.2).

It is important to remember that the process of ionisation energy loss is
statistical in nature and that the high energy particle makes random encounters
with the electrons of the atoms of the material. There will therefore be a spread in
the ranges of identical high energy particles which enter the material with the same
kinetic energies because some particles make more encounters than others. This
phenomenon is known as straggling and imposes a fundamental limitation upon
the accuracy with which the initial kinetic energy can be measured. For particles
of a given kinetic energy, an approximately Gaussian distribution of path lengths
is expected.

Another statistical phenomenon which influences estimates of the instantaneous
loss rate of the particle occurs if a very close encounter takes place between the
high energy particle and an electron. A high energy electron can be gjected in such
an encounter which may be energetic enough to produce secondary ionisation of
its own. These secondary tracks are called deftg-rays and examples of them are
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found in nuclear emulsion photographs (Section 6.2). They start off at right
angles to the.track and then cause exiensive ionisation. The worry is that a few of '
these energetic delta-rays in the section of track studied can cause large fluctuations
in the measured value of dE/dx. One may be able to spot them in a nuclear
emulsion bui one would never know whether or not one or twe such encounters
had 1aken place in a solid-state detector in which only the total energy loss dE in
dx is measured.

Finally, what happens to the energy that is deposited in the material? A trail of
ions is left behind and those electrons that were sufficiently energetic ionise further
atoms of the substance., Thus, for a given energy loss rate, a8 mean number of
ion—electron pairs is produced which is almost independent of the material. To do
the sum properly is very difficuli because one must esiimate how much energy goes
into excitation without ionisation, elastic collisions and so on. The observed values
are that one ion—electron pair in air is produced for every 34 eV, in hydrogen for
every 36 eV and in argon for every 26 eV. Thus, measuring the number of ion pairs
produced in the material in length dx enables the energy dE deposited in the
material to be found.

This process has found an important astrophysical application in the heating
and ionisation of cold, dense molecular clouds in the interstellar medium. It is
known that, inside giant molecular clouds, & great deal of intersteltar chemistry
takes place despite the low temperaiure of the gas, T = 10-50 K. At these low
temperatures, the gas should be completely neutral. However, the clouds are
permeated by the interstellar flux of high energy particles and therefore their
ionisation losses can ionise and heat the material of the clouds. This is believed to
be the process responsible for the production of the low levels of ionisation inferred
to be present in molecular clouds. Estimating the ionisation rate due to the
interstellar flux of high energy particles is not straightforward because it depends
upon the spectrum of the particies down to low energies and upon their ability to
penetrate into the cold clouds. There are considerable uncertainties associated with
both of these quantities as we will discuss later.

25 A diversion - ionisation losses and dynamical friction

One of the great delights of modern astrophysics is how apparently
different physical processes turn out to be related. It is the similarities and
differences which add to one’s physical understanding and I will indulge in these
excursions whenever they will prove useful in the development of the story at some
point in the future. The following arguments, developed by my colleague Rashid
Sunyaev and myself some years apo, are in no sense original but they show how
powerful these methods can be.

Dynamical friction is the gravitational analogue of ionisation losses. In a strict
analogy with the development of Section 2.2., the physical process describes the
interaction of a massive, fast-moving star with a cluster of stars or a rapidly-
moving massive galaxy interacting with other members of a cluster of galaxies.
In both cases, the idea is the same as that of ionisation losses — the star or galaxy
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transfers kinetic energy 1o the other stars or galaxies in the cluster and so loses
energy itse!f. The big difference between the electrostatic and gravitational cases is
the fact that gravity is so much weaker than the electromagnetic force. For
simplicity, we will discuss first the case of a massive starinteracting gravitationalty

with the stars in a galaxy and then specialise to the.case of a star cluster. We expect.

to find exactly the same type of formula for the loss of kinetic energy of the massive
star as those derived above (relations (2.3)). To convert from the electrostatic to
the gravitational case, we compare the forms of the inverse square laws of
electrostatics and gravitation:

B (ze)e F__GMm

F i

= =
4ng,

We have to replace (ze)e/4me, by GMm where M is the mass of the fast-moving star
and m is the mass of each of the swarm of less massive stars. Clearly we have to
make the identifications ze/(dmet = G*M and e/(4me.)t = Gim. The number
density of particles is N. We therefore find that the energy loss rate due to
gravitational interactions is:

_dE_ 4nG'M°mN | bm)
dx~ »

2.

If we wish, we can write this relation in terms of the mass density p = Nm through

which the particle moves and then -
% 2

dE _ 4nG*M%p ]n(b‘“")

Zmax 2.24
dx vt 2.24)

bmin
This energy loss fate describes the losses due to the force of dynamical friction
acting upon the massive particle.

We may therefore define a loss-time t during which the massive particle loses all
its initial kinetic energy E = }M+? in accelerating light particles

_ E _ Myt v
T ZaE/AD W—dEjdx)  SnGMmN 0 (buue/boun)

(2.25)

This loss-time 7 is closely related to the gravitational relaxation time of a star in the
cluster. By this we mean the time it takes to change the energy of a typical star in
the cluster by roughly a factor of 2 due to distant random encounters. This is also
roughly the time to establish equipartition of kinetic energy with the other stars in
the cluster. Obviously, a much more complete analysis is needed to describe the
interaction of particles of the same mass which are all in motion. It is apparent that
a number of the assumptions made in Section 2.2 break down in this case but the
more detailed analyses find the same type of functional dependence which we have
found already. The proper expression for the gravitational relaxation time T, is

32 a
e 2n G*m*Nin (bmu/bmﬂl)

7 (2.26)
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The similarity of this relation with the one we derived above may be seen by setting
M = m in equation (2.25). -

To go just a little further, let us apply this result to a cluster of stars or palaxies
which has already come into gravitational equilibrium through their mutual
gravitational interactions but has not yet come into equipartition. We will suppose
that there are N, stars in the cluster which has radins R. Then, a natural upper
bound to the range of collision parameters, b,,,,, is the radius of the cluster since
there will not be gravitational interactions at greater distances. The lower limit is
set by the same restriction which we described in the jow temperature case of
jonisation losses — mamely that the particles cannot exchange more than their
kinetic energics (see the expression (2.5)):

Imyt = G by, Do = 2Gm/°
Therefare, we find
Brax/ B = RY*/2Gm

It is now convenient to rewrite b, /b, in terms of the numbers of particies in the
cluster, N.. We do this in the following way. First of all, we write the number of
particles in the system as N, = $n.R*N. Then, we use the virial theorem which states
that for a cluster in dynamical equilibrium, the total kinetic energy of the particles
in the cluster is one-half of the gravitational potential energy of the cluster {see
Section 22.3). To order of magnitude we can write

1 GM:?

= N, mv* (2:27)

where the mass of the cluster M, is just Nm. We therefore find

GN*m?

1 GN.m
R

2R

= Nomv®, vV

(2.28)

and bence, from (2.27),
o by = N /4 (2.29)
Thus, the thermalisation time may be written

328

" = 320GEmN In(N,/4)

(2.30)
Let us make two simple applications of these results, Specialists may well be
horrified by the simplicity of my arguments but I find them useful. In the first case,
let us enter typical parameters for a globular star cluster in our Galaxy into the
expression (2.30) —for demonstration purposes, I adopt the following values:
R=10pc, M =03M,, v=8kms, N, = 108, These figures are self-consistent
according to the virial theorem (2.28). According to the relation (2.30), the
gravitational relaxation time is 10" years. This may look like bad news because the
age of our Galaxy is probably about (1.5-2) x 10"° years old. However, we have
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greatly oversimpiified the probiem. The most mportant simplifications are to
assume that the stars are uniformly distributed within a sphere of radius 10 pc.
This is certainly not the case since the space density of stars increases rapidly
towards the centre where values as Jarge as 108 pc~®, compared with a value
N = 200 pe~? in the above sum, are found. Second, there is certainly a distribution
of stellar masses in the cluster and the more massive stars have shorter relaxation
times than the less massive stars. These modifications mean that dynamica! friction
can be important in globular clusters and cerlainty warrants a much improved
calculation over the crude argument given here. One obvious point is that one must
look to dense environments like globular clusters before the effects of dynamical
friction become important in exchanging kinetic energy between stars. In the
general interstellar medtum, the effects are not expected to be important during the
lifetime of the Galaxy which has important consequences for the orbits of stars in
our Galaxy.

Let us perform the same calculation for the members of a cluster of galaxies. In
this case, the approximations should be even worse because the galaxies are not
point masses but are significantly extended. We adopt R = 2.5Mpc, N = 1000,
M =10V M, v = 10° km 57", parameters again consistent with the virial theorem
(2.28). In this case, the pravitational relaxation time t, is 2.25x 10"% years. This
means that, in general, the galaxies in a cluster will not have come into
equipartition although they must have aftained gravitational equilibrium
according to the virial theorem. The same remarks as before apply, however. We
have to remember that the clusters are centrally concentrated and that the most
massive galaxies, M ~ 101*M ,, will have relaxation times with the lighter members
and with each other which are much shorter than the above estimate. Indeed,
simple extensions of the above arguments show that the most massive galaxies can
relax in about 10 years and this may be the explanation of the observation that
the most massive galaxies are normaliy found in the centres of clusters, having
given up their kinetic energy 1o the lighter members.

2.6 Comments

The most important result which we have obtained in this chapter is the
Bethe—Bloch formula for ionisation losses. As we have indicated above, this
formula will find at least three important uses in what follows. First, it provides
one of the most important techniques by which particle diagnostics can be carried
out in experimental studies of high energy particles. This will be explored in much
more detai) in Chapter 6, Second, the losses will be important in considening the
energy loss of particles as they make their way from their sources through the
interstellar medium. Third, the heating and ionisation caused by high epergy
particies will be important in the heating and ionisation of molecular clouds.

1n addition to these practical applicaiions, I hope I have indicated the approach
] am to take to the understanding of physical processes. I will endeavour to set out
the fundamental physics as clearly as possible, emphasising the physical bases of
the processes, if necessary, at the expense of strict mathematical rigour. I will give
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extensive references to the more detailed texts where much fuller treatments are
given. In fact, T have treated jonisation losses in considerably more detail than 1
will often need to treat other processes. I have been concerned in this presentation
to indicate how it is possible to reduce most of the processes to relatively
siraightforward pieces of basic physics. Note also the exiensive approach to the
physical processes. This example of the close refation between dynamical friction
and ionisation losses will only be the first of a number of such analogies.



Interactions of high energy par.'ticlgs

with matter 1I — Electrons:
ionisation losses and
bremsstrahlung

i1 Introduction

We will deal briefly with the jonisation loss formula for elecirons and then
proceed to the subject of bremsstrahlung which is very important in many different
astronomical coniexts as well as in studies of high energy particles, Wherever there
is hot ionised gas in the Universe, it emils free—free radiation or bremsstrahlung.
Some of the astrophysical applications inciude the radio emission from compact
regions of ionised hydrogen at temperatures T = 10* K, the X-ray emission of
hinary X-ray sources for which T = 107 X and the diffuse X-ray emission from the
kot intergalaciic gas in clusters of galaxies, which may be as hot as T~ 10° K.
There is also the application of bremsstrahjung as a Joss mechanism for relativistic
electrons which plays a key role in cosmic rays physics. We will develop useful
formulae for astrophysical and high energy particle studies as well as a number of
important general radiation formula in this chapter.

32 Ionisation losses of electrons

There are two important differences between the ionisation losses of
electrons and those of protons and nuclei given in Chapter 2. First, the interacting
particles, the high energy electron and the ‘thermal’ electrons are identical and
second, the electrons suffer much larger deviations than the high energy protons
and nu‘clei, which are effectively undeviated in the electrostatic encounters with the
cold electrons. The net result is, however, not very different from what was found
before. The formula for the ionisation Josses of electrons is as follows:
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where E,,. is the maximum kinetic energy which can be transferred to the

stationary electron. Tt is a useful exercise 10 perform a more exact version of the
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calculation performed in Section 2.3.3. Making no approximations at all, the
maximum kinetic energy transfer is -
2v2M¥m, v*
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Wotice that the previous result {2.15) is obtained in the lmit M » m, and
M » 2ym,. In the case of electron—electron collisions, M = m, and E,,, takes the
value
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The resulting ionisation loss formula is of very similar form to that given in Section
2.4 as may be observed by setting z = 1 in the loss rate (2.19) and from inspection
of Fig. 2.7. The only important differences are found when the loss rates are
compared for protons and electrons of the same kinetic energy. It can be seen that
the loss rate of the protons is then grearer than that of the electrons, until the
particles become relativistic. The physical reason for this is that 4 proton of the
same kinetic energy as an eleciron moves more slowly past the clectrons in the
atom and hence there is a larger momentum impulse acting on the electrons.
However, when both the proton and the electron are relativistic, they move past
the stationary electrons at the speed of light resulting in the same impulse.

33 The radiation of accelerated charged particles

In the 1930s, Anderson noticed that the ionisation loss rate given by
equation (3.1) underestimates the energy joss rate of electrons when they become
relativistic. It was soon realised that an additional energy loss mechanism was
present associated with the radiation of electromagnetic waves because of the
acceleration of the electron in the electrostatic field of the nucleus. This radiation
was called * braking radiation’ or, in German, bremsstrahlung. The physical reason
for the radiation is straightforward — whenever a charged particle is accelerated or
decelerated, it emits electromagnetic radiation and bremssirahlung is the radiation
emitted in the encounter between the electron apd the nuclei of the substance -
through which it passes. This process is identical to that known as free—free
emission in the language of atomic physics in the semse that the radiation
corresponds o transitions between unbound states in the field of the nuclens.

We will study the theory of this process in some detail for a number of reasons.
First of all, bremsstrahlung is one of the most important physical processes in
modern high energy astrophysics and it finds applications in many different
astronomical environments as mentioned in Section 3.1. Second, we need to
understand the loss processes which are important in the defection of high energy
particles and, in particular, the interaction of high energy efectrons with the atoms
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and molecules of our atmosphere. Third, the study enables us to introduce a

number of useful theoretical tools for studying the radiation of accelerated-charged

particles. We begin with 2 discussion of some of the more powerful results

concerning the radiation of accelerated electrons which we will use on several
occasions as the siory develops. -

3.3.1 A useful relativistic invariant

Let us establish first of all a useful relativistic invariant. Very often we
have to transform the energy loss rate by radiation, dE/ dt, from one inertial frame
of reference to another. .

We can show that dE/d is a Lorentz invariant between inerttal frames. To the
expert in relativity, this is obvious. The total energy emitted in the form of
radiation is the fourth component of the momentum four-vector {p, E/c% and d¢
is the fourth compenent of the displacement four-vector {r, f]. Therefore, bloth t_he
energy dE and the time interval dz transform in the same way between inertial
frames of reference and their ratio ¢E/dr is also an invariant. _

Let us obtain this same result in a slightly gentler fashion. In the instantaneous
rest frame of the accelerated charged particle, the radiation is emitted with zero net
momentusn, as may be seen in the case of dipole radiation (see equ_ation. (3‘.8)
below), and therefore its four-momentum can be written [0, dE* /7). This radiation
is emitted in the interval of proper time d¢ which has four vector [0, d¢']. We may
now use the inverse Lorentz transformation to relaie dE” and dt’ to dE and dz.

4E = ydE" }
dt = ydr
and hence
dE/d: = dE'/dY (3.4)

332 The radiation of an accelerated charged particle — J. J. Thomson's
treatment

We will derive the relevant formulae in two quite different ways. The
normal derivation proceeds from Maxwell's equations and involves writing down
the retarded potentials for the eleciric and magnetic fields at some distant point 7
from the accelerated chargé. We will follow this procedure in our second
derivation. It is, however, instructive to begin with a remarkable argument due to
J. J. Thomson which indicates very clearly the origin of the radiation from an
accelerated charged particle. I have given this argument in anather context but it
is such a pleasant argument that i1 1s worth repeating.

We consider a chatge g stationary at the origin & of some inertial frame of
reference S at time ¢ = 0. The charge then suffers a small acceleration to velocity
Av in the short interval of time At. Thomson visualised the resulting field
distribution in terms of the electric field lines attached to the accelerated charge.
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After a time 1, we can distinguish between the field configuration inside and outside
a sphere of radius r = ¢t centred on the origin of §. Outside this sphere, the field
‘lines do not yet know that the charge has moved away from the origin because
information cannot travel faster than the speed of light and therefore the field lines
are radial and centred on O, Inside this sphere, the field lines are radial about the
onigin of the frame of reference which is centred on the moving charge. Between
these two regions, there is a thin shell of thickness cAr in which we have to join up
corresponding electric field lines. This configuration is indicated schematically in
Fig. 3.1(a). Geometrically, it is clear that there must be a component of the electric
field in the circumferential direction, ie. in the i-direction. This ‘pulse’ of
clectromagnetic field is propagated away from the charge at the speed of light and
consequently represents an energy loss from the accelerated charged particle.
Let us work out the strength of the electric field in the pulse. We assume that the
increment in velocity Av is very small, i.e. Av < c, and therefore it is safe to assume
that the field lines are radial at z = ( and also ai time ¢ in the frame of reference
S. There will, in fact, be small aberration effects associated with the velocity Av but
these are second-order compared with the gross effects we are discussing here. We
may therefore consider a small cone of electric field lines at angle & with respect to
the acceleration vector of the charge at £ =0 and at some later time / when the
charge s moving at a constant velocity Av (Fig. 3.1(b)). We now have to join up
the field lines between the two cones through the thin shell of thickness cdr as
shown in the diagram. The strength of the £, component of the field is just given
by number of field lines per unit area in the i;-direction. From the geometry of Fig.
3.1(b}, which exaggerates the discontinuities in the field lines, the E; field
component is given by the relative sizes of the sides of the rectangle ABCD ie.
EyfE, = Avt sinB/cAt (3.5)
But, F, is just given by Coulomb’s law,
E, =g/dng,r*; r=ct

and therefore
E, = g (Av/Al) sin B/4ne, c*r

Av/At is just the acceleration # of the charge and hence we can write the result
E, = g¥ 5in 0 /4mne, ctr (3.6}

Notice that the radial component of the field decreases as r~% according to
Coulomb’s law but the field in the pulse decreases only as r~ because the field lines
become more and more stretched in the E-direction (see (3.5)). Alternatively we

can write p = qr where p is the dipole moment of the charge with respect io some
origin and hence

E; = psinb/4ng, (3.7

This is a pulse of eleciromagnetic radiation and hence the energy flow per unit area
per second at distance r is given by the Poynting vector Ex H = E*/Z where
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Figure 3.1. (@) Mustrating . 1. Thomson’s method of demonsirating the radiat'!on of
an accelerated charged particle. The diagram shows schematica]l)i the c9nﬁ_gurat10n of
electric field lines at time ¢ duc to a charge accelerated to & velocity Av in dme At at_

¢ = 0. (From M. 5. Longair (1984). Theeretical concepts in physics, page 192, Cambridge:
Cambridge University Press.)
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Z,= (1, /ao}i is the impedance of free space. The rate of loss of energy through the

solid angle d$} at distance r from the charge is therefore

dE IBi® sin® 0

B o PO | M LI

i (dz )Md 16n*Z g2 pr=i d
_|p=sin®0

T (3:8)

To find the total radiation rate, we integrate over all solid angles, i.e. we integrate
over O with respect to the direction of the acceleration. We recall that integrating
over solid angle means integrating over d{ = 2x sin 6d0.

dE [i{* sin®*9 .
(=) = B> - do
( ar )m ¢ lom*g, c® 2r sin®
Performing this integral, we find
_(gg) _ B g

dr), 6Gme,c®  6mgyc?

(39

Exactly the same result, often called Larmor’s formula, comes out of the full
theory. Notice that it is valid for any form of acceleration . These formulae
embody the three essential properties of the radiation of an accelerated charged

particle.

(i) The total radiation rate is given by Larmor’s formula (3.9). Notice
that, in this formula, the acceleration is the praper acceleration of the
charged particle and that the radiation loss rate is that measured in
the instantaneous rest frame of the particle.

(ii) The polar diagram of the radiation is of dipolar form, i.e. the electric
field strength varies as sin® and the power radiaied per unit solid
angle as sin®@ with respect to the acceleration vector of the particle
(Fig. 3.1{¢)). Notice that there is no radiation along the acceleration
veetor and the feld stremgth is greatest at right angles to the
acceleration vector.

(iii) The radiation is pelarised with the electric field vector lying in the
direction of the acceleration vector of the particle as projected onto
the sphere at distance r from the charged particle (see Fig. 3.1(5)).

(b) An expanded version of {a) used to evaluate the strength of the azimuthal
component of the electric field due to the acceleration of the electron. (From M. S.
Longair (1984). Theoretical concepts in physics, page 192, Cambridge : Cambridge
Liniversity Press.)

() The polar diagram of the radiation emitted by an accelerated electron. The polar
diagram shows the magnitude of the electric field strength as a function of polar angle §
with respect to the instantaneous acceleration vector a. The polar diagram £ cc sin@
corresponds to circular lobes with respect 1o the acceleration vector.
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These are very useful rules which enable us 1o unde.rst_and the radation properties
of particles in different astrophysical situations. It is important to remem.ber that
these rules are applicable in the insiantaneous res! frame of the _pa_rncle and
therefore we will have to look carefully at what an external obs.erver sees when the
particle is moving at a relativistic velocity.

133 The radiation of an accelerated charged particle — improved
treatment

] really enjoy arguments such as that given in Section 3.3.2 above ‘Put, in
my experience, students feel that they have been sho;t—chalnged, if m?t
cheated — why have they been learning all these complex t-hmgs like Max.well 5
equations, vector potentials, retarded potentials and so on if you can obtain the
same answers by messing around with Coulomb’s law? The answer 15 tha't one can
make the clever arguments work if you call upon your accumulated expcl?en(.:e and
hindsight which students, by definition, do not yet possess. Another point is that
one is happy to use these arguments because one a]reac?y knows the answer from
more rigorous treatments. On the other hand, these glmple arguments are very
often the clue to understanding what is likely 1o happen in more complex s1tua11.ons
hefore the detailed analysis is carried out. In amy case, let us try 1o do a little
better — if you were perfectly satisfied with Section 3.3.2, you may advance 1o
SﬂCWu:le;r;4;~'ith Maxwell’s equations in free space in their standard form.

VxE = —aB/ar (3.10a)
13E (3.101)

‘U‘><l!=1;(,.il+€2 2

V-B=0 (3.10¢)

V-E = p,/& (3.10d)

We introduce the scafar and vector potentials, ¢ and A respe_ctively, in order to
simplify the evaluation of the vector fields E and B at distance r from the
accelerated charge.

B=VxA (.112)
E = —0A/o—Vé (3.11b)

We do this because the electric and magnetic fields E and B turn out to be the
components of a four-tensor. It is much easier to wor}( out the components of the
four-vector potential [A,¢/c’] and then take its den_vatwes as ?xpresse'd by .the
relations (3.11). We therefore substitute for E a.md Bin l_VIaxwell § equation using
the scalar and vector potentials of (3.10). Taking equation (3.10b) first,

) B (oA
Vx(VxA)= poJ—;,»a(EWdJ)
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We recall that
Vx{(VxA)=V(V-A)-ViA

and therefore, substituting and interchanging the order of the time and spatial
derivatives,

1A 1 @

VAV VA = _—
VIV-A) = V24 = o J 5 =2~ = (V)
13%A 1 36
A —— .
A7 uDJ-E-V[V A+mcz-az] (3.12)

We now make the same substitutions into equation (3.10d).
V-{(—8A/0—V¢) = p, /s,

,
SV A+ V% =—p /e,

Now we add — (1/¢%) (8°d/0:) to both sides of the equation and then
14
V2¢_lﬂ -_p 2 [V-A ! a¢]

cor T e, al AtEm @13
1t will be observed that equations (3.12) and (3.13) have remarkably similar forms
and that, if we were able to set the quantities in the square brackets of each
equation equal to zero, we would obtain two remarkably simple inhomogeneous
wave-equations for A and ¢ separately. Fortunately, we are able to do this because
there is considerabie freedom in the definition of the vector potential A. In classical
electrodynamics, A only appears as the object which, when curled, results in the
magnetic field B which is what we measure in the laboratory. We can always add
to A the gradient of any scalar quantity and it will be guaranteed to disappear upon
curling. Therefore, let us see what we have to do to A and ¢ in order to ensure that
the same values of E and B will be found. If we write A’ = A+grady, then we

know from expression (3.11a) that the resulting value of B will be as before. What
aboul E? Substituting for A in equation (3.11b), '

E=—03A/3—Vé
E=—3A"/01—V($~1)

Thus, we need to replace ¢ by & = ¢ — . Therefore, we can express the condition
that V- A +(1/¢* (3$/2¢) should vanish in the following way

1 a3
VoAt
+c2 o 0

) 18
V(A —VXH‘Fa(‘b ) =0

12%
- £ — = B
v Ats— Vi Fa1 (3.14)
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Thus, provided we can find 2 suitable function ¥ to satisfy (3.14), we obtain the
following pair of equations separately for A and ¢.:

1 3%A

VZA_?BK_Z=_HDJ ..(3.153)‘
yio_ LT _Pe ' - (3.15b)
c* ot &

n fact, it turns out that i is possible to obtain these equations with the more
restrictive requirement :

This process is known as selecting the gauge and this p@cular choice is known
as the Lorentz gauge {see Jackson {1975} for more details). . .

This pair of equations have standard forms of solution. I 1'.1ave given a simple
derivation of these in Theoretical Concepls in Physics (Longair 1984).

I e—r—rl/a) o,
A=t ji_fl_le’_d (3.162)
1 (edrst=Ir—r/e) 4u 3.16b
$(r) =EE;J. r—r &% ( _)

The point at which the fields are measured is T and the integration ils over the
electric current and charge distributions throughout space. The terms in [e—ri/c
take accouni of the fact that the current and charge distribuu_ons .should be
evaluated at retarded times, We now make a number of simplifications in order to
obtain the results we are seeking. First of all, we note that, in the case o'f an
accelerated charged particle, the integral of the product of the current dc-:nsuy..]
and the volume element d°’ is no more than the product of its charge times its
velocity

J(". ,_u) dr’ = gvdi)

[

where 8(r) is the Dirac delta-function. The expression for the vector potential is
therefore

At 31D

This is exactly the same expression for E as before (3.6) and so we need not repeat

the rest of the argument which results in expression (3.9). We notice, however, that .
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we have much more powerful 10ols available in the formulae (3.16}). 1 leave as
exercises to the reader the demonstration that the solutions represent outgoing

" electromagnetic waves from the accelerated charge and also that the E and B fields

are orthogonal to each other and to the radial direction of propagation of the wave
from the origin in the far field limit. -

‘Another important point is to note that these results are correct provided the
velocities of the charges are small. A more complete analysis results in the

following expressions for the field potentials which are valid for all velocities — the
Liénard—Wiechert potentials.

_ ] gy ) __1 g
s =afag] o o 4xeur[(1 Sl e®

1 is the unit vector in the direction of the peint of observation from the moving
charge. In both cases, the potentials are evaluated at retarded times relative to the
Yocation of the observer, The reason for drawing attention to these more general
potentials at this point is that the denominator in the potentials, (I —v-n/c), will
reappear on a number of occasions in our treatment of charges and sources of
radiation moving at high velocities. For example, in the case of a particle moving
towards the point of observation at a velocity close to that of light, it represents
the fact that the particle almost catches up with the radiation it emits.

3.3.4 The radiation lvsses from accelerated charged particles moving at
relativistic velocities

We will often have to deal with the case of accelerated high energy
particles moving at relativistic velocities. We can adapt the results we have already
abtained to many of these problems. The one key assumption is that, in the
particle’s instantaneous rest frame, the acceleration of the particle is small and this
is normally the case. This is a useful exercise in the use of four-vectors. We need
the following general results. First, the norms of four-vectors are invariants in any
inertial frame of reference. Second, the acceleration four-vector of the particle, A,
not to be confused with the vector potential A of the last section, can be writién

R I

where the acceleration a = T and the velocity of the particle v =  are measured in
the observer’s frame of reference S. In the instantaneous rest frame of the particle,
S, the acceleration four-vector is [a,, 0], where a, = (F), is the proper acceleration

of the particle. We now equate the norms of the four-vectors in the reference
frames S and S°:

—ag = (va/SY —[y'a+(v-a/c) vV
After a little bit of straightforward algebra, we find
a2 = yifa? +v° (v-8/0)7) (3.20)
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Now, we recall that the radiation rate (dE/ df) is a Loreniz invariant (Section 3.3.1}
and therefore

dEy _ {9ETy _ 4l
drf, \drj, 6, o )
d__ = ,ﬁ_[az.;.yz (ﬂ)g} - (3.21)
di ) bme,c® ¢ .
Notice that all the quantities a, ¥ and y are measured in 5. This is & useful formula.
Let us rewrite it in a slightly different form by resolving the acceler.'fmon of the
particle inte components parallel g, and perpendicular a, to its velocity vector v,
ie
a=ag,i,+a,i, and taf? = jal* +la,
Therefore,
a2+ 12 (v-a/cf = g +la P+ v (vgy /)
= la [ +ig P (1 +77 v/ %)
= la,[* +lay|™y* (3.22)
Therefore, the loss rate can also be writter,
dE qud 2 2| 2 (3 23)
= =—=—{la,*+r%a .,
(5), - e tent+vta

These results will prove useful in the subsequent development.

3.3.5 Parseval's theorem and the spectral distribution of the radiation of
an accelerated electron

The final tool we need before tackling bremsstrahiung is the decomposition
of the radiation field of the electron into its spectral components. Parseval's
theorem provides an elegant method of relating the dynamical history of the
pariicle to its radiation spectrum. _ .

We introduce the Fourier transform of the acceleration of the particle through
the Fourier transform pair:

i) = L, #(w) exp(—iw?) do
By (3.24)
1 (= .
Ww) =— | ¥(2) expiarnd: .
W) =) WO
According to Parseval's theorem, ¥w) and ¥(f) are related by the following
integrals:

[ worsn= [ wora (.29
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This is proved in all textbooks on Fourier analysis. We can therefore apply this
relation to the energy radiated by a particle which has an acceleration history ¥(7}

~ dE _ - L .
j_madt = f_m bre [0 dr

o g2
= f G V@)t de (3.26)
-0 0

Now, what we really want is ["... dw rather than [*,...do. Since the acceleration
is a real function, there is another theorem in Fourier analysis which tells us that

fn ()l des = f @) do>

and hence we find

o3
total emitted radiation = f Hlw) do
]

-] e2 B "
= _L mlv(@)l dw

Therefore

e
o) = T (el (327

Note that this is the total energy per unit bandwidth emitted throughout the period
during which the parricle is accelerated. Obviously, for a distribution of particles,

this result must be integrated over all the particles contributing to the radiation at
frequency @ from the system.

34 Bremsstrahlung

Bremsstrahlung is the radiation associated with the acceleration® of
electrons in the electrostatic fields of ions and the nuclei of atoms. We adopt here
a classical approach to which quantum mechanical parts are added as appropriate.
The quantum mechanical treatment is beyond the scope of this book but is very
impertant in deriving the photon distributions expected in the case of high energy
interactions.

Our plan of attack is clear, We already have an expression for the acceleration
of an electron in the electrostatic field of a high energy proton or nucleus (see
Section 2,3.1). Now the roles of the particles are interchanged — the electron is
moving at a high velocity past the stationary nucleus but of course, by symmetry,
the field experienced by the electron in its rest frame is exactly the same as before.
The immediate result is that we know exactly the acceleration experienced by the
electron. We then have to make the following calculations. First, we take the
Fourier transform of the acceleration of the electron and then use the expression
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(3.27) to work out the radiation spectrum of Ll}e enntted radiation.-W.c tl?cn
iniegrate this result over all collision parameters, _]‘I.l‘St as’in the case of ionisation -
losses, and we have to worry again about suitable limits for b, and b_,,. In _the
case in which the electron is relativistic, we then have to perform a transformation
back into the laboratory frame of reference. . - :

Both the relativistic and non-relativistic cases begin.in the same way anc} so let
us treat both cases simultaneously. The acceleration of the electron in its rest
frame, already worked out in Section 2.3.1, can be expressed as fo]lows_. The
accelerations along the trajectory of the electron, g, and perpendicular to it, a,,
are given by (2.12}

o eE_ aZewt
GV m,  4ng, me[b2+('yvt)3]% -
; ek, vZe%h (3.28)
a =v,=—

. anegm b +{yviPE

where Ze is the charge of the nucleus. In general, these are non-rclativistic
perturbations. Note also that we do not need to worry about the motion c_)f the
particle in the magnetic ficld B since the electron is initialty at rest and it is not
accelerated to relativistic velocities during the interaction. This wou!c.l be the
condition for the magnetic field to influence the acceleration of the particle. '

We now have to take the Fourier transforms of the accelerations (3.28). On this
occasion, lel us work through this part of the calculation properly so that it can
be seen how the cruder methods can give perfectly adequate results for our
purposes.

oo [ YEE e Gin) de (3.203)
¥(0) = (2mp j e, m b+ (YT exp (or)

e [T P epGonde (3.296)
Vz(m) = (Zﬂ)ij—m“'ﬂanme[b"*'(Tv:)zlg €Xp (l

Changing vanables to x = yvi/b,

1 Z& 1 [ x ( ©b )
v == ) o empli-—x|dx
¥u(w) = (om0 dnegm, ybY LQ (1+x%) PU

1 Ze* 1

S L ORIy (3.302)
(2m)p dngy i, YhY 1
1 Zet 1 [ 1 ( wb )
v - 7 | ——gexpli—x|dx
) = p e, m by f BRIFES AT
_ 1 ZF 1,0 (3.30b)
(215)’; 4z, m, by

where y = whfyv. The standard practice is now to look up a table of Fourier
transforms (see, for example, Gradshteyn and Ryzhik (1980) 8.432.5, page 959, and
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h

{0, b) [

di
do

In(bﬁ) In o —>

Figure 3.2. The spectrum of bremsstrahlung resulting from the acceieration of the
electron parallel and perpendicular to its initial direction of motion. (From J. D Jackson
(1975). Classical elecirodynamics, page 722, New York: Wiley and Sons, Inc.)

Abramowitz and Stegun {1965}, pp. 375-8) and you will find that these integrals
become

I{y) = AyK(p)
L(y) = 22K, ¥)

where K, and X, are modified Bessel functions of order zero and one. We can

therefore work out the radiation spectrum of the electron in the encounter with the
charged nucleus

Ko) = 3zl (@) +la (o))

e 1 Zet 21
T 3ng,e 2n (47:8“ m, bv) [? Iy +I§(,V)]

Z2eb w1 ob ob .
= e o W[?K‘? (;)“ff (7)] (3.31)

This is the intensity spectrum which results from 2 single collision between an
eleciron and a nucleus with collision parameter &. i is interesting to plot the
intensity spectrum, displaying scparately the terms which arise from the
accelerations parallel and perpendicular to the velocity vector of the electron (Fig.
3.2). It is appareni that the impulse perpendicular to the direction of travel
contributes the greater intensity, even in the non-relativistic case, y=1. In
addition, this component results in significant radiation at low frequencies. When
the particle is relativistic, the intensity due to acceleration along the trajectory of
the particle decreases by a further factor of y~*. Thus, in bremsstrahlung, the
dominant contribution to the radiation spectrum results from the momenium
impulse perpendicular to the line of flight of the electron.
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1t is instructive to study the asymptotic hmits of Ky(¥) a_nd K.(». Thc;e are:

y<l Kln=—hy, K()=1/y
vy 1K) =K =@/ exp(—1)

Thus, at high frequencies, we find an exponential cut-off in the radiation spectrum

o= g 1 o -22) o

48n%ed cPmiyv? |y v

TNoftice the origin of the exponential cut-off. It will be recalled that the duration of
the relativistic collision is roughly t=2b/yv. Thus, the dominant Fourier
component in the radiation spectrum must correspond to frequencies
v 1/t =yv/2b and hence to @ & nvy/b ie. to order of magnitude wb/yr = 1.
The exponential cut-off tells us that there is littie power emitted at frequencies

greater than @ = yv/b.
The low frequency spectrum has the form
o (10h
v
In this tow frequency limit, @b/yv < 1, the second term in square brackets can be

AT 1 1 mb)2
Pra—— e e In’

Hw) 24med cim? b2vz|: '(’(Tv
neglected and hence a good approximation for the low frequency intensity
spectrum is

zzes

@) = S amipy ©

(3.33)
As noted above, this means that the low frequency spectrum is almost entirely due
to the momentym impulse perpendicular to the line of flight of the electron. In fact,
we could have guessed that the low frequency spectrum of the emission would be
fiat because, s0 far as these frequencies are concerned, the momentum impulse is
a delta-function i.e. the duration of the collision is very much less than the period
of the waves. It is a standard result of Fourier analysis that the Fourier transform
of the delta-function is a flat spectrum Ko) = constant. To an excelient
approximation, the low frequency specirum is flat up 10 frequency @ = yv/b above
which the spectrum falls off exponentially.

1t is intriguing to note that once again the factor ¥ has disappeared from the
intensity spectrum (3.33) even in the relatvistic case. This is not so surprising
when we remember thal the momentum impulse is the same in the relativistic and
pon-relativistic cases as was demonstrated by the expression (2.13).

Finally, we have fo integrate over all relevant collision parameters which
conlribute to the radiation at frequency e. So far, we have performed a compietely
peneral analysis in the rest frame of the electron. If the electron is moving
relativistically, the number density of nuclei it observes is enhanced by a factor vy
because of relativistic length contraction. Hence, in the moving frame of the
clectron, N° = vV where N is the space density of nuclei in the laboratory frame
of reference. The mumber of encounters per second is N'v and since, properly
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speaking, all paraméters are now measured in the rest frame of the electron, let us

add superscript dashes to all the relevant parameters. The radiation spectrum in
frame of the electron is therefore

bmns
Tw') = f YnbyNvE db
¥lnin
2N 1. (bl
T v cmy (_) (3.34)

b

35 Non-relafivistic and thermal bremsstrahlung

We are interested in two cases: in the first, we evaluate the total energy
loss rate by bremsstrahlung of a high energy but non-refativistic electron and
second, the continuum spectrum and radiation loss rate of hot jonised gas in which
the velocity distribution of the electrons is Maxwellian at temperature T. In both
cases, we can neglect the relativistic correction factors and hence obtain the low
frequency radiation spectrum from (3.34)

ZN 1 &

= E N g Hmex
12r%e; °mi v

Ko} = (3.35)

bm.\n
Again, we have to make the correct choice of limiting collision parameters b, and
B FOT b, we note that we should only integrate out to those values of b for
which @b/v=1. For larger values of b, the radiation at frequency @ lies
on the exponential tail of the specirum and we obtain a negligible contribution
to the intensity (see Fig. 3.2). For b,,,. we have the same options described
in Section 2.2-at low velocities, v< (Z/137)¢, we use the classical limit,
Boie = Ze*/8me m, v* (expression (2.5)). This would be appropriate for the
bremsstrahlung of a region of ionised hydrogen at T = 10¢ K. At high velocities,
v2(Z/137 ¢, the quantum restriction, &, = #/2m.v (expression (2.6)}, is
applicable and this is the appropriate limit 1o describe, for example, the X-ray
bremsstrahlung of hot intergalactic gas in clusters of galaxies. Thus, the choices are

ZP N ]

Kw) = m " InA (3.36)
where

A = 8wg, m, v/ Ze*w for low velocities (3.37a)

A = 2m,v*/ho for high velocities {3.37b)

Notice that we have simplified the algebra by restricting the analysis to the flat, low
frequency part of the radiation spectrum. There is, as usual a cut-off at high
frequencies corresponding to by,

In is interesting to compare our result with the full answer which was derived by
Bethe and Heitier using a full quantum mechanical treatment of the radiation
process. The key aspect of their result is that the electron cannot give up more than
its total kinetic energy in the radiation process and so no photons are radiated with
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energics greater than & = ko = g, 4+, In the same notation as above, the intensity
of radiation from a single electron of encrgy E = 3m, v* in the non-relativistic limit
is

2 ; 1— 3
I(m) = gzgarﬁ%c—len [i—i%‘%:l

where o = e*/4mfie, ¢ & 1/137 is the fine structure constant and r, = e*/4ng, m, ¢’
is the classical electron radius. The comstant in front of the logarithm in this
expression is exactly the same as that in expression (3.36). In addition, in the limit
of low energies € € E, the term inside the logarithm reduces o 4E/e which is
cxéctly the same as the expression (3.37b).

3.51 Non-relativistic bremsstrahlung losses

To find the total energy loss rate of a high energy particle, we integrate the
expression (3.36) over all frequencies. In practice, this means integrating from 0 to
@,,, where @, corresponds to the cut-off, b, = #/2m,v. This is approximately

Oy = 2T/T ~ 200/, = A, viih (3.38)
i.e. 1o order of magnitude fio = km, v*. This is just the kinetic energy of the electron
and is obviously the maximum amount of energy which can be lost in a single
encounter with the nucleus. We should therefore integrate (3.36) from @ =0 to
Oy = 11, V26 and thus,

Wmax 208
_(4E) L™ 22N lpade
A7 fprems o 12mPe] Ami v

L Z%Nv

= 24nded o'm A

= (constant) Z*Nv (3.39)
We note that the total energy loss rate of the electron is proportional to v, ie. to
the square root of the kinetic energy E: —dE/dt o EY. This is in contrast to the
case of relativistic bremsstrahlung losses which is developed in Section 3.6 (see
equation (3.71)). In practical applications of this formula, it is necessary to
integrate over the energy distribution of the particles. For example, the energy
spectrum may well be of Maxwellian or power-law form M(E)dE o E7*dE. Wewill
use these formulae in the context of the hard X-ray emission from solar flares in
Section 12.5.1.

inA

3.5.2  Thermal bremsstrahlung

In order to work out the bremsstrahtung or free—free emission of a gas at
temperature T, we integrate the exptession (3.36) over a Maxwellian distribution
of electron velocities

LY

2 @
N.(¥)dy = 4N, (ﬁ-—) + exp (— %(lr) dv (3.40)
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The algebra can become somewhat cumbersome at this stage. We can find the
correct order-of-magnitude answer if we write 4m, v = %7 in expression (3.36).

Then, the emissivity of a plasma having electron density N, becomes in the low
frequency limit, .

2.6 T
oy 22NN (me

. ,
12/ 3m0es o H‘) g(e.7) (3.41)

where g(w, T) is the correction factor known as the Gaunt factor, which is the
proper form of the term in A integrated over velocity, which appears in formulae
(3.35). At high frequencies the spectrum of thermal bremsstrahlung cuts off
exponentially as exp (—#a/kT"), reflecting the population of electrons in the high
energy tail of a Maxwellian distribution of energies at fio » k7. Finally, the total
energy loss rate of the plasma may be found by integrating the spectral emissivity
over all frequencies. In practice, because of the exponential cut-off, we find the

correct functional form by integrating (3.41) from 0 to w = &T/# as described
above, i.e.

—{dE/df) = (constant) Z*THNN, (3.42)

Detailed calculations give the following answers: the spectral emissivity of the
plasma is

1 (m\t 2% (m , hv
K, = F(E) —Eg mez (E) g(v, T) NAe exp (—E.,) (3.43)
=68 x 10 Z2Ti NN, g(v, T) exp{—Av/kT) Wm™ Hz ™

where the number densities of electrons N, and of nuclei N are given in particles
per cubic metre. At frequencies #m < k7, the Gaunt factor has only a logarithmic
dependence on frequency. Suitable forms at radio and X-ray wavelengths are:

. 3 1282 k3T
Radio g(v,.T) = l{-?-{-[in (ﬁ) —y%] (3.442)
X-ray glv,T}= % in (%) (3.44b)

where y = 0.577...is Euler’s constant. The functional forms of both logarithmic
terms (3.44a, b) can be readily derived from the corresponding expressions
(3.37a, b).

For frequencies hv/kT » 1,g(v, T is approximately (kv /T The origin of this
factor may be understood from the approximations for the Bessel functions used
in deriving the relation (3.32). The high frequency approximation differs from that
at v < kT by a factor of roughly y*exp(—)) and the form of bremsstrahlung
emissivity given in (3.43) only takes account of the factor exp(—)} in the limit
y-co. Thus, the dominant term in the Gaunt factor is 3 ~ (hv/kT¥.

The total loss rate of the plasma is

dE

_(_) = 1.435 x 107% Z2TigNN, W m™ (3.45)
dr‘ Drems
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Figure 3.3. The X-ray spectrum of the Perseus cluster of galaxies observed by the
HEAO-AZ instrument. The continuum emission can be accounted for by the thermal
bremsstrahlung of hot intraciuster gas 4t a temperature corresponding to k7 = 6.5 keV,
ie. T= 7.5 1¢F K. The thermal nature of the radiation is confirmed by the observation
of the Lya and Lyp emission lines of highly jonised iron, Fe**, at energies of 6.7 and
7.9 keV respectively. The ionisation potential of Fe™ is 8.825 ke'V and hence the gas
must be very hot. Note also the ciuster of unresolved lines of highly ionised silicon,
sulphur, calcium and argon in the energy range 1.8-4 keV. (From R. Mushotzky (1980).
X-ray astronomy, eds R. Giacconi and G. Setts, page 174, Dordrecht: D. Reidel
Publishing Co.)

Detailed calculations show that the frequency averaged value of the Gaunt factor
g lies in the range 1.1-1.5and thus, to a good approximation, we can write § = 1.2,
The subject of suitable Gaunt factors for use in the thermal bremmsstrahlung
formulae is large and complex. A compilation of a large number of useful results
is given by Karzas and Latter (1961).

Fig. 3.3 shows the spectrum of the intergalactic gas in the Perseus cluster of
galaxies as observed in the X-ray waveband by the HEAO-A2 experiment. The
derived temperature of the emitiing gas is T=7.5x 107 K. Confirmation of this
high temperature is provided by the observation of the Fe XXVI line at about
8 keV which can also be seen in Fig. 3.3. Since the gas is collisionally excited, the
electron temperature of the hot gas must lic in the range 10™-10° K. The
interpretation of the diffuse X-ray emission from the cluster as the bremsstrahlung
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of hot gas provides an important measure of the mass of intergalactic gas in the

cluster as well as providing an astrophysical too] for measuring the mass of the
" cluster as a whole. :

3.53 Thermal bremsstrahlung absorplion

To complete our study of thermal bremsstrahlung, it is useful and
instructive to work out the coefficient for thermal bremsstrahlung absorption. This
is important because the resulting spectrum provides a characteristic signature for
compact regions of ionised hydrogen in the radio waveband. It also illustrates the
general procedure for relating emission and absorption coefficients.

We write down first the transfer equation for radiation. It is mosi convenient 10
work in terms of the intensity of radiavion [, i.e. the radiant energy passing per
second through unit area at normal incidence per steradian per unit bandwidth. In
traversing dx, the decrease in intemsity is y,f.dx where 7y, is the absorption
coefficient, and the amount gained is x,dx/4n, where x, is the emissivity of the
plasma, i.e. the power emitted per unit volume per unit bandwidth. Therefore,

df fdx = —y, I, +x,/4n (3.46)

Now, in thermodynamic equilibrium at temperature T, dJ, /dx is zero and every
emission is balanced by an absorption by the same physical process — this is the
principle of detailed balance. The radiation spectrum must have black-body form
in thermodynamic equilibrium and therefore,

%o =K, f4T (347

where [, is the intensity spectrum of black-body radiation at temperature T. This

equilibrium intensity spectrum for black-body radiation is given by the Planck
function

(= 2?_:3 [exp (;:—;,)-— 1]_1 (3.48)

Substituting into (3.47}, we find

K ex hv -1
% = i | P \RT

The absorption cocfficient for therma! bremsstrahlung is therefore

-4
¥, = (constant) T \f:'Ne g(v, T) [l —exp(—%)] (3.49)

At high frequencies, hv 3 kT, the absorption coefficient has functional dependence
%o % NN g(v, TWT-% (3.50)

At low frequencies, Av < k7T, we expand the exponential for small values of hv/kT
and find

l—exp(—hv/kT) = hv/kT

%o oc NN, g(v, T 3T (3.51)
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1t is interesting to compare these expressions for the absorption coefficient with
that expressed in terms of the Einstein coefficients of spontaneous emission, Ay,
absorption B, and stimulated emission B,,. We recall the standard relations
between these coefficients for transitions bétween an upper energy level 2 and a
lower energy level 1. : .
A,, = transition probability per unit time for spontaneous emission
B,, Kw) = transition probability for absorption per unit time
B,, Kw) = transition probability for induced or stimulated emission per
unit time .
In this formulation, we use the intensity of radiation K@) defined in connection
with the radiative transfer equation (3.46) at frequency o corresponding to an
energy difference between the upper and lower states fiw,, = E,—E,. If n, and 7,
are the populations of the states 2 and 1 respectively, we can write down the
condition for thermodynamic equilibrium that the sum of the spontaneous and
induced emissions should balance the number of absorptions

ny Ayt By Kw) = n, By, flw) (3.51)
Therefore, solving for Ka),
Ay /Bu
(ry/13) (Byg/ Byy)— 1
Now, in thermodynamic equilibrium, n, /n, is given by the Boltzmann relation
n,fn, = (g,/8;) xp (hvg, /kT) where g, and g, are the statistical weights of levels 1
and 2. Therefore

Hw) =

Agy /By
(2,/22) (Bya/ By,) exp (hvy, /KT)—1

Howsver, we know that this function rmust be the Planck function (3.48) and
hence, comparing coefficients,

g, Bin=8:Bn; An= (2 /e*) By (3.54)
This remarkable arpument, first given by Einstein in 1916, results in a direct
relation between the elementary processes of emission and absorption. It can
therefore also be used in non-equilibrium situations. Einstein’s great insight was
that, in writing down the tramsfer equation for radiation in terms of elementary
processes, the induced term B, must be included as well as 4,, and B, Thus, in
terms of elementary atomic processes, the emissivity of the plasma is

K, =Ry Ry Ay (3.35)
In the trapsfer eguation for radiation cortesponding to (3.46) we have to add the
terms for absorption and stimulated emission

Kw) =

(3.53)

A
dfl{::)) _ h\-'m:; By, Bog vy Hw)+m, By Aviw)

= %—h"](m)(nl B12_"2B21) (3.56)

3.5 Non-relativistic and thermal bremsstrahlung g1
Thus,
¥, = Av(n, By, —n, By} . (3.57)
= hvn, B, ( - ﬁ)
m By
n
= hvn, By, (1 —ﬁ)

If the matter is in thermal equilibrium, but not pecessarily with the radiation, we
recall that

my/n, = (g./g,) exp(—Av/kT)

and therefore

¥, = hvn B [ —exp(—hv/kT)] {3.58)

This result is formally identical to the expression (3.49). It can be seen that the last
term in square brackets is derived from the term By, ie. the stimulated emission
term. The result is that the absorption coefficient ¥, = kvn, B,, is referred to as the
absorption coefficient for bremsstrahlung wncorrected for stimulated emission
whereas {3.58), which is what is measured in practice, is referred to as the
absorption coefficient for bremsstrahlung saking aceount of stimulated emission.

The distinction is important in the sense that the different forms are encountered
in different types of astronomical problem. For example, stellar astrophysicists
normally use (3.50) because this is directly related to the opacity of the stellar
material for photon diffusion — normally, these astronomers are interested in the
opacity of the medium for photons having energies av = kT. On the other hand,
radio astronomers always deal with very low energy photons, Av < kT, and they
always use the formula (3.51).

Let us apply the formula (3.51) to the spectrum of a compact region of ionised
hydrogen as observed at radio wavelengths. The optical depth of the medium 7 is
defined to be :

t = [y, dx = (constant) [N? T-Hv2dx (3.59)

To evaluate the emission spectrum of the region, we integrate the transfer equation
(3.46) along a column with uniform electron density

Lo df =
s, S dx
.L (x./4n—2, L) L

Here we assume no background radiation is present, so that I, =0 at x = 0. The
integration is straightforward

=5 f_exp(—
Iv—‘,mx‘_[l exp (— %, )] (3.60)



P——

—,

e

82 3 lonisation losses and bremsstrahiung -

T:xvxs:‘]

\ ' 1, = constant

Intensity, log fy

Frequency, log ¥

Figure 3.4. The spectrum of thermal bremsstrahlung at low radio frequencies at which
self-absorption becomes important. This is the characteristic spectrum of the compact
regions of jonised bydrogen found in regions of star formation.

This formula makes sense. ft=%,x €1,

KX
I= ——4:; X =7 (3.61)
Fr=yxx¥1,
Bl
k= any, ¢ [ﬂp kT
2T ifhe <kt ' (3.62)
C

Thus, the spectrum of the compact region of ionised hydrogen has a characteristic
shape with I, = constant when t <1 and [ e v* if © ® 1, corresponding to the
Rayleigh-Jeans tail of a black-body distribution at temperature T. This form of
spectrum is found in the compact HII regions which lie close to regions of star
formation (Fig. 3.4). The temperature of the region may be estimated from the
intepsitv of radiation in the Rayleigh-Jeans region of the spectrum and a mean,
tempcra_tture-weighted value of N found from the point at which the region
becomes optically thick.

3.6  Relativistic bremsstrahlung

We begin with the expression (3.34) for the radiation loss rate per unit
bandwidth per unit pathlength in the frame of the moving electron. Again, we must
decide appropriate limits for the collision parameters bsy and b, . We notice that
these limits are linear dimensions perpendicular to the line of Aight of the electron
and hence take the same values in S and §".

It would look at first sight as if the value of &, should be the same as before,
k/vm,v. We are now dealing, however, with the radiation from the electron and we
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want it to radiate coherently, We may think in the following simple way about the
condition for the electron to radiate coherently. We take the electron to have *size’
Ax. If the duration of the impulse is shorier than the travel time across Ax, the
different bits of the ‘ probability distribution’ of the electron will receive impulses
at different times and the radiation of the electron will not be coherent. Therefore
the duration of the impulse must be at least as long as the travel time across the

glectron
At = Axfy
duration of impulse  travel time
across the electron

Therefore
boa A A
——=— = 3.63
yv  oymgvoy’ T moy (3.63)

i

Notice that, in this case, there is no Lorentz factor y on the bottom line of the
minimum collision parameter. This result makes sense in the following way. In the
rest frame of the electron, this collision parameter corresponds to an angular
frequency ®' = m,v*/# and therefore to a photon energy Ao’ = m, V. Trans-
forming to the external frame, we see that #ie = ym, v* i.e. this is the condition
that the electron cannot give up more than its total kinetic energy in a collision.
Notice that exactly the same physical argument applied to the derivation of the
non-relativistic value of b, (see Section 3.5.1).

The previous upper limit was b,,, = yv/@. The present case is slightly different
in that the eleciron interacts with nuclei which are shielded by their electron clouds
unless the collision parameter is small. We can find a suitable estimate by
considering, for example, the Fermi-Thomas model of the atom (see, Leighton
(1959) pp. 362-3).

The electrostatic field of the nucleus can be written approximately as

Vo) = 22 exp (—5) : (3.64)
r a
where
=14a,Z7;

g, =4ng it m, e =0.53x 10" m
Thus, for neutral atomns, a suitable value for b,,,, is

B = 140,271 (3.65)
We now consider the ratio of the two collision parameters

b (FT) ldage
Max = 3_66
bonlcol) 42 (3.66)
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We shoﬁld adopt the smaller of these values of B in any particular application.

In the ultrarelativistic limit v 00, we should use the Fermi-Thomas shi¢lding
limit. The ultrarelativistic limit of (3.34) is therefore

Iw} =

Zry N (1.4 ay M, v) 367

123 c*miv ZH

We now have to transform this into the laboratory frame. We have already shown
in Section 3.3.] that dE/dr is a refativistic invariant. In the present case, J(w’) has
dimensions (energy per unit time per unit bandwidth). Thus, we need only ask how
A transforms between frames. It is simplest to note that o transforms in the same
way as E and hence, as shown in Section 3.3.1,

Am = yAw
i.c. the bandwidth increases by a factor ¥ in S. Therefore in S, the intensity per unit
bandwidih is smaller by a factor v, ie.
Z:N (1921:)

12n% *miv \ Zic

Ko) = (3.68)
The intensity spectrum is independent of frequency up to energy fio = (y — D, c*
which corresponds te the electron giving up all its kinetic energy in a single
collision. Now we can find the total energy loss rate by integrating over frequency.

Ef

—(dE/Mf) = J‘

1]

L
I{w)da
Since v = ¢,
dE Z*°NE 192)
= === 3.69
(dr) 12a%ed mt c*h ln(Z% (3.69)

We should compare this with the proper formula derived by Bethe and Heitler
from the full relativistic gquantum treatment

dE _Z(Z-!-l.?!)eﬁN [ (]83)4_1] 2,70
—(E)_ 16m3sd m? et E|n zi) 8 (3.70)

Notice that, although we have had to make a number of approximations, we have
come remarkably close to the correct answer. The term (Z+ 1.3) takes account of
electron—electron interactions between the high energy electron and those bound
to the atoms of the ambient material. Notice that, in contrast to the non-
relativistic case {(3.39), the relativistic bremsstrahlung energy loss rate is
proportional to the energy of the electron.

The relativistic bremsstrahlung cnergy losses are of exponential form
—dE/dx o Eand it is therefore possible to define a radiation length X, over which
the electron foses a fraction {1 —1/e) of its energy, —dE/dx = E/X,. As in Section
2.4.2, it is convenient te describe this length in terms of the number of kilograms
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Figure 3.5. The total stopping power for electrons in air, water, aluminium and lead.
At energies less than 1 MeV, the dominani loss mechanism is ionisation losses. At higher
energies, the dominant loss process is bremsstrahlung. For comparison, the contribution
from ionisation losses for electrons in lead is alse shown. (From H. A. Enge (1966).
Introduction to nuclear physics, page 190, London: Addison-Wesley Publishing Co.)

per square metre, £, = pX,, through which the eclectron passes. In the
ultrarelativistic limit

dE dE 1 E E

SE__GEl_E_E i
B dpe pE, & (3.71)

1t is also convenient to express the radiation length £, in terms of the atomic mass
M, of the material: If N, is Avogadro’s number, N = N,p/M,. We recall that
M, g of any substance contains N, particles. We can now write an expression for
g, which is useful for numerical purposes:

7160M,

o ZZ+1.3)In (183ZH +4]

kgm™ @.72)

The form of the total energy loss rate (—dE/dE) or total stoppirg power for
different materials is illustrated in Fig. 3.5. Below about 1 MeV, at which the
electron becomes -non-relativistic, jonisation losses remain the dominant loss
mechanism, but for greater energies, relativistic bremsstrahlung losses rapidly
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Figure 3.6. The probability per unit bandwidth of the emission of a photon by
bremssirahlung as a function of angular frequency of the emitted photon plotted on
linear intensity and frequency scales.

become dominant. We can define a critical energy E, as that at which
bremsstrahlung losses are equal to ionisation losses. For hydrogen, air and lead the
values of E, are 340, 83 and 6.9 MeV respectively. This is an important result in
the analysis of air showers initiated by cosmic rays in the atmosphere.

The radiation lengths for these materials are:

hydrogen &, =580kgm™® X,=6.7km
air E,=365kgm™ X, =280m
lead E,=58kgm?® X,=35.6mm

The vabue for the atmosphere is of particular interest because its total depth is
about 10000 kgm™ and thus, cosmic ray clecirons must suffer catastrophic
bremsstrahlung losses when they enter the atmosphere.

The other crucial factor is the emitted spectrum of photon energies which we
have devoted so much epergy to deriving. Let us rewrite the spectrum as a
probability distribution of emitting photons of energy #a. Then

Kw)yde = P(m)heN, do (3.73)
Therefore,
P(w) oz 1 fwup to ke = {y—m, ¢’

This means that the probability diverges at zero frequency. As indicated by Fig.
1.2, however, the intensity of radiation remains finite at zero frequency. The
important point is that, although the likelihood of an energetic photon being
emitted is small, when it is emitted, it takes away a significant fraction of the energy
of the electron. The spectrum of bremsstrahlung plotied in terms of flux of photons
per unit frequency interval is shown on a linear frequency scale in Fig. 3.6-this
shows the probability distribution of energy packets being emitted. It can be seen
that, on average, we eXpect one Of two very energetic photons to be emitted in each
radiation length. This is very important since it means that a very high energy
cosmic ray electron deposits most of its energy into one or two high energy
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photons within a very short distance once il enters the atmosphere. This leads us
naturally to study the interaction of high energy photons with matter in the next
chapter.

In addition, relativistic bremsstrahlung is likely to be of importance astro-
physically. Wherever there are relativistic electrons with energy E, these can
interact with atoms and molecules to generate photons with frequencies up to
v = E/h, on average their energy being about 1E. An example of the potential
application of this process o the y-ray emission of the interstellar medium is given
in Section 18.3 of Volume 2. In that case, the emission is the bremsstrahlung of a
power-law distribution of electron energies N(E) o E-*, In that section, it is
shown that such an eleciron energy spectrum results in an intensity spectrum for
the y-rays of exactly the same power-law form, N,(g) cc €7, provided the intensity
is measured in terms of the flux density of photons m™ s~ MeV~ sr™!. This
process may well be important in other asirophysical environments.
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Interactions of high energy photons

4.1 Introduction

The three main processes involved in the interaction of high energy
photons with atoms, nuclei and electrons are photoelectric absorption, Compton
scattering and electron-positron pair production. Again, we need the physics of
these processes, not only in diagnosing the properties of high energy particles but
also in studying high energy astrophysical phenomena in a wide variety of different
circumstances. The specific example we will consider in the context of the detection
of partictes will be the development aof electron—photon cascades in which high
energy electrons enter the atmosphere or a particle detector. The arrival of very
high energy y-rays at the top of the atmosphere gives mise to showers of very
energetic electron—positron pairs. The latter can emit Cherenkov radiation which
can be detected as optical emission at ground level. This technigue has resulted in
remarkable evidence for ultrahigh energy y-rays from cosmic sources and so it is
convenient to study Cherenkov radiation in this context.

These properties also find very wide applicability in high energy astrophysics.
For example, photoelectric absorption is found in the spectra of most X-ray
sources at energies & < 1 keV. Thomson and Compton scattering appear in a
myriad of guises from the processes oceurring in stellar interiors, to the spectra of
binary X-ray sources and the many applications of inverse Compton scattering in
abjects involving intense radiation fields and high energy electrons. Pair production
is bound to occur wherever there are significant fluxes of high energy y-rays—
indeed, evidence for the production of positrons by this process is provided by the
deteciion of the 511 keV electron—positron annihilation line in our own Galaxy.

We will therefore give the relations which are useful both from the point of view
of particle and photon deteciion and of astrophysics. We will return to many of
these processes in more detail later in our story.
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4.2 _ Photoelectric absorption

At low photon energies, fioo < m, %, the dominant process by which
photons lose energy is photoelectric absorption. This process is familiar to stellar
dstronomers since photoelectric, or bound-free, absorption is one of the principal
sources of opacity in stellar interiors and stellar atmospheres. We will be
principally interested in the process in much more rarefied plasmas. If the energy
of the incident photon is #ie, it can eject electrons which have binding energies
E, < o from atoms, ions and molecules, the remaining energy (hw— E;) being
removed as the kinetic energy of the cjected electron. This is just the photoelectric
effect first explained by Einstein in his revolutionary paper of 19051in which he first
proposed the concept of light quanta. The energy levels within the atom for which
fio = E, are called absorption edges because ejection of electrons from these energy
fevels is impossible if the photons are of lower energy. For photons with higher
energies, the cross-section for photoelectric absorption from this level decreases as
roughly v, The evaluation of this cross-section is one of the standard resuits of
the quantum theory of radiation (see e.g. Heitler (1954)). There is an analytic
solution for the absorption cross-section for photons with energies #o » E; and

Am € m, ct due to the ejection of electrons from the K-shells of atoms, i.e. from the
1s level

3

m, ¢ elint Z° 1y
= 4y20,00 75 B | =i~ .
o5 = 4/20,0°Z ( o ) 192\/2n5agﬁ‘c(f1m) @

In this cross-section, « is the fine structure constans, a = £*/47g, fic and oy is the
Thomson cross-section, o, = §mr2/3 = */6neimic’. Notice that this cross-section
corresponds to the removal of 2 K-shell elecirons from the atom since both 1s
electrons contribute to the opacity of the material. Notice also the very strong
dependence of the absorption cross-section upon the atomic number Z. Thus,
although heavy elements are very much less abundant than hydrogen, the
combination of the 0w dependence and the fifth-power dependence upon Z means
that quite rare elements make important contributions to the absorption cross-
section at hard ultraviolet and X-ray energies. More detailed calculations of these
cross-sections with the appropriate Gaunt faciors are given by Karzas and Latter
(1961).

The above results are sufficient to emable us to understand some of the '
characteristic features of X-ray absorption spectra seen in X-ray sources. Every
atom has a characteristic X-ray term diagram showing the energies of the different
stationary states for the removal of an electron from within an atom. Examples of
these, the X-ray term diagrams for hydrogen, carbon, oxygen and argon, are given
in Table 4.1 with the corresponding X-ray photoelectric absorption cross-sections
as a function of photon energy shown in Fig. 4.1. Curves such as these are of great
importance in the construction of proportional counters for the detection of X-
rays since the photoelectric absorption spectra of the detector gas and the window
materials determine the efficiency and sensitivity of the counter (see Section 6.4).
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Table 4.]7. The X-ray energy levels for hydrogen, carbon, oxygen and argen

Energies in electron-volts (eV)

X-ray term
Element K Ly Lym M, My
Hydrogen 13.598
Carbon 283.8 6.4
Oxygen 5320 237 7.1 )
Argon 32029 320 247.3,2452 253 124

(From American Handbook of Physics, third edition, page 7.158-9, McGraw-Hill, New
York, 1972
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Figure 4.1. The absorption coefficients for hydrogen. carbon, oxygen and argon atoms
as a function of photon energy (or wavelength). (From M. V. Zombeck (1590).
Handbook of space astronomy and astrophysics, page 295-8, Cambridge: Cambridge
University Press.)

Another important application of photoelectric absorption is in the de-
termination of the X-ray absorption coefficient for imerstellar matter. To estimate
this, it is necessary to add together curves of the form shown in Fig. 4.1 for the
cosmic abundance of the elements. In such a computation, the K-edges, which
correspond to the ejection of electrons from the 1s shell of the atom or jon, provide
the dominant source of opacity. The resulting total abserption coefficient for X-

rays is shown in Fig. 4.2, the K-edges of the elements contributing to the total -
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Figure 4.2. The absorption cross-section for interstellar gas with typical cosmic
abundances of the chemical elements {see Section 9.2.1). The discontinuities in the
absorption cross-section as a function of energy are associated with the K-shell
absorption edges of the elements indicated. The opiical depth of the medium is given by
1 = Jo (E)N,dl where N, is the number density of hydrogen atoms. (After R. H.
Brown and R. 1. Gould (1970). Phys. Rev., D1, 2252))

absorption cocfficient being indicated. In the curve shown in Fig. 4.2, the standard
cosmic abundances of the chemical elements have been assumed (see Section
9.2.1). In low resolution X-ray spectral studies, these edges cannot be resolved
individually as distinet features and a useful linear interpolation formula for the X-
ray absorption coefficient, o, and optical depth, 1, = o, Ny dl is

Ao Y -
) = -6 4.2
T (fim) = 2 x 10 (1 ch) JNgd! (4.2)
where the column depth [N d/ is expressed in particles per square metre and Ny
is the number density of hydrogen atoms in particles per cubic metre. Because of

the steep energy dependsnce of t,, photoeleciric absorption is not generally
mportant at energies fiw 2 1 keV.

4.3 Compton scattering

In 1923, Compton discovered that the wavelength of hard X-ray radiation
increases when it is scattered from stationary electrons. This was the final
convincing proof of Einstein’s quanturn picture of the nature of light according to
which it may be considered to possess both wave-like and particle-like properties.
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Figure 4.3. [lustrating the geometry of Thomson scattering of a beam of radiation by
a free eleciron.

Electron

Tn the Compton scattering process, the incoming high energy photons collide with
stationary electrons and transfer some of their energy and momentum to the
¢lectrons. Consequently, the photons come out of the collisions with less encrgy
and momentum than they went in. Since the energy and momentum of the photons
are proportional to the frequency of the radiation, £ = Ao and p = (hn/c)i,, where
i, is the unit vector in the direction of travel of the photon, the loss of energy of
the photon corresponds to an increase in its wavelength. Let us build up a picture
of some of the important aspects of Compton scattering by considering first the
simpler process of Thomson scattering.

4.3.1 Thomson scattering

Thomson first published the formula for what is now catled the Thomson
cross-section in 1906. He used it in a major paper of that year to show that the
number of electrons in each atom is roughly the same as the element’s atomic
numbet. He obtained this result by interpreting X-ray scattering experiments
carried out by Barkla. He attributed the scattering to the reradiation of the X-rays
by all the electrons in the sample which he assumed could be considered free
particles. In his derivation of the cross-section for this process, he used the same
Larmor formuia which we derived by his method in Section 3.3.2. Let us follow
some of his footsteps.

The formula we seek is that which describes the scattering of an unpolarised
beam of radiation incident upon a statienary electron. The problem is to find the
intensity of radiation scattered through angle o by the eleciron. We can give a
completely classical analysis of this problem using the radiation formulae derived
above. We assume that the beam of incident radiation propagates in the positive
z-direction (Fig. 4.3). To simplify the analysis and without loss of generality, we
arrange the geometry of the scattering so that the scattering angle a lies in the x—z
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plane. We resolve the electric field strength of the unpolarised incident field into
components of equal intensity with electric vectors in the i, and i, directions (see
Fig. 4.3). .

The electric fields experienced by the electron in the x and y directions,
E, = E,exp{inf) and E, = E,, exp (i) respectively, cause the electron to
oscillate and the accelerations in these directions are:

i,=eE/m, F,=eEjm,

We can therefore enter these accelerations into the radiation formula (3.8} which
shows the angular dependence of the emitted radiation upon the polar angle 0. Let
us treat the x-acceleration first. In this case, we can use the formula (3.8) directly
with the substitution @ = n/2—0. Therefore the intensity of radiation scattered
through angle 8 into the solid angle df2 is

d - €2|F |2 Sinz 9 e‘{E |2
) %= = = 4 2 .
(df): 161'[280 o? dQ ]6112?‘7!3 £, & cos? o d) (4 3)

As usual, we have to take time averages of E? and we find that E2 = E%, /2. We
surn over all waves contributing to the E,-component of radiation and express the
result in terms of the incident energy per unit area upon the electron, The latter is
given by Poynting’s theorem, S, =(ExH)=ce, Eli, Again, we take time
averages and find that the contribution to the intensity in the direction o from the

x-component of the acceleration is 5, = ¥ ce, E% /2. Therefore,
i

d e* cos*a
—|=ldn=—F Y EIdD
( df), lenimie, Zil £
et cos’a
L 4.4
T E 44
Now let us look at the scattering of the £ -component of the incident field. From
the geometry of Fig. 4.3, it can be seen that the radiation in the x-z plane from the
acceleration of the electron in the y-direction corresponds to scattering at 8 = 90°
and therefore the scattered intensity in the a-direction is just

_(d_ 40 = —— o5, dO @.5)
dr), " 16ntmielct Y '

The total scattered radiation into dSQ is the sum of these components (notice that
we add the intensities of the two independent field components).

_(4E dQ—L(H-cos’ )EdQ (4.6)
ds T 16nmiel ot *3 )

where § = §,+ 5, and we recall that §, = 5, for unpolarised radiation. We now
express the scattered intensity in terms of a differential scattering cross-section dog
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in the following way. We define the scattered intensity in direction o by the
following relation : -

do.(¢)  energy radiated per unit time per unit solid angle
dQ  incident energy per unit time per unit area

@.7)

Since the total incident energy is &, the differential cross-section for Thomson
scattering is

el (1 +cos®a) a0

do; =
T lerteimict 2

(4.8)

wizich we can express in terms of the classical eleciron radius r, = ¢*/dne,m, %,
r‘&

do, = Ee(l +cos?o) dQ 4.9)

To find the total cross-section for scattering, we integrate over all angles « in the
standard way,

2
Oy = f%(l +cos®a) 2n sin et der
a

‘ ,
= e = 665310 4.10)
()

e

This js Thomson’s famous result for the total cross-section for scattering by
stationary free electrons and is justly referred to as the Thomson cross-section. This
cross-section reappears in all sorts of formulae involving radiation processes as we
will find as we proceed. Let us note some of the important properties of Thomson
scattering.

(i) The scattering is symmetric with respect to the scattering angle o
Thus, as much radiation is scattered backwards as forwards.

(ii) Another useful calculation is to work out the scattering cross-section
for 100 % polarised emission. We can work this out by integrating the
scattered intensity (4.3} over all angles.

(dE) ]gnl: £l 5/ sin® 0 2 5in 6 db

e!
- (ﬁnsﬁ mt c‘) S @10

We find the same total cross-section for scattering as before. This
should not be surprising because it does not matter how the electron
is forced to oscillate. The energy radiated is simply proportional to
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(iii)

(iv)

the sum of the incident intensities of the radiation field. Because of
this last fact, the only important quantity so far as the electron is
concerned is the total intensity incident upon it and it does not matter
how anisotropic the radiation is. One convenient way of expressing
this result is to write the formula for the scattered radiation in terms
to the energy density of radiation at the electron

Uy = Zui= ZS.-/C
1 i
and hence

—~(AE/dD) = 601y, @4.12)

The one distinctive feature of the process is that the scattered
radiation is polarised, even if the incident beam of radiation is
unpolarised. This can be seen intuitively from Fig. 4.3 because all the
E-vectors of the unpolarised beam lie in the x—y plane. Therefore, in
the case of observing the eleciron precisely in the x—y plane, the
scattered radiation is 100 % polarised. On the other hand, if we look
along the z-direction, we observe unpolarised radiation. If we define
the degree of polarisation in the standard way,

11 = Jmee Lo (4.13)

we find by a simple calculation that the fractional polarisation of the
radiation is

] —cos’o

4.14
14+cos*a (4.14)

This is therefore a means of producing polarised radiation from an
initially unpolarised beam. A bzautiful example of this phenomenon
is presented in Fig. 4.4 which shows the infrared intensity and
polarisation of an obscured source in Orion Molecular Cloud 1. The
polarisation vectors are more or less circularly symmetric about the
source to the right of the picture, showing that it is the source -of
excitation of the outflow which opens up towards the top left of the
image and that the radiation from the flow is scattered infrared
radiation.

Thomson scattering is one of the most important processes which
impedes the escape of photons from any region and it is useful to
write down equation (4.12) in terms of the scattering of photons out
of a beam propagating in the positive x-direction. To do this we write
down the expression for the energy scatiered by the electron in terms
of the number density N of photons of frequency v so that

—(d(Nhv)/d1) = o cNAy
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Figure 44. (&) For legend see facing page

There is no change of energy of the photens in the scattering process
and so, if we apply the above equation to the scattering of photons
from the beam and if there are now N, electrons per unit volume, the
number density of photons decreases exponentially with distance
—dN/jdt = o eN N

—dN/dx=o; NN

N = N, exp(— Jo, N,dx)

We can express this by stating that the optical depth of the medium
1o Thomson scatiering is

1= fo, N, dx

In this process, the photons are scattered in' random directions and so
they perform a random walk, each step corresponding to the mean
jree path by of the photon through the eclectron gas where
Ap = (o N . Thus, there is a very real sense in which the Thomson
cross-section is the physical eross-section of the electron for the
scattering of electromagnetic waves.

43.2 Compton scatiering

In the case of Thomson scattering, there is no change in the frequency of
the radiation. The electron simply acts as a radiator which scatiers the incoming
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Figure 4.4, Infrared images at 2.2 ym of an outflow source in the Orion Molecular
Cloud. {a} The outflow source is the object to the bottorm right of the image. The cone
of emission extending towards the top lefi of the diagram is believed to be excited by a :
beam of radiation from this source. (From I, 8. McLean {1987). Infrared asironomy with
arrays, eds C. G. Wynn-Williams and E. E. Becklin, page 189, Hawaii: University of
Hawaii Publications. (&) An infrared polarisation image of the same region at 2.2 pm
taken at a lower angular resolution. It can be seen that the polarisation vectors in'the
region of the outflow are roughly circularly symmetric about the source at the bottom
right of the image, the typical signature of scattering by the free electrons in the outflow.
(From 1. Ravner and 1. $. McLean, (1987). Infrared astroromy with arrays, eds C. G.
Wynn-Williams and E. E. Becklin, page 277. Hawaii: University of Hawaii
Publications.)

radiation. This remains a good approximation provided the energy of the photon
is much less than the rest mass energy of the electron, o <€ m,¢*. In general, as
long as the energy of the photon is less than m, ¢* in the centre of momentum frame
of reference, the scattering may be accurately treated as Thomson scattering and we
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will use this in our treatment of inverse Compton scattering (Section 4.3.3). There
are a number of important cases, however, -in which the frequency change
associated with the collision between the electron and the photon is important in
high energy astrophysws Let us establish some of the more 1mportant general
results.

In classical Compton scattering the wavelcngths of the photons increase. For the
sake of generality, let us suppose that the eledtron is not al rest but moving with
velocity v in the laboratory frame of reference §. There are several ways of tackling
this problem. I confess that [ normally adopt the boring approach of finding the
centre of momentum frame, then treating the collision in that frame and
transforming back to the laboratory frame of reference. There is, however, a very
neat way of coming quickly to the complete answer using the momentum and
frequency four-vectors of the electron and photon respectively. This is an ekcellent
example of the power of four-vectors.

Let us write down the momenium four-vectors for the electron and the photon
before and after the collision.

Electron P = [ym,v,ym] P =[ym,v,¥m}
fiw. ho R A’ . Ao’
poen = [0, 55] w0 =[]
Before After
The collision conserves four-momentum and hence
P+K=P+K (.15

Now, we square both sides of this four-vector equation and recall the properties
of the norms of the momenium four-vectors of the electron and the photon:
P-P=P P =mic and K-K = K'-K’ = 0. Therefore,
- (P+KY = (P+KY

P P+2P-K+K-K=P P+2P-K'+K 'K

PE=PFK (4.16)
Now multiply (4.15) by K’ and use the equality (4.16).

P K+EKK =P K+K K

P-K+K-K'=FK 417
This four-vector equation is the solution we seck. Let us reduce it to somewhat
more familiar form by multiplying out the four-vector products. The scattering
angle 15 given by |, -i,. = cos o. We let the anple between the incoming photon and

the velocity vector of the electron be § and the angle between them after the
collision be @, Then, cos8 = i,-¥/|v| and cos®’ = i,.-v'/I¥'|. After a little algebra,

B\

1—(v/c) cosO

@ _ (4.18)

@ [1—(v/c) cos® ++(he/ym ) (1 —cos o]

e e s it
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In the traditional argument, the Compton effect is described in terms of the

increase in wavelength of the photon on scattering from a stationary electron i.e.
ve=»{,y=1

1
T 1+ (hwjm, {1 —cos &)

A A=k foe

== =l —cosa) (4.19)

Ble

=| &

This effect of ‘cooling’ the radiation and transferring the energy to the electron is
sometimes called the recoil effect. Note, however, that expression (4.18) aiso shows
how cnergy can be interchanged between the electrons and the radiation field. In
the Hmit Aw < ym, c%, the change in frequency of the photon can be written

®—@ Aw v (cosft—cost)
= 4.
(i) © c¢[1—(v/¢c)cosd] (4.20)

Thus, it can be seen that, to first order, the frequency changes are ~ v/c. Note,
however, that, also to first order, if the angles 8 and 8’ are randomly distributed,
a photon is just as likely to decrease as increase its energy. It can be shown that
there is no net increase in energy of the photons to first order in v/c and it is only
in second order, i.e. to order v*/c?, that there is a net energy gain. We will take this
point up in a little more detail after we have dealt with inverse Compton scattering
since the low energy limit of that process gives explicitly the correct expression for
the net epergy gain by the photons in the presence of a distribution of electrons at
temperature T

Occasions will arise when it is not adequate to use the Thomson cross-section to
describe the scattering of photons by free electrons. The key consideration is
whether or not the electron moves with velocity v ~ ¢ or if the photon has energy
#w ~ m_¢* in the centre of momentum frame of reference. If a photon of energy
#m collides with a stationary clectron, according to the analysis of Section 2.3.3,
the centre of momentum frame moves at velocity '

v ficr :
=" 4.21
¢ m.c*+ho (421)

Therefore, if the photons to be scatiered have energy fio 2 m, c%, we must use the

proper quantum relativistic cross-section for scattering. Another case which can

often arise is if the photons are of low energy #io < m, c* but the electron is moving

uitrarelativistically with v » 1. Then, the centre of momentum frame moves with

a velocity close to that of the electron and in this frame the energy of the photon

is vAm. Again if yhio ~ m, c®, the quantum relativistic cross-section has to be used.
The relevant total cross-section is the Klein—Nishina formula:

G, 1.4 1
GK_N—nreg{[] o ]113(24»:«}'1)-5-2+E m} (4.22)
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or P = Mye? = 0.5 MeV

log (o)

iog hw

Figure 4.5. A schematic diagram showing the dependence of the Klein—-Nishina cross-
section upon photon energy.

where £ = An/m,c* and r, is the classical electron radius (see {4.10)). For low
energy photons, £ <€ 1, this expression reduces to

Opony = %Erﬁ(] —28) =04({l-2e) = Oy {4.23)
1n the ultrarelativistic limit it becomes
1 .
Oy =Ty (ln2e+3) (4.34)

so that the cross-section decreases roughly as €7 at the highest energies (Fig. 4.5).
If the atom has Z electrons, then the total cross-section for the atom is just Zoy .
Note that scattering by nuclei can be neglected because they cause very much less
scattering than electrons, roughly by a factor of (m,/m,)* where my is the mass of
the nucleus.

4.3.3 Inverse Compton scattering

It is convement to continue the story of the Compton effect with a
discussion of inverse Compton scattering, not only because it is one of the most
important processes for high energy astraphysics but also because the results can
be used in the non-relativistic limit to illustrate other aspects of the Compton
scattering process. The normal way in which this subject is introduced is through
consideration of the scattering of low energy photons by ultrarelativistic electrons.
The high energy electrons scatter kow energy photons to high energy so that in the
Compton interaction the photons now gain and the electrons lose energy. The
process is called inverse Compton scatiering because the electrons lose energy rather
than the photons. We will treat the case in which the energy of the photon in the
centre of momentum frame of reference is much less than m, ¢* and consequently
the Thomson scattering cross-section can be used to describe the probability of
scattering.

4.3 Compton scattering 10t
¥
L hv Y
hv’
g v a’
e g X x*
In leboratory tn rest frame of
frame S electron &'

Figure 4.6. The geomeliry of inverse Compton scattering in the laboratory frame of
reference S and that in which the electron is at rest 5.

Many of the most important results can be worked out using simple arguments
(see, for example, Blumenthal and Gould (1970) and Rybicki and Lightman
(1979)). We consider the geometry of inverse Compton scattering shown in Fig. 4.6
which depicts the collision between a photon and a relativistic electron as seen in
the laboratory frame of reference S and in the rest frame of the electron 8. We
consider the case in which yho < m,c® so that the centre of momentum frame is
very closely that of the relativistic electron. If the energy of the photon is #w and
the angle of incidence & in S, its energy in the frame 57 is

A = yhm[1 + (v/c) cos B} (4.25)

according to the usual relativistic Doppler shift formula. Using the same
arguments, the angle of incidence 8 in the frame S is related to 8 by the formulae

. sin @ cosB+v/c
(P S Y (it Aot 4.26
S8 = o st Y = [ 0v70) cos ] (4.26)
Now, provided i’ € m, ¢, the Compton interaction in the rest frame of the
electron is simply Thomson scatlering and hence the energy loss rate of the
electron in S’ is just the rate at which energy is reradiated by the electron.
According to the expression (14.12), this loss rate is

—(E/dt) = opclly, (4.27)

where U, is the energy density of radiation in the rest frame of the electron. As
shown in Section 4.2.2, it is of no importance whether or not the radiation is
isotropic. The free electron oscillates in response fo any incident fieid.

Therefore, our strategy is to work out U}, in the frame 5” of the eleciron and
then to use expression (4.27) to find out (dE/d#)’. Using the result obtained in
Section 3.3.1, this is also the loss rate (d£/d:) in the frame S.

Suppose the number density of photons in a beam of radiation incident at angle
0 to the x-axis is N. Then, the energy density of these photons in § is Nhw. The flux
density of photons incident upon an electron stationary in S is U, ¢ = Nfoe.
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Figure 4.7. Hiustrating the rate of arrival of photons at the observer in the labaratory
frame of reference (see text).

Now let us work out the flux density of this beam in the frame of reference of
the electron §’. We need two things: the energy of each photon in 5 and the rate
of arrival of photons at the electron. The first of these is easy and is given by the
formula (4.25). The second factor requires a little bit of care, although the answer
is obvious in the end. The beam of photons incident at angle 8 in § arrives at an
angle #" according to the aberration formulae (4.26). We are interested in the rate
of arrival of photans at the origin of §° and so let us consider two photons which

. arrive there at times £, and f;. The coordinates of these events in § are

Bx,,0,0,5,] = [v#7,,0,0,v4] and  [x5,0,0,1) = [yV15, 0,0, v55]

respectively. This calculation makes the important point that the photons in the
beam are propagating along paraliel but separate trajectories in § as illustrated by
Fig. 4.7. From the geometry of Fig. 4.7, it is apparent that the time difference when
the photons arrive at a plane perpendicular to their direction of propagation in §
is

(x;—x) .

ri\t:a‘,+——c—caslfl—t1

= (6,—£) 11 +(v/c) cos8) (4.28)

i.e. the time interval between the arrival of photons from the direction & is shorter
by a factor ¥[1 +(v/c) cos8]in S than it is in 5. Thus, the rate of arrival of photons
and correspondingly the number density of photons is greater by this facior
v[l'+(v/c) cos 6] in S as compared with S. This is exactly the same factor by which
the energy of the photon has increased {expression (4.25)). On reflection, we should

——)
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not be surprised about this because these are two different aspects of the same
relativistic transformation between the frames S and S”.
Thus, as observed in S, the energy density of the beam is
Ut = [Y(1 4+ (v/e) cosDF U, (4.29)

Nc'm.', we may think of this as the energy density associdted with the photons
incident at angle 8 in the frame § and consequently arrives from solid angle
2n sin @ d6. We assume that the radiation field in § is isotropic and therefore we

can now work out the total energy density seen by the electron in S” by integrating
over solid angle in S, i.e.

Ul,= Umufyz[l +{v/¢) cosB]*Lsint do
L)

Inteprating, we find

Utsd = §Unay* -3 (4.30)
Therefore, substituting into (4.27), we find

(dE/dry = jorcU, (" -}
Because dE/dt = {dE/dry, we find

4E/1 = for U~
Now, this is the energy gained by the photon field due to the scattering of the low
energy photons. We have therefore to subtract the energy of these photons o find

the total energy gain to the photon field in §. The rate at which energy is removed
from the low energy photon fieid is just

Ol
and therefore, subtracting, we find
dE/dt = fo, eV {1~ —65cUy

e jor el iy 1)

We now use the identity (y*—1) = (#2/c®) y? to write the loss rate in its final form
v .
dE/dt = Yo, cU,,, (2;)73 @.31)

This is the remarkably elegant result we have been seeking. It is exact so long as
The <€ mc*

Let us complete the story of the inverse Compton scattering of high energy
clectrons before we return to the case of non-relativistic hot electrons. The next
calculation is the determination of the spectrum of the scattered radiation. This
can be found by performing two successive Lorentz transformations, first
transforming the photon distribution into the frame $* and then transforming the
scattered radiation back into the laboratory frame of reference S. This is not a
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Figure 4.8. The emission spectrum of inverse Compton scatiering; v, is the frequency
of the unscattered radiation. (From G. R. Blumenthal and R. J. Gould (1970}. Rev.
Mad. Phys., 42, 237.)

trivial calculation but the exact result is given by Blumenthal and Gould (1970) for
an incident isotropic photon field at a single frequency v, (Fig. 4.8). They show that
the spectral emissivity f(v) may be writien

3o Nlvy) v . V2 ] .
= 4y, — d 32
Ivydv Toy Vi viZ2vin T, + v+ 4y, v v (4.32)

where the radiation field is assumed to be monochromatic with frequency v,; N(v;)
is the number density of photons. At low frequencies, the term in square brackets

in the expression (4.32) is a constant and hence the scattered radiation has a '

spectrum of the form Kv) = v.

It is an easy calculation to show that the maximum energy which the photon can
acquire corresponds to a head-on collision in which the photon is sent back along
its original path. In this case, it is a useful exercise to show that the maximum
energy of the photon is

() e = P01+ v/ )" 2 a0, (4.33)

Another interesting result comes out of the formula for the total energy loss rate
of the electron (expression (4.31)). The number of photons scattered per unit time
is just opcl, . /fio, and hence the average energy of the scattered photons is just

i@ = 72 (v/ P ho, = §y° R, (4.34)

This resuli gives substance to the hand-waving argument that the photon gains one
factor of v in transforming into S* and then gains another on transforming back
to 5.

The general result that the frequency of photons scattered by ultrarelativistic
electrons is v = ¥%v, is of profound importance in high energy astrophysics. We
know that there are electrons with Lorentz factors y ~ 100-1000 in various types
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of astronomical source and consequently they scatter any low energy photons to
very much higher energies. To pive some simple examples of how this might apply,

" consider radio, infrared and optical photons scattered by electrons with y == 1000,

The scattered radiation has frequency (or energy) 10° times that of the incoming
photons. Thus, radio photons with v, = 10° Hz become ultraviolet photons with
v = 10*®* Hz (A = 300 nm); far-infrared photons with v, = 3x 10"? Hz, typical of
the photons seen in galaxies which are powerful far-infrared emitters, produce X-
rays with frequency 3x 10" Hz, ie. about 10keV; optical photons ‘with
v, = 4x 10" Hz become y-rays with frequency 4 x 10%° Hz i.e. about 1.6 MeV, It
is apparent that the inverse Compton scattering process is a2 means of producing
very high energy photons indeed. It also becomes an inevitable drain of energy for
high energy electrons whenever they pass through a region in which there is a large
energy density of photons.

When we come {0 use these formula in earnest in astrophysical calculations, we
will have to carry out these calculations in much more detail. In addition, we will
have to integrate over both the spectrum of the incident radiation and the spectrum
of the relativistic electrons. For the moment, the enthusiast is urged to consult the
excellent review paper by Blumenthal and Gould (1970).

434 Comptonisation

The calculations carried out in Sections 4.3.2 and 4.3.3 demonstrate how
energy can be interchanged between photons and clectrons by Compton scattering
in particular limiting cases. These are only particular examples of the more gencral
process by which electrons and photons of any energy exchange energy. If the
evolution of the spectrumn of a source is primarily determined by Compion
scattering, this process is often referred to as Compronisation. This i5 an enormous
subject and anything other than a brief introduction to some of the key concepts
is far beyond the scope of this text. For more details, the review article by
Pozdnyakov, Sobol and Sunyaev (1983) and the gentler introduction by Rybicki
and Lightman (1979) can be warmly recommended.

The corollary of the requirement that the evolution of the spectrum be
determined by Compton scattering i thai the plasma must be rarefied so that
other radiation processes such as bremsstrahlung do not contribute extra photons
into the system. It is also advantageous if the plasma is hot because then the
exchange of energy per collision is greater if the matter is hotter than the radiation.
Examples of sources in which such conditions are found include the hot gas in the
vicinity of binary X-ray sources, the hot plasmas in the nuclei of active galaxies,
the hot intergalactic gas in clusters of galaxies and the primordial plasma as it cools
down from the hot early phases of the Hot Big Bang,

Let us build up a simple picture of the Comptonisation process. We will restrict
our discussion 1o the non-relativistic regime in which kT, < m,c® and ho <€ m, c®
We can use a number of the results already established to understand the process
of interchanpe of energy between the photon field and the electrons, First of all,
we have an expression for the energy transferred to stationary electrons from the
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photon ﬁeld (expression (4.19)). I #io <€ m, c%, we can write this in terms of the
fractional change of energy of the photon

%:p:mg(l—cosct) @39

" Now, in the frame of reference of the electron, the scatiering is simply Thomson

scattering and so the probability distribution of the scattered photons is
symmeltrical about their incident directions. Therefore, when averages are taken
over the scattering angle o, opposite values of cos«a cancel out and the average
energy increase of the electrom is

(Ae[E) = ho/m, c* (4.36)

In the other extreme, we take the low energy limit of the energy loss rate of high
energy electrons in scattering Jow energy photons. We recall that the derivation of
equation (4.31) is correct for all values of the Lorentz factor y and hence
incorporates all the effects of aberration and Doppler shifts, even if these effects
are very small. We take the low energy limit of equation {4.31) so that

(AE/df) = fo7 el (v/ o) 4.37)

Now the number of photons scattered per second in this loss process is simply the
number of photons encountered per second by the electron which is

Oy N € = e Uy ¢/hg

Therefore the average energy gain by the photons per Compton collision is

-5
€ e .
1 is interesting to compare this result with the expression {4.20). The net gain of
energy per collision in the Compton scattering process is second order in v/c
because the first-order effects cancel out. The net increase in energy is statistical
because implicitly, in deriving equation (4.27), we have integrated over all angles
of scattering. ’

Now, if the electrons have a thermal distribution of velocities at temperature T,
we can write 3, (¥*> = 3T, and hence

Acfe = 4kT,/m, c* (4.39)

As a result, the equation which describes the net energy change of the photon in
a Compton collision is

Aejz = — hoy/m, ¢+ 4T, jm, c* (4.40)

This equation establishes for us the.condition under which energy is transferred to
and from the photon field, ie. there is no energy transfer if #ip, = 4KT,. If
4icT, > hiw,, energy is transferred to the photons whilst if ﬁm,, > 4kT, energy is
transferred to the electrons.
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We will be primarily concerned with the case in which the electrons are hotter
than the photons and so let us write down the condition -that the photon
distribution be significantly modified by repeated Compton scatterings. The
fractional increase in energy is 4(kT,/m,c®) per collision and hence we need to
evaluate the number of collisions which the photon makes with electrons before
they escape from the scattering region. If the region has electron density N, and
size / the optical depth for Thomson scattering through the region is

1. =N, o.! (4.41)

If 1, » 1, the photons undergo a random walk in escaping from the region. By the
usua) stochastic arguments, the photon travels a net distance /= Nt in N
scatterings where A, = (¥,6,)" is the mean free path of the photon. Therefore, in
the limit 7, > 1, which is clearly necessary to alter significantly the energy of the
photon, the number of scatterings is N = ({/3,)* =72 If 1, <€ 1, the number of
scatterings is simply T, and hence the condition for a significant distortion of the
photon spectrum by Compton scattering is given by 4y = 1, where

k1,
ye—— max (t,,12) {4.42)

L

Thus, the normal condition for Comptonisation to change significantly the
spectrum of the photons s

KT,
m,c* T

y=

e

{4.43)

Let us now investigate how repeated scatterings change the energy of the photon.
After one scattering, the energy of the photon relative to its initial energy is

4
AN P k‘E
g m,c

After N scatterings, the energy is therefore

‘ N
E_=(]+4kT;)
£ m.c

€

Since 4kT, < m, c*, we can make the approximation

1+ 4T, ex 4kT
m,c’ = Pmer2

and hence

% = BXp( 4k T, N) = exp(4¥) (4.44)

e

for all values of y.
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Let us now investigate the case in which the effects of Comptonisation are very
strang. First of all, we note the number of scatterings which must take place before

the photon distribution approaches ‘equilibrium . with the electrons. From the

expression (4.40), we see that net energy transfer no longer takes place from the
electrons to the photon field if the photons are “heated” to a temperature such that
. #9 = 4k T,. The optical depth to Thomson scattering necessary for this 1o ocour is
found using the expression (4.44). Setting &’ = 4k7, we find

4k1;—ex 4 JT Yo
ho, P mct) T

_ [m.e®, F4KTAT
=== £ 4.45
= ()] s
If the optical depth of the medium is greater than this, the photon distribution
approaches its equilibrium form determined entirely by Compton scattering. We
know what this equilibrium distobution must be. Photons are bosons and,

consequently, the equilibrium spectrum is given in general by the Bose-Einstein
distribution, the energy density of which is given by the standard formula

Enhv hv 1
uvdv=—ca—l: p(kT-Hl)_l] dv (4.‘?6)

1 is known as the chemical potential and, in the present context, is a measure of the
deficit in the number of photons relative to that required for a Planck distribution
at the same {emperature. In the case of the Planck spectrum, p = 0 and the number
and energy densities of the photons are uniquely defined by a single parameter, the
thermal equilibrium temperature of the radiation and the matter 7. If there is a
mismatch between the number density of photons and the energy density of the
matter and radiation, the equilibrium spectrum is the Bose—Einstein disiribution
with a finite chemical potential p. The forms of these spectra are shown in Fig. 4.%
for different values of the chemical potential p. In the limiting case p » 1, the
spectrum approximates to & Wien distribution modified by the factor exp (—u)

Bmhv? hv
u, = exp(—p)—5—cxp (—ﬁ) {4.47)
It is useful to note that the average energy of the photons in this distribution is

J‘ x* exp (—x) dx

oy = kT, = 3kT, (4.48)
] x*exp(—x) dx

Tt is intriguing that this is identical to the result derived by Einstein in his classic
paper of 1905 in which he introduced the concept of light quanta (see Longair
(1984), Chapter 11).
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Figure 4.9. Illustrating the intensity spectra of Bose-Einstein disiGbutions with
different values of the dimensionless chemical potential . The distribution with p =0 is
the Planck function. At energies Av 3 ukT the distribuiions are similar to a Planck
function but with intensity reduced by a [actor exp(—u). At energies Av <€ pkT, the
intensity spectrum is 7, oc v3. For large values of i, the distribution follows closely that
of a Wien distribution with intensity reduced by 2 factor exp(—u).

What we now need is the equation which describes how the photon field evolves
towards these equilibrium distributions. In the non-relativistic limit, this equation
is known as the Kempaneets equation after the Soviet scientist who first derived it
in 1949 (Kompaneets 1256}. The derivation of this equation is distinctly nen-
trivial since not only does it have to take account of the interchange of emergy
between the photons and electrons in both directions but it also has to take
account of induced effects which become important if the occupation number n of
the photons in phase space becomes large. The derivation outlined by Rybicki and
Lightman (1979) gives an excellent feel for what is involved.

The equation is written in terms of the evolution of the distribution of photons
in phase space. It turns out to be most convenient to work in terms of the
occupation number 7(v) of a volume of phase space which is defined to be the
number of photons per state. We recall that the elementary volume of phase space
is (2m)". In the case of photons there are two independent polarisations for each
state and hence the number of states in the elementary volume of phase space d*k
is 2d*k/(2n)*. If the photon distribution is isotropic, the photons which lie in the
frequency range v to v+dv have wave vectors k which lie in a spherical shell of
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thickness -_dk in k-space of volume drk?dk. Theref(_)re, the number of states in this
volume of phase space is )

gnkidk 8n
o e

- The occupation number is defined. to be the number of particles or photons per
state. If the energy density of isotropic radiation in the frequency interval v to
v+dv is u,dv, then the number density of photons ts u,dv/hv and the occupation
number is

u,c?

A(v) = Brhv? (4.49)

We observe that there is a particularly simple expression for the occupation
number of photons in the case of Bose-Einstein and Planck distributions

B-E: n(v)=[exp{x+p)—11"
Planck :n(v) = [expx— 1]

where x = Av/kT. Tt is the occupation number n(v) which determines when it is

necessary to include stimulated emission terms in the expressions for interactions

of photons. If-n > 1, then the effects of stimulated emission cannot be neglected.
With this introduction, we write down the Kompaneets equation

Bn 12, , . On
i mxia[ (n+n +a—x)] . (4.50)
where y has its usual meaning, y = [(k7,/m, c*}a, N, d/, and x = kv/kT,. The
terms in square brackets have the following meanings. The term in dr/0x
represents the diffusion of photons along the frequency axis in both directions with
respect o their initial energies. As noted above, there is a statistical increase in
their energy associated with this diffusion. The first term in » represents the cooling
of the photons by the recoit effect and the second term in »? describes the effects
of induced Compton scattering which also conttibutes to the cooling of the
photons if the occupation number is large. 1t is a simple exercise to show that the
term in square brackets is zero for a Bose-FEinstein distribution for which the
occupation number # takes the value n = [exp (x+ ) — 171
Generally speaking, the solutions have to be found numercally but some nseful
limiting cases are described by Rybicki and Lightman. Rather than quote these
cases, I will simply give some examples of the formation of spectra which are likely
to be of interest for high energy astrophysics. In the case y 3 1, in which saturation
by the Compton effect takes place, the spectrum is expected to follow the Wien
distribution. Fig. 4.10 shows an example in which photons are created by
bremsstrahlung and are then strongly Comptonised.
In the imtermediate cases in which y > 1 but the process does mot reach
saturation, the computations of Pozdnyakov ef al. (1983) show how the spectrum
changes as y increases. If energy losses by induced scattering are neglected, analytic
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Figure 4.10, The intensity spectrum of a thermal, non-relativistic medium in which
bremsstrahlung is the dominant process at low frequencies and in which Compion
scattering is saturated so that the characteristic Wien distribution is formed at high
frequencies. At low frequencies, the characteristic spectrum of self-absorbed thermal
bremsstrahlung is shown (from G. B. Rybicki and A. P. Lightman (1979). Radiative
processes in astrophysics, page 220, New York: John Wiley and Sons.)

solutions can be found and compared with the results of Monte Carlo calcutations
of the evolution of the photon spectrum. These are shown in Fig. 4.11 in which it
is assumed that the input photons are of very low energy and the electrons have
temperature kT, = 25 keV. The figure illustrates how the spectrum changes as the
Thomson scattering optical depth increases. The spectrum evolves so that for large
optical depths the beginnings of the formation of the Wien peak can be observed.
At smaller optical depths, the spectrum mimics very closely a power-law spectrum
up to energies Av == kT,. There is an analytic solution indicated by the solid lines
which has the following form

n{v) o x™ (4.51)

where m = —ii(§+%)’ and hence #(v) oc v**™. This is an intrigning example in

which a power-law spectrum is created through *thermal’ processes rather than
having to be ascribed to some ‘non-thermal’ radiation mechanism involving
ultrarelativistic electrons. Processes of this type may be important in forming the
spectra of X-ray sources if large amounts of very hot gas are known to be present.
Pozdnyakov et al. give a number of possible applications of these results, for
example, in explaining the X-ray spectrum of the X-ray source Cygnus X-I (Fig.
4.12). :

Ome very important application of the Kompaneets equation is in describing
distortions of the spectrum of the Microwave Background Radiation if the
background photons are scatiered by hot electrons. Two cases are of special
interest. In the first, if for some reason the intergalactic gas were heated to a very
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Figure 4.11. The Comptonisation of low frequency photons in a spherical plasma

cloud having kT, = 25 keV. The solid curves are analytic solutions of the Kompaneets
equation (see Pozdnyakov et al. (1983)); the results of Monte Carlo simulations of the
Compton scatiering process are shown by the hisiograms and there is good agreement
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high temperature such that 7, » 7;. Compton scattering would increase the energy
of the photons of the Microwave Background Radiation. The net result would be
a mismatch between the energy density of the photons of the Microwave
Background Radiation and their number density. If this process took place in the
early Universe before the epoch of recombination, there would be many scatterings
arid there would be time to set up an equilibrium Bose-Einstein distribution with
finite chermical potential. If the heating took place after the epoch of recombination,
there would not be time to set up the equilibrinm distribution and the predicted
spectrum would be found by solving the Kompaneets equation without the terms
describing the cooling of the photons, ie.

oan 1 0 on
T (x* 6}) (4.52)

Zeldovich and Sunyvaev have given a solution to this equation in the form

Aw, _ xexpx (xexpx+1 4)

4.53
u, expx—1\ expx—1I (4.53)

The predicted spectrum is shown in Fig. 4.13. As can be seen from the figure, the
intensity of the background radiation in the Rayleigh—Jeans region of the specirum
decreases while the intensity in the Wien region increases. Thus, a limit to the
amount of heating of the intergalactic gas which could have taken place in the
Universe is provided by the very high degree of precision with which the black-
body mature of the spectrum of the Microwave Background Radiation is now
known. The observations from the COBE (Fig. 1.10) provide limits

y< 107 p<g 107

The second application is the Compton scattering of photons of the Microwave
Background Radiation as they propagate to the Earth through regions of very hot
jomised gas. The most famous example of this is the decrement in the Microwave
Background Radiation expected in the direction of those rich clusters of galaxies
which possess large amounts of hot gas, for exampie the Perseus cluster of galaxies
(Fig. 3.3). This is known as the Sunyaev—Zeldovich effect (Sunyaev and Zeldovich
1970). It is a useful exercise to solve the Kompaneets equation in the form of
equation {4.52) in the Rayleigh—Jeans approximation and for small vaiues of the
parameter y. Using 2 trial solution of the form [, oc v, it is straightforward to
obtain the solution

AILJL =—2y (4.54)

with the analytic solutions. A slightly better fit to the Monte Carlo calenlations is found
for the cases T = 3 and t = 4 if the analytic formula is fitted 1o the speciral index found
from the Monte Carlo simulations {dashed curve). These computations illustrate the
development of the Wien peak at energies hv & k7. (From L. A. Posdnyakav, 1. M.
Sobol and R. A. Sunvaev (1983). Astrophysics and Space Physics Reviews, 2, 263. Soviet
Scientific Reviews, Harwood Academic Publishers).
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Figure 4.12. The hard X-ray spectrum of the Galactic X-ray source Cygnus X-1
observed in a balloon flight of the Max Planck Insiituie for Extraterrestrial Physics, on
20 September 1977 compared with the analytic solution of the Kompaneets equation
with paerametets t, = 5, kT, = 27 keV. (R. A. Sunyaev and L. G. Titarchuk (1980).
Astron. Asirophys., 86, 121.)
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Figure 4.13. Illustrating the Compton scattering of a Planck distribution by hot
electrens in the case in which the Compton optical depth y = f(kT,/m_ c*ya N dl = 0.15.
The intensity decreases in the Rayleigh-Jeans region of the spectrum and increases in
the Wien fegion. (From R. A. Sunyaev (1980). Sovier Aszronom)y Letters, 6, 213.)

The reader may be intrigued to try to derive this result using the expression for the
averape increase in energy of the photons in a single Compton scattering given by
the expression (4.39). Naive application of the result (4.39) will result in the wrong
answer in that a temperature (or intensity) decrement of —8y is predicted. The
reason for this discrepancy is intimately connected with the statistical nature of the
Compton scattering process. Fig. 4.14 taken from Sunyaev (1980) shows the
probability distribution of scattered photons for a single Compton scattering. Tt
can be observed that the average increase in energy is very small compared with
the broad wings of the scattering function. In fact, this is no more than the point
we emphasised before, namely that the first-order Compion collisions result in as
many energy gains as losses and the breadih of the scattering function is of order
v/¢. Therefore, in addition to the increase in energy due to the second-order effect
in (v/c)?, we bave also to take account of the scattering of photons by first order
Compton scatterings. In the Rayleigh—Jeans limit in which the spectrum is I, oc ¥*,
there are more photons scattered down in energy to frequency v than are scattered
up from lower frequencies. It is left to the reader to show that simple Doppler
scatterings increase the intensity at frequency v by an increment 4+ 6y so that the
net decrement is — 2y as given by the Kompaneets equation. The moral of this
fairly major digression is to note the power of the Kompaneets equation in
automatically taking account of all aspects of the diffusion of photons in phase
space in the cne equation!

As an example of the use of this formula, Birkinshaw (1990) adopts a core radius
for the hot gas in the Coma cluster of galaxies of 500 kpc, an electron temperature
corresponding to kT, =79keV (7,=10°K) and an electron demsity of
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Figure 4.14. The probability distribution of photons scattered in a single Compton
scattering {q) using the exact expression for Compton scattering {solid line) and (&) using
the diffusion term in the Kompaneets equation (dashed line) for the case in which the
hot gas has temperature k7, = 5.1 keV, i.e. kT, /m,c® = 0.01. The insert shows these
distributions on a linear scale. It can be seen that the distributions are broad with half-
widths g ~ (kT'/mEcﬂ)é, i.e. Av/v ~ 0.1. The average increase in the energy of the photon
is Av/v = 4(RT /m,c®) = 0.04, (From R. A. Sunyaev (1980). Soviet dstronomy Letters, 6,
214.)

N, =3 x 10° m™®. Therefore, to order of magnitude the parameter y has the value
10~* through the centre of the ciuster. Birkinshaw’s more detailed calculations for
the observed distribution of hot gas in the cluster imply that the decrement in the
Microwave Background Radiation in the direction of the Coma cluster should
amount to AL/, =—4.8x10™ corresponding to a change in brightness
ternperature of the radiation in this direction of AT=—-1.4mK in the
Rayleigh—Jeans region of the spectrum. This is a very difficult experiment but the
decrement has now been observed in a number of ciusters which are known to have
large quantitics of hot diffuse gas (Fig. 4.15).

There are some interesting features of these observations. First of all, it will be
noted that the measurement of a temperature decrement in the Microwave
Background Radiation immediately provides an estimate of the quantity N, T, in
the cluster, i.e. the pressure of the hot gas. Second, the sense of the
Sunyaev-Zeldovich effect is different on either side of the maximum of the Planck
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Figure 4.15. The intensity distribution of the Microwave Background Radiation in the
vicinity of three rich clusters of galaxies which are known to contain large guantities of
hot gas from X-rays observations of the bremsstrahlung of the intracluster gas. The
observations are scans of the intensity of the Microwave Background Radiation across
the clusters at a radic frequency of 20.3 GHz. The error boxes and the dotted lines
represent the sum of the random and systematic uncertainties in the observations. It can
be seen that there is definite evidence for a decrement in the intensity of the Microwave
Background Radiation in the directions of these clusters. {From M. Birkinshaw (1990).
The cosmic microwave background: 25 years later, eds N. Mandolesi and M. Vittorio,
Daordrecht ; Kluwer.)

spectrum as illustrated in Fig. 4.13 and so a corresponding increase in intensity is
expected in the Wien region of the spectrum. Third, in principle, it is possible to
measure the distance of the cluster by combining the information provided by the
bremssirahiung emission of the hot gas with the decrement in the Microwave
Background Radiation. The temperature is determined from the shape of the
bremsstrahlung spectrum and hence one can solve for both the electron density
and the physical size of the emitting gas cloud. By measuring its angular extent, the
distance to the cluster can be measured. If the redshift of the cluster is known,
Hubble's constant can be measured {(see e.g. Birkinshaw (1990).
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It has to be emphasised again that this section is no more than a mild
introduction to what is an enormous subject. We have restricted attention o a
number of simple cases which have practical applications. We have not considered
the intriguing cases in which Comptonisation as well as other processes of emission

and absorption are taking place simultaneously. Again, there is .no better -

introduction than the exposition of Rybicki and Lightman and, for those of a
robust constitution, the papers by Sunyaev and his colleagues,

44 Electron—positron pair production

If the photon has energy greater than 2m, ¢*, pair production is possible
in the field of the nucleus. Pair production cannot take place in free space because
momentum and energy cannot be conserved simultaneously. To demonstrate this,
consider a photon of enery i decaying into an electron—positron pair, each of
which has kinetic energy (y — 1)mn, ¢®. The best one can do to try to conserve both
energy and momentutn is if the created electron—positron pair moves parallel to the
original direction of the photon, then we find

Conservation of energy:  energy of photon = fiw = 2ym, ¢*

momentum of pair = 2ym, v = (hw/c)(v/c)
But,

initial momentum of photon = kw/c

Since v cannot be equal to ¢, we cannot conserve both energy and momentum in
free space and this is why we need a third body, such as an ambient nucleus, which
can absorb some of the energy or momentum,

Let us simply quote some of the useful results for electron-positron pair
production (see e.g, Chupp (1976), Ramana Murthy and Wolfendale (1986)).

Intermediate photon energies In the case of no screening, the cross-section

for photons with energies in the range 1 <#w/m,c® € 1/2Z% can be
written

Oy = 07 Z’[%s— In (—r%ti—il) —-%] m® atom™ (4.55)

As usual, r, is the classical electron radius and « s the fine structure
constant.

Ultrarelativistic limit  In the case of complete screening and for photon
energies Aa/m, c® 3 1/aZ%, the cross-section becomes

28 183y 2
Oppyr = ArEZE [? n (?) —E] m?® atom™ (4.56)

Notice that, in both cases, the cross-section for pair production is ~ ao,. Notice
also that the cross-section for the creation of pairs through interactions with
electrons is very much smaller than the above values and can be negiected.
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Figure 4.16. The total mass absorpton coefficient for high energy photons in Jead,
indicating the contributions associated with the photoelectric absorption, Compton

scattering and electron—positron pair production. (From H. A. Enge {1966). Introduction
to nuclear physics, page 193, London: Addison-Wesley Publishing Co.)

Exactly as in Section 3.6, we can define a radiation length &, for pair
production

gpﬂr = p/Nicer = MA/NDGW (4.57)

where M, is the atomic mass, N, is the number density of nuclei and N is
Avogadro’s number. If we compare the radiation lengths for pair production and
bremsstrahlung by ulirarelativistic electrons, we find that &, =&, oqe- This
reflects the similarity of the bremsstrahlung and pair production mechanisms
according te quantutn electrodynamics. More details of the physical similarities of
these processes using Feynman diagrams may be found in Leighton’s discussion
((1939) pp. 667-76).

We can now put the three main loss processes for high energy photons together
—ionisation losses, Compton scattering and electron—positron pair production —
to obtain the total mass absorption coefficient for X-rays and y-rays. Fig. 4.16
shows how each of these processes contributes to the total absorption coefficient
in lead. Notice that the energy range 500 keV < ho £ 5 MeV is a difficult energy
range for experimental study of photons from cosmic sources because all three
processes make a significant contribution to the absorption coefficient for y-rays.
This means that this is a particularly difficult energy range for the design and
construction of y-ray telescopes. To make matters worse, the fluxes of photons
from astrophysical sources are known to be low in this energy range.
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Figure 4.17. A simple model for an electromagnetic shower.

4.5 Electron—photon cascades or electromaguetic showers

We can now understand how cascades or showers initiaied by high energy
electrons or y-rays can come about. A high energy photon generates an
electron—positron pair, each of which in turn gemerates high energy photons by
bremsstrahlung, each of which generates an electron—positron pair, each of
which ...and so on.

Let us build a simple model of an electron—-photon cascade in the foliowing way.
In the ultrarelativistic Limit, the radiation lengths for pair production and
bremsstrahlung are the same. Therefore the probability of these processes taking
place is one-haif at distance E, given by

exp(—&/E) =%
ie.
E=R=¢§In2

Therefore, if we initiate the cascade with a y-ray of energy E,, after a distance of,
on average, R, an electron—positron pair is produced and we assume that the pair
share the energy of the y-ray, i.e. E;/2 each. In the next length R, the electron and
positron lose, on average, half their energy and they each radiaie a photon of
energy £,/4. Thus, we end up with two particles and two photons, all having
energy E,/4 after distance 2R. And s0 on...as illustrated in Fig. 4.17.

Thus, after distance 7R, the number of (photons+electrons 4 positrons) is 2"
and their average energy is £,/2". It can also be seen that, on average, the shower
consists of £ positrons and elecirons and § photons. The cascade eventually stops
when the average energy per particle drcops below the critical energy E,. Below this
energy, the dominant loss process for the electrons is ionisation losses rather than
bremsstrahlung. This produces copious quantities of electron-ion pairs but they
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Figure 4.18. The total number of particles in a shower initiated by an electron of
energy E, a5 a function of depth through the medium measured in radiation lengths N;
E,_ is the crmc:al energy. (From B. Rossi and K. Greisen {1941). Rev. Mod. Phys., 13,
240 }

are all of very low energy. In addition, with decreasing energy, the production
cross-section for pairs decreases until it becomes of the same order as that for
Compton scattering and photoelectric absorption (see Fig. 4.16). Thus, the shower
reaches its maximum development when the average emergy of the cascade
particles is about E,. The number of high energy photons and particles is roughly
E,/E, and the number of radiation lengths N is given by

N&u =nk,In2
=In(E,/E)

At larger depths, the number of particles falls off because of jonisation losses which
become catastrophic once the electrons become non-relativistic. All these
calculations can be carried out properly. The appropriate cross-sections at
different energies have to be used and integrations over all possible products with
the relevant probability distributions have to be included. The results obtained by
Rossi and Greisen (1941) are shown in Fig. 4.18. These calculations confirm the
predictions of our simple model, namely, (i) the initial growth is exponential, (i)
the maximum number of particles is proportional to £, and (iii) beyond maximum,
there is a rapid attenuation of the electron flux.

An important feature of these results is that the shower consists only of
electrons, positrons and v-rays — there are no muons, pions and other debris
produced. This helps in distinguishing the arrival of very high energy y-rays from
other types of particle. These electron-photon cascades or electromagnetic
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Figure 4.19. Tllustrating Huygens® construction for determining the direction of
propagation of the wavefront of Cherenkov radiation.

showers were among the first high interactions to be deiected inside cloud
chambers. They are readily recognised because of the characteristic signature of
copious fluxes of electrons and positrons. These showers also accompany nuclear
cascades which we shall consider in the next chapter.

4.6 Cherenkov radiation and ulirghigh energy vy-rays

When a fast particle moves through a medium at a constant velocity »
which is greater than the velocity of light in that medium, it emits Cherenkov
radiation. The simple geometric picture of this process is that, because the particle
moves ‘superfuminally” through the medium, a ‘shock wave’ is created behind the
particle and this results in a loss of energy by the particle. The wavefront of the
radiation propagaltes at a fixed angle with respect to the velocity vector of the
particle because only in this direction do the wavefromts add up cocherently
according to Huygens’ construction (Fig. 4.19). The geometry of Fig. 4.19 shows
that the angle of the wave vector with respect to the direction of motion of the
particle is cos 0 = ¢/nv where n is the refractive index of the medium and ¢/n is the
velocity-of propagation of light in the medium.

Cherenkov radiation is important in two different contexts in the detection of
high energy particles and photons. First, the process can be used in the
construction of threshold detectors in which Cherenkov radiation is only emitted
if the particle has velocity greater than ¢/n. Thus, if the particles pass through
materials such as lucite or plexiglass, for which »n = 1.5, only those with v > 0.67¢
emit Cherenkov radiation which can be detected as an optical signal. If only
particles with the most extreme relativistic energies are to be detected, gas
Cherenkov detectors can be used in which the refractive index of the gas is just
greater than 1.

A second application is in the detection of ultrahigh energy y-rays when they
enter the top of the atmosphere. The high energy y-ray initiates an electron—photon
cascade and, i it is of very high energy, the electron-positron pairs created acquire
velocities greater than the speed of light at the top of the atmosphere. These
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electrons and positrons radiate optical Cherenkov radiation which can be detected
by light detectors at sea-level. We will have much more to say about these types
of telescopes in Section 7.4.2. ’

Let us dertve the main features of Cherenkov radiation in a little more detail. This
provides further interesting applications of the radiation formulac derived in
Section 3.3. Our strategy is as follows. We consider an electron moving along the
positive x-axis at a constant velocity v. This motion corresponds to a current
density J given by :

J = evB(x—ve) §(3) (), (4.58)
MNow let us take the Fourier transform of this current density to find the frequency
components J(w) corresponding to this motion.

1

)= G

[T exp(iws) dr

= £ 5(y)8(z) expiwz/)i, (4.59)
@np

This Fourier decomposition corresponds to representing the motion of the moving
electron by a line distribution of oscillating eurrents, Our task is to work out the
coherent emussion, if any, from this distribution of oscillating currents. Since we
need to know how to add together the fields from different segments of the line
distribution, we write down the expressions for the retarded values of the current
which contribute to the field at any given point r. Now, it will not have escaped the
notice of the reader that the formulae derived in Section 3.3 referred to the
ermussion of an aceelerated electron. How can we use these formulae to work out
the radiation from an electron moving at a constant, but superluminal, velocity?
The full treatments given in standard texts such as Jackson (1975) and Clemmow
and Dougherty (1969} are quite complex. We adopt here an approach developed
by John Peacock.

First, let us recall some of the standard results concerning the propagation of
electromagnetic waves in a medium of permittivity, or dielectric constant, &, It is
a standard result of classical electrodynamics that the flow of electromagnetic
energy through a surface dS is given by the Poynting vector flux, N-d-
S = (E xH)-dS. The electric and magnetic fieid strengths E and H are related to
the electric flux depsity D and the magnetic flux density B by the constitutive
relations

D=¢g,E;, B=pp,H
The energy density of the electromagnetic field in the medium is given by the
standard formula

u=JE-dD+[H-dB (4.60)
A derivation of these results is given in Longair (1984). It is useful to recall the
results for energy flow in the case in which the medium has a constant real
permittivity & and permeability p = 1. Then, the energy density in the medium is

u=%560E2+%uuH2 (4'61)
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Figure 4.20.

The velocity of propagation of the electromagnetic waves is found from the
dispersion relation k* =eg p,0° ie. o) = o/k =g, 1) = ¢/ef, This dem-
onstrates the well-known result that, in a linear medium, the refractive index » is
just g5, Anoiher useful result is the relation between the E and B fields in the
electromagnetic wave. It is easy to show that the ratio E/ B is just c/et = ¢/n. 1f this
result is substituted into the expression for the electric and magnetic field energies
in the wave (4.61), it is found that these are the same. Thus, the total energy density
illl the wave is w = g5, E®. Furthermore, the Poynting vector flux E xH is just
g5, Ec = ngy E%c. This energy flow corresponds to the energy density of radiation
in the wave g5, E® propagating at the velocity of light in the medium ¢/» as would
be expected, N = ng, £, This is the result we have been seeking. It is similar to the
formula we wsed in Sections 3.3.2 and 3.3.3 but now with the refractive index n
inciuded in the right place.

We can now write down the expression for the electric field strength E due 1o the
current density J at distance r. Let us start from (3.163.).

o [, 1—tr—Tl/e) oo

A= R T lr 4.62)

Taking the time derivative

E(r) = —% - (4.63)

Ir—r I
In the far field limit, the component of the radiation fieid is perpendicular to the
radial vector . As indicated in Fig. 4.20, the electric field component perpendicular
io k is given by E, = E(r) xi,. ie.
2} &

[ —r]

(4.64)
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This formula reduces to the expression {3.6) for the radiation of a point chérge
by thé substitution [[J]d% = eF.
We now go through the same procedure described in Section 3.3.4 to evaluate

- the frequency spectrum of the radiation. First of ali, we work out the total

fadiation rate by integrating the Poynting vector flux over a sphere at a large
distance r.

d — 2
(@) e

_J’ns'm’euﬁa[,cl [J] d“’
h 0 Ir—

| (4.65)

We now assume that the size of the em1t_tmg region is much smaller than the
distance to the point of observation, L < r. Therefore, we can write [r—r'| = r and

then,
d nsin?@
(Eif‘)m = J.IGTI €4 CB1I[J]d31- |02

Now, we take the time integral of the radiation rate to find the total radiated

energy.
= J‘:(i_f)md‘ = 'E_[ :6::1 0 | dir P dQad: (4.66)

We now use Parseval’s theorem to transform from an iniegral over time into one
over frequency. Noting, as in Section 3.3.4, that we are only interested in positive
frequencies, we find

'[ J n sind rlld@] 'l ade (4.67)

Let us now evaluate thc volume integral of the retarded potential f[J(@)yd*r. We
take R to be the vector from the origin of the cmitting region to the observer and
x to be the position vector of the current element J(w)d* from the origin. Thus,
' = R—x. Now the waves from the current element at x propagate outwards from
the emitting region at velocity c¢/n with phase factor exp fi(wr—k-r)] and
therefore, relative to the origin at O, the phase factor becomes

exp [i{ws ~k-(R—x)]

= exp{—ik-R) exp[i(wr+k-x)]
Therefore, taking the volume integral of the component [#{@)], we find that

If[3(@)] d°r'| = lif[I(w))d’r

= jfo exp [i{oz + k- x)]Hw) &%

- l(;’:)}iz exp (i0f) jcxp [i(k x +‘°—v"‘)] dx
me
= o J. r:xp[ (]( x+ )] dxl (4.68)
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This is the kéy integral in deciding whether or not Lhe, particle radiates. If the
electron propagates in a vacuum, @/k = ¢ and we can write the exponent |

kx(cos 8+ a/kv) s= kx(cos 8 +¢/v) (4.69)

Since, in a vacuum, ¢/v > 1, this exponent is always greater than zero and hence
the exponential integral is always zero. This means that a particle moving at
constant velocity in a vacuum does not radiate.

If, however, the medium has refractive index n, @/k=c/n and then the
exponent is zero if cos® = —e/nv. This is the origin of the Cherenkov radiation
phenomenon. The radiation is only coherent along the angle 8 corresponding to
the Cherenkov cone derived from the simple Huygen’s argument. We can therefore
write down formally the energy spectrum by using (4.67) recalling that the
radiation is only emitted at an angle cos® = —c/nv. We therefore find -

2,2 airi 2
du J na’e” sin” 0 jexp[ik c059+3)]dxi dQ
a kv

e i6n’g,
note’ c? o ®
= | | ——— 8+—||dx
lémie, c* (l n*v’) _L J‘exp ltkx (cos +kv)]

We now have to evaluate the integrat. Let us write k(cos0+@/kv) = a. The
integral therefore becomses

)

Let us take the line integral along a finite path length from — L to L. It should be
noted that there is a problem in evaluating the integral of a function which only
has finite value at a specific value of 8 from — o0 to +co. In fact, this is why the

P @)

2
2n sin & d6

J‘cxp (o) dx

" normal derivation involves the use of contour integration to get rid of ihe infinites.

The integral should be taken over a small finite range of angles about
8 = cos™Y¢/nv) for which (cos®+w/kv) is close to zero. Therefore, we can
integrate over all values of 6 {or a} knowing that most of the integral is contributed
by values of § very close to cos™(c/nv). Therefore, the integral becomes

% sin® el dat
"ITE Tk
Taking the integral over all values of a from — <o to + w0, we find that the integral
becomes (8nc/n@)n*L. Therefore the energy per unit bandwidth is

iU we? c
= —2M063(1—W)L _ @471

We now ought to take the limit L - co. However, there is no need to do this since
we obtain directly the energy loss rate per unit path length by dividing by 2L.
Therefore, the loss rate per unit path length is

dl(w) o (l c*ﬂ)

dx  dme, ny

472
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Since the particle is moving at velocity v, the energy loss rate per unit bandwidth
is :

He) o QU@ e (1—“—22) (4.73)

dr  dre, '\ A%

Notice that the intensity of radiation depends upon the variation of the refractive
index with frequency niw).

In laboratory experiments, it is possible to measure the wave vector of the
emitied radiation and the total emitted light provides information about the
velocity and charge of the particles. In space experiments, no attempt is made to
measure the wavefront but only the total optical emission. By using a number of
detectors with different thresholds, for example, using different gases at different
pressures, both v and z can be found for the particles. The main problem in using
these detectors is that the light yield is very small and photomultipliers have to be
used. One method of making most efficient use of the emitted photons is to ensure
that the hight 15 totally internally reflected — suitable treatment of the surfaces of
the diclectric increases the amount of radiation detected. To optimise the
sensitivity of the detectors, the varjation of dielectric constant with frequency can
be chosen to match the response curve of the photocathode.

4.7 Electron—positron annihilation and positron production mechanisms

Perhaps the most extreme form of enerpy loss mechanism for electrons is
annihilation with their antiparticles, the positrons. Particle-antiparticle an-
nihilation results in the production of high energy photons and, conversely, high
energy photons can collide with ambient photons to produce particle—antiparticle
pairs. The case of electron—positron annihilation is of particular interest because
definite evidence for this process has been found in the central regions of our
Galaxy and it is a powerful method of studying the regions in which it is expected
that there are fluxes of positrons.

There are several sources of positrons in astronomical environments. Perhaps .
the simplest is the decay of positively charged pions n* described in Section 5.4.
The pions are created in collisions between cosmic ray protons and nuclei and the
intersteilar gas, roughly equal numbers of positive, negative and neuiral pions
being created. Since the n% decay into y-rays, the flux of interstellar positrons
created by this process can be estimated from the y-ray luminosity of the interstellar
gas. A second process is the decay of long-lived radioactive isotopes created by
expiosive nucleosynthesis in supernova explosions. For example, the f* decay of
*Al has & mean lifetime of 1.1 x 10° years. This element is formed in supernova
explosions and so it is gjected into the interstellar gas where the decay results in a
flux of interstellar positrons. A third process already mertioned is the creation of
electron-positron pairs through the collision of high energy photons with the field
of a nucleus (see Section 4.4).

A further process of considerable importance in certain astronomical
environments is pair production in photon—photon collisions. The threshold for this
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Table 4.2. The energies of witrahigh energy photons (g,) which give rise 1o
electron—-positron pairs in collision with photons of different energies (g,)

g, (eV) g, {eV)

Microwave Background Radiation TEx 10t 4x1om
Starlight ’ 2 - 101
X-ray 1o Ix 108

process can be worked out using similar procedures to those used in our discussion
of Compton scattering. If P, and P, are the momentum four-vectors for the
photons before the collision,

P, = {(g,/chiy, 8./l Py = [(82/ )iz, 80/ ¢]
then conservation of four-momentum reguires
P,+P, = _Pa-}-P‘ (4.74)

where P, and P, are the four-vectors of the created particles. To find the threshold
for pair production, we require that-the particles be created at rest and therefore

P, =[0,m]; B,=[0m]

Squaring both sides of (4.74) and noting that P,-P,=P,'P,=0 and that

P, P, =P,-P, =P, P, = m'c,
P,-P,+2P, P, +P, P, =P, P, +2P P, +P,-P,

£, &
2( 1,”——-—’,’(:056) = 4mict
c c
| 2miet

&= ¢,(1—cos€)

(4.75)
where 8 is the angle between the incident directions of the photons. Thus, if
electron—positron pairs are created, the threshold for the process accurs for head-
on collisions, 8 = =, and hence,

2 A 12
Bz;m,c =0.26x10 &V

(4.76)
g, - £

where &, is measured in electron volts. This process thus provides not only a means
for creating electron—positron pairs but also results an important source of opacity
for very-high-energy y-rays. Table 4.2 shows the more important examples we will
encounter as our story unfolds. Photons with energies greater than those in the last
column are expected to suffer some degree of absorption when they traverse
regions with high energy demsitics of photons with energies listed in the first
column.

wdizeit
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The cross-section for this process for head-on collisions in the ultrarelativistic

mt et 2o} -
=i —=—12In -1 4.7
e CL o S I @)

1 . . 0 . . .
where © = (g, €,) and r, is the classical electron radius. In the classical regime for
which @ = m, ¢*, the cross-section is

. mEchy
c=mnri{l1— . (4.78)

limit s

{see Ramana Murthy and Wolfendale (1986)). These cross-sections enable the
opacity of the interstellar and intergalactic medivm to be evaluated as well as
providing a mechanism by which large fiuxes of positrons could be generated in the
vicinity of active galactic nuclei. '

Electron—positron annihilation can proceed in two ways. In the first case, the
electrons and postirons annthilate at rest or in flight by the traditional interaction

et+e 2y

When emitted at rest, the photons both have energy 0.511 MeV. When the particles
annihilate “in flight’, meaning that they suffer a fast collision, there is a dispersion
in the photon energies. It is a picasant exercise in relativity to show that, if the
positron is moving with velocity v and has corresponding Lorentz factor vy, the
centre of momentum frame of the collision has velocity ¥ = y¥(1 + v) and that the
energies of the pair of photons gjected in the direction of the line of flight of the
positron and in the backward direction are

N m,c¥1+7)
E"T(lig (4.79)

From this result, it can be seen that the photon which moves off in the direction
of the incoming positron carries away most of the energy of the positron and that
there is a lower limit to the energy of the photon gjected in the opposite direction
of m, /2. .

If the velocity of the positron is small, positronium atoms, i.c. bound states
consisting of an electron and a positron, can form by radiative recombination;
25% of the positronium atoms form in the singlet 'S, state and 75% of them in
the triplet ®S, state. The modes of decay from these states are different. The singlet
15, state has a lifetime of 1.25 x 107% s and the atom decays into two y-rays, each
with energy 0.511 MeV. The majority triplet S, states have a mean lifetime of
1.5x 1077 s and three y-rays are emitted, the maxirnum energy being 0.511 MeV in
the centre of momentum frame. In this case, the decay of positronium results in a
continoum spectrum to the low energy side of the ¢.511 MeV line. If the
positronium is formed from positrons and electrons with significant velocity
dispersion, the line at 0.511 MeV is broadened both because of the velocities of the
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Figure 421, HEAO-3 observations of the 0.511 MeV electron—positron annihilation
line from the general direction of the Galactic Centre. The observations were made in

autumn 1979, (From G. R. Riegler, ). C. Ling, W. A. Mahoney, W. A. Wheaton, I. B.
Willett, A. S. Jacobson and T. A. Prince (1981). Astrophys. J. Len., 248, 113)

particles and because of the low energy wing due to the continuum three photon
emission. This is a useful diagnostic tool in understanding the origin of the
0.511 MeV line. I the annihilations take place in a neutral medium with particle
density less than 10* m™3, positronium atoms are formed. On the other hand, if the
positrons collide in a gas at temperature greater than about 10° K, the annihilation
takes place directly without the formation of positronium.

The cross-section for electron—positron annihilation in the extreme relativistic
limit is

2
o= %[111 2y—1] (4.80)

For thermal electrons and positrons, the cross-section becomes

2
T[Te

" 481
/o , (“481)

o~

One of the most exciting results of y-ray astronomy has been the detection of the
0.511 MeV electron—positron annihilation line from the direction of the Galactic
Centre (Fig. 4.21}. We will have much more to say about this observation and the
source of positrons in later sections.

5

‘Nuclear interactions

51 Nuclear physics and high energy astrophysics

Nuclear physics is central to many branches of astrophysics, in particular
to the understanding of the processes of energy generation in stars. Perhaps
surprisingly, we will treat this 1opic very lightly because, in these cases, the nuclear
processes occur deep in the centres of stars where the products of nucleosynthesis
are generally only very indirectly observable. The obvious exceptions to this
statement are the observations of neutrinos from the Sun and the supernava
SN1987a. We restrict attention in this chapter to nuclear processes in which the
products of the nuclear aclivity are directly observable. We need cross-sections to
study the spallation reactions of high energy particles in the interstellar medium as
well as the production cross-sections and half-lives of radionuclides created in the
spallation process and in sources of freshly synthesised material such as supernova
remnants. We deal first with the case of nuclear interactions associated with
inelastic collisions of high energy protons and nuclei.

Our treatment will be very much simpler than our analysis of extranucléar
activity. Nuclear interactions are only important when the incident high energy
particle makes a more or less direct hit on the nucleus. This is because the strong
interaction forces which hold the pucleus together are short-range forces. Thus, the
cross-section for nuclear interactions, in the sense that some form of interaction
with the nucleons takes place, is just the geometric cross-section of the nucleus. A
suitable expression for the radius of the nucleus is

R=12x107%4"mnm {5.1)
where 4 is the mass number. In many of the cases we will deal with, the high energy
particles have energies greater than 1 GeV. This introduces further simplifications

in the picture since, at these energies, the de Broglic wavelength of the incident
particle is small compared with the distance between nucleons in a nucleus. For
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Figure 5.1. A schematic diagram showing the multiple scattering of a high energy
proton inside a aucleus.

example, let us work out the effective size of an incident proton from Heisenberg’s
Uncertainty Principle. A proton of energy, say, 10 GeV, has ‘size’

Axx D =#Hfym,c=002x10"m 5.2)

We can therefore think of the incident proton as being a discrete, very small
particie which interacts with the individual pucicons within the nucleus. The
number of particles with which it interacts is just the number of nucleons along the
line of sight through the nucleus. For example, a proton passing through an
oxygen or nmitrogen nucleus interacts, on average, with about 15V ie. 2.5 of the
nucleons. In fact, we obtain a reasonable model of the nuclear interactions if we
consider the incident proton as undergoing multiple scattering inside the nucleus
(Fig. 5.1).

5.1.1 High energy protons

The general picture of the interaction of a high energy proton with a
nucleus can be described by the following empirical rules.

(i) The proton interacts violently with an individual nucleon in a nucleus
and, in the collision, pions of all charges, n*, =~ and n° are the
principal products. Strange particles may also be produced and
occasionally antinuclecns as well.

(ii) In the centre of momentum frame of reference of the proton-nucleon
encounter, the pions emerge mostly in the forward and backward
directions but they may have lateral components of momentumn of the
order of m, e = 100-200 MeV ¢,

(iii) The nucleons and pions all possess very high forward motion through
the laboratory frame of reference and so they come out of the
interaction with very high energy.

(iv) Each of the secondary particles is capable of initiating another
collision inside the same nuclens, provided, of course, that the initial
collision occurred sufficiently close to the ‘front edge’ of the nucleus.
Thus, a mini-cascade is initiated inside the nucleus.

(v) Only one or two nucieons participate in the nuclear interactions with
the high energy particle, but they are generally removed from the
nucleus leaving it in a highly excited state and there is no gnarantee
that the resulting nucleus is a stable species. A number of things may
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Figure 5.2. A schematic diagram showing the principal products of the collision of a
high energy proton with a nucleus.

happen. What often happens is that several nuclear fragments
evaporate from the nucleus. These are called spailation fragments and
we will have a great deal to say about them in the context of the origin
of the light elements. These fragments are emitted in the frame of the
nucleus which is not given much forward momentum in the nuclear
collision, virtually all of it going into tearing out the nucleons which
interact with the high emergy particle. Therefore, these spallation
fragments are emitted more or less isotropically in the laboratory
frame of reference. Neutrons are also evaporated from the ravished
nuclens and other neutroms may be released from the spailation
fragments. Remember that, for light nuclei, any imbalance between
the numbers of neutrons and protons is fatal. These processes are
summarised diagrammatically in Fig. 5.2. It is therefore clear that, in
high energy collisions, the pions are concentrated in a rather narrow
cone which is some measure of the energy of the primary high energy
particle.

From the above cross-section for the interaction of high energy particles with
nuclei, it can be shown in a straightforward manner that the mean free path of a
high energy proton in the atmosphere is about 800 kg m™%, i.e. very much less than
the depth of the atmosphere which is about 10000 kg m™2. In fact, because the
proton often survives the interaction with some loss of energy, the flux of protons
of a given energy falls off rather more slowly than this and, for particles of a given
energy, the number density of protons falls off as exp(—x/L) where
L=1200kgm™. )

For incident protons with energy greater than 1 GeV, a useful empirical rule is
that, in collisions with air nuclei, roughly 2E'* new, high energy, charged particles
are generated in the collision, where E is measured in gigaciectron volts, although
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not neocssa}ily all of them are pions. Pions of ali charges are produced. in almost
equal numbers except at small energies at which charge cogservation favours
positively charged pions n*. '

5.1.2  Cosmic ray nuclei

The most spectacular events occur when high energy nuclei undergo
collisions with other heavy nuclei, for example, with the oxygen and nitrogen
nuclei of our atmosphere or with the atoms of a nuclear emulsion. Fig. 5.3 shows
a rather impressive collision between a cosmic ray iron nucleus and the nucleus of
a nuclear emulsion. In such collisions, several pairs of nucleons undergo pion-
producing coliisions and not much is left of the target nucleus. This is, of course,
quite a rare occurrence; much more common are grazing encounters and in these
cases only a few nucleons interact to produce a shower of pions. Again, however,
the residual nuclei are left in an excited state and both eject spallation fragments
as well as protons and neutrons. The only difference this time is that the incident
high energy nucleus leaves with a stream of relativistic spallation fragments,
protons and neutrons. This is very important from several points of view, First, the
high energy fragments can develop into separate showers and, at the very highest
cosmic ray energies, E > 107 ¢V, some of the showers which penetrate to the
surface of the Earth are found to be multi-cored; these might be due to the break
up of a very high energy nucleus. Second, this mechanism produces spallation
products with very high energies. This will prove to be a central topic in the study
of the propagation of cosmic ray nuclei in the interstellar medium. The
determination of the cross-sections for the production of the various spallation
products is therefore of the greatest interest.

52 Spallation cross-sections

The best way of determining spallation cross-sections is to undertake
experiments with high energy particles in accelerators and, from these, determine
directly the production cross-sections for each element as a function of energy. The
problem is that for astrophysical purpoeses one is interesied in an enormous range
of species and particle energies. There has, however, been considerable progress in
estimating these cross-sections for most of the important species.

There are three approaches to the determination of these cross-sections. The first
is to determine purely experimentally the cross-sections for the various interactions.
In these experiments, protons are fired at the target material and then the energy
of the proton is the same as the energy per nucleon which the target nucleus
possesses in the rest frame of the proton. Since hydrogen is by far the most
common of the elements in the interstellar gas; this is the dominant process
involved in the splitting up of high energy nuclei although spallation on helium
nuclei alsa makes a significant coniribution.

The resuits of these experiments can then be used to work out semiempirical
relations which can be used to estimate cross-sections for rarer elements and
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i

Figure 53. The collision of a cosmic ray iron nucleus with a nucleus of a nuclear
emulsion. (From C. F. Powell, P, H. Fowler and D. H. Perkins (1959). The study of
elementary particles by the photographic method, page 95. Oxford: Pergamon Press.)
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Table 5.1.(a) Partial cross-sections for inelastic coliisions of selected heavy nucle
with hydrogen with E = 2.3 GeV per nucleon. o '

Parent nucleus

Product - - - = -
) nucleus Z A JIB lﬂcl 1IN 1‘0 !ﬂNe !IMg !lSi i&Fe
Lithium 3 6 129 126 126 126 126 126 126 174
7 176 114 14 114 114 114 114 178
Beryllivm 4 7 6.4 9.7 9.7 8.7 9.7 9.7 9.7 8.4
9 7.1 43 4.3 4.3 43 43 4.3 5.8
10 158 29 1.9 19 195 19 1.9 4.1
Boron 5 10 2606 173 160 8.3 7.1 6.2 5.3 53
n — 315 150 139 120 )04 9.0 8.1
Carbon 6 W — 39 33 29 21 1.6 1.2 0.5
11 06 269 124 106 79 5.9 45 13
12 — — 3|1 327 135 101 1.6 4.7
13 — — 10.5 144 107 8.0 6.0 3.7
14 — — — 23 3.9 30 22 2.1
Nitrogen 7 13 - — 10.7 kX 290 1.5 0.5
14 — — — 263 109 8.1 6.1 29
15 — — — 3.5 100 7.5 5.7 43
16 — — — — 34 26 1.9 1.6
Oxygen 8§ 14 — — — 34 2.5 19 14 03"
15 — — — 27.8 118 89 6.7 1.0
16 — — — — 270 135 102 39
17 — — — - 155 116 8.7 4.1
18 — — — — 4.3 4.7 35 2.6
Fluorine g 16 — — — — — 1.4 Ll -
17 — — — — 8.5 64 48 —
i85 — — — — 144 108 8.1 24
19 — - = — 210 109 8.2 48
20 — — — — - 4.2 3.1 23
Neon 10 18 — - — — 28 2.1 6 —
19 — — —_ — 17.3 53 40 —
2 — — — — — 178 134 36
7N — — — — —_ 4.0 106 54
2 — — — — — 8.2 5.8 43
3 - - = - - - 13 —
Sodium 11 20 — — — — — £5 1.1 —
21— — — — — 1.7 56 —
22 — — — — — 16.8 127 23
23 — — — — — 210 120 6.4
24 — — — — — — 52 3.7
Magnesium 12 23 — — — — - 29.8 1.6 0.6
24 — — — — — — 17.1 3.2
25 — — — — — — 18.5 6.0
26 — — — — — 14.4 6.8
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Table 5.1.(g) (Continued)

Parent nucleus

Product

nucleus Z A UB nC uN 150 WNp Mg 5] *Fe

Aluminium 13 25 — — — — —_ — 63 —
% — - - = = — 133 20
7 - = = = = = 20 67
2% — — — — — — — 5.7
% - - - = = = = 2.5

Silicon 14 27 — —- — — — —_ 307 0.4
28 — — — — — — — 2.7
29 — _— —_ —_ — — —_ 60
30 — — — o — — — 10.4
31 — — —_ — — —_ —_ i1
32 — — — - - — — 1.2

Total 2378 2524 2809 3088 3633 4157 4660 7634

inelastic

cross-section

Cross-sections measured in units of millibarns = 107 m®,
Data kindly supplied by Drs R. Silberberg and C. H. Tsao.

isotopes. This procedure is similar to that used in nuclear physics in which the
semiempirical mass formula is derived based upon the liquid drop model of the
nucleus. In the case of cosmic ray studies, in particular, we need the cross-sections
for many of the rarer and unstable isotopes which can be created under cosmic
conditions.

A third procedure is to model the spallation process by simulating the details of
particle-particle collisions inside the mucleus in a high speed computer. The
procedures used employ what are known as Monte Carlo techniques. The
trajectory of the incoming particle inside the nucleus is followed, the initial
conditions being selected at random. The proton interacts randomly with the
nucleons inside the nucleus and, depending upon the particles which are knocked
out of the nucleus in the interaction and the energy of the excited nucleus, the
parent nucleus fragments into a number of different end products, the probability
of these end products being produced being described by their partial cross-
sections. In the typical Monte Carlo simulation, 100000 or more collisions are
studied by computer so that good statistics can be built up even for quite rare
product nuclei. This type of procedure is used widely in many aspects of physics
in which enormous numbers of interactions have 10 be taken into account and the
analytic computation of the final products would be prohibitively complicated. In
the case of the spaliation cross-sections, these modelling procedures are suecessful
in accounting for the experimentally determined partial cross-sections.
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Table 3.} (f)). Fartial cross-sections for inelastic collisions
of iron (Fe) with hydrogen with _E =23 GeV per

nucleon. :

Product nucleus Z c

Silicon 14 241
Phosphorus 15 239
Sulphur 16 352
Chlorine 17 30.0
Argon 18 434
Potassium 19 41.6
Calcium 20 549
Scandium 21 55.5
Titanium 22 72.3
Vanadium 23 5t.6
Chromium 24 79.6
Manganese 25 120.8
Iron 26 66.7

Cross-sections measured in units of millibarns = 1073 m?,
Dana kindly supplied by Drs R. Sitberberg and C. H. Tsao.

In recent years, strenuous efforts have been made to determine the spallation
cross-sections for as many of the important clements and their isotopes as is
practicable. Not only have the partial cross-sections for the creation of product
nuclei been determined but also the variation of these partial cross-sections with
energy. The results of a major programme to achieve these goals have recently been
published by Webber and his colleagues. {Webber, Kish and Schrier 1990a,b,¢,d.)
These are the most accurate cross-sections published to date. Table 5.1 shows a
compilation of partial cross-sections kindly provided by Drs R. Silberberg and C.
H. Tsao who derived these from the semiempirical formulae which take into
account a very wide range of additional nuclear data (see Silberberg, Tsac and
Letaw (1988)). At the bottom of each column, the total inelastic cross-section for
the break-up of the target nucleus is given. Not surprisingly, the total cross-
section turns out to be similar 10 the geometric cross-section of the nucleus.

There is reasonable agreement between the measured cross-sections and those
derived from the semiempirical formulae. Normally, the agreement is within about
25% but there are cases in which larger discrepancies are found. Note, however,
that the precision of the measured partial cross-sections is about 2% for the best
determinations. Whilst there are some discrepancies in the absolute values of the
cross-sections, the relative cross-sections for the formation of the isotopes of a
particular element from a single parent are in good agreement. Webber and his
colleagues have proposed an alternative form of semiempirical formula which they
find gives an improved account of the measured cross-sections. A detailed
discussion of these discrepancies is far beyond the scope of this text and the
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interested reader should consult the papers by Webber, Silberberg and their
colleagues. What is encouraging is the fact that much more experimental data is

now available and that the semiempirical formulac which are stll needed to
account for all the possible ways in which nuclei can be fragmented are improving

‘all the time.

“There are several interesting features of Table 5.1, It can be seen that there is
always a large cross-section for chipping off a single nucleon from a nucleus. This
is not particularly unexpected because there are always more grazing than head-
on collisions, When the product nuclei are unstable, it can be seen that the
formation of pairs of nuclei with similar masses is not favoured. This is similar to
what is found in nuclear fission experiments. Another interesting point is the fact
that even nuclei are slightly favoured over odd nuclei as can be seen from the run
of the partial cross-sections for the spallation of iron with mass number. Again this
parallels the abundances of the elements as a whole which favour nuclel with even
numbers of nucleons {see Seciion 9.2}, As is well known, according to nuclear
phuysics, this reflects the greater binding energies of nuclei with even numbers of
nucleons. Finally, it wilt be noted that not all of the total cross-section is accounted
for by the fragments listed in the table. This is largely because only the most
interesting nuclei have been included in the table. It should be recalled that there
are significant cross-sections for chipping protons and o-particies off nuclei.
Indeed, in the spallation of **C, there is a significant cross-section for the break up
of the nucleus into a-particles.

As we will find out, a wide range of energies is found among cosmic ray nuclei
and it is no longer good enough 1o characterise the partial cross-sections by a single
value independent of energy. There has been considerable progress in determining
the energy dependence of these cross-sections and some examples described by
Webber er al. (1990) are shown in Fig. 5.4. In Figs 5.4(a) and (&}, the points show
the expeimentally determined cross-sections and the lines are the predictions of
various semiempirical formulae. It can be seen that over the energy ranges shown
in Figs 5.4(@) and (), the variations of the partial cross-sections with energy are
guite small. On the other hand, in the spallation of iren nuclei, there are strong
variations at low energies in the partial spallation cross-sections (Fig. 5.4(c)).
These variations are principally associated with the difference in mass number of
the parent and product nuclei. A greater excitation energy is needed to break up
an iron nucleus (4 = 56} into, say, phosphorus (4 = 31) or silicon (A4 = 28) as
compared with chromium {4 = 52) or manganese {4 = 55) as may be appreciated
from the run of nuclear binding energy with mass number. At relativistic energies,
it is expected that the cross-sections should remain roughly constant and the semni-
empirical formulae provided an accurate description of the partial cross-sections.
Meyer (1985) has emphasised the importance of determining the partial spallation
cross-sections and their variation with energy with good accuracy. It will turn out
that some important astrophysical analyses will in the end be hmited by the
accuracy with which the experimentaily determined cross-sections are known. We
will return to these data in due course when we study the spallation products
produced when high energy protons and nuclei interact with the interstellar gas.
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Figure 5.4. (a and b). For legend see facing page.

53 Nuoclear emission fines

There are two types of nuclear process which are important in producing
y-ray lines in the spectra of astronomical sources. In the first of these, nuclei are
excited to levels above the ground state by collisions with cosmic ray protons and
nuclei. y-rays are ematted in the subsequent decays of the nuclei to their ground
states. These interactions may either take place in the diffuse interstellar gas in
which case the target nuclei acquire significant velocities in the collisions, or else
inside interstellar grains in which case the target nuclei emit the y-rays essentially
at rest, The physical process is similar to that of the photoexcitation of the excited
electronic levels of atoms by photons and, in the same way, the cross-section for
excitation of the nucleus attains a maximum value for photon energies of the same
order as the energy of the excited states. Examples of the cross-sections for the
photoexcitation of carbon and oxygen nuclei are shown in Fig. 5.5. It can be seen
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Figure 54. IHustrating the energy dependence of the partial cross-sections for the
formation of (2) boron and beryllium from carbon and {5) nitrogen, carbon, beryllium
and boron from oxygen, both in spallation interactions with protons. (From
W. R. Webber, J. C. Kish and D. A. Schrier {1990). Phys. Rev. C, 544.) The solid lines
show the expectations of the semi-empirical formulae proposed by W. R. Webber,
1. C. Xish and D. A. Schrier. (Phys. Rev, C, 566 {1930)). The dashed lines show the
expectations of the semiempirical formulae of Tsao and Silberberg (1979). The more
recent forms of the semiempirical formulae provide improved fits to the experimental
data (R. Silberberg, C. H. Tsao and J. R. Letaw (1985). Astrophys. J. Suppl., 58, 873.)
{£) Relative partial cross-sections for the spallation of **Fe by protons into lighter
elements as a function of energy. It can be seen that these cross-sections are strongly
energy dependent at low energies. (Note: 1 mb = 1 millibarn = 10-* m*) (From
W. R, Webber, J. C. Kish and D. A. Schrier (1990). Phys. Rev. C, 546.)

that the cross-sections for collisional excitation of these mnuciei are
2 (1-2) x 107*® m? for protons with energies =~ 8-30 MeV.

Evidence for these processes occurring in astrophysical environments is provided
by y-ray spectroscopic observations of selar flares. Fig. 5.6 shows the spectrum of
a targe flare observed by the Gamma-Ray Spectrometer on board the Solar
Maximum Mission which took place on 27 April 1981 (Murphy er al. 1985). y-ray
lines associated with many of the abundant elements are observed as well as lines
associated with electron—positron annihilation (s = 0.511 MeV) and the feature at
2.223 MeV which is associated with nentron capture by hydrogen nuclei — the
neutrons are released in spallation interactions induced by particles accelerated in
the flare. The lines of ™C and (O at 4.438 and 6.129 MeV are the strongest
observed in the spectrum. These observations are of the greatest interest from the
point of view of the acceleration of charged particles since the particles responsible
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Figure 5.5. The interaction cross-sections leading to the emission of y-ray line emission
through the excitation of **C and 1*0 by collisions with protons as a function of the.
kinetic energy of the incident proton. (From P. V. Ramana Murthy and A. 'W.
Wolfendale (1986). y-ray astronemy, page 4, Cambridge: Cambridge University Press).

for exciting the emission lines must be accelerated to megaelectron volt energies
in the solar flare itself. We will return to this topic in Chapter 12.

Ramaty and Lingenfelter (1379) bave carried cut computations of the expected
v-ray spectrum of the interstellar medium due to the interaction of the interstellar
flux of high energy particles with the interstéllar gas. There are considerable
uncertainties in these caiculations, in particular, because the interstellar flux of
high energy particles is poorly known in the energy range 1-100 MeV. In addition,
it is not known precisely what fraction of the interstellar gas is condensed into dust
grains. Nevertheless, these calculations are useful in indicating. those elements
which are likely to be significant emitters of y-ray kine emission, the broad lines
resulting from collisions taking place in the gas phase and the narrow lines being
produced from dust grains. A list of some of the more important lines is given in
Table 5.2. Fig. 5.7 shows the predicted y-ray emission spectrumn in the general
direction of the Galactic Centre due to these processes. It can be seen that certain
lines arc expected to be rather strong, the lines of **Q at 6.129 MeV and of **C at
4,438 MeV being particularly prominent as in Fig. 5.6.

A second .important process is the decay-of radioactive isotopes created in
supernova explosions. The process of explosive nucleosynthesis in supernovae
creates stable and unstable nuclei and the radioactive decay of the latter are sources
of y-1ay line emission. Table 5.3 is a list of some of the more important y-ray lines
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Figure 5.6. The y-ray spectrum of the solar flare of 27 April 1981 as measured by the
Gamma-Ray Spectrometer on the Solar Maximnm Mission. y-ray lines of several of the
abundant elements are observed, The figure includes a prediction of the line and
continuum spectrum on the basis of the excitation of the nuclei by particles accelerated
in the solar flare. (From R. J. Murphy, D. J. Forrest, R. Ramaty and B. Kozlovsky
{1985). 19th International Cosmic Ray Conference, La Jolla, 4, 253.)

which are expected to be observable as a result of explosive nucleosynthesis (see
Section 15.2, Volume 2).

These are important diagnostic tools for the process of nucleosynthesis in
supernovae and are of particular interest in the context of the recent supernova
SNI1987A in the Large Magellanic Cloud. Certain of the y-ray lines are expected to
be observable soon after the explosion of the supemova. The decay of *Ni to ¥Co
and then to **Fe is of special interest because the favoured theory of the origin of
the supernova’s light-curve is that it is associated with the radioactive decay of
#Co which has exactly the correct half-life of 77 days to explain the exponential
decay of the light of the supernova. ’

As soon as the supernova exploded, strenuous efforts were made to detect y-ray
lines of **Co from space missions and from dedicated balloon flights. These are
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Table 52 Some important nuclear y-ray lines.

Nucleus Energy (MeV)
e 4.433
N 2313
5.105
0 2.741
6.129
65917
7.117
*Ne 1.634
2.613
334
uMg 1.369
2754
281 1.779
6.878
safe 0.847
1.238
1.811
L 24Mg
= 54Fe, 55Fe
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Figure 5.7. The predicted y-ray spectrum resulting from low energy cosmic ray

interactions with the interstellar gas in the general direction of the Galactic Centre.
(From R. Ramaty and R. E. Lingenfelter (1979). Nature, 278 127)
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Table 5.3. The radioactive decay chains resulting from explosive nucleosynthesis
in Supernovae.

: y-ray '
Mean life energy  Photons/positrons
Decay chain (years) G/ Q" Ni) (MeV)  per disintegration
5Ni — %¥Co — Fe 0.31 1 0.2 (e
0.847 1
1.238 0.7
"Co —+5Fe 1.1 2x 107 0.122 0.88
0.014 0.88
#Na - ¥Ne 38 5% 107 0.9 ("
1.275 1
T 48c »4Ca 68 2x 197 0.94 (e*)
1.156 1
0.078 1
0.068 1
*Fe + “Co — “Nj 43 % 10° 1.5x 10 1.332 1
1.173 1
0.059 1
%Al ®Mg 1% 10° 1.5x 10 0.85 (™)
1.809 i

@/ O{**Ni) is the predicted isotopic vield of cach species relative to **Ni based upon
Solar System abundances of the elements and the assumption that all the Solar System
abundances of **Fe, *Fe and *Ca and 1%, 0.5% and 0.1% of the **NMi, **Ne and **Mg

respectively are produced explosively through the above chains (Ramaty and
Lingenfelter 1979).

notoriously difficult experiments because the fluxes of y-rays are very low.
Nonetheless, many observations have now been made of the 1238 and 847 keV
lines of ¥Co and, although the detections of the lines have not been made with high
signal-to-noise ratio, the evidence for their existence is convincing (for a review of
these data, see Arnett, Bahcall, Kirshner and Woosiey (1989)). Fig. 5.8 shows
observations made by (a) the Solar Maximum Mission and (b) balloon
observations carried out by the Jet Propulsion Laboratory group during a
campaign in which the supernova was observed for 4.5 hours. Additional evidence
for the presence of substantial quantities of cobalt and nickel in the supernova is
provided by infrared spectroscopic observations in the 7-13 pm waveband in
which the forbidden lines of [Coll] and {Nill] have been observed (Fig. 5.9).
Analyses of these spectra indicate that the abundance of cobalt decreases with time
when the envelope of the supernova becomes optically thin. The amount of
radioactive nickel inferred to be created in the supernova to account for the
observed mass of **Co after 370 days amounts to about 0.075 M. A similar figure
is derived from studies of the amount of energy necessary to fuel the exponential
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Figure 5.8. Observations of the v-ray lines of °Co from the supernova SNI9R7A. (a)
The background-subiracted spectrum accumulated between 1 August and 31 October
1987 by the Gamma-Ray Spectrometer on the Solar Maximum Mission. The expected
profiles for the two *Co lines plus a power-law continuum are shown as & solid iine.
Also shown is an equivalent spectrum accumulated in 1985. The presence of an excess
signal at the expected positions of both lines is apparent. (From 8. M. Matz, G. H.
Share, M. D. Leising, E. L. Chupp, W. T. Vestrand, W. R. Purcell, M. S. Strickman and
C. Reppin (1988). Nanere, 331, 416.) (&) Balloon cbservations of the 1238 keV line of
58Co made by the Jet Propulsion Laboratory group. The intrinsic width of the line is
estimated to be 8.2+ 3.4keV. (From W. A. Mahoney, L. 8. Varnell, 8. A. Jacobson, J. C.
Ling, R. G. Radicinski and W. A. Wheaton (1988). Astrophys. J., 334, L8L.)

decay of the light of the supernova. We will have much more to say about the
implications of these observations in Section 15.2, Volume 2.

The Ionger-lived radioactive isotopes are gjected into the general interstellar
medium and should therefore be responsible for a diffuse flux of y-ray line
emission. For example, the isofopes *Co and #*Al have half-lives of 4.3 x 10° and
1.1 x 10® years respectively and so they should be well mixed with the intersiellar
gas before a significant fraction of them have decayed into the stable isotopes listed
in Table 5.3. In fact, a y-ray line of *®Al at 1.809 MeV bas been observed from the
interstellar gas by the HEAQ-3 satellite (Fig. 5.10).

54 Nucleonic cascades

Just as in the case of the electron-photon cascades described in Section
4.5, we can now build models for the development of showers initiated by high
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Figure 5.9. The development of the 8-13 pm specirum of the supernova SN1987A
during the first year. The positions of fine structure and hydrogenic lines are shown. The
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Figure 5.10. HEAQ-3 observations of the 1309 keV line of **Al from the Galactic
plane. The intensity is normalised to the intensity in the direction of the Galactic Centre.

{From W, A, Mahoney, I. C. Ling. A. Wheaton and A. S. Jacobson (1984}, Astrophys.
J., 286, 578.)
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energy nucleons. These are called nucleonic cascades. The salient features of the
history of the products of nuclear collisions can be summarised as follows.

(i} The secondary pucleons and charged pions which have sufficient’

energy continue to multiply in successive penerations of nuclear
collisions tintil the energy per particle draps below that required for
multiple pion production, i.e. about 1 GeV. This process is called a
nucleonic cascade and in it the initial emergy of the high energy
particle is degraded into the energy of pions, strange particles and
antinucleons. This process is sometimes referred to as pionisation.

(i) The secondary protons lose energy by ionisation and most of those
with energy less than 1 GeV are brought to rest.

{iif} The neutral pions n® are the easiest to deal with because they have
very short lifetimes, 1.78 x 107 5, before decaying into two y-rays,
7" 2y, each of which initiates an electromagnetic cascade {see
Section 4.5). Many of the charged pions decay in flight into muons
via the reactions

nt - ],.l1L +v, 1
T+, j
The muons have virtually no nuclear interaction and are slowed

down only by ionisation. The low energy muons have time (o decay
into positrons, electrons and muon neutrinos

],1+—>6++VE+V"1
;r-a-e‘+ve+vpj

mean lifetime = 2.551 x 102 s

mean lifetime = 2.2001 x 10~ s

Many of the muons are produced with very high emergy in the

uppermost layers of the atmosphere before the pions have time to
make further nuclear interactions and these muons are very
penetrating indeed. Because they have virtually no nuclear interaction
and their ionisation losses are small, the high energy muons arrive at
the surface of the Earth intact. In their rest frames of reference, they
decay with a mean lifetime of 2.2x10"*s but, to the external
observer, they are observed to decay with a mean lifetime of
2.2 % 107y s because of relativistic time dilation, where v is the
Lorentz factor, y = (1 —v*/c*)*"%. You may like to show that only
muens with Lorentz factors ¥ = 20 survive intact to the surface of the
Earth. This is the reason why cbservations of high energy muons at
the surface of the Earth provide evidence for relativistic time dilation
and length contraction. The high energy muons can penetrate quite
far underground. This proves to be a very effective means of studying
very high energy events and also of monitoring the average intensity
and isotropy of the flux of cosmic rays arriving at the top of the
atmosphere.

These interactions involving the products of nucleonic cascades are summarised in
Fig. 5.11. We must remember that the development of nuciconic cascades depends
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Figure 5.11. A schematic diagram showing the development of a pucleonic cascade in
the atmosphere, Such cascades imitialed by high energy particles develop in exactly the
same fashion inside cosmic ray telescopes.

only upon the amount of matter through which the high energy particles have
passed and so, if we build a detector which provides the same path length in
kilograms per square metre we can ensure that these cascades develop within the
detector volume. Most of the decay products are readily detectable by their
ionisation losses. If there is sufficient depth to stop all the particies produced in the
cascade, the total ionisation is a measure of the total energy of the primary particle,

We will have much more to say about this topic later when we study cosmic ray
telescopes and extensive air-showers.

5.5 Cosmic rays in the atmosphere

Let us now look at the observed distribution of high energy particles of all
types in the atmosphere. This is summarised on a useful diagram presented by
Hillas (1972} (Fig. 5.12). The figure shows the fluxes of different types of cosmic
ray particles as observed at different heights in the atmosphere. These distributions
are the result of the interactions of the fiux of high energy particles incident on the
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Figure 5.12. The vertical fluxes of different components of cosmic rays in the
atmosphere. (From A. M, Hillas (1972). Cosmic rays, page 50, Oxford: Pergamon Press.)

top of the atmosphere with the molecules of the atmosphere and the subsequent
nucleonic and electromagnetic cascades initiated by them. We can understand

qualitatively all the features of this diagram in terms of the models of

electromagnetic and nuclear cascades discussed above.

The bulk of the observed flux is caused by primary protons having energies
E =1 GeV. In principle, we could try to invert these distributions to derive the
spectrum of the primary radiation but that effort is hardly worthwhile nowadays
since the primary spectrum can be determined directly from satellite and balloon
observations. Notice, in particular, the following points:

(i} The number of protons falls off exponentially and correspondingly
the numbers of pions and neutrons.
{(ii) The number of electrons grows exponentially to begin with-a
_characteristic of the electron—photon cascade — and then drops off
rapidly. Notice that this means that, even at the very top of the
atmosphere, there are large fluxes of secondary, relativistic, cosmic
rﬁy electrons and consequently there are problems in determining the
primary spectrum of the cosmic ray elecirons unless the detector is
well outside the atmosphere.
(iii) The high energy muons fall off rather slowly but the low energy, or
soft, muons have lime to decay before reaching the surface of the
Earth.
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We will return to nucleonic cascades in the atmosphere when we have to deal with
the most energetic cosmic rays. For the moment, we note that it is possible to
develop proper models for these cascades in which the best available nuclear
physics is included (see, for example Wolfendale (1973)).

5.6 Radioactive nuclei produced by cosmic rays in the atmosphere

Onmne interesting aspect of these cosmic interactions ts the production of
radioactive isotopes in the upper atmosphere. We have not vet discussed what
happens to the neutrons which are liberated in the spallation interactions. Most of
the neutrons are eventually absorbed by N nuclei through the reaction

WN+n-»MC+'H

and about 5% of the neutrons having energies greater than 4 MeV take partin the
reaction

HN +1n~2C+*H (endothermic)

The total rate of formation of *C in the atmosphere is about 2.23 x 10* m™? 5™ and
that of tritons *H about 2 x 10° m*? 57, this figure including the tritium which is
formed directly as spallation products. These radioactive products are formed high
in the atmosphere where they are rapidly oxidised to form molecules such as “CO,
and "HOH. These products are then precipitated in the normal way with CO, and
H,O in the atmosphere. The half-lives of **C and *H are 5568 years and 12.46 years
respectively. The residence time of these products in the atmosphere is only about
25 years before they are absorbed in organic material or precipitated as rain and
water onto the land and sea.

The abundances of *C and ®H can then be used to date samples of material
which contain residual organic matier. *H is used as a tracer in meteorological
studies as well as being used to date agricultural products. *C is used extensively
in archaeological studies and is the basis of radiocarbon dating. The success of the
method depends upon the calibration of the *C ages against independently
estimated ages of organic samples. The procedures Tor achieving this are surveyed
by Damon, Lerman and Long (1978) whe show that tree-ring dating (den-
drochronology} provides a calibration of the **C scale back to times up to about
7500 vears before the present day. The procedure s to measure the ratio of *C/1*C
in the rings of very ancient trees for which—reliable tree-ring ages can be
determined. The best trees for this purpose are the brstlecone pines found in the
Western USA. The ages of the wee rings are compared with radiocarbon ages
derived assuming that the production rate of C has been constant. The
calibration curve presented by Damon ef al. is shown in Fig. 5.13. Ii can be seen
that the flux of cosmic rays at the top of the atmosphere must have been reasonably
constant because there is an excellent correlation between the two ages. The ™ C
ages are, however, sliphtly greater than they should be over the last 2500 vears and
then they sysiematically underestimate the ages at earlier times.

There is a2 very convincing explanation for this discrepancy. Paleo-geomagnetic
studies have shown that the strength of the Earth’s magnetic dipole has changed
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Figure 5.13. Radiocarbon dates compared with tree-ring dates. Both dates are quoted
in terms of the number of decades before the present epoch. Most of these data are
from bristlecone pine samples supplied by the Laboratory for Tree-ring Research,
Arizona. (From P. E. Damon, J. C. Lerman and A. Long (1978). Ann. Rev. Earth Planel.
Sci., 6, 457.)

significantly over the last 9000 years. Fig. 5.14 shows this variation (see Damon et
al. (1978)). This variation of the Earth’s magnetic field strength affects the flux of
cosmic Tays arriving at the top of the atmosphere because, as we will discuss in
Chapters 10 and 11, the inferstellar flux of high energy particles is impeded from
arriving wnmodified at the Earth by diffusion through the magnetic field in the
interplanetary medium and the Earth’s magnetic field. If the Earth’s magnetic field
strength is weaker, greater fluxes of high energy particles arrive at the top of the
atmosphere wherc they create neutrons and consequently a greater production rate
of *C is expected. Comparison of Figs 5.13 and 5.14 shows the anticorrelation
between the flux of “C and the strength of the Earth’s magnetic field very
beautifully. When account is taken of the effect of variations in the Earth’s dipole
moment, the cosmic ray flux appears to have been remarkably constant over the
last 10000 years.
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Figure 5.14. Variations in the magnitude of the Earth’s magnetic dipole moment as

determined by paleogeomagnetic measurements. (For discussion, see P. E. Damon, I. C.
Lerman and A. Long (1978). Ann. Rev. Earth Planet Sci. 6, 457.)

Even subtler effects can be found in the *C data. Fig. 5.15 shows deviations
from the expected abundance of *C in tree-ring data once the correction is made
for the effect of the change in incident cosmic ray flux due to the changing magnetic
dipole moment of the Earth. The ordinate shows the deviations at the level of parts
per thousand from the expected abundance ratio of C. Shown along the top of
the diagram are periods when there have been very low levels of solar activity as
measured by low values of the sun-spot number. These periods are known as the
Maunder minimum (AD 1654-1714), the Spérer minimum (AD 1416-1534) and
the Wolf minimum (AD 1282-1342). It can be seen that the abundance of *C is
greater during these periods. This has a natural interpretation in terms of the
process known as solar modulation in which the irregularities in the interplanetary
magnetic field which impede the passage of high energy particles to the Earth are
greatest when the Sun is most active and are least when the Sun is quiet (see
Chapters 10 and 11). It is remarkable that this effect shows up so clearly in the “C
measurements of tree-rings.

I seem to have deviated very far from our main task which is to talk about high
encrgy astrophysics but this is such a beautiful example of the interdisciplinary
nature of much of modern research that it is irresistible to include it. There is a
somewhat darker side to the story. During the period of atmospheric nuclear
testing, the flux of *C increased by a factor of 2 within two years in the northern
hemisphere because of the neutrons liberated in nuclear explosions. This has
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Figure 5.15. Changes in the atmospheric abundance of **C over the iast 1000 years as
determined by precise tree-ring measurements of the *C abundance. The ordinate scale
shows deviations from the expected relative abundance of MC in parts per thousand.
Long-term trends due to changes in the strength of the geomagnetic field have been
removed. The periods of maximum **C abundance correspond to periods of low solar
activity. (From M. Stuiver and P. D. Quay (1980). Science, 207, 11.)

distorted significantly the very recent calibration curves for radioactive dating. In
a somewhat lighter vein, it is an interesting calculation to estimate whether or not
a nearby supernova would be detectable in the ancient tree ring data in an abrupt
enhancement of the *C flux. Lingenfelter and Ramaty (1970) have estimated that
a strong supernova liberating 104 J would have had to have exploded within about
100 pc of the Sun to be detectable by this means. I leave this intriguing calculation
to the reader.

2000

6

Detectors for high energy particles,
X-rays and y-rays

6.1 Introduction

We can now use some of the results developed in the last four chapters to
understand the practical desipn of detectors for high energy particles, X-rays and
v-rays. It is of particular importance to recognise the practical limitations of these
devices since these determine the precision with which intensities and spectra can
be measured. We will build these into complete telescopes in Chapter 7, recalling
that these will often have to be flown on space vehicles. This immediately sets
constraints upon the mass and volume of practicable space observatories.

6.2 Nuclear emulsions and the study of high energy particles

Nuclear emulsions are direct descendants of the photographic emulsions
used by Rntgen in the discovery of X-rays and by Becquere!l in the discovery of
radioactivity but they are specifically designed to be sensitive to the electrons
liberated by the jonisation losses of charged particles rather than to light and high
energy photons. The activation energies of the emulsions are, however, similar.
The puclear emulsions consist of a2 high concentration of silver bromide {AgBr)
crystals embedded in a matrix of gelatin. When a high energy particle enters the
emulsion, its ionisation losses result in a stream of electrons along its path. The
electrons activate the silvér bromide crystals along the track of the particle and
thus render them developable. During ‘development’, the activated grains are
converted into grains of silver whilst the rest of the emulsion becomes transparent
so that the track of the particle is revealed as a trail of developed grains. These
photographic processes are complex and considered by many to be a black art —
more details of them are certainly beyond the scope of this book but Appenzeller

(1989) provides a useful summary of the basic physical and chemical processes
involved.

155
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Figure 6.1. A schematic diagram showing the present sensitivity -of nuclear emulsions
to protons compared with the loss rate due to jonisation iosses.

The sensitivities of modern emulsions are such that even a charged particle of
minimum jonisation can produce a developable track (Fig. 6.1). Of course, we
may not wanl 1o see every track and then less sensitive emulsions can be used as
is the case, for example, if we only wish 1o study particles of large atomic number.
One of the big advantages of nuclear emulsions is that they are dense materials,
about 4000 kg m™, and therefore it is possible to obtain considerable path lengths
through them. It is, however, difficult to develop thick slabs of emulsion uniformly
and, in addition, the emulsions are not strong materials. 1t has proved possible,
however, to make very thin sheets which are self-supporting and hence long path
lengths through the cmulsion can be obtained by constructing a large stack of _these
layers. These emulsion stacks are referred to as stripped emulsions. They are aligned
by firing an X-ray through the corners of the stack and then, after exposure, the
layers are peeled off and developed separately, This is the procedure which resulted
in the discovery of many of the short-lived particies in the 1940s and early 1950s

(see Section 1.3). Because of the large path lengths obtainable, complex nuclear.

interaction chains could be observed within the emulsion stacks themselves.
Normally, the tracks can only be seen under a microscope and consist of rows of
developed grains each about 0.5-0.8 um in diameter. Fig. 6.2(a) shows sections of
the track of an iron nuclens which is brought completely to rest in the emulsion.
The photographs show the track at various residual ranges i.e. the distance the
particle has vet to travel to come to rest. In Fig. 6.2(b), the positions along the
track are compared schematically with the expected ionisation loss rate.

The problem of obtaining quantitative information from these tracks is
immediately obvious. There are many delta-rays and it is clearly not a
straightforward matier to determine the average amount of ionisation along the
track, Empiricalty, it is found that the density of grains is proportional to tl_:e
energy loss in the matter and hence, if we count ali the exposed grains, we obtain
a measure of dE/dx. If the tracks are too heavily exposed, one can use,
alternatively, the width of the track but then cne has to be careful about excluding
delta-rays. The most accurate work involves measuring the ionisation at all points
along tfle tracks but this is a very laborious procedure. Nowadays, automatic
measuring machines are used but, even so, it remains a laborious task. In the most
careful analyses, resolution of 0.2 in atomic number z has been achieved and this
is as good as has been achisved by any meats. One of the techniques which makes
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Figure 6.2. (4) Muclear emulsion photographs of the track of a cosmic ray iron nucleus
at various stages in its deceleration from relativistic velocities to rest. The distances are
the residual ranges at which the track is observed; these positions are shown

schematically in ¢&}. (Photograph from M. M. Shapiro and R. Silberberg (1970). Ann.
Rev. Nucl. Sci., 20, 328.)

this accuracy possible is the use of emulsions of different stopping power
interleaved in the same emulsion stack. This also improves the dynamic range of
the measurements. '

If the composition of the primary cosmic rays is to be measured, it is essential
to fty these emulsions in high altitude balloons or cise to take them on manned
space expeditions. It is important to remember that in this technique it is essential
to retrieve one’s apparatus! More details of these techniques will be found in the
classic volume by Powell, Fowler and Perkins (1959} and in the review article by
Shapiro (1958).
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6.3 Plastics and meteorites

As long ago as Chapter 2, we noted that another way in which high energy
particles make their presence known is through the radiation damage which they
cause in materials, If the particles are sufficiently ionising, they leave permanent
radiation damage tracks and it is found that a wide range of insulating solids are
affected in this way. The key feature is ihat only above a certain critical or
threshold ionisation rate is the damage permanent. These tracks can be revealed
by using the fact that the damaged areas of the material have much higher chemical
reactivity than undamaged areas and therefore, by etching, one can identify the
path of the particle without dissolving away all the material. To make a good
detector, a material is needed which suffers as much damage as possible by the
incident particle. Experience shows that high polymers are best for this purpose,
the *theory’ behind this choice being that, because they are complicated molecules,
they can be disrupted and wrecked in the most interesting ways, producing
displaced atoms, broken molecular chains, free radicals, eic. More details of this
subject and its practical applications can be found in the reviews by Price and
Fleischer (1971), Fleischer, Price and Walker (1973), by Lai (1972, 1977) and by
Reedy, Amold and Lal (1983).

6.3.1 Radiation damage in plastics

There is no theory of track formation but the damage can be modelled in
the following way. We seek a parameter which is a measure of the density of
damage as a function of the charge and velocity of the incident particle.

Empirically, it is found that the radiation damage density J can be satisfactorily’

described by a formula similar in form to that which describes ionisation losses,
with the appropriate corrections at high energies.

v

Z-z a2 v2 = v
J=a?[lu('y v)—?+K 8((‘)] 6.1)

This formula is used empirically and little physical significance should be
attributed to the various terms. The constants are merely parameters to be fitted
o the experimental data on radiation damage. This relationship enables the
sensitivity of different materials to radiation damage to be described as illustrated
in Fig. 6.3, which shows the radiation damage rates for a wide range of different
materials. These range from the minerals found in meteorites, throngh mica, Lexan
polycarbonate to daiceliulose nitrate which is one of the most sensitive materials
yet used. A key consideration for the success of these materials as particle detectors
is their uniformity and this has now been achieved for even the most sensitive
materials. The choice of material restricts the range of elements and energies of
particles which can be detecied. For Lexan polycarbonate, for example, refativisiic
nuclei heavier than iodine can be detected, but only iron nuclei with velocities less
than about 0.4c can register permanent tracks.
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Figure 6.3. The density of radiation damage (or ionisation rate J) as a function of
velocity for different incident nuclei. Approximate thresholds at which permanent tracks
are formed in various materials and minerals are indicated by dashed lines. {From P. B.
Price and R, L. Fleischer (1971). Ann. Rev. Nucl. Sci, 21, 295.)

How are these materials used as detectors? The technique is to measure the
etching rate ¥} as a function of the radiation damage density J. For example, for
Lexan polycarbonate, it is found that ¥ oc J2. Therefore, by measuring the etching
rate as a function of position along the track, the radiation damage density can be
measured directly and the atomic number of the particle can be found. Fig. 6.4(a)
illustrates how this procedure is carried out in practice. A namber of very thin
sheets of the material are stacked together and, when an ionising particle enters the
stack, it does not cause permanent damage until it has slowed down to the critical
ionisation rate for the material. After that point, il leaves a permanent record of
its passage until it is brought to rest. The radiation damage as a function of
distance into the material is shown schematically in Fig. 6.4 (f). The sheets are then
separated and the surfaces are etched. Since the etch rate increases along the path,
etch cones of the form shown in Fig. 6.4(a) are observed. For the same etching
time, the depth of the etch along the track is [ ¥ df which just measures the average
etch rate along that section of track and this is related to the average radiation
damage rate at that point.

Just as in the case of nuclear emulsions, the results are best plotted as a graph
of etch rate against residual range, i.c. how far the particle has to travel before it
is brought to rest. Just as in the case of ionisation losses, the range is a function
of the mass of the particle and hence isotlopes of the same element can be
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Figure 6.4. () The principles of particle identification by eich rate measurement in
particle track detectors. The radiation damage density at difierent residual ranges R can
be determined by measurements of either the etched cone length L, the taper angle 8 or
the diameter D of the track. (From P. B. Price and R. L. Fleischer (1971). Ann. Rev.
Nucl. Sci., 21, 295.) ]

(5) A schematic diagram showing the radiation damage density as a function of residual
Tange.

distinguished. Fig. 6.5 shows what can be achieved in laboratory experiments using
daicellulose nitrate —the isotopes of boron, B and "B, can be clearly
distinguished. _

The results of a balloon flight of 1969 are shown in Fig 6.6. The experiment
consisted of a large stack of plastics, emulsions, £ic and was fiown for 80 hours at
altitude. Seven nuclei with charges preater than iron were detected. It can be seen
that some very heavy elements have survived the journey through interstellar space
and that one of them may well have been a uranium nucleus. This has proved to
be one of the best methods of detecting heavy cosmic rays. On the Apollo space
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Figure 6.5. Measurements of etched cone length plotted against residual range for ions
of B, B, 2C, N and *Q in daicellulose nitrate. In these experiments ion beams were
produced in an accelerator and the isotopes of individual elements were clearly resolved.
In cosmic ray experiments it is difficult to achieve such resolution. (From P. B. Price and
R. L. Fleischer {1971). 4drn. Rev. Nucl. Sci., 21, 295.)

missions, right up to Apollo 17, plastic sheets were exposed on the Moon’s surface.
When the astronauts from Apollo 12 brought back the camera from the Surveyor
satellite, which had landed on the Moon’s surface two years earlier, etchable tracks
were found in the filters of the camera.

Another useful parameter is the fotal etchable length of the cosmic ray track.
Since the track only causes permanent damage below a certain velocity, the
residual path length of the track is a unigue function of the charge of the particle
for a particular material, except for small isotopic variations. Thus, the total track
length gives a quick estimate of the charge of the cosmic ray (Fig. 6.7).

6.3.2 Mereorites

The concept of total erchable length leads naturally to the idea that
materials found in nature exposed to cosmic rays should contain similar tracks.
Fig. 6.3 shows that meteoric materials are sensitive to cosmic rays heavier than
about iron. Similar analyses can be made of lunar samples of rocks which have
been exposed to the cosmic rays.
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Figure 6.6. Studies of very heavy nuclei using the method of radiation damage inA
plastics. The neon and silicon data are averages of measurements of many tracks fiom
accelerator calibrations. The iron data represent the spread in measurement of about 50
stopping nuclei. The data points for the six extremely heavy nuclei detected have etch
rates measured at any positions along their trajectories in a large stack of Lexan
polycarbonate. (From P. B. Price and R. L. Fleischer (1971). Ann. Rev. Nucl. Sei, 21,
295.)

The study of meteorites is an enormous subject and provides many important
clues about the early history of the Solar System. We can only summarnise very
briefly some of the important points and indicate how the cosmic rays which enter
the Solar System have a key role to play in determining the ages of the meteorites.
In addition, they provide important constraints on variations in the interstellar
finx of cosmic rays over timescales up to 10" years or more. There is an enormous
literature on meteorites and an excellent suwrvey of the whole field is contained in
the compendium of authoritative reviews entitled Meteorites and the early Sjalar
Svstem (). F. Kerridge and M. S. Matthews, 1988). Shorter surveys are contained
in the books by Podd (1981) and Wasson (1985).

Meteorites are interplanetary rocks which succeed in reaching the surface of the
Earth without being completely vaporised by ablation in the Earth’s atmosphere.
The material of the meteorites is as old as the Solar System itself, i.e. about
4.6 % 10° years old. It is inferred that the paremt bodies of the metecrites formed in
the very early Solar System and it is probable that the asteroids which form the
broad asteroid belt between Mars and Jupitér are these meteoritic parent bodies.
The meteorites themselves are formed by fragmentation of these asteroids,
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Figure 6.7. The dependence of maximum eichable path length upon the charge of the
cosmic ray for tracks in the mineral pyroxene; L___is given by the integral

L yux = J§, 1/AAE/dx)AE where E, is the critical energy for permanent radiation damage.
(From Price and Fleischer (1971). Ann. Rev. Nucl. Sci., 21, 295}

probably in collisions between two asteroidal bodies. It is only when the meteorites
are broken off from their parent bodies that they are exposed to the flux of cosmic
TaYS.

The cosmic rays play a key role in two related but separate ways. First of all, the
meteorites contain crystals which behave in the same way as the plastic materials
described in Section 6.3.1 in thai when they are bombarded with high energy
particles, etchable tracks are created within the body of the crystals. Although the
volume of the crystals in the meteorites is very small, the exposure times to the
cosmic 1ays can be very long and hence they provide information about the
constancy or otherwise of the cosmic ray flux over very long time periods.

Etching techniques are used to reveal the fossil tracks of cosmic rays, the etchant
seeping through very fine faults in the crystals which are then rendered visible by
silvering. The examples shown in the Fig. 6.8 include (2) a meteoritic sample and
{b) one from a sample of lunar rock brought back by the Apollo 14 astronauts.
The second picture shows many short tracks due to iron nuclei. There are, however,
other much longer tracks which must be associated with elements with atomic
numbers greater than that of iron. In this way the distribution of etchable path
lengths provides information about the mass specirum of cosmic ray nuclei heavier
than iron.

The particles responsible for forming the tracks may be either Galactic cosmic
rays or else high energy particles accelerated in solar flares. The distinction
between these two types of cosmic rays is that the solar cosmic rays are generally
of very much lower energy than the Galactic cosmic rays, very few indesd being
observed with energies greater than 1 GeV. Consequently, they penetrate less than
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a few millimetres beneath the surface of the meteorite. In contrast, the Galactic
cosmic rays have very much higher energies and they can penetrate much more
deeply into the meteorite. The tracks detected at depths greater than 1 cm into the
meteorite are certainly of Galactic origin (Fig. 6.9). )

The second way in which the cosmic rays provide crucial information is through
the spallation products which they induce in the material of the meteorite. In these
spallation reactions, the data can be used in two quife separate ways. The
spallation products produced by high energy cosmic rays entering the meteorite
not only produce lighter elements as indicated in Table 5.1, they also reiease
neutrons which can interact with the nuclei of the minerals to produce some rather
rare isotopes trapped inside the meteorite. The clever thing to do is to study the
abundance of those isotopes which are known to be very rare in nature and which
can only have been produced by spallation inside the meteorite. Of particular value
are the stable elements since they simply continue to increase in abundance with
age. Good examples of stable nuclei produced as cosmogenic nuclides include rare
isotopes such as *He, ®Ne and *Ar, For example, Wasson (1985} quotes rates of
formation of *He and *Ne of 2x107*"p and 3.5x 107*®p particles per year
respectively where p is the density of the material of the meteorite in kilograms per
cubic metre, assuming the present intensity of the intersteliar flux of cosmic rays.

A second way of using the same process is to study those spallation products
which are radioactive. The process of spallation accounts for the persistence within
the meteorites of some isotopes which have short half-lives such as tritium *H, *C
and °Be, which have half-lives of 12.5, 5.6 x 10° and 2.5 x 10® years respectively, as
well as a host of more obscure radicactivites. Table 6.1 is a list of cosmic ray
induced radio nuclides which have been frequently measured in terrestrial and
extraterrestrial matfer (from Reedy, Arnold and Lal (1983)). This table includes
the principal target nuclei as well as an indication of the source of the high
energy particles which are responsible for their formation, GCR meaning Galactic
cosmic rays and SCR solar cosmic rays.

These two techniques can be used to provide estimates of the exposure ages of
the meteorites to the cosmic rays. The remarkable thing is that these procedures
work as well as they do indicating that the intensity of the local interstellar flux’of
cosmic rays musi have been more or less the same over very long periods of time.
The exposure ages of the cosmic tays are all significantly less than the age of the
Solar System. Many of the meteorites must have fragmented from their parent
bodies more than about 107 years ago and there is an age distribution which
extends up to 10° years and more.

Figure 6.8. Photomicrographs of tracks of heavy elements in meteoritic and Iunar
samples. () A typical example of the tracks seen in meteoritic crystals. Most of these
tracks are iron nuclei. (From M. W, Caffee, J. N. Goswami, C. M. Hohenberg, K. Marti
and R. C. Reedy (198R). Mereorites and the early Solar System, (eds J. R. Kerridge and
M. S. Matthews), page 205, University of Arizona Press). (&) Tracks in lunar feldspar
from lunar rock 14310 showing the large number of iron tracks as well as one of a
much heavier nucleus. (From D. Lal (1972). Sp. Sci. Rev., 14, 3)
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Figure 6.9. Predicted rates for the production of etchable tracks as a function of depth
in a lunar rock sampie directly exposed to cosmic ray particles. The etchable tracks are )
caused by nuclei with atomic pumber Z greater than 20 (sec Fig. 6.3). The shaded areas
refiect uncertainties in the fluxes of low energy nuclei in the solar cosmic rays. (From
R. C. Reedy, 1. R. Arnold and D. Lai (1983). 4nn. Rev. Nucl. Sei., 33, 505.)

According to Reedy et al. (1983), these studies show that the cosmic ray flux
must have been within about 50% of its present value over the last 10° years. A
literal interpretation of the results suggests that over the last 107 years, the flux of
cosmic tays has been about 50% greater than it was during the preceding 10°
years. Thus, remarkably, it scems that our Solar Systern has been bombarded by

" roughly the same flux of cosmic rays that it experiences now for the last billion
years.

In addition to studying the cosmic ray flux, many other clever things can be
done. For example, the shape of the meteorite before it suffered ablation on
passing through the atmosphbere can be determined. Although the outline of the
meteorite may now be very ragged, the equal density contours of the spallation
products are often found to be smooth and these can be used to extrapolate back
to the original shape of the meteorite (Fig. 6.10).
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Table 6.1. Radicactive nuclides created by spallation in meicorites

Half-life

Radionuclide {years) Main tarpets Particles
'H : 12.323 0O, Mg, Si GCR, SCR
10Be 1.6 x ¢ Q, Mg, Si, (N) GCR

ue 5730 0, Mg, Si, (N) GCR, SCR
®¥Na 2.602 Mg, Al, Si SCR, GCR
341 TA6x 105 Al Si, (An SCR, GCR
2Gi 105 {Ar) GCR

Y 3.0x 18 Ca, Fe, (Ar) GCR

AT 35.0 days Ca, Fe GCR, SCR
BAP 260 K, Ca, Fe GCR

oK 1.28x 100 Fe GCR

8¢ 83,82 days Fe, Ti GCR

“Hy 15.97 days Fe, Ti GCR, 5CR
5Mn 3.7 x 10F Fe SCR, GCR
SMn 312.2 days Fe SCR, GCR
S Fe 2.7 Fe SCR, GCR
“Co 78.76 days. Fe SCR

Ni Téx 10 Fe, Ni GCR, SCR
®Co 5272 Co, Ni GCR

BKr 2.1 x 1P Sr, Zr GCR, SCR
120] 1.6 % 107 Te, Ba, La, Ce GCR

Inferred shape -
of metsorite
before ablation in
the atmosphere

Isodensity contnurs-
of spallation products
Figure 6.10. A schematic diagram showing how the original shape of a meteorite

before ablation in the atmosphere can be inferred from the isodensity contours of
spallation products.

64 Gas-filled detectors - proportional counters, Geiger counters and
spark chambers i

The detectors used in high energy astrophysical experiments are based
upon those developed for laboratory experiments with the important difference
that it is often necessary to fly them on space vehicles and therefore there are
weight restrictions upon the size of the packages which can be built. This makes
instruments such as cloud and bubble chambers unsuitabie for space flight. Gas-
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filled detectors have, however, been successfully developed for space experiments
and have plaved a key Tole in the development of cosmic ray, X and vy-ray
astrononty. These detectors may be thought of as modern versions of the Crookes
tubes which piayed such an important role in the development of understanding
of atomic structure. The typical arrangement.for studying the properties of gas-
filled discharge tubes is shown in Fig. 6.11 (2). When a high energy particle passes
through the tube, it suffers ionisation losses Tesulting in the creation of numerous
ion—electron pairs along its track whereas, when an X or y-ray enters the tube, an
energetic electron—ion pair is created at a single point by photoionisation.

The output voltage pulse from the Tube varies with bias voltage ¥ as shown in
Fig. 6.11(b) which compares the responses resulting from an electron and an o-
particie passing through the tube. The bias voltage across the tube is arranged so
that the clectrons are attracted to the anode which is the thin wire running down
the centre of the tube. The behaviour of the tube may be understood as follows,
At very low voltages (region 4), the electrons recombine and few of those liberated
by the passage of the charged particle reach the anode. As the voltage increases,
a steady state is set up whereby the electrons are accelerated to sufficiently high
energies for recombination to be negligible (region B).

Then, in regions C and D, the electrons acquire sufficient energy to creaie new
clectron—ion pairs in collisions with the gas in the vacuum tube. The net result is
an avalanche of electron-ion pairs which produces a large voltage pulse as
measured by the counter circuitry. In order to obtain a good estimate of the energy
loss by the high energy particie or the X or y-ray as it passes through or is absorbed
by the gas, as large an output voltage pulse as possible is needed so that an accurate
estimate of the number of electron—ion pairs created is obtamed. Eventually, if the

voltage across the tube is too large, the response of the tube becomes non-linear.

and the output voltage is no longer proportional to the amount of ionisation
created in the tube. The regime in which the proportionality between the amount
of ionisation created by the incoming particles or photons and the sirength of the
output pulse is maintained is called the proportionality regime the devices which
operate in this mode are called proportional counters.

At the highest voltages (regime E), the voltage is so high that a particle causing
even the minimum ionisation produces a huge voltage pulse - the tube is running
at saturation level and the whole tube is rapidly ionised by the passage of a single
particle. Detectors operating in this regime are known as Geiger counters or
Geiger—Miiller counters and were used by Rutherford and Geiger in their classical
experiments on the Coulomb scattering of a-particles. In practical detectors of this
1ype, the sensitive volume contains a gas which enables the tube to recover quickly
to respond to the arrival of the next jonising charge, i.e. after the voltage pulse, the
ionisation is rapidly ‘quenched’. These detectors find important application in
spark chambers as we describe below. -

Because proportional counters contain a gas rather than a solid, the path length
through them is short and so they find their principal application as detectors for
X-rays with energies 0.1 < fio < 20keV. A schematic diagram of a proportional
counter for use in X-ray astronomy is shown in Fig. 6.12. The X-ray enters through
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Figure 6.11. (a) A gas-filied discharge tube showing the arrangement used to detect
pulses of current initiated by ionising particles passing through the gaseous volume.

(From H. A. Enge (1966). Introduction to ruclear physies, page 201, London: Addison-
Wesley Publishing Co.)

{b) The magnitude of the output pulse of the discharge tube shown in (@) as 2 function
of the bias voltage V. The two curves show the response to a fasi electron, e, and to a
helium nucleus «. The response in the different regions 4, B, C, D, and E are described

in the text. (From H. A. Enge (1966). Introduction to nuclear physics, page 201, London:
Addison-Wesley Publishing Co.)

the window of the detector and is absorbed by the gas by photoelectric absorption,
ejecting an electron in the process. The excited ion then deexcites either by emitting
a fluorescent X-ray or by emitting an Auger electron. The electron ejected in the
initial photoionisation event is energetic enough to ionise other atoms of the gas
and so, in the end, just as in the case of ionisation losses, one electron—ion pair is
created for roughly every 30 eV of incident X-ray energy. These electron—ion pairs
then drift to the region of the strong field where the number of pairs is amplified
by a factor of between 10? and 10° and the pulse is detected. This amplification
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Figure 6.12. A schematic diagram of the type of proportional counter used in X-ray
astronomy. .

factor is essential in order to produce a signal which can be detected by the pulse
counters.

Let us work out the response or quantum efficiency of such a detector for
photons of different X-ray energies as used in an X-ray telescope. The probabilicy
of absorbing a photon of energy A in the gas of the counter is

(ko) = exp{—o, L)1 —exp(—0c, 1)) (6.2)

where 6,, and o, arc the absorption coefficients and ¢, and ¢, the thicknesses of the
window and the gas respectively. Examples of the mass absorption coefficients for
different materials were described in Section 4.2 and illustrated in Fig. 4.1. Between
absorption edges, the cross-section for absorption a(#«) is roughly proportional to
@~*Z* where Z is the 2tomic number and, therefore, to maximise absorption in the

detector gas and minimise that in the window, a low Z material is used for the .

window and a high Z substance for the detector gas. A typical proportional
counter consists of a gas such as argon and a window made of a material such as
mylar which is an organic plastic and therefore most of the absorption is associated
with carbon atoms. The efficiency of the detector n(fm) as a function of the energy
of the X-ray photon is illustrated in Fig. 6.13. The argon gas alone would result
in the response shown in Fig. .13 (a). However, this is modified by absorption in
the window and therefore the probability of absorption within the gas of the
detector is shown in Fig. 6.13(b). There is a jump in the detector efficiency at the
K-edge of carbon. Thus, the response of the detector is fargely determined by the
materials out of which the window is fabricated and by the detector gas. Sheets of
mylar as thin as 1 pm can be vsed as the window material which gives a path length
through the window of 4400 mg m~*, whereas the depth of the argon gas can be as
much as 2000040000 mg m™2. There are considerable problems in the manu-
facture of these devices, not the least being that the detector gases can leak through
such thin windows. For sateliite .instruments, thicker windows or swonper
materials such as beryllium have to be used, which restricts the useful energy range
of the instrument to greater than about 1keV. For observations at low X-ray
energics, fi = 0.25 keV, very thin windows have to be used and then a supply of
gas has to be provided to maintain the gas in the detector at constant pressure.
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Figure 6.13. (a) The probability of absorbing an X-ray photon in the gaseous volume
of an argon-filled proportional counter if there were no absorption by the window; o, is
the photoelectric absorption cross-section and 7, the thickness of the gas.

(b) The probability of absorbing an X-ray photon in the gaseous volume of the
proportional counier of {a} with a window of an organic substance such as mylar.

The energy resolution of the detector can be improved by using X-ray fitters
which utilise the fact that different materials have their K-absorption edges at
different energies (Fig. 4.1). In addition, we obtain information about the energy
of each arriving X-ray from the size of the voltage pulse. The accuracy with which
the energy of each photon can be determined is limited by statistical fluctuations
in the numbers of electron—ion pairs created by each X-ray. For example, if the
efficiency of the detector were 100%, a photon of energy 10 keV would liberate
only about 300 electron—ion pairs and therefore the statistical precision must be
less than about 1/N} ie at the very best, 5% accuracy. Typical values are
somewhat greater than this. Note that inert gases are used for these devices since
this means that most of the energy of the incoming X-ray goes into the kinetic
energy of the electrons. If molecules were used, some of the energy would be
drained into their rotational and vibrational degrees of freedom.

In proportional counters, the pulse of electrons is highly localised and bence it
i5 possible te devise schemes whereby the location of arrival of each X-ray photon
can be measured. This is achieved in position sensitive proportional counters. The
position at which the pulse of electrons hits the anode may be estimated {rom the
ratio of the charges collected at each end of the anode because the charge which
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flows in opposite directions along the wire from the location of the pulse is found
to be inversely proportienai to the distance from the collection point. To measure
the coordinates of the pulse in the second dimension, multiple anode wires can be
used and the wire along which the charge flows defines the position in the
orthogonal coordinate. An alternative scheme is to use two sets of orthogonal
anode wires to define the location of each event. These developments are
particularly important following the development of imaging X-ray telescopes in
which the X-rays are focussed at a focal plane and a two-dimensional image of the
X-ray sky can be recorded. )

_ Geiger counters are proportional counters run at saturation voltages so that any
charged particle which enters the chamber causes ionisation of all the gas. This
corresponds to region E of Fig. 6.11 {b). These counters have important
applications in miniaturised form as spark chambers. Thesc have been used
increasingly because of the ability to produce what are essentialiy Geiger counters
with very small spacings between the anode and cathode. They consist of layers of
these small cells, often filled with neon, with gaps a few millimetres in width.
Again, these devices are run just below breakdown so that, as soon as a charged
particle passes through the chamber, they are triggered and a ‘spark’ is produced
in the element. Since they are so small, arrays of spark chambers enable the
trajectory of the particle to be determined accurately and this is very important if
one wants to know how much material of the telescope itself was traversed by the
high energy particle. Other detectors can be used to measure the energy, charge,
etc. of the particle. These instraments have proved very important in detecting y-
rays since the arrays of spark chambers can be interleaved with a material such as
tungsten which ‘converts’ the y-ray into an electron—positron pair, which can be
followed through the spark chambers. In this way, directional information as well
as information about the opening angle of the electron—positron pair can be
obtained (see Fig. 6.14).

6.5 Solid state devices

When electrons are knocked out of atoms in solids, they can be swept out
by an electric field just as in the case of gases. There are two main differences
between gases and solids in this context. First, the high energy particles produce
electron—hole pairs rather than electron—ion pairs. Second, the energy needed to
produce an electron—hole pair is much smaller than that needed to produce an
electron—ion pair. For example, in silicon and germanium only 3.50 eV and 2.94 eV
respectively are required to produce an electron—hole pair. This means that, in
solid state devices, about 10 times more electron-hole pairs are created than
electron—ion pairs in a gas for which about 30eV is needed per pair. This
improvement in statistics corresponds to an increase of a factor of three in the
estimation of the energy loss per unit path length.

JEN FEET
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Figure 6.14. A schematic diagram showing an array of small spark chambers which
enables the paths of an electron—positron pair created by an incoming y-ray to be
determined.

6.5.1 Semticonductor devices

To utilise the above advantages, an insulater can simply be placed
between the electrodes of a detecting circuit and the pulses of current due to the
release of electrons in the material measured. An insulator must be used or else
leakage currents in a conducting material mask the pulse due to the charged
particle. Unfortunately, ordinary insulators are too impure to be used for this
purpose since many of the electrons and holes are lost in imperfections in the
crystal structure. Semiconductors are used, one reason being that they are of very
much greater purity. .

The problem is then to produce a region of high resistance inside the
semiconductor. This is done by reverse biassing a p-n junction, so that not only is
the central region an insulator but also a large voltage is developed across the
depletion Iayer {Fig. 6.15). The net effect is that, when a high energy particlc causes
jonisation losses in the material, the excess of holes in the p-type semiconductor is
pulled into the metal and the excess electrons to the gold contact.

The big problem is to make the depletion layer as thick as possible in order to
obtain a large path length through the semiconductor and also Lo produce a very
large resistance across the depletion layer. By straightforward transistor
technology, depletion layers abont | mm thick can be made. Thicker layers can be
produced by the technique known as lithium-drifting, in which one starts with not-
too-pure silicon and compensates for the excess of acceptors by the drifting in of
fithium atoms. Successful layers of 5 mm thickness have been achieved by this
technigue with the net result that path lengths of a several teus of kilograms per
square metre through the device can be achieved. Because it is entirely solid state
and compact, this is exactly the type of device that is best adapted to the rigours
of space flight and high aititude balloons and they have been used very successfully
in cosmic ray telescopes.
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Figure 6.15. A schematic diagram of a basic semiconductor, solid state detector. (From
H. A. Enge (1966). Introduction 1o nuelear physics, page 207, London: Addison-Wesley
Publishing Co.)

Recent advances in semiconductor technology have also been of great
importance in the detection of X-rays, specifically the use of silicon semiconductors
as array detectors. The principies employed in CCDs can be used (see Section
8.6.1) in which potential wells are created within the silicon in which the electrons
liberated by the X-rays are trapped. As in the case of CCDs used in optical
astronomy, the charge which builds up in the potential wells is proportional to the
X-ray flux density incident upon that part of the array. In the detectors available
at the moment, the statistical accuracy with which the energy of the photons can
be measured corresponds to an energy resolution for 3 keV X-rays of about 10 %.
The read-out of the device is achieved using the principles of charge transfer nsing
charge coupling techniques. CCI detectors for X-ray energies are planned for the
next generation of X-ray telescopes using X-ray imaging optics, for example, in‘
AXAF Observatory (Section 7.3.3).

6.5.2  Scintillation detectors

These are historic devices. Rutherford used a scintillating zine sulphide
screen to count g-particles in the famous Rutherford scattering experiment.
Nowadays, instead of viewing by eye, a photomultiplier arrangement is used to
produce a large pulse of electrons. Fig. 6.16 illustrates their construction. The
sequence of events is as follows: the liberated electrons produce photons inside the
crystal and these photons hit the semitransparent photocathode which liberates
photoelectrons. These Liberated electrons are accelerated and focussed onto a
multiplier arrangement of elements known as dynodes. The pet result of
multiplication is a large pulse arriving at the anode, the size of which is
proportional to the total energy dE liberated in the scintillating ctystal. The
limitations of these devices are two-fold. First, the scintillating material converts
only about 3% of the liberated electron energy into useable optical photons:
second, the cathode efficiency is typically about 10-20% so that for every 5-10
photons arriving at the photocathode, only one electron is liberated which will
initiate a cascade in the dynodes, To give an example of the implication of these
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Figure 6.16. A scintillation detector showing the large scintillating crystal and the
photomultiplier tube (RCA 7046). (From H. A. Enge {(1966). Introduction to nuclear
physics, page 210, London: Addison-Wesley Publishing Co.}

figures, consider the liberation of 5 MeV of particle energy within the scintillator.
This energy loss liberates about 150 keV of photon energy, corresponding to about
60000 photons. A cathode efficiency of 10 % means that we obtain only about 6000
useful photoelectrons from the cathode and hence a statistical accuracy of at best
about 2%. )

These devices are often used in cosmic ray telescopes because they can be made
compact and rugged. They are also popular as hard X-ray detectors al energies
greater than about 20 keV because the efficiencies of proportional counters
decrease as o™ with increasing photon energy Am. The materials used in
scintillation detectors are sodium todide, which has maximum photon emission at
—~ 188 °C, sodiuvm iodide doped with thallium, which has higher efficiency at room
temperature, or cacsium iodide. Organic scintillators such as p-terphenyl, which is
a liquid, or plastic scintillators such as anthracene and zrans-stiblene are also used.
Liquids are particularly useful since anticoincidence enclosures are often needed
and one simple way of achieving this is to surround the detector with a jacket of
the scintiilating fluid and fo note all events recorded by that scintillator.
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Figure 6.17. Comparison of the energy loss spectra observed by (q) a 3.5 mm deep
Jithium-drifted germanium crystal detector and (h) by a scintiliating crystal of sodinm
jodide of the nuclear y-ray lines of ®Co. (From R. Hillier (1984). Gamma ray astronomy,
page 55, Oxford: Clarendon Press. The data are from G. T. Ewan and A. J. Tavendale
(1964). Can. J. Phys., 41, 2286.)

6.5.3  Crystal detectors

Another way of detecting high energy X and y-rays is to make use of the
photoelectric effect but now in a pure semiconductor material, The trick in this
caseé i to use a very pure semiconductor crystal with a high atomic number so that
there is a strong absorption edge at a high energy. Crystals which have proved to
be very effective as hard X and y-ray deteciors for high resolntion spectroscopy are
single germanium crystals. As illustrated in Fig. 4.16, at energies greater than
100 keV, Compton scattering and photoelectric absorption are competing
processes {or the attenuation of the flux of high energy photons. The advantage of
the crystal detector is that the energies of the electrons liberated as photoclectrons
are large and their total energy loss can be determined with high accuracy by
measuring the numbers of electron—hole pairs in the usual way. Fig. 6.17 compares
the emergy spectrum of the radioactive lines of cobalt #Co a1 1.173 and 1.333 MeV
as measured by a single germanium crystal and by a scintiliation detector in a
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laboratory experiment (Hillier 1981). It can be seen-that the crystal provides high
spectral resolution (Agfe = 0.33%) but there is in addition 2 background duc to
the Compton scattering of the lines in the crystal at lower energies. In contrast, the
spectrum measured by the scintillation detector does not prowvide such high
Tesolution, about § %, but more of the detected photons lie in the two peaks.

6.5.4 Cherenkov detectors

When a fast particle moves through & medium at a velocity greater than
the velocity of light in that medium, it emits Cherenkov radiation as demonstrated
in Section 4.6. The wavefronts only add up to produce coherent radiation in a
particular direction B with respect to the velocity vector of the electron. This angle
is given by cos = ¢/vn where n is the refraciive index of the material. The intensity
of the radiation is given by the expression (4.73).

We can see immediately that this phenomenon can be used to construct threshold
detectors. Only if the velocity of the particle is large enough, will it emit Cherenkov
radiation and hence a detectable signal. For charged particles with velocities
v 2= 0.6¢, solid dielectric materials can be used, for example, lucite or plexiglass for
which 7 = 1.5. If one s interested in only the most extreme ultrarelativistic
energies, gas Cherenkov detectors can be used. The refractive indices of gases differ
only very slightly from 1 and hence only ultrarelativistic electrons are detected.

In practice, one does not attempt to measure the wavefront of the emitted
radiation in cosmic ray experiments, although this can be achieved in laboratory
experiments. The total emitted light is measured and this provides information
about the charge and velocity of the particles passing through the material. By
placing twe detectors in series with different thresholds for Cherenkov radiation,
for example by using different gases or the same gas at different pressures, both z
and v can be found for the particles.

The main problem wiih these detectors is that the light yield is very small and
photomultipliers have to be used to produce a measurable signal. One method is
to use the fact that light is totally internally reflected within the crystal and suitable
treatment of the surfaces of the enclosure increases the iniensity of light which
reaches the photomultiplier. These devices have proved to be very successful in
achieving high charge resohition. This is realised by making the refractive index a

suitable function of energy in the region in which the photomultipliers are most
sensitive.
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Cosmic ray, X-ray, y-ray and
neutrino telescopes

7.1 Introduction

The next step is to build the detectors described in Chapter 6 into
telescopes for the study of cosmic rays, X-rays and vy-rays. It is interesting to
contrast these telescopes with those which operate at optical, infrared and radio
wavelengths which are the subject of Chapter 8. The main difference is that, in
most cases, the photons and particles to be detected have such high energies that
they can be considered to move in straight lines — in other words, we can use
Newton’s (or Einstein’s!) corpuscular picture of electromagnetic radiation without

worrying about wave opties and diffraction effects. From the point of view of-

explaining the principles of these telescopes, the early satellite instruments
illustrate most clearly the features of successful telescopes for these wavebands.
One common feature of the telescopes considered in this chapter is the role of
anticoincidence technigues.

7.2 Anticoincidence techniques and cosmic ray telescopes

The principle is straightforward in that photons and cosmic rays are
allowed to pass through a number of different detectors which are sensitive to
different properties of photons or high energy particles. Particles or photons ofa
particular type are identified according to whether or not a signal in one detector
is accompanied by responses in the other detectors. These procedures require high
speed electronic circuitry designed so that an event is only registered if it possesses
the correct signarure. In the case of telescopes flown in orbit, these data have to be
transmitted back to Earth.

Let us take as an example one of the carly cosmic ray telescopes on board the

IMP-IMI satellite, the acronym meaning the third Interplanetary Monitoring:

Platform. The layout of the detectors labelled I, D,, P, and D, is shown in Fig.
7.1. D, and D, are lithivm-drifted semiconductor detectors and are thin so that
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Lithium-dritted

semiconductor
detectors
D, Csl (TI) scintillation detector
D Anticoinicidence plastic

NN NN NN

scintillator shield

Figure 7.1. A simplified diagram showing the layout of the detectors of the cosmic ray
telescope flown on board the IMP-IIT space probe. (From M. M. Shapire and R.
Silberberg (1970). Arn. Rev. Nucl. Sci., 20, 323}

most cosmic ray particles pass throngh them but the jonisation losses in these
detectors register the fact that a particle has passed through. D, is a scintillation
detector which comsists of a thallium-doped, caesium iodide crystal. D, is an
anticoincidence shield made of a plastic scintillator. To use this combination of
detectors as a telescope, we select events which give a positive signal in detectors
Db,, D, and D, but give no signal in B,. This signature is written D, D, D, D, and
defines the properties of the telescope. '
(iy The beam of the telescope is defined by detectors D, and D, as
illustrated geometrically in Fig. 7.1. Thus, only particles arriving
within the cone of apex angle 8 can trigger both D, and D,. The angle
0 is the beam-width of the telescope.

(ii) The range of energies to which the telescope is sensitive is determined
by the requirement that the particles must be energetic enough to pass
through D, and D, and into D, but not so energetic that they can pass
all the way through to D,

(iii) The properties of the particles which have signature D, D, D, D, can
be inferred from the fact that the signals registered in D, and D, give
a measure of d £/dx, the loss per unit path length, and the total signal
D, +D,+ D, 15 a measure of the total kinetic energy of the particle,
Thus, for each particle, we obtain one point on the energy loss rate
versus total kinetic energy relation.

In practice, considerable redundancy is built into space experiments so that, if one
of the detectors fails, the telescope can still be operated in some other mode. For
example, if either D, or D, failed, d¥/dx can still be measured by the other
detector. Another important point is that we need to know the direction in which
the telescope is pointing on the celestial sphere. This means that either a
continuous record must be kept of the orientation of the telescope in space or else
the spacecraft must be stabilised to point in one direction for a Jong period.

We therefore expect that, if we plot the response b, + D, against D, + D, + D,
we should obtain the ionisation loss relations for particles of different species.
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Figure 7.2. (a) A schematic diagram showing where cosmic rays of different energies
and atomic numbers which satisfy the condition D, D, D, D, are expected to lie in a plot
of D, against (D;+D,+Dy).

(b} A schematic diagram illustrating the different sensitivity ranges which were available
on the cosmic tay telescope of the OGO-1 satellite.

(¢) Detailed predictions of the expected location of cosmic rays in the D -I), plane
when the OGO-1 telescope was operated in different sensitivity modes. The widths of the
shaded regions are primarily defined by the cone anpie within which particles enter
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Notice that, when we evaluate D, + 12, + 'y, we determine the total kinetic energy
of the particle.rather than its kinetic energy per nucleon. Thus, for a cosmic ray of

" atomic oumber z and mass number A, the standard ionisation loss curve of Fig.

2.7 is shifted along the abscissa by a factor 4 and along the ordinate by a factor 2.

“Thus, schematically, we expect particies of different elements to lie along the loci

illustrated in Fig. 7.2{a). There is considerable scatter about these predicted
relations because the cosmic rays arrive at different angies within the cone of
acceptance § and the deteciors themselves have finite energy resolution.

A good example of how this works in practice is provided by the results of the
Chicago group whose experiment was carried on board the OGO-1 satellite (the
first Orbiting Geophysical Observatory). In this early experiment, it was cnly
possible to use a finite number of channels into which to sort the energies of the
particles and so the telescope was operated in what were referred to as the high and
low gain modes, meaning that the energy scales could be stretched to span different
ranges of kinetic energy and energy loss rate. The predicted responses are shown
in Fig. 7.2(b) and (c). Fig. 7.3 shows what was actually observed, the solid lines
indicating the predicted loci for different elements. By counting the number of
particles in the appropriate energy ranges, the relative abundances of different
elements can be found and by counting the relative numbers of particles along each
locus, the energy spectrum of each element can be found. The separation between
the tracks in Fig. 7.3 shows how it is possible to discriminate between cosmic rays
of different atomic number.

In the discussion of the astrophysics of the propagation and origin of cosmic
rays, isotopic abundances are of the greatest interest. The problem in determining
these abundances is that the mass of the cosmic ray does not appear explicitly in
the expression for the ionisation loss rate of the charged particle. The differences
between isotopes of the same species only become apparent when the total kinetic
energies of the particles are measured. The loss rate —dE/dx is independent of M
but the kinetic energy of the particle E,,, = (y— 1)Mc* does depend upon M. As
a result, isotopes of the same clement can be distinguished as illustrated in Fig. 7.4
— the jonisation loss curves are slightly displaced with respect to one another. This
indicates how important high precision is in measuring both the charge and total
kinetic energy of the high energy particles.

There have been several important advances in determining the charges and
masses of cosmic ray particles, the aim being to determine both dE/dx and E,
with as high precision as possible. Simpson (1983) describes some of the
developments which have been incorporated into recent experiments. A key aspect
of measuring dE/dx and E,,, as accurately as possible is the determination of the
precise trajectory, and hence path-length, of each cosmic ray through the various
clements of the detectors. One way of obtaining an immediate improvement in the
determination of the path-length is to use curved rather than flat detectors D, and

the telescope. The high energy limits of each locus are determined by the particle range
limits in the telescope. (From G. M. Comstock, C. Y. Fan and J. A. Simpson (1966).
Astrophys. J., 146, 51.}
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Figure 7.3. The observed distributions of cosmic rays in the D,-D, plane for three of
the data formats (or modes) shown in Fig. 7.2. The region populated by protons has
been deleted. The solid lines indicate the predicted loci of the different elements. (From
G. M. Comstock, C. Y. Fan and J. A. Simpson (1966). Astrophys. J. 146, 60-1.}

\og £
Figure 7.4. A schematic diagram illustrating the problem of distinguishing isotopes of
a particular element.

D, to measure dE/dx. This much reduces the scatter in path lengths in the type of
experiment shown in Fig. 7.1.

Examples of three satellite packages arc shown in Fig. 7.5. The instrument
shown in Fig. 7.5(a) is the Heavy Isotope Spectrometer (HIST) which was flown
on the ISEE-C spacecraft. Two similar cosmic ray telescopes were flown on this
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Figure 7.5. Examples of three important cosmic ray satellite telescopes, (From J. A.
Simpson (1983). Ann. Rev. Nugl. Pari. Sci., 33, 351.)

{a) A schematic diagram of an ISEE class telescope for the measurement of cosmic ray
isotopes. (W, E. Althouse, A. C. Cummings, T. L. Gacrard, . A. Meawalde, E. C.
Stone and R. E. Vogt (1978). JEEE Trans. Geasci. Electron., GE15, 204.)

(& The HEAQ-C2 experiment of the Danish—French collaboration. ’
(Copenhagen-Saclay Collaboration (1981). Adv. Space Res., }, 173)

(¢) The HEAO-C3 ultraheavy nuciei telescope for the study of cosmic rays with Z = 30.
(W. R. Binns, M. H. Israel, J. Klarmann, W. R. Scarlett, E. C. Stone and C. 1.
Waddington (1981). Nucl. Instrum. Methods, 185, 415.)

mission. In the cxample shown, the detectors P1 and P2 are position sensitive
detectors. These detectors form what is known as a hedoscope from the Greek
word hodos meaning ‘way’ - in space astronomy, the word means a device for
measunng the direction of arnival of the cosmic ray. Two different types of position
sensitive detector were employed on the spacecraft. In one case, each of the
detectors consisted of a matrix of thin strips of detector material. One set of 24
strips formed the ‘x’ coordinate and an orthogonal set of 24 the ‘¥’ coordinate.
By measuring the (x, }} coordinates of the passape of a particle through both
detectors, its trajectory through P1 and P2 and into the main body of the detector
could be found. In the other telescope, thin electron drift chambers performed thie
same function. The detectors E1-E7 are lithium-drifted, solid state detectors
designed to measure the total energy loss of the particles. By measuring precisely
the path lengih of the particles through the detector and the energy loss, a mass
resofution of better than 0.2 amu was achieved (Fig. 7.6). The telescope system
was sensitive to particles with energies in the range 30-130 MeV per nucleon.
Fig. 7.5(&} is a plan of the telescope flown on the highly successful HEAQ-C2

_experiment which was constructed by a French-Danish collaboration. The

telescope consisted of five closely spaced Cherenkov detectors (C1-C5) which
contained materials of different refractive indices so that they were sensitive to
particles of different velocities. The total mass transversed by particles passing
through the telescope was 167 kg m™ so that the abundances of elements between
beryllinm and iron could be determined up to a kinetic energy of 25 GeV per
nucleon. Detectors C1 and C5 had the highest refractive indices and are made of
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Figure 7.6. Observations made with the ISEE-3 HIST. The mass histograms of boron,
carbor, nitrogen and oxygen nuclei are observed in the energy range roughly

30-120 MeV nucleon™. Note that the boron and nitrogen isotope distributions have
been scaled up by a factor of 2. (From R. A. Mewaidt, I. D. Spalding, E. C. Stone and
R. E. Vogt (1981}, Astrophys. J., 251, L27.)

lead glass; the deiectors C2, C3 and C4 were materials of lower refractive index,
the detector €4 consisting of acrogel sand which has refractive index 1.015 and a
corresponding threshold energy for the production of Cherenkov radiation of
about 4.5 GeV per nucleon. The lower energy limit for the detection of particles
was set by the requirement that events were only registered if detectors C1, C3 and
C5 were simultaneously triggered. Since the detector C3 consisted of Teflon, which

has refractive index 1.33, particles of energy less than 0.5 GeV per nucleon were not -

detected. Between the Cherenkov detectors, there were placed what are called flash
tube trays {FTT). These act as 2 hodoscope and consist of two perpendicular layers
of 128 tubes each so that when a cosmic ray passes through them, the coordinates
of the event are determined. There are four flash tube trays (FTT1-FTT4) between
the Cherenkov detectors and these enable the trajectories of the cosmic rays
through the telescope to be determined accurately. The momenta of the particles
and their charges are determined from the strengths of the Cherenkov Light signals
registered in the detectors C1-C5. It can be seen from equation (4.73) that both the
charge z and the velocity of the particle can be evaluated if the irajeciory of the
particle is known since it produces a flux of Cherenkov radiation in four different
dielectrics. The arrangement was successfil in producing charge resolution of
better than 0.2. - :

A ingenious technique was used to determine isotopic abundances of different
elements. We show in the Appendix to Chapter 10 that, for particles detected in
near Earth orbit, there are permitted and forbidden zones for particles propagating
from interstellar space through the Earth’s dipole magnetic field. Detailed analyses
can define these zones for particles coming into the Earth ai different geomagnetic
latitudes and at different angles to the vertical. In particular, at certain geomagnetic
Jatitudes, there are forbidden bands in which particles of a given ngidity should not
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be observed and this is reflected as an absorption featurs in the momentum
spectrum of these particles. Since the isotopes of the same element have different
masses, the absorption features should appear at different momenta and thus the
ratio of the depths of the absorption features provides a measure of the ratio of
abundances of these isotopes. Applying this method in practice is complex because
the forbidden zones vary along the orbit of the spacecraft but the technique was
successfully demonstrated in the HEAO-C2 experiment.

The third example shown i Fig. 7.5(c) is the HEAO-C3 experiment which was
designed to measure the abundances of the elements in the cosmic rays beyond the
iron peak. The first evidence for such particles was obtained from puclear emulsion
experiments (Fig. 6.6) and the importance of establishing whether or not there are
radicactive elements in the cosmic radiation is readily appreciated. The
components of such a telescope are now familiar. The basic instrument consists of
two sets of three ionisation chambers, (IC-1, 1C-2, IC-3) and (IC-4, IC-5, IC-6},
Iocated above and below a Cherenkov counter. There is a pair of hodoscopes
associated with the two sets of ionisation counters which determine the trajectories
of the cosmic rays through the detectors. Events are only registered if at least two
of the hodoscopes and at least two ionisation chambers and the Cherenkov
detector are triggered. The charges of the incoming particles can be found from the
fact that, although the signals in the ionisation chambers and the Cherenkov
detectors depend upon the square of the charge of the particle z?, they have
different dependences upon the velocity of the particles as can be seen from the
comparison of equations (2.19) and (4.73). Because the abundances of the elements
beyond the iron peak are very low, the instrument had to be large to detect a
significant number of particles and in the case of the HEAQ-C3 experiment, it was
about 1.5m in length, width and height. Exampies of the quality of the charge
discrimination achieved by this instrument are shown in Fig. 7.7. The experiment
was launched on board the HEAO-C satellite in 1979 and the exposure time of the
experiment was 20 months. At about the same time, a similar experiment called
BUGS-4, meaning the fourth instrument in the series of Bristol University Gas
Scintillators was carried on the UK Ariel-VI saweliite. Using a novel design, a single
set of photatubes viewed the emission from both a spherical volume of scintiliating
gas and from a Cherenkov detector in the form of a concentric spherical shell. Tt
remained in orbit for about two years.

To measure the properties of higher energy particles than those detected in the
HEAO-C2 experiment, very much larget telescopes have to be constructed because
there are far fewer of them and therefore, to measure significant numbers of them,
we need both a large collecting area and long exposure times. In addition, we have
to increase the path length through the detector so that the higher energy particles
are brought complefely to resi within the detector. The implication of these
requirements is that, to conduct abundance and isotope studies at high energies,
very massive payloads are needed which can be expesed for a long period in space.
Such a mission has not yet been undertaken.

The problems with electron detectors are quite different from those of protons
and nuclei. The first difference arises because the rest masses of the electron and
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Figure 7.7. Ohservations of ultraheavy cosmic ray auclei by the HEAO-C3 experiment.
The histogram shows the observed number of events plotted against their assigned )
charge z. The main part of the figure shows all events from 450 days of data for which
charge assignments could be made. The charge resolution of this set does not allow
separation of the abundances of individual elements. The inset shows a selected subset
for which individual element abundances can be determined for even-z elements at Jeast
to z = 42, (From W. R. Binns, R. K. Fickle, T. L. Garrard, M. H. Israel, ], Klarmann,
E. C. Stone and C. J. Waddington (1982). Astropkys. J., 261, L117.)

the proton differ by a factor of 1840. The effects of a magnetic field upon a charged
particle depend only upon the ratio of its momentum fo its charge and therefore
protons and electrons of the same momentum, and hence rigidity, have similar
dynamics .in the Solar Wind and the Earth’s magnetic field; apart from their
opposite charges. However, whereas the Lorentz factors of the protons are of the
order unity, those of the electrons are about 2000 i.e. the 1 GeV electrons detected
at the top of the atmosphere are ultrarelativistic. Because the effects of solar
modulation become large at a kinetic energy of about 1 GeV and lower (see
Section 9.1), only the most energetic electrons can reach the upper layers of the
atmosphere where they can be detected from high flying balioons. Electrons of
these energies are still very difficult to study at the top of the atmosphere because
of the copious peneration of relativistic secondary electrons and positrons from
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nuclear interactions of primary cosmic ray protons and nuclei with atoms and
molecules of the atmosphere. The combination of the effects of solar modulation .

" and secondary electron and positron production means that it is difficult to

establish by direct measurement the interstellar eleciron spectrum at energies less
than about 10 GeV. There is now, however, reasonable agreement between the
various measurements throughout the energy range from about { to 10® GeV. The
electron {(and positron) component of cosmic rays is best studied from space
vehicles and gas-filled Cherenkov counters and threshold detectors are ideal for
discriminating between electrons and protons. It will be noted, however, that there
is a problem similar to that of measurinp the energy spectra of high energy cosmic
rays. If 10° GeV electrons are io be brought to rest within the detector volume, the
cosmic ray electron telescope has to be massive. The most successful observations
have been carried out from high flying balloons carrying large payloads. We will
have more to say about observations of cosmic ray electrons when we study the
origin of the Galactic radio emission.

7.3  X-ray telescopes

We discussed in Chapter 6 the principal detectors used in X-ray astronomy
- proportional counters below about 20keV and scintillation detectors for
energies up to about 1 MeV. More recently, microchannel plate and CCD
detectors have been developed successfully for X-ray observations in space. One
of the major problems is to reject cosmic rays which also cause ionisation losses
inside the counters. Three techniques have been used.

(i) The first involves the use of anticoincidence detectors. In this case, the
counters are surrounded by a scintillating material, either a plastic
scintillator or a scintitlating liquid, and any events which trigger both
the counter and the scintillating material can be safely rejected as
cosmic rays (Fig. 7.83{a)).

(i) The second technique involves determining the shape of the pulse of
electrons as a function of time. A fast particle, either a lower energy
cosmic ray or a fast electron ejected from the walls of the detector by
2 cosmic ray, produces a trail of ionisation and comsequently results
in a broad puise. On the other hand, an X-ray photon results in only
local ionisation and the detected pulse is much sharper than that
produced by the continuous losses of a charged particle. 1t is found
that the X-ray pulses are very sharp, particularly at their leading
edges. This technique of discriminating between cosmic rays and X-
rays is called rise-time or pulse-shape discrimination (see Figs 7.8(b)
and ().

(iit) A third technique invoives what is known as a phoswich detector and
is used at hard X-ray and y-ray energies. The detector consists of
alternate layers of materials which have different respomses as
scintillation detectors for photons and charged particles. Of the two
materials, one is made of a substance such as caesium iodide which
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Figure 7.8. Diagrams illustrating the principles of rise-time or pulse-shape
discrimination between X-rays and cosmic rays.

is scositive to photons, as in the standard scintillation detector,
whereas the other, which may be made of a plastic scintillator, is
insensitive to photons. Thus, photons only produce a signal in the
first detector whereas charged particles produce light signals in both
materials. A clever aspect of the phoswich detector is that the
materials can be arranged to have different response times so that &
charged particle passing through the device results in two light pulses
separated in time by about 10us. A photon, on the other hand,
produces only a single light pulse. The light signals can therefore bc
collected by a single photomultiplier, associated with wh}ch there is
logic circuitry which can recoguise the characteristic signature of
cosmic rays and reject them. The intensity of the light signals in the
case of photon events is a measure of the photon energy and an
energy resolution of about 10% or betier can be achieved at y-ray
energies.
The beam of the X-ray telescope must also be defined and in many experliments this
is achieved using a mechanical collimator. In the simplest casc,‘ttus cor_nsxsts of; aset
of hollow rectangular tubes or pipes. The response of the coliimator s ﬂ-ms just a
triangular function since, at X-ray energies, the pho.tons may be con:udered. 10
propagate in straight lines according to geometric optics. An 1mp‘or1.am cxceptllon
to this rule is at very large angles of incidence at the surface of highty cond_uchng
materials such as copper, when the phenomenon of grazing incic%ence reflection can
take place. For photons of energy less than about 1 keV, reflection takcs_ place for
angles between the direction of the beam and the surface of the material (')f less
than a few degrees. The reflection process is similar to that of Lhe_ deflection .of
radio waves in an jonised plasma, in which the plasma frequency mcreases with
depth into the plasma. This type of reflection takes place when low frequency
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Figure 7.9, The layout of a simple X-ray telescope of the type flown oo the UHURU
and Ariel-V satellites.
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Figure 7.10. The UHURU X-ray satellite showing (a) the disposition of the

componenis and () the beam pattern of the telescopes on the sky showing how the sky

was scanned by the two telescope beams. {From R. Giacconi er al. (1971). Aswrophys. J.,
230, 540.)

electromagnetic waves are reflected by the icnosphere. Although the reflection only
occurs at very small angles, this is adequate to design grazing incidence telescope
mirrors which by careful design can produce an imags of the sky in the focal plane
{see Section 7.3.2).

We can now assemble 2 simple X-ray telescope as indicated in Fig. 7.9. Notice
again the essential role played by advanced electronic circuitry in the pulse height
discrimination systems and in the anticoincidence circuits. This type of telescope
has been flown with outstanding success on a number of small X-ray satellites,
among which the UHURU satellite is historically perhaps the most important
example.

731 The UHURU X-ray satellite

The UHURU X-ray satellite (Fig. 7.10(a)) was launched from the coast
of Kenya in December 1970. The satellite package consisted of two beryllium
window proportional counters, each of area 107 m® They pointed in opposite
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direc-u'ons perpendicular’ to the rotation _axisl' and ‘the te?escope gmp]loye:i
megchanical collimators which gave beam-widths (in fact, fulll-mdth ‘half maxima 2
of 1° x 5° and 5° x 5° as illustrated in Fig. 7..10.(b). The satellite comp.le?ted one 360
rotation every ten munutes. The proportional counters were sensitive to‘ X-ray
photons in the energy range 2-10 keV, The UHURU X-ray _telescope p_njowdes an
excellent simple example of the way in w}}ich the observing capa_blhty. of tltu:
telescope is related to its technical specification. Let us take the various items in
wl;i-rst, we can work out the limiting sensitivity of the telescope. In X-ray
astronomy, the limiting sensitivity is determined by the unwanted backgroum}
eventls which cause signals to be registered by the detector. There are two lyPcs o
unwanted background. First, there is the background counts pc?r second B_l in the
detecior itself due to inadequate rejection of y-rays and cosmic rays. This is an
intrinsic property of the satellite and telescope configuration; in tf)le case of th;
UHURU satellite, this background amounted to about ‘10 counts 571. The secon
contribution to the background is the isotropic _cosm:clbackground of X-rays
which is remarkably bright. The astrophysical origin of 'th.ls bagkgrctund is not vet
established but it results in a background X-ray flux a_gamst which Fhscrete sources
have to be detected. This background intensity B, is expressed in terms of the
number of photons m~? 57 sr™! in the pass ‘?and ot" t.hc X-ray telescope. 'Iv'];c
limiting sensitivity is thus determined by cou_ntmg Ftatts'uq of X-ray photon's. e
can derive an expression for the signal-to-nioise ratio for faint X-ray sources in the
following way. If the solid angle subtended by the beam of the telescope on the sky
is € and ¢ is the integration time on the source, the m..u:uber of photons_ detected
from the source itself is SA¢ where S is the flux density of the source in counts
m~? 5~* and A is the area of the detector. The signal due to the cosmic ray_s and -
rays in the detector is B, ¢ while the number th pho_tons due to the cosmic X-ray
background is B, A, The total background signal is the sum of thesF. The s;:ource
itself, which is normally very much fainter than these bagkgr.ou.nd signals, 'as_ to
be distinguished above the noise in the background which is just the statistical
fuctuations in the number of background counts. Acct.:rt_img t:) the standard
statistical result, the fluctuations about the mean value N is just N=. Therefore the
rms fluctuations in the background signal are

AN ~ {(B, + Q4B M} _(7.1)
Therefore, the signal-to-noise ratic of an observation of a source of flux density &
is

S(An

(B,/A)+QB} ‘

If we require a source to be, say five imes above the noise level to be reliably
identified as a real source, the Lmiting flux density of the telescope for an
integration time ¢ is

(B,/A)+ 032]4

S = 5[ ) (1.2)
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It is interesting to insert the observed values of B, and B, into this expression. The
X-ray background in the energy range 2-10 keV is 10~** W m~2 sr™* and has an
intensity spectrum which can be roughly described by Ho)do «< o'de. Tt'is a
useful exercise to show that for the 5° collimator, the two contributions to the
background signal are more or less equal but that, for the smaller field of view,
oniy the background due to particie events is important. As a genera! rule, the
cosmic X-ray background is unimportant as a source of noise for fields of view less
than a few degrees.

In its normal mode of operation, the satellite scanned a single strip of sky for
many revolutions. It is interesting to work out the faintest detectable source in
a single day’s observation and to compare this with the limiting flux density quoted
in the UHURU catalogue of X-ray sources which is Spiw = 1 UHURU
unit = 1.7x 107 W m™ in the 2-6 keV waveband. It is instractive to work out
how long it would take to survey the whole sky to this level of sensitivity. These
are left as exercises for the reader.

Another interesting exercise concerns perhaps the most spectacular discovery
made by the UHURU satellite, the discovery of the pulsating X-ray sources. The
narrow-beam telescope, with beam area 1° x 5°, recorded the X-ray flux detected by
the telescope every 0.096 s and transmitted this information to the ground. The
average flux density of the X-ray source Hercules X-1 (Her X- 1) is 10* photons
m™* 5™ and its period of pulsation is 1.24 5. How far was the source above the noisc
when it was discovered to be pulsating? You will discover that the source was not
very far above the noise and this is beawtifully ifiustrated by Fig. 7.11 which shows
the discovery record of the pulses from Her X-1. Obviously, it was not very far
above the noise in a single pulsation period but, of course, Fourier or power
spectrum analysis techniques could have been used to extract pulsatiens of very
much lower amplitude from these types of data. These sources tumn out to be

rotating, magnetised, accreting neutron stars about which we will have much more
to say in Volume 2, Section 15.5.

13.2  The Einstein X-ray Observatory

One of the most important X-ray astronomy missions i ollowing the great
breakthroughs made by the UHURU Observatory was the HEAO-B X-ray
satellite, which was named the Einstein X-ray Observatory. This was the first
complete satellite observatory for X-ray astronomy and consisted of a suite of five
scientific instruments for photometry, spectroscopy and imaging of celestial X-ray
sources. The instrument package included am Imaging Proportional Counter
(IPC), which contained a position sensitive proportional counter, a Focal Plane
Crystal Spectrometer (FPCS) which was a vaniant of a Bragg crystal spectrometer,
a Solid State Spectrometer, 2 Monitor Proportional Counter and, perhaps most
important of all, 2 High Resolution Imaging Telescope (HRI). The observatory
was launched into orbit on 13 November 1978 and the mission lasted 2} years.

The HRI is of special interest since it led to many of the most important
discoveries of the mission. The key element in its design was the use of grazing
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Figure 7.11. A section of the records of the intensity of the X-ray source Her X-1 asa
function of time. The histogram shows the number of counts observed in successive
0.096 5 bins. The continuous line shows a best-fitting harmonic curve to the
observations, taking account of the varying sensitivity of the telescope as it swept over
the source. (From H. Tananbaum, H. Gursky, E. M. Keliogg, R. Levinson, E. Schreier
and R. Giacconi (1972), Astrophys. J., 174, L144.)

incidence optics to produce high angular resolution images of the fields of the X-
ray sources. X-rays are reflected from the surfaces of conducting materials if the:
-angle of incidence is large. Typically, at coergies v ~ 1 keV, reflection only oceurs
for angles between the surface and the direction of the incident photons of a few
deprees and this angle decreases rapidly with increasing energy. Therefore, to focus
the X-rays from a celestial source, a parabolic refiector would have to be very long
indeed and the central portions of the reflector could not be used. The focal length
of the telescope can be shortened if a second reflecting mirror is included, the
preferred configuration consisting of a paraboloid-hyperboloid combination (Fig.
7.12). This arrangement only focuses X-tays incideni on the annular area
corresponding to the projected area of the paraboloid-hyperboloid surfaces. To
increase the collecting area, a number of these combination mirrors can be nested
one inside the other. This was the configuration used in the HRI of the Einstein
X-ray Observatory. It enabled the telescope to take imapes over angular fields
25 aremin in diameter with angular resolution better than 4 arcsec within the
central 5 arcmin of the field.

The two-dimensional detector in the focal plane matched the angular resolution
of the telescope and consisted of two microchannel plate detectors run in series.
These detectors consist of an array of very marrow tubes along which a high
potential difference is maintained. When an clectron enters one end of a tube, it is
accelerated and, on colliding with the walls, ejects further electrons which are, in
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Figure 7.12. Tllustrating the focussing of X-rays by a nested set of
paraboloid-hyperboloid mirrors. This is the arrangement which was used in the Einstein
X-ray Observatory. (From W. Tucker and R, Giacconi {1985). The X-ray universe, page
105, Cambridge : Harvard University Press.)

turn, accelerated down the tube and so on. As in the case of a proportional
counter, the aim is to convert what starts off as a singie photorn into an intense
burst of electrons. In the case of the HRI, there was a coating of magnesium
fluoride on the front face of the first microchannel plate and when the two
microchanne! plates were run in series, an incident X-ray photon resulted in a burst
of about 5 x 107 electrons at the output of the second plate. This burst of electrons
was detected by a cross-grid charge detector so that the coordinates of the incident
X-ray photon could be determined precisely.

The only other information we need is the effective area of the telescope and the
background signal in the detector. Because the phenomenon of grazing incidence
reflection is a strong function of photon energy and because of the presence of
absorption edges in the material of the windows of the detector, the effective area
is a strong function of energy (Fig. 7.13). The maximum effective area is found to
occur at energies € < 1keV as expected and was typically about 0.04 m?. The
response of the detectors could be modified by inserting X-ray filters in the beam
of the telescope, thus providing crude spectral information.

The background radiation in the detector, which was mostly due to charged
particles, amounted to about $x 107 counts aremin™s™. To give a rough
estimate of what this means in terms of sensitivity, a point source of flux density
10~ UHURU units, i.e. a source of flux density of about 1.7 x 10" W m™? in the
26 keV waveband, could be detected at the 5¢ level in an integration time of
50000 s,

To match the high performance of the imaging telescope, it was necessary that
the pointing stability of the telescope also be very good, i.e. about 1 arcsec
stability, but this was not atternpted. Rather, the absolute pointing of the telescope
was known with somewhat poorer accuracy but, at any instant, the pointing
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s ' Figure 7.13.  The effective areas of the HEAO-2/Einstein X-ray telescope and the

direction of the telescope relative to bright stars was known precisely. Therefore,
once the observation was completed, a map of the sky could be reconstructed with
the fulll apgular resolution of the high resolution imager. An example of the quality
{ of the images obtained with the HRI is shown in Fig. 7.14.

A brief list of the types of science which were opencd up by the Einstein
observations would include the following: the detection of X-ray emission from all
classes of star including the whole of the main sequence, supergiants and white
dwarfs; the discovery of about 0 sources of the Andromeda Nebula (M31) and
a similar pumber of sources in the Magellanic Clouds; high resolution images of
k- the X-ray emission from clusters of galaxies; the detection of X-ray emission from

all known classes of active galactic nuclei including the most extreme quasars
& known; deep X-ray source counts extending to flux densities about 10* times

e

fainter than the limits of the UHURU catalogue. All branches of astronomy have
been significantly influenced by observations made with the Einstein Observatory
and a selection of scientific highlights is given by Tucker and Giacconi in their
L' book The X-ray Universe. '
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Figure 7.14. X-ray images of four supernova remnants observed by the HRI of the
Einstein X-ray Observatory. Cas A, the supernova of 1006 and Kepler's supernova are
shell-like X-ray sources. In the case of the Crab Nebula, the intense central X-ray source
pulsates at the frequency of the pulsar which is the energy source for the high energy
particles in the Nebula. (From W. Tucker and R. Giacconi, (1985). The X-ray universe,
pages 116-17, Cambridge: Harvard University Press.)
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Figure 7.15. An artist's conception showing the principal components of the AXAF X- '

ray observatory. (From M. C. Weisskopf (1987). Astrophys. Lett, and Comm., 26, 2.)

733 The Advanced X-ray Astronomy Facility (AXAF) and other future
X-ray missions

There is @ natural progression from facilities such as the Einstein
Observatory to large dedicated observatories which are planned to have long
tifetimes in space and which are designed to be umsed by the astronomical
community at large. In the NASA astronomy programme, the concept has
developed of a series of ‘Great Observatories’ which will be long-lived large
astropomical observatories in space. Four of these are planned, the Hubble Space
Telescope (HST), the Gamma-Ray Observatory (GRO), the Advanced X-ray
Astronomy Facility (AXAF) and the Space Infrared Telescope Facility (SIRTF),
and we will meet them all in this and the following chapter. They are all
characterised as being large telescopes which will be launched by the Space Shuttle
— they all weigh about 10 tonnes or more and each will completely fill the cargo bay
of the Shuttle.

AXAF is the first of these we meet and it is designed to be a complete
observatory in space. We will simply highlight the distinctive features of the

BRIGHT OBJECT
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Figure 7.16. The AXAF High Resolution Mirror Assembly baseline design which
consists of six nested paraboloid-hyperboloid pairs. (From L. P. van Speybroeck (1987).
Aswophys. Leti. and Commun., 26, 129.)

mission. The overall layout of the telescope is shown in Fig. 7.15. The configuration
is driven by the reguirement that the telescope have outstanding image quality.
This means that the telescope will nse grazing incidence optics and, to attain high
sensitivity, six large parabola—hyperbola mirrors will be nested to form the mirror
agsembly (Fig. 7.16). The focal length of the mirror assembly is 10 m and so the
X-ray images are formed at the focal plane at the other end of the spacecraft. The
scientific instruments are located within the aft shroud behind the focal plane. The
telescope parameters are compared with those of the Einstein Observatory in Table
7.1(a) which also lists the proposed package of scientific instruments. The effective
area of the telescope is compared with that of the Einstein Observatory in Fig.
7.13. The major gains in sensitivity result, not only from the increased collecting
area of the telescope but also from the very high angutar resolution of the telescope
which is an order of magnitude better than that of the Einstein Observatory. In
addition the telescope will have good sensitivity at encrgies up to 8-10 keV. The
goa) is 1o launch AXAF in about 1997. Current thinking is that following the
Jaunch by the Shuttle, it will be serviceable by the Space Station which is planned
to be permanently manned. :

The scientific instruments listed in Table 7.1 () will by now be famikiar to the
reader. The table lists the instruments, their spectral resolutions and the type of
detector msed. These capabilities represent an enormous advance over the present
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Table 7.1{a@) Comparison of the Einstein Observatary and AXAF

HEAO-2/Einstein  AXAF

Number of mirror dlements 4 nested pairs 6 nested pairs
Outer diameter (m) 0.58 12
Focal fengih (m) 344 . 10.0
Geometric area {(m*) 0.046 0170
Resolution {arcsec) 4.0 0.5
Field of view (degrees) 1 ‘ 1
Table 7.1(b). AXAF scientific instruments
‘Waveband Resolution
Instrument (keV) (/AN (or AE) Comments
Low ener; 0.14.0 2000 at low energies
transmisfiyon 100 at 2 keV
gratings )
High energy 0.5-9.0 1000 at low energies
transmission 100 at 9 keV
gratings
Bragg crystal A variety of 50-70 & <0.5keV
spectrometer selected energies 200 0.5<0.8keV
within AXAF 1000-2000 0.8 < € < 2 keV
waveband 500-1000 2 < ¢ < B keV
CCD imagers An array of 150 eV Quan.luml
CCD devices efficiencies
0.1-10 keV 2 30% over
most
0.1-10 keV
waveband
X-ray calorimeter  0.1-10 keV 10eY ' .
Microchannel plate 0.1-8 keV 1 at 1 keV F;Zld ;:; view
i %
e (arcmin)®
Quantum
efficiencies

20-50% 0.1-3 keV
10-20% 3-8 keV

. peneration of X-ray facilities. It will not, however, be the o_nly advanced X-ray
telescope to fly during the 1990s. Other key missions wil} mclu_dfa the ROSAT
observatory (standing for ROentgen SATellit) which is a joint Germany-
_UK-USA mission and which will perform a complete de_ep survey of the sky to
roughly the depth of the deep Einstein surveys. It will provide the first la.rge X-r?.y
survey of the whole sky and the resulting catalogues of X-ray sources will contain
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Figure 7.17. The relative importance of different forms of energy loss mechanisms for
y-rays as a function of photon energy and the atomic number of the material. (From R.
Hillier (1984). Gamma-ray astronomy, pape 52, Oxford: Clarendon Press.)

hundreds of thousands of objects. It will provide an essential finding list for
sources which will be followed up by the AXAF Observatory. ROSAT was
launched successfully in the first week of June 1990.

Another large mission s the XMM mission of the European Space Agency (the
acronym originally meant X-ray Multi-Mirror Telescope). Unlike the AXAF
Observatory which includes imaping as well as spectroscopic instruments, the
XMM mission is primarily dedicated to X-ray spectroscopy, the goal being to
provide the largest collecting area possible and 1o maximise the throughput of the
X-ray spectrometers (Peacock, Taylor and Ellwood, 1990). The baseline design
incorporates 58 nesied paraboloid-hyperboloid mirrors and high sensitivity CCD
X-ray detectors. The effective arca of the telescopes at 2 keV will be about 0.6 m®,
complementing the capabilities of AXAF. The telescope will be launched in 1998.

7.4 y-ray telescopes

Our task is now to build the detectors for y-rays described in Section 6.5
into v-ray telescopes. It is convenient to split up the energy range into three
separate regions depending upon which of the three processes of energy loss for the
photons is dominant. Fig. 7.17 shows the relative importance of the processes of
photoelectric absorption, Compton scatteting and electron-positron pair pre-
duction as a function of the atomic number Z of the absorber. In the low energy
range & 5 0.1-0.3 Mev, photo-eleciric absorption is dominant and the types of
detecior and telescope already described in the context of X-ray astronomy can be
used up to energies of about 0.5 MeV if materials with high atomic number are
used as detector materials. The scntillation counters and solid state detectors
described in Section 6.5 are commonly used in these telescopes.

At high energies, £ = 30 MeV, electron—positron pair production is the dominant
loss process and we have already described how arrays of spark chambers can be
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Figure 7.18. The layout of the components of the O30-111 y-ray te]escc?pg. The main
components are: A and B, anticoincidence sh.ic]ds.; S, the converter consisting of about
one radiation length of cagsium iodide; C, the lucite Cherenkov nour.ner system; T,
sodium iodide scintillation counters interleaved with tungsten. The diameter of the .
instrument was less than 30 cm. {From W.L. Krauschaar, G. W. Clark, G. P. Garmire,
R Borken, P. Higbie, C. Leong and T. Thorsos (1972). Astrophys. J., 177, 341)

used to register the conversion of a high energy v-ray into a? elcct:ron—positrop
pair. At extremely high encrgies, £ 2 300 GeV, a completc?y fhﬁ"erenF approach is:
possible through the detection of the Cherenkov radiation emitted by _t_he
electron—photon cascades initiated by the y-ray in the upper atmosphere (Section
7.4';2;: difficult region for observation is the intermediate range 0.5-10 MeV in
which Compton scattering is dominant but the other processes cannot be wholly
neglected. Let us deal separately with each of these energy ranges.

7.4.1 vy-ray telescopes at energies € = 30 MeV

In this waveband, eleciron—positron pair production by y-rays is the
principal loss mechanism. A converter is needed which convlerts the y-ray into an
electron-positron pair which can then be detected by conven-tlc_mal means. The first
successful y-ray telescope was flown on the OSO-_III mission (Orb-ltmg Solar
Observatory) in 1967-8, althongh evidence for cosmic y-rays .had prcv%onsb' been
found by the Explorer H satellite. The fayout of the detectors is shown in Fig. 7.18
which includes all the imporiant features of a successful y-ray telescope. The v-ray
is converted into an electron—positron pair in the caesium jodide crystal and tlhe
energy loss raies of these are measured in the lucitF Cherenkov counters which
provide an estimate of dE/dx. The electron and positron are then brought to rest

-y
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Figure 7.19. The SAS-II y-ray telescope showing the arrays of spark chambers within
the spherical anticoincidence shield. (From C. E. Fichtel (1974). Phil. Trans. Roy. Soc.
Lond., 277, 367.)

in the scintillation counters and ionisation chambers below the Cherenkov
detectors. The major problems with these telescopes are as follows.

(i) The anticoincidence rejection techniques for cosmic ray events must
be very good indeed. The cosmic y-rays in this energy range constitute
onty about 1 in 100000 of the events recorded by the instrument, most
of which are due {o cosmic rays.

(ii) Below about 30 MeV, Compton scattering becomes important and
therefore, at low energies, y-rays are scattered into the telescope from
large angles of incidence and hence the beam of the telescope becomes
poorly defined at these energies. For this reason, this type of detector
is only used to detect y-rays with energies significantly greater than
30 MeV and the energies of these photons are determined from the
energy losses in the ionisation chambers. Therefore, at energies
greater than about 100 MeV, the beam of the telescope is
determined by the geometry of the detector.

It was from observations with this telescope on the OSO-III satellite that the y-
radiation from our own Galaxy was discovered as well as the existence of a cosmic
v-ray background established. The resolution of this telescope was rather poor,
about 20°, and much more sophisticated devices have been flown since that time,
in particular through the use of spark chambers which enable the arrival directions
of the y-rays to be determined much more accurately.

Spark chambers were used in the SAS-IT and COS-B satellites with great success.
‘The layout of the detectors was similar in the two experiments, the configuration
of the SAS-II experiment being shown in Fig, 7.19. The key advance is the ability
to measure the paths of the electron and positron through the spark chamber array
(see Fig. 6.16) and hence to work out the initial direction of the y-ray. The
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Jimitation upon the accuracy with which the direction of arrival of the y-ray can
be tmeasured is set by Coulomb scattering of the paths of thc.electrm_] amzlpos:tron.
For y-rays of energy 100 MeV and greater, the unbertainty'm the directions of ﬂ?
electrons and positrons, and hence of the incident y-ray, 18 of the n.arder of 1—_2 .
Therefore, if we know the orientation of the satellite, relatively high resolution
studies of the distribution of y-rays on the celestial -sphere can be mad.e. kae
satellite packages included a considerable amount of sophisticau?d electronic logic
so that the details of all the relevant y-ray events could be transmitted to the Eartl_i.

The SAS-II spacecraft was operational for seven months before an electronic
failure resulted in premature termination of the experiment. In cc?ntrast, the COS-
B satellite remained operational for 6; years during which time it collected about
100000 v-rays. The beautiful y-ray map of the Galactic plane madu? b.y the COS-B
satellite is displayed in Fig. 1.8(f). In addition to the diffuse emission from the
plane of our Galaxy, the COS-B satellite detected 23 discrete 7y-ray sources
including the quasar 3C 273 and pulsed y-ray emission from the Crab and Vela
pulsars at the period of these pulsars. We will have a great dF:al more to say about
all these observations when we study the astrophysics of the intersiellar gas, X and
y-ray pulsars and active galactic nuclei.

7.42 Compton telescapes

In the intermediate energy band 0.3-30 MeV, Compton scatiering is the
dominant loss process. The principles by which the energy and direction of arrival
of these y-rays can be determined is best illustrated by the Compton telest_:opc
shown in Fig. 7.20 which was developed by the group at the Max Planck Institute

for Extraterrestrial Physics at Garching, West Germany. The telescope consists of -

two arrays of deteciors separated typically by about 1 m. The upper array of
detectors acts as the ‘converter” and consists of 16 cells of liquid scintillator. The
incoming y-ray undergoes a Compton scattering interaction w.ithin ane of _Lh&? cells
of the detector, liberating an electron. This electron deposits its energy w1thn‘1 the
scintillating liquid and, in the usual manner, produces an optllca'l signal
proportional 1o the energy loss which is measured by the photomultiplier tubes
attached to each cell (see Section 6.5.2). The scattered y-ray leaves t‘he cortverter
with reduced energy and at an angle ¢ with respect to its arrival direction. It is then
absarbed in one of the elements of the sodium iodide scintillation detec_tor array
which is separated by about a metre from the converter and which cons:st_s of 32
biocks, each with its own photomultiplier. By noting the detectors which are
involved in the two detector arrays, the trajectory of the scatiered y-ray between
them can be found. '

From our analysis of the Compton scattering process (Set?uon 4.3.2), we knf)w
that the frequencies of the photon before and after the scattering and the scatiering
angle ¢ are related by

E

=1+ mz(l—cosd)) (7.3
el'.'

gl

m
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Figure 7.20. A schematic drawing of the MPIfEP Compton ieiescope for y-rays,
illustrating the principle of measuring the scattering angle ¢. The distance between the
converier and the absotber is 1.2 m. {(From V. Schonfelder, F. Gram! and F.-P.
Penningsfeld (1980). Astrophys. J., 240, 350.)

Converting this relation inte energies, we can write the energy loss in the converter

as E, = hw—fiw” and the remaining energy loss in the absorber as E, = /e’ and
hence

2
Em,.

=R EA R a4

Thus, the angle ¢ can be found from the energies deposited in the converter and
the absorber, assuming that all the energy of the scattered photon is absorbed in
the second array. Therefore, we now know the angle of the incoming y-ray with
respect to its path between the two detector arrays. It could have arrived anywhere
along a cone of balf-angle ¢ as illustrated in Fig. 7.20. The trick is to plot these
cones for all the events incident upen the telescope and then sources can be
identified by the clustering of the intersections of the cones at the positions of
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sources. In the MPI experiment, 3 MeV photons were located within an annulus
1¢ wide. To achieve this quality of observation a n_umt?er_of _clever pro?edures were
developed. For example, in addition to the anmfcmcldencc shield and its
associated electronics, the arrival times of events in the two dctcc_toss were
measured very precisely as well as the pulse shapes of the events. The timing was
sufficiently precise to discriminate ‘between y-TaYS passing dlownwards and upwards
through the detector arrays — the latter could thus be eliminated. The pulse shape
discrimination was used to discriminate against low energy neutrons f:rea.lted by
cosmic ray spallation interactions in the material f:of the te1e§cope. The mgmﬁcar!ce
of this lechnique is that knowledge of the direction of arrival of the y-rays with
much increased precision means that the eﬁ’ecnlve angular resoh‘.mon of the
detector is much improved which lowers the effective background signal.

743 The Gamma-Ray Observatory (GRO)

The second of the Great Observatories to be 1aunched- will. be the GRO.

An artist’s impression of this large space observatory is shown in Fig. 7.2}. Thferc

are four scientific instrurnents on board, each of which should bave a familiar qng

by now. On the main body of the spacecraft there are three instruments. Going
from left to right across Fig. 7.21, these are as follows. -

(i) The Oriented Scintillation Spectroscopy Exper_imem (OSSE). ThlS

device is a scintillation spectrometer with a collimated field of view.

The telescope consists of four identical phoswich detectfyrs of N‘al(Tl)

and CsI(Na). The detectors can be rotated about_a single axis and

they are used in pairs. Whilst one of & pair is observing the source, the

other is observing a blank piece of sky. After a period of roughly two ;-

minutes, the roles of the detectors are reversed. .

(ii) The Compton T elescope (COMPTEL) is of ex_actly the same design as
that described in Section 7.4.2 and is sensitive in the energy range
1-30 MeV. . .

(iti) The Energetic Guamma-Ray Experiment (EC_!RET) sa classical spark
chamber experiment for y-ray photons with energies greate:r t.hgu
about 20 MeV. 1t is of exactly the same type as that despnbcd in
Section 7.4.1 but is very much larger. Photons with energies up to
30 GeV should be stopped within the detector volume.

Finally, at the four corners of the satellite are the four p:%irs of detectors of the
fourth instrument, the Burst And Transient Source Experiment (RATSE). These
detectors form an all-sky momifor for transient and burst sources of y-Tays. These
are uncollimaied scintillation detectors made of NaI(T1). .On'c of each pair 1s a large
area detector with an anticoincidence shield of plastic scintillator. The location of
burst sources can be estimated from the strength of the signal dete(_:tc.d by the four
detectors. The second of each pair is a smaller Nal(T}) cryst,a} optimised for good
energy resolution so that the spectra of burst and .trarEswut sources can be
measured. Whenever BATSE detects a burst source, 1t triggers the other three
GRO instruments.
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Figure 7.21. A schematic view of the GRQ showing the locations of the four
instruments. OSSE is on the left, EGRET is on the right and COMPTEL is in the
middie. The eight BATSE detectors are arranged in pairs at the four comners of the
spacecraft. (From V. Schonfelder (1990). Adv. Space. Res., 10, No. 2, 243)

The main characteristics of these instruments are summarised in Table 7.2. In
general terms, the four instruments on the GRO are more than ten times more
sensitive than any other y-ray telescopes previously flown. The GRO was
successfuily launched by the Space Shuttle in April 1991. The significance of these

observations for high energy astrophysics will become apparent as our story
unfolds.

744 Ultrahigh energy y-ray telescopes

We described in Section 4.6 how ultrahigh energy y-rayvs entering the top
of the atmosphere give rise to ultrahigh energy electron—positron pairs which emit
Cherenkov radiation because they travel at velocities greater than the local speed
of light in the atmosphere, v > ¢/n where r is the refractive index of the medium.
The prediction that Cherenkov light pulses from cosmic ray showers should be
detectable from the surface of the Earth was made by Blackett in 1948 and
confirmed by observation several vears later by Galbraith and Jelley. More
tecently, it has become possible to use the technique to study the fiux of ultrahigh
energy y-rays incident on the iop of the atmosphere using the same technique. An
excellent review of the development of ultrahigh energy y-ray astronomy is given
by Ramana Murthy and Wolfendale {1986).

The threshoid for the emission of Cherenkov radiation depends upon the
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Table 7.2. Summary of some of the charac;eristibs of the four instrumemls on
board the GRO ) .

OSSE - COMPTEL EGRET BATSE
Energy range 0.1-10MeV 130 MeY 20-30 MeV 5?1 ;f;; :r::ev
detector)
20 KeV-30 MeV
{spectroscopy
detector)
Fieid of view Collimator with 1 st Opening angle Full unocculted
3.8x11.4° 45° sky
full-width half
maimom 2.2 0.4-2° 1-10°
i 75-2.2° K . -
Angutar resolution 0 e
accuracy
Energy resolution 8% at 662 keV  5-8% 15% 6 energy bands
3.2% at (large area
6.13 MeV detector) 7%
at 662 keV
(spectroscopy
detector)

refractive index n of the atmosphere as described in Section 4.6, The three key

properties of Cherenkov radiation which enable the properties of the y-rays to be

determined are

(i) The Cherenkov condition v > c¢/n;
{ii} The angle of the wavefront is given by cos® =.ij;
(iii} The intensity of emission per unit path length is

diie) @ (1 et ) “72)
dx  amg, A\ AW
These relations can be used to work out the properties of y-rays which can be
detected by their Cherenkov light emission in the atmosphere (Fig. 7.22). .
To understand this diagram, we need a model for the variation of the refractve
index of the atmosphere with height. The variation of the depsity of the
atmosphere can be represented by an exponential function

p=poexp{—x/x)): o= 1.35kgm™, x,=7.25km (7.5)

where x, is the scale height of the density distribution and g, is the density of the
atmosphere at sea-level. The path-length /in kg m~* through the atmosphere can
be written

1= J pdx = 10000 exp (—x/x,) kg m™* (7.6)
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Figure 7.22. The variation with depth in the atmosphere of different properties of the
Cherenkov radiation associated with electron—positron pairs created by very high energy
y-rays. (1) is the threshold energy for the electrons to emit Cherenkov radiation; (2) is
the intensity of Cherenkov radiation; (3} is the angle between the direction of
propagation of the wave and the direction of motion of the electron. (From P. V.
Ramana Murthy and A. W. Wolfendale (1986). Gamma-ray astronomy, page 182,
Cambridge: Cambtidge University Press.)

Thus, the total path-length through the atmosphere is [, = 10000 kgm™. For
gases, for which the refractive index is just slightly greater than unity, we can write
n = 1+op where o is a constant and ap is always very much less than 1. Let us
work out the threshold for the emission of Cherenkov radiation using the relation

v/e = 1/n. Expressing this condition in terms of the Lorentz factor of the electron
v = (1 —v*/c®) %, we find

Y= 1=/t =(1-1/n} m 1/Q2up) 7.7

Inserting the refractive index of the atmosphere at sez level n=1+ 2,763 x 107* into
this relation, we find y, = 40; ie. E, = 20MeV, in agreement with the value

shown in Fig. 7.22. The variation of y, with pathlength through the atmosphere
can be written

v, o p~¥oc exp (x/2x,) it (7.8)

in agreement with Fig. 7.22. In the same approximation, we can use equation {4.72)
to work out the intensity of emission as a function of path length

K)o (1—et/n* v poc! {7.9)
Similarly, the angle 6f the wavefront to the direction of the fast particle is

cosB = 1—-02/2=c/nv~ 1—ap

Oocpiocit : (7.10)
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The significance of this diagram is that it shows that the threshold emergy for
Cherenkov emission decreases as the particles penetrate further through the
atmosphere and that the intensity of the radiation increases as well. Thus, the
intensity of Cherenkov radiation depends upon the development of ‘the
glectron—photon cascade through the atmosphere. For example, consider a
300 GeV y-ray. The critical energy of air is 83 MeV and hence Ex 3.5x 10° E,.
Referring to Fig. 4.18, we see that the maximum development of the cascade
corresponds to about seven or eight radiation lengths from the top of the
atmosphere. Since the radiation length for air is 365 kgm™, the maximum-
development occurs at a depth of about 3000 kg m~?, i.e. about a height of 10 km
above sea-level.

The electrons and positrons responsible for the Cherenkov light are absorbed in
the upper atmosphere but their Cherenkov light propagates to sea-level where it
can be detected as a very short pulse of photons. For a 300 GeV y-ray, for example,
a few million photons are produced and the light flash as detected at sea-level lasts
only about 10 ns. These photons are typically emitted within a cone of about 1-2°,
this being partly due to the fact that the Cherenkov radiation is emitted within a
cone with half-angie about 1-2° and partly to the fact that the electrons and
positrons in the electron—photon shower suffer Coulomb scattering and hence the
emitting particles do not all emit along the same axis. The net result is that the
Cherenkov radiation is not focussed at a single point on the ground but is diffused
over an area of up to about 100 m from the axis of the shower. For the example
given above, the Cherenkov photon density near the central axis of the shower is
about Tm™.

The ultrahigh energy y-ray telescope therefore consists of an array of optical
telescopes which act as light flux collectors (Fig. 7.23). The signal has to be
detected against the background of night-sky photons which amounis to about
7% 101 photons m— s~ sr7". In addition, the Cherenkov light from the y-rays has
to be distinguished from that due to cosmic ray showers. The night-sky background
can he eliminated by very fast accurate timing of the arrival times of the light pulses
as detected by the separate elements of the telescope array. It is more difficult to
discriminate against cosmic ray showers but in general their Cherenkov radiation
is more diffuse because of the production of pions and other particles at larger
angles to the core of the shower. At high energies, £ > 10 eV at which the muons
produced in cosmic ray showers reach the surface of the Earth, a muon detector
can be used as an anticoincidence detector s that only the muon-free showers,
which should be y-rays, are detected. The observing technique for steady sources
is to nod on and off the source location, or, in the case of pulsating sources, to
observe the source continuously and search for correlated signals at the pulsation
frequency.

This is a new and difficult type of astronomy because the source intensities are
very weak. In addition, there is the possibility that the sources of the very high
energy photons are variable. For example, on occasion, the Crab Nebula has been
detected as a source of ultrahigh energy y-rays at about the 5o level of significance
and on other occasions, it is not detected. Similar resulis have been found for the
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Figure 7.23. A photograph of the 10 m refiecting night sky Cherenkov telescope of the

Fred Lawrence Whipple Observatory at Mount Hopkins, USA. (Courtesy of the
Smithsonian Institution.)

active galaxy Centaurus A and possibly $8433. The pulsating sources such as the
Crab and Vela pulsars have shown significant fluxes of ultrahigh energy y-rays at
the expected periods. These results are of the greatest interest because these
photons are the most energetic yet detected and provoke a number of intrigning
astrophysical problems which we will deal with in due course.
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1.5 Nentrino telescopes

Having developed the concepts necessary for understanding the con-
struction of detectors and telescopes for high energy photons, it is intriguing that
many of the same ideas are found in the systems designed to detect ‘neuirinos of
astronomical origin. Neutrinos ar¢ generated in very large numbers in astronomical
objects. For example, stars like the Sun generate a neutrino luminosity of about
9 10 W (Bahcall 1989) and when 2 neutron star forms during a supernova
explosion, a significant fraction of the binding energy of the neutron star is released
in ‘the form of neutrinos. It is confidently expected that there is a universal
background of peutrinos with temperature about 1.7 K which originated in the
early Universe when the neutrinos were in thermal equilibrium with the matter.
The problem is that the neutrino has an extremely small cross-section for inter-
action with matter, for example the electron—neutrino scattering cross-section
is only about 107" m®, and 50 eNOTMOUS detectors are required to register
even a few neutrino events from astropomical sources. Remarkably, neutrinos
from both the Sun and a supernova have now been detected. Solar neutrinos
originating in the nuclear reactions responsible for the luminosity of the Sun have
been detected in a 20 year campaign by Dr Raymond Davis and his colleagues at
the Homestake gold-mine in the USA and neutrinos were detected from the
supernova SM1987A which exploded in the Large Magelianic Cloud on 23
February 1987 by detectors primarily designed to detect the products of proion
decav. These remarkable stories are elegantly described by Bahcall (1989).

Lc;t 1s deal first of all with the detectors which are closest in spirit to those which
we have described already. The large proton {or nucleon) decay expetiments are
designed on the principle that the proton might decay in many ways but these all
end up producing a fast electron or positron. Some examples of possible decay
modes of the proton might be

P"*C++T:n

popt+K% ptoeT v+,
pret+y

poet4et e

etc.
It is the fast electrons resulting from such possible decay modes that the Kamioka
Nucleon Decay Experiment (Kamiokande) in Japan and the Yrvine-Mich-
igan—Brookhaven (IMB) experiment in the USA were designed to detect.

The requircments of these experiments are not dissimilar from those of y-ray
telescopes. There is a clear requirement 1o shield the detector from cosmic ray
particles which would cause unwanted high energy secondary electrons in the
detector volume. In the case of the Kamiokande experiment, the apparatus is
located underground at a depth of about 1 km in the Kamioka metal mine of the
Mitsui Mining and Smelting Company which is located in the Japanese Alps about
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Figure 7.24. The installation of the phototubes in the Kamiokande IT experiment. The
picture shows workers mstalling the phototubes on the walls of the water Cherenkov
detector in 1983. (From J. N. Bahcall (1989). Neutrino astrophysics, page 387,
Cambridge : Cambridge University Press.)

300 km west of Tokyo (Fig. 7.24). The active volume of the detector consists of a
total of 3000 tonnes of very pure water and is enclosed in a large steel tank. In the
proton decay experiments, only the inner 680 tonnes are nsed because of the need
to eliminate background events. The active volume is viewed by a large number of
photomultipliers tubes which cover about 20% of the inner surface of the tank.
The objective is to detect the Cherenkov radiation of any fast electrons released in
the active volume. When used as a neutrino detector, this experiment has the
advantage that the amival directions of the neutrinos can be estimated from the
directionality of the Cherenkov radiation emitted by the fast electron. In addition,
the time of arrival of the neutrinos can be accurately measured as well as spectral
information from the intemsity of the Cherenkov radiation. Anticoincidence
detectors surround the detector and great care has to be taken to reduce the
background due to natural radioactivity. By taking these precautions and many
others, the threshold energy of the Kamiokande experiment for the detection of
fast electrons has been reduced to 7.5 MeV, The IMB experiment has a larger
active volume but is sensitive only to higher energy electrons, E > 20 MeV. So far,
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no evidence has been found for fast electrons resulting_ from the decay of the
proton, the corresponding half-life of the proton being estimated to be greater than

about 10* years. This result is of considerable concern to particle theorists because

some of the preferred versions of Grand Unified Theories of elementary particles
predict a lifetime for the proton which is significantly less than this figure.

The process of the greatest interest for the detection of neutrinos is the scattering
of neutrinos by electrons

v+esvte

The high energy neutrino transfers energy to the electron and since the latter
acquires a relativistic velocity in the scattering process, the electron emits
Cherenkov radiation (Section 4.6) which is detected by the photomultiplier tubes.
One of the most remarkable results of modern astrophysics has been the
simmultaneons detection of neutrinos by the Kamiokande and IMB experiments
from the supernova SN1987A, Within a period of 12 5 at about 07 h 36 m UT on
23 February 1987, the Kamiokande experiment registered 12 neutrino events with
electron energies in the range 6.3-35.4 MeV and the IMB experiment registered 8
events with energies in the range 19-39 MeV. In both cases, these signals were far
above the background signal. The supernova was first observed optically the
following day. The astrophysical implicaiions of these observations for our
understanding of stellar evolution are profound and are discussed in Volume 2,
Section 15.2.2. .

The most famous astronomical neutrino experiment uses a different technique to
measure the rate of generation of neutrinos from the nuclear burning regions of the
Sun. Most of the neutrinos produced by the Sun result from the basic
proton-proton reaction which initiates the pp chain

p+p~*H+e +v,: *H4+p—"He+y; *He+*He - *He+2p (7.11)

1
£, < 0420 MeV

These neutrinos are of relatively low energy with a maximum energy of 0.420 MeV.
Higher cnergy electron peutrinos with energies up to 15 MeV are generated in a
side chain of the main pp chain.

"He +He —~"Be+v: "Be+p—~"B+y }

5B %Be* +e* +v, : "Be*—»*He-+'He (7.12)
T
g < 15 MeV

The predicted energy spectra of the neutrinos from these and other processes are
displayed in Fig. 7.25.

In the famous ¥C! experiment, (Fig. 7.26) these neutrinos interact with ¥Cl
nuclei to produce the radioactive species %A1 through the reaction

NCl+v, > MAr+e (7.13)

bl

7.5 Neutrino 1elescopes 213

100

T T T T T T T T T T

-'Tm
T 1pM
g 0.
@ TBe
5 --- L
2 1012 Vol
€ ' \
F Db
g O T .
£ yom b
> 1
2 e
b . 1
3 1
- H ' BY
T ,/ . \
c ; . .
o . '
k-1 : :
x . ! hep -
e pep -

108 -

v
3 P 1\ T oy i " Lo oaa ot ‘
a 1 10

Neutrino energy/MeV

Figure 7.25. The predicted neutrino spectrum of the Sun for the standard solar model.
All the fluxes refer to the intensity observed at a distance of 1 astronomical unit {au).
The units for continuum spectra are numbers m? 5! MeV~". The line fluxes are
pumbers m-2 s, The spectra originating from the pp chain are drawn as solid lines;
those from the CNQ cycle are shown as dashed lines. (From J. M. Bahcalt (1989).
Neutrino astrophysics, page 13, Cambridge: Cambridge University Press.)

The threshold energy for this reaction is 0.814 MeV. This is greater than the
maximum energy of the electron neutrinos generated in the main pp chain but is
much less than that of those produced in decay of °B.

In the experiment conducted by Dr Raymond Davis in the deep mine of the
Homestake Gold Mining Company located at Lead, South Dakota, the amount of
radioactive 97Ar generated within a large volume of perchlorosthylene, C,Cl,, is
measured. The incoming neutrinos have sufficient energy to release the argon
nucleus from the perchloroethylene molecule and the argon atoms are then flushed
out of the fluid by passing helium through the volume. The half-life of TAris 35
days and so the flushing out of the argon gas docs not have to be undertzken too
regularly. The amount of radioactive argon present is estimated from its
radioactive decay products, specifically the 2.82 keV Auger electrons produced in
the decay of ¥Ar by electron capture. These electrons are identified by placing the
gas in a sensitive proportional counter and looking for the signature of a 2.82 keV
clectron.

It is this experiment which has led to the solar neutrino problem in which only
about one-third the Aux of neutrincs from the Sun has been detected as compared
with the expectations of the standard model of the solar interior. A summary of
the results of this experiment up to 1988 is shown in Fig. 7.27. For many years this
was the only experiment to report a deficit in the numbers of solar neutrinos.
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Figure 7.26. The Cl neutrino detector developed by R. Davis Jr. and his colleagues.
The photograph shows the tank which contains 400000 litres of perchioroethylene in a
cavity 1500 m below ground at the Homestake Mine. (From 1. N, Bahcali (1989).
Neurrino astrophysics, page 309, Cambridge: Cambridge University Press.)
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Figure 7.27. The observed fiux of solar neutrinos from the **C] experimens for the
period 1970-88. The solid line at B solar neutrino units (SNUs) is the expectation of the
standard solar model. {From J. N. Bahcall {1989). Neutrine astrophysics, page 319,
Cambridge: Cambridge Universily Press.)
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Recently, however, the Kamiokande experiment with the many refinements
described above has confirmed that there are fewer neutrinos thaxn predicted by the
standard model of the Sun. That experiment provides an upper limit to the solar
neutrino flux of less than 0.55 of the expected value.

The next importani experiments will be those which attempt to measure the
much more plentiful low energy neutrinos from the main pp chain. Among the
most important of these are the GALLEX {GALLium EXperiment} and SAGE
(Soviet-American Gallium Experiment) projects which exploit the interaction of
the low energy neuirinos with gallium, " Ga.

v.+"Ga+e"+"Ge (7.14)

The threshold energy for this reaction is 0.2332 MeV.

The principles of the experiment are similar 1o those of the ¥Cl experiment. In
the GALLEX experiment, which is a European collaboration with US and Israeli
participation, 30 tonnes of gallium are used in an aqueous solution of pgallium
chloride and hydrochloric acid. When ™Ge nuclei are created, the. germanium
atoms form volatile germanium tetrachioride GeCl, molecules. These are extracted
from the volume and the amount of "' Ge present is estimated from the number of
radioactive decays of the ™Ge. This decay, which is the inverse of the reaction
(7.14), has a half-life of 11.43 days. The GALLEX experiment is being conducted
in the Gran Sasso Underground Laboratory in the Italian Alps. The SAGE
experiment is a similar Soviet experiment with US participation which will use
60 tonnes of gallium and which will be located in an underground laboratory in the
Baksan Valley in the Caucasus mountains. The main difference between these two
experiments is that the USSR experiment uses solid gallium as a detecior. Gallium
melts at about 30 K and so it can be heated and flushed with hydrochloric acid to
produce the volatile germanium tetrachloride, GeCl,. These experiments are now
in progress.
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Detectors and telescopes for |
optical, infrared, ultraviolet and
radio astronomy

8.1 Introduction

Mosi textbooks on astrophysics are written the other way round - they
begin with the classical techniques of optical astronomy and branch out from the.re
to the new astronomies. In our case we have begun with l?jgh energy astrononnes,
and only now, eight chapters into our story, do we introduce ‘low cnergy
astronomy. There are two crucial differences bctw_een the detectors and .telescopes
for high energy photons and for the astronomies listed at thf: h_ead of this f:hfiptcr.
First of all, up till now, we have been able to treat the radiation as consisting of
individual photons and the problem has been to register as many of them as
possible. In most cases, We have neglected the wave properties of electromagnelic
radiation. In the low enmergy astronomies, we can nollonger'neglcct the wave
properties of radiation and diffraction effects play a crugal r'olr: n dct.em-umr.lg the
anpular resolving power of telescopes. The second crucial difference is that, in _the
high energy astronomies, the photon energies normally far exceed the typical
thermal energies of background radiation from the sky, the telescope and the
detectors, ie. € = kv » kT where T is the temperature of the s‘ky, telescope ot
detector. Perhaps the most extreme examples of this 5_ccond' difference are the
telescopes and detectors which operate at =10 um ip Wth!‘l case, T= hv/k

= 300 K, i.e. roughly room temperature. Thus, the astronomical sources have
to be detected against a huge thermal background originating frlom_ the sk'y and -the
telescope itself. As Gareth Wynn-Willianis put it to me, it 15 a8 if optical
astronomers had to observe the sky in the daytime with telescopes constructed out
of neon tubes! ) . .
From the point of view of basic physics, these dlfferencca? ongu'.nate in the
different properties of radiation in the Raylcigl}—]eans and Wien regions of the
Planck spectrum. As Einstein demonstrated in his remarkable papers of 1905 and
1909, in the Wien region of the spectrum fv » kT, the radiation may be
considered 10 consist of photons and their statistics are similar to those of particles
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confined in a box. In the Rayleigh—Jeans region, Av < kT, the radiation behaves
like electromagnetic waves with all the characteristic properties of waves such as
diffraction, refraction etc. The statistical properties of the radiation are those of the
superposition of waves. I have discossed the story of these great discoveries in
Longair (1984), Chapters 7-11. Of course, it is an oversimplification to make this
distinction because the radiation possesses residual wave-like properties in the
Wien region and particle-like properties in the Rayleigh-Jeans region but it helps
in understanding the differences in approach to the construction of telescopes and
detectors in different wavebands.

These considerations are impertant in understanding the two basic properties of
the telescope and detector systems used in the low energy astronomies — these are
their angular resolving powers (or angular resolution) and their sensitivities, i.e. their
ability to detect faint objects. As we showed in Chapters 6 and 7, for high energy
photons, the angular resolution is normally determined by geometric optics and
the sensitivity by the ability to detect the individual photons against unwanted
background radiation, normally resulting from other high energy processes
occurring in the detector volumes. In contrast, in the radio, infrared, optical and
ultraviolet wavebands, the fundamental limitation to the angular resolving power
is determined by diffraction optics.

8.2 Diffraction-limited telescopes

The theory needed to understand the imaging properties of telescope
systems for the low energy astronomies is Fourier Transform optics. The angular
resolving power of a telescope is defined in terms of the angular distribution
of radiation received from a point source at infinity. In the case of high energy
telescopes, the angular resolving power is determined by geometric optics but for
ultraviolet, optical, infrared and radio telescopes, the spread in the distribution
of radiation is determined by diffraction effects. Let us build up the necessary
theoretical apparatus in simple stages.

We represent the telescope by an aperiure and a lens (Fip. 8.1). We consider the
radiation to originate from a point source at infinity and so the radiation incident
on the aperture can be considered to be plane parallel light. On passing through
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Giz)

Phase delay = kz sin &

l

Figure 8.2, Tilustrating the phase delay associated with the constructive interference of
waves ai an angle @ with respect to the direction perpendicular to the aperture.

the aperture, we have to take account of diffraction effects which means that the
radiation is no longer plane-parallel bui that there is an angular distribution of
radiation. The function of the lens is to focus the radiation onto a detector located
in the focal plane of the lens so that the image of the point source is produced at
the detector rather than at infinity.

Let us consider first a one-dimensional aperture and suppose that- the
transmission function of the aperture is G(2), i.e. the fraction of the electromagnetic
radiation incident in the incremental distance dz at the point z on the aperture
which is transmitted by the aperture is G(z). We now use Huygen’s principle to
replace the wavefront of the radiation by a superposition of point sources of
spherical waves. Thus, in our present problem, we can represent the light
transmitted at z by a point source of spherical waves of amplitude (or field
strength) G{z) dz. It is apparent that there is constructive interference of the sources
of radiation in the direction of the x-axis but the waves interfere more and more
destructively as the angle @ from the axis increases. We work out the effects of
interference by evaluating the phase delays with respect to transmission through
the centre of the aperture. I k is the wave vector of the radiation transmitted by
the aperture, the field strength of the radiation in the direction & from the
increment dz of the aperture is proportional io G(z)dz exp (—ikz sin §) where the
exponential factor is no more than the phase delay of the radiation propagating at
angle 8 (Fig. 8.2). The total ficld strength is therefore

o = J.w G(z) exp(~ikz sin 8) d0 @D
In the Limit of small angles, sin® ~ 6 and hence

1(8) = J ' Glz) oxp(—ikez)d8 (8.2)
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We notice that T{0) is just the Fourier transform of the aperture distribution G(z}.
We can easily extend this analysis to two dimensions, in which case we can consider

a rectangular aperture in the -z plane with the corresponding angles being ¢ and
6. By exactly the same procedure, we find

(6, ¢) = jw F Gy, =) exp[~ik(dy +62)]dpdz 3)

Let us look at the cases of uniformly illuminated one and two-dimensional
apertures of length 24 and area 2a x 2b respectively. In the one-dimensional case,
G(z} =1if —a < 7 < a and is zero otherwise. Therefore

sin (kBa)

ey = Jl exp{—ikfz)dz = Z—k—-e-m

To find the intensity of radiation we take the square of the field strength

. sin? (kBa)
#0) oc UXB) oc o
We normalise this intensity distribution to the central intensity [, at 0 = 0 and then
_, Tsin(kBa}|*
=1 [W] {8.4)
By exactly the same procedure, the rectangular aperture has diffraction pattern
_ [sin (kBa) [ sin (kpb)
10, 4) = Io[ e ] “kob (8.5

Expression (8.4) is the well-known Fraunhofer diffraction pattern Tor a single slit
and the expression (8.5) is the corresponding pattern for a rectangular siit, the
function [sin (k0a)/k0a]® being displayed in Fig. 8.3. Notice that the term Fraun-
hofer diffraction is used when the approximation sin 8 ~ 6 can be applied and
higher off-axis terms in 8%, etc. are neglected. Technically, the condition for Fraun-
hofer diffraction is that the input and output beams from the aperturc have the’
same curvature, the simplest case being when both beams are parallel at infinity,
as in our treatment.

It can be seen that the first zero of the diffraction pattern occurs at k82 = m and
that the intensity of radiation falls to half its central intensity at kba = 1.39. Let us
rewrite this result in terms of the wavelength A

8 = 0.44h/2a (8.6)

What this result means is that only within this angle 8, do the phases of the waves
add constructively to produce a strong signal. Qutside this angle, the phases of the
waves become progressively more and more out of step and they do not interfere
constructively, The same considerations apply to the rectangular aperture,

Let us repeat the calculation for a circular aperture which is the analogue of a
circular mirror or lens of an optical telescope. We transform the expression (8.3)
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Figure §.3. The diffraction patlemn of rectangular one-dimensional aperture. (From M.
Born and E. Wolf {1980). Principles of optics, 6th edition, page 393, Oxford: Pergamon
Press.)

into potar coordinates (r.y) such that the point (y,z) on the aperture is givc::n by
v =rsiny,z = rcosy and the element of area becomes rdr dy. Correspondingly,
the angles on the sky are transformed from the ‘rectangular® coordinates (8, tl?) to
corresponding ‘angular’ coordinates (p,o) such that @=pcosg,¢ = psing.
Thus, p measures the angular distance from the axis of the circular aperture. The
expression (8.3) therefore becomes

Ulp,o) = r J“ G{r,w) exp{—ikpr(cos w cos o +siny sin o)idwrdr
0 JO
- I r Gir, ) oxp{ —ikpr cos (v — o)} dyr dr 6.7
o Jo
where the radius of the aperture is taken to be a. We assume a uniformlby

illuminated aperfure so that G(r, y)=1if r<a and Gi, ¥} =07 > a. The v
integral is evaluated using the integral representation of the Bessel function J,(2)

J(2) = %’r exp(iz cosa) det
D
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Then
2 [*
Ulp,0) = —J Jo(x)xdx
Uer) = Gy |, 400

where x = kpr.
We use the further Bessel function relation

d
T ()] = 2 ()
so that, setting » = 0, we find

. 2na _ Jy{kpa)
Ulp) = T Jy(kpa) = 24 [ g . (8.8)
where A = na® is the area of the aperture. As before the intensity is found by taking
the square of the field strength and, normalising to the central intensity [, we find

_ U (kpa)[f
o) = 1, [#kpa ] (8.9)

Note that in the limit of small values of x,J,(x)/x = §. The diffraction pattern {8.9)
is shown in Fig. 8.4 and represents the well-known Airy pattern of a circular
aperture. Outside the central bright region, which is known as the Airy disc, there
are concentric rings which contain a small but significant fraction of the energy
transmitted by the aperture. This is illusirated in Fig. 8.4 in which the total
encircled energy is displayed as a function of angular distance from the axis of the
aperture, i.e.

_ s Epypdp
A0 = ek pypdp

Tt can be seen that 84 % of the light lies within the first dark ring and more than
90% within the second. This function, the encircled energy fraction, is an
important measure of the performance of a telescope system, particularly when
high precision photometry is required.

The first dark ring of the Airy diffraction pattern occurs at kpa = 1.220m = 3.883.
Expressing the angle p in terms of the wavelength % and a, the radius of the
apertuare, we find

p=120,/D

where D = 2a is the diameter of the aperture. This corresponds to the Rayleigh
criterion for resolving two nearby point sources. The criterion corresponds to one
object being located on the first dark ring of the Airy diffraction pattern.

The above discussion describes the simplest resulis of the diffraction theory of
telescope systems. There are a sumber of points which we should note.
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Figure 8.4. (g) The radial variation of intensity of the diﬂ'r‘action patt_ern of a u.n‘iform
circular aperture. (From M. Born and E. Wolf (1980). Principles aj_" optics, 6th ec?mon,
page 396, Oxford: Pergamon Press.) (%) The encircled energy fraction as a fanction of
angular distance from the axis of a wniform circular aperture. (From M. Born and E.
Wolf (1980). Principies of aptics, 6th edition, page 398, Oxford: Pergamon Press.)

(i) In a perfect imaging system, the images of point sources shquld
display the Airy diffraction pattern with a succession of dark rings
surrounding the Airy disc. S

(if) Even in a perfect imaging system, only 84% of the radlanlon is
contained within the first dark ring and so inevitably radiation is
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scattered outside an angular radius p'= A/D. This is an important
factor in the design of imaging and spectroscopic instruments,

(iif) The point-spread function of the aperture depends upon the function

({z) and so can be modified by adopting different forms of the
transmission function G(z). For example, if G{z) is taken to be a
Gaussian function G(z} oc exp{— p®/2pZ), the point spread function
H(p) will also be of Gaussian form because the Fourier transform of
a Gaussian function is just another Gaussian. The effect of a
Gaussian transmission function is to broaden the point spread
function but it has the advantage of climinating the dark rings
around the Airy disc. Thus, for an aperture of a given size, there is a
trade off between anguiar resolution and eliminating the dark rings in
the Airy pattern. In radio astronomical terms, the rings external to
the Airy disc are called side lobes of the main beam and can be
eliminated or strongly attenuated by ‘grading the aperture’, In

optical parlance, the selection of a particular function G(z) is called
apodisation.

(iv) The success of an imaging system is crucially dependent upon the

quality of the optical system, in particular, how accurately the phases
of the waves originating at different points in the aperture are
preserved. This is normally quoted in terms of the wavefrons error of
the optical system. If there are random phase errors imposed on the
wavefront, the amplitudes of the waves add together slightly out of
phase. This has two immediate consequences — the central intensity is
reduced and the point spread function is broadened. Tn particular,
power is removed from the central maximum and scattered into the
wings of the point-spread function. The effect of random phase errors
on the point spread function s iliustrated in Fig. 8.5 in which it can
be seen that there is a significant decrease in the central intensity if the
random phase errors are even as small as &/10. The usual criteria for
a diffraction-limited system is that the random phase errors should
amount to less than A/20, i.e. less than a twentieth of the wavelength
of radiation. This is the primary limitation to the construction of very
large telescopes. All errors due to the atmosphere, the telescope, its
optics and its instruments should cumulatively add up te an error of
less than %/20 wherever the telescope is pointed on the sky if
diffraction-limited imaging is to be achieved.

Table 8.1 lists the diffraction lmits of various radio, millimetre, infrared, optical
and ultraviolet telescopes. T have given in this list only fully steerable single dishes
since we will look at interferometry and aperture synthesis in the next section. The
angular resolutions quoted in Table 2.1 represent the theoretical maximum
resolution which can be obtained. In practice, these values are not always obtained
in ground-based observations because of the effect of the atmosphere. Generally
speaking, diffraction-limited performance is obtained at radio, millimetre and far-
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Figure 8.5. The encircled energy fraction as a function of angle from the axis of a
Cassegrain telescope and its dependence upon the ms surface errors of the. surface .Of
the primary mirror. The radius of the central hole is 33 "/c_a of that of the primary mirror.
The solid line shows essentially the encircled energy fraction for a perfect mirror (see
also Fig. 8.8). The dashed line shows the response whel} the rms surfacf. errors on small
scales is A/20. The dot-dashed line shows the response if the rms error is /10, 1t can be

seen that small scale irregularities jn the surface of the mirror result. in energy being
removed from the main beam and scattered into the wings of the diffraction pattern.
These calculations have been carried out for the mirror of the Hubble Space Telescope
by D. J. Schroeder. (From D. 3. Schroeder (1987). Astronomical eptics, page 211, San
Diego: Academic Press, Inc.)

infrared wavelengths and the various telescopes listed ir_x Table §.1 have achieved
this at the wavelengths quoted. An interesting example is that o.f Fhe James Clerk
Maxwell Telescope which was designed to be the largest sub-millimetre telef,cope
in the world. At the time of writing the rms surface accuracy ef.the tellﬁco_pe. is less
than 30 pm. Using the criterion that the telescope_ should be diffraction-limited at
a wavelength 20 times the rms wavefront errors, it can be seen Fhat _the telescope
is diffraction-limited at a wavelength of 600 pm and that it still has good
performance but with somewhat less power in the main beam at a wgvclcngth of
350 pm, the shortest wavelength which is accessible from the summit of Mauna
Kea.

Going to shorter wavelengths, infrared space telescopes such as the Infrared
Astronomical Satellite (TRAS) which operated in space from 1981 to 1983 and the
Infrared Space Observatory of ESA which wilt be launched in 1993 are t?oth sx_nall
telescopes with cooled primary mirrors of diameters 60 cm. They are dlffrac?on-
limited at thermal infrared wavelengths. However, large ground-based optical-
infrared telescopes begin to lose diffraction-limited p.erf'ormancc at wave-
lengths shorter than about 510 pm. The Teason for this is the phenomenon
known as astronomical seeing. The atmosphere above the telescope is not totally

s s
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Table 8.1. Examples of the diffraction-limited performance of radio, infrared,
optical and ultraviolet telescopes

There are several different ways of expressing the angular resohution of telescope

systems. For the Airy pattern, the Rayleigh criterion corresponds to 1.22(1/D}. Another
usefnl measure is the *full-width half maximum ' which corresponds to the diameter of
the image of a point source at which the intensity falls to hall’ the central value. For the
Airy pattern, this cormesponds to Bpyyy = 102 (A/D). Notice that, for radio
astronomical antennae, the illumination of the dish is normally chosen to be Gaussian
rather than uniform in order to reduce the amplitude of the side lobes which pick up
stray radiation. If a Gaussian illumination function is chosen which falls to —10 dB (e,
to 10% of the centrai intensity) at the edge of the dish, 6,4, = 1.2 (A/D). Notice that
another way of expressing the angular resolution of the telescope system is in terms of
the encircied energy fraction. For example, for the Airy function, 90% of the encircled
energy lies within an angular radius of 1.97 (/D) which is just inside the second dark
ring. The specification of the Hubble Space Telescope, for example, is that 50% of the
encircled energy should lie within an angular radius of 0.1 arcsec. In general, the best
way of describing the imaging properties of the telescope is in terms of the modtulation
transfer function (see, e.g. Lena (198R)). Note that, in coiumn 4, these are theoretical

maximum resolutions and may, in practice, be degraded by other aspects of the optical
syster.

Angular resolution

Diameter /D

Telescope of aperture Wavelength (see above note)

MPIRA Effelsberg, West 100 m T4 cm 25 arcmin
Germany Hem 2 arcmin

James Clerk Maxwell 15m I mm 14 arcsec
Telescope, Mauna Kea 0.35mm 5 arcsec

Infrared Astronomical Satellite 60 cm 100 pm 34 arcsec
(IRAS)

ESA Infrared Space 60 cm 10 pm 4 arcsec
Observatory (IS0)

UK Infrared Telescope 39m 10 pm 0.5 arcsec
(UKIRT) 2.2 um 0.1 arcsec®
Palomar 5 m Telescope Sm 1 pm 0.04 arcsec®

500 pm 0.02 arcsec®

NASA-ESA Hubble Space - 2.4m 1 pm 0.09 arcsec
Telescope (HST) 500 nm 0.043 arcsec
200 nm 0.017 arcsec

120 nm 0.010 arcsec

« Not achieved because of the effects of astronomical seeing (see text).
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ia) (o

Figure 8.6. Tlustrating the phenomenon of astronomilca_l seeing. (a) A very :?hort
exposure (0.025) of an unresolved star showing the splftnng up of the image into a large
nurnber of ‘speckles’. Roughly speaking, the angular size o‘f e_ach of the speckles
carresponds to the diffraction limit of the aperture. (b) A similar very short exposure of
the giant star Betelgeuse illustrating the difference in spt_ackle patte}'n.as compared with
{2) when the star has an angular size greater than the d.lﬂr::lcnon 'lnmt of the telescope.
In both images (2) and (5), the overall angular size of the image is about 2 aresec. _When
observations are made with longer integration times, the speckles overlap and the image
is blugred with a typical full-width half maximurn of aboui 1 arcsec. (From A. Labeyrie
(1978). Amn. Rev. Astr. Astrophys., 16, 81.)

smoath — there is small scale turbulence which gives rise to ﬂuctuati_ons in the
refractive index of the atmosphere and these turbulent cells cause the image of a
point source 1o be scatiered in angle. This problem is best illustrated by very short
exposure images of bright stars {Fig. 8.6). If a star is photog:rflphed with an
exposure of about 107% s, its image appears as 2 random suPerposm(lm of speckles,
each speckle corresponding to the image formed by the light passing m?her.cntiy
through ope of the mrbulent cells. This phenomencn of astronomical seeing is the
prime cause of degradation of the diffraction limited perfonjnanc\? of all large
optical-infrared telescopes. On a good site, the size of the ‘seemg dtsc.’ can be as
small as 0.5 arcsec and typically, under good observing conditions, it is abqut
1 arcsec. Thus, for a 5 m class telescope, the degradation of the im.age quality
cotresponds to about a factor of 20-40 as compared with the theorctical angular
resolution. )

If the seeing disc is characierised by an angular scale 6,, it is found that this
characteristic size decreases slowly with increasing wavelength as 8, oc 7% so that
if the seeing disc is typically about 1 arcsec al 500 nm, it is expected 1o be only
sbout 0.6 arcsec at 5 um and 0.5 arcsec at 10 pm. In fact, it can be seen from Table
8.} that a 4m infrared telescope such as the UK Infrared Telescope has a
diffraction limit of 0.5 arcsec at 10 pm so that diffraction-limited performance 15
obtained at these mid-infrared wavelengths.
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Astronomical seeing limits the sensitivity as well as the angular resolution of
ground-based telescopes in many of the most important types of observation and
in recent years very strenuous efforts have been made to minimise the problem.
The most important consideration is-to build the telescope on a very good site
which means locating it on a dark sire far from population centres and above the
inversion layer in the atmosphere at which the thick cloud layer forms. High
alfitude 1sland sites are an advantage because, in addition to the above
considerations, the flow of air over the telescope is smoother than if the air flow
has the opportunity to become strongly turbulent on passing over continental
landmasses. Sites such as Mauna Kea in Hawal at 4200 m and the Roche de los
Muchachos in the island of La Paima in the Canary Islands at an altitude of
2800 m are typical of very good sites. Much of the seeing can originate in the
vicinity of the telescope dome itself and nowadays strenuous precautions are taken
to ensure that the air around the telescope and within the dome is as stable and
smooth as possible. For example, in the Canada-France-Hawaii Telescope on
Mauna Kea, which has probably achieved the best imaging of any ground-based
telescope, the floor of the observing floor is refrigerated in order 1o prevent thermal
convection currents developing within the dome.

In order to improve the imaging properties of telescopes, there is now
considerable interest in adaptive optics which employ tschniques by which the
effects of secing can be minimised by real time image stabilisation. The idea is to
use flexible mirrors which can compensate in real tirme for the distortions imposed
on the wavefronts of the incoming waves and thus provide diffraction limit
performance. It is likely that the next gemeration of large optical-infrared
telescopes will be designed to be operated in an adaptive optics mode once this
technology becomes available.

One way of avoiding the problems of astronomical sesing is te place the
telescope above the Earth's atmosphere and this will be achieved by the
MNASA-ESA Hubble Space Telescope. Being located above the Earth’s al-
mosphere, the problem of astronomical seeing is eliminated and the whole of the
ultraviclet waveband is opened up for observation. It also means, however, that
the optics of the telescope have to be of very high quality to take advantage of the
space environment. In fact, the 2.4 m primary mirror of the 1elescope has been
polished to an accuracy of A/60 at a wavelength of 533 nm. This means that the
telescope will certainly be diffraction-limited at optical wavelengths and that it will
still provide diffraction limited imaging at wavelengths as short as 200 nm. By
image reconstruction technigques, it will be possible to achieve even higher angular
resolution at wavelengths as short as 120 nm, the short wavelength limit of the
telescope. Unfortunately the primary mirror was polished to the wrong figure and
the full capability of the telescope will only be realised once correction optics are
included in the optical path for each scientific instrument (see Section 8.7.1).
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8.3 A pedagogical interlude

In Section 8.2, we determined the diffraction pattern of an aperture by
shining upon it coberent, lplane-parallel light of a deﬁ:llite angu_}ar frequency @ In
reality, we observe the radiation from sourccs wl_nch consist of _the rand(_:m
superposition of the emissions of vast numbers of independent radlatt?rs whm.h
normally emit broad-band emission. How can we use the results of Section 8.2 1n
this case? o

Let us perform some simple sums to ipd_icate wrhat happer}s. lOur aim is to work
out the amplitude, intensity and fluctuations in the radJa‘tlon froqx a source
consisting of the superposition of a large number of rfachators with angular
frequency @ but rapdom phases. The amplitude of the fleld_ls the vector sum of the
fields from each radiating particle and can be evaiuated using an _A:g.afzd diagram
which shows the summation of the amplitudes apd phases of the individual waves
(Fig. 8.7). Thus, we can write

E(r) = T E, exp[— ik, r—of+ ) (8.10)

We make the observations at a fixed point T and so we can write
E() = ¥ E expli(e; 1~ )]
1

To find the intensity of the field, we take the average of the prc.xduc.t of the
amplitude of the radiation and its complex conjugate over some finite time T

(B = e =3[ £ LEE explio =m0y 74141

Obviously, over any finite period of time, the only terms which survive the
averaging process are those for which o, = o, and ¢, = ¢, ie.

{E%) = ;Ef (8.11)

This is a well-known and reassuting result — it states that the total intensity of
radiation is the sum of the energies in the individual waves. This has a very natural
interpretation in ferms of the random emission of photons from a source. In the
simple case of the random superposition of the 1_5e1d5 claf " sourc:es, e_ach of field
strength E but with random phases, the total intensity is nE® while the ﬁf:ld
strength grows only as 4AE. This makes sense in terms of the veciors performmg
a random walk on the Argand diagram in which, il: n steps, the n.:\a_gmmde_ of the
resultant E vectors reaches an average distance of #iE from the origin. Notice that
these results are nol correct if the sources themselves are coherent i.e. the phm
are not random but, as in a laser, arc arranged to emit with a fixed phase relation.
In this case, the intensity is approximately equal to nE_”. -

The key point is that the resultant E vector has a definite magn_:tude Eand ph_as&;
$ relative to some arbitrary phase reference. How longl does this pattern per.smt.
Classically, if the oscillators continue to radiate indefinitely and all have precisely
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Figure 8.7, Mlustrating the addition of 2 random superposition of electric field vectors
on an Argand diagram.

the same frequency, the resoltant magnitude and phase would remain fixed for all
time. In practice, however, the observations are made within some finite frequency
bandwidth Av and so the individual E vectors rotate on the Argand diagram with
slightly different frequencies. This means that, in a time ¢ = 1/Av, the waves shift
out of phase with respect to one another. The resultant amplitude is still £ on
average but the resultant phase has changed. This may be expressed by stating that
the field remains phase-coherent omly for a time ~ Av™ which is often called the
coherence-time 1. Thus, in imaging systemns and interferometers, it is essential that
the radiation which follows different routes to the detector be combined within a
coherence time or the phase information and consequently constructive
interference is lost.

There is an important distinction between those detector systems which respond
fo the total power (E2> of the radiation and those which measure the amplitude
and phase of the incoming signal. The former are referred to as incoherent or
balometric detectors whereas the latter are known as coherent detectors. Generally
speaking, the detectors used in radio astronomy are coherent detectors whereas
those used at infrared, optical and higher frequencies employ incoherent systems.

Let us now consider the amplitude of the fluctuations in the intensity of the
signal. T have treated this problem in Section 12.2.2 of Longair (1984) where it is
shown that, superimposing electromagnetic waves of the same amplitude but
random phase results in a fluctuating eleciric field intensity, the rms deviation of
which is the same as the intensity of the waves themselves i.e.

{AE*) = NE* (8.12)
This is a very important resuli and, 2s shown in Longair (1984), corresponds to

considering the interference of all pairs of waves coniributing to the intensity. It
is this simple but crucial fact which makes interferometry and aperture synthesis
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possible. Because the fluctuations have amplitude AE ~ E, it is possible to measure

the phase difference of the signals arriving at scparate detectors by cross-

correlating the signals. _ . o _
Let us have a brief look at what can be achieved using 1_ntcrfer0metry and

. aperture synthesis.

8.4 Interferometry and synthesis imaging

The simplest way of extending thc above ideas on image f?rmation to
interferometers, aperture synthesis, speckle interferometry and so on is to use the
basic theorem derived in expression (8.3) that the amplitude of the response 1o a
point source is just the two-dimensional Fourier transform of the aperture
distribution. We can determine the response 1o a point source at infinity by using
the many useful theorems of Fourier analysis. A complete description will.be found
in Bracewell’s monograph The Fourier Transform and Its Applications. First of all,
it is useful to introduce a number of mathematical tools used in interferometry and
apertare synihesis. )

In general, the functions are complex, having both amphtude: and phase, and s0
we have to consider the Fourier properties of complex functions f{x) anfl the.lr
complex conjugates f*(x). We use the definition of Fourier transforms given in
Chapter 3, ie.

1

Flo) = G

J.m fTx) exp (i) dx
The convolution of two function fix) and g{x) 18 defined to be

fowg) = [ g aw 613
The cross-correlation of two functions f{x) and g(x) is defined to be

frketa) = [ =g (614

Note carefully the distinction between the star and pentagram Ssymbols t.'or
convolution and cross-correlation respectively. It follows that the autocorrelation
function of a function f{x) with itself is

Ax)+fx) = Jm Jiu—x) f*(u) du (8.15)

Often, the autocorretation function is normakised to its value at x = 0 in which case
the autocorrelation function is

- { )f(u—-x)du .
() = L{k - (8.16)
j 100 fe)du
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withy=1atx=40. .
The following theorems simplify many of our calculations.

The Similarity Theorem: If f{x) has Fourier transform F{s), then flax) has

Fourier transform |a|™ F(s/a). .

The Addition Theorem: If flx) and g(x) have Fourier transforms F(s} and

(s}, then the Fourier transform of f{x)-+g(s) is F(s)+ G(s).

The Shift Theorem: I fix) has Fourier transform F(s), then fix—a) has

Fourier transform exp (— 2mias) F(s).

The Modulation Theorem: If Ax) has Fourer transform F(s), then
fx) coswx has Fourier transform 1M(s—w/21) +3iF(s + w/2n).

The Convolution Theorem: The Fourier transform of the convolution of
two functions flx)xg(x) is the product of their Fourier transforms
F(5)G(s). There arc many different forms of this theorem.

Parseval's Theorem (referred to as Rayleigh's Theorem by Bracewell)
states that, if F(s) is the Fourer transform of f{x), then

["oaras= " imores (5.17)
The Power Theorem states that if f{x) and g(x) have Fourier transforms
F{5) and G(s), then

r ) g*(xpedx = r FG*) ds (8.18)

Finally, the Autocorrelation Theorem states that the Fourier transform of
the autocorrelation function f{x) ¥ fx) is |[F(s)%.

These theorems are all simply derived from the definitions of Fourier transforms
and are very clearly described by Bracewell.

These theorems find immediate application in the theory of antennac and
interferometers. For example, the shift theorem shows us directly that if’ a pomt
source is located at an angle o with respect to the axis of the telescope beam, there
is a phase shift across the aperture of the antenna and the position of the source
may be found by measuring this change of phase. This is the principle of measuring
very accurate positions by radio interferometry, i.e. radio astrometry.

Another pleasant example is to work out the point-spread function for a mirror
with a circular hole in the centre, such as is adopted in the Cassegrain
configuration found in most modern telescopes, including the Hubbie Space
Telescope. The amplitude of the response to a point source can be found using the
addition theorem by subiracting the Founer transform of the central hole from
that of the full mirror (Fig. 8.8). Because of the very high guality of the optics of
the Hubble Space Telescope, it is expected that this aperture distribution will
eventually be achieved once the correction optics are installed. Notice that there
are many ways of specifying the angular resolving power of such a mirror. The
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Figure 8.8. The encircled energy fraction as a function of angle from the aJ_tis of a
circular aperture (solid king) compared with that of the same aperture b1_n with a circular
hole cut in the middle of the primary with radius 33% of that of the primary mirmor
(dashed Jine). This encircled energy distribution is similar to that e_xpectet% for the
Hubble Space Telescope. (From D. I. Schroeder (1987). Astroromical optics, page 136,
San Diego: Academic Press.)

different prescriptions include the 0 v, encircled energy contour, tl-le full:width at
half maximum, the fraction of the power within the central diffraction spike of the

upobscured aperture, etc. The medulation transfer function includes ali this

information. . .
Let us comsider next the simple case of a two ciement interferometer in one

dimension which we represent by two uniform apertures separated by a distance
D (Fig. 89{q)). To describe this aperture distribution, we can convolve the
aperture distribution of a single aperture with two delta-functions separated by

distance D. ie.

1) = fiz) +2i2)
in which fiz} = 1if —a< z<aand flz) = 0 otherwise; g(z) is represented by two
delta-functions 5(z) separated by distance D.

g(z) = 3(— D/2)+8(D/2)

Then, the amplitude of the difiracted image is given by the Fourier t_ransform of
T(x} which, according to the convolution theorem, is just proportional t_° the
product of the Fourier transforms of flz} and g(z). For the case of two uniform
apertures the amplitude is therefore

F(®) = I, sin (k8a)/kBa
G(9) = (2r)H {g(z) exp {1k0z)dz
= [exp (ikBD/2) +exp (—kBD/D)/(2mt
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Figure 8.9. (a} A schematic diagram showing grating arrays with increasing numbers
of antennae. (b} The anguiar response of the grating arrays shown in (a). These
diagrams show only the part of the beam associated with the interferometer pattern and
should be multiplied by the response of an individual antenna to find the overall
response of the prating array, i.¢., in the case of the rectangular apertures used in the
example in the text, the response should be multiplied by the function [sin {kba)/kba)*
(see expression {8.19)). It can be seen that the more anicnnae added to the array, the
narrower the beam becomes relative to the separation between the grating lobes. This is
the principle of grating array telescopes.

and s¢

U(0) = FIBYG(6) =

21, sin(k9a) cos liﬁlg)
(2ny ke 2
The power polar dizgram of the interferometer is proportional to the square of the
amplitude K0) oc U3(8)

sin (k@a)|* (k0D -
This response is shown in Fig. 8.9(b). It is straightforward to extend this analysis
to an array of telescopes, each separated by distance D to produce what is known
as a grating telescope. For example, for a four-element interferometer, the function
g(z) becomes

i

and so on for more antenpae. Figs. 8.9(a) and (b) show the distribution of
antennae and the resulting power polar diagrams. It can be scen that, as the
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number of antennae increases, the polar diagram becomes sharper and the first
grating side lobe occurs several beam-widths away from the oenu:al maxi;.num.. .

The extension to two dimensions is straightforward and this technique 1s
employed to map the disiribution -of radio emission from _extemjlf:d sources. The _
strategy is to arrange for the first grating side obe to lie outside the angular

“distribution of radiation on the sky. In the casg of aperture synthesis, the above

procedure is used to fill in all the baselines which would be needed 10 reconstruct
a fully-filled aperture of diameter equal to the longest baseline used in the
interferometric array. )

What was realised by the radio astronomers was that, since, in general, the sky
does not change with time, there is no need to obtain all the information at one
time. Provided the amplitude and relative phases of the signals arriving at wo
separate antennae can be measured, the informacion appropriate to that %ieparano'n
of elements of a large antenna is obtained. In the most elegant realisation of this
scheme, the rotation of the Earth is used to move one antenna with respect to
another and this technique is often referred to as Earth-rotation aperture synthesis.
The Very Large Antenna (VLA) in the USA is the uliimate rea]isati.on of this
principle which was pionecred in Cambridge by Martin Ryle and fm.‘ which he \\:as,
with Anthony Hewish, the first astronomer 1o receive the Mobel Prize for Physics.

The principles of aperture synthesis are succinctly described by Barry Clalrk
(1986) in the introductory chapter of the excellent monograph Synthesis fmaging
which includes manv excellent chapters on the probiems of realising aperture
synthesis in practice. | especially recommend Clark’s article which proves the !cey
ti'neorem, understandable from our above discussion, that an interferometer is a
device which measures the complex spatial coherence Sfunction of the sky as
measured by antennae separated by the vector distance r, ~1,. The complex spatial
coherence function is defined to be

I’:,(l’l, rg) = <Ev(r1) E\T(ﬁ))

and is the complex Fourier transform of the distribution of radiation I.(s) on the
sky

Vi, r) = {I4syexp[— 2mivs: (1, —r,)/c] A2
where § is the unit vector in the direction in which the intensity of radiation is I(s)
and d€ is the element of solid angle. If only a small region of sky is considered and

measurements are made relative to a tracking centre in the direction s, the
complex spatial coherence function can be written

V(u, v) = [£,(J, m) exp [— 2milul + vl dldm

where 2 and v are distances measured in wavelengths in an orthogonal system of
coordinates and { and m are angles measured from the phase tracking centre s,. The
performance of an interferometer system can therefore be dc‘scribed in terms of the
completeness of the information in the u—v plane, meaning sunpl‘y how successﬁflly
the plane has been covered for observations of a source of a particular ?mgqlar size.
Two examples of the results of these types of observation are shown in Figs. 8.10
and 8.11.
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The first example shows synthesis imaging of the radio source Cygnus A which
is the brightest extragalactic radio source in the northern sky. In Fig, 8.10(a), the -
‘typical configuration of the 27 antennae of the US VLA which is located in the
New Mexico desert near Soccorro is shown., The antenmae are spaced
logarithmically along each arm to provide maximum-coverage of the v—v piane and
can be moved to fixed locations along these arms which are about 20 km in length.
The array can be used in a number of configurations; in the most compact
configuration, and hence the lowest angular resojution mode, the lengths of the
arms are about (.6 km whilst, in the highest resolution mode, the lengths of the
arms are about 20 km. Thé coverage of the #—v plane in an 8 h observation of a
source at declination 45° is shown in Fig. 8.10{¥). A map of Cygnus A created from
a number of observations of the source using the VLA in a variety of different
configurations is shown in Fig. 8.10(c). The incredible amount of detail and large
dynamic range present in this image are apparent..

In the second example, recent Very Long Baseline Interferometry (VLBI)
observations of the strong radio source 3C 273 are shown in Fig. 8.11. The global
distribution of the telescopes used in the observations is shown in Fig. 8.11(4) and
their geographical locations included in the figure caption. The resulting coverage
of the w—v plane is much more sparse than it is in the case of observations with the
VLA. The maps created from a programme of YL.BI observations of 3C 273 over
the period 1984-5 are shown in Fig. 8.11(%). The angular scale on both axes is
milkarcseconds. It can be seen that the source components are moving apart and,
at the distance of the source, the separation of the components takes place at a
velocity of about eight times the speed of light. We will have a great deal to say
about these remarkable observations in Volume 2, Chapter 24.

There is an important difference in approach between these two techmiques. In
the case of the VLA, the signals from each antenna are taken along waveguides to
a central location where the coherence function is measured. One of the very
important tricks of aperture synthesis is to compensate for the rotation of the
Earth by continuously adding delay lines into one arm of any pair of antennae so
that the baseline always appears to be in a fixed plane perpendicular to the
direction of the source. This is no more than applying the Shift Theorem to
aperture synthesis. In the case of VLBI, the antennae are not connected. Instead,
very accurate clocks are placed at each antennae and the slectric field intensity I(?)
measured as a fonction of time on very high speed tape recorders. The signals are
then correlated off-line to find the complex spatial coherence functions.

How are these ideas extended to higher frequencies, in particular to infrared and
optical wavelengths? At wavelengths shorter than about 1 cm, the atmosphere
becomes progressively more unstable and introduces phase variations which
become increasingly difficult to eliminate. At infrared and optical wavelengths, the
problem is compounded by the problems of atmospheric seeing. For a typical large
telescope, say 4 m diameter, the secing cells which spiit up the wavefront are
typically = 10-20 cm in size and so the image is spiit into many ‘speckles ' so that the
phase of the signals is very difficult to measure. Various ingenious procedures have
been devised 1o overcome these problems and this is an important developing field.
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(a)

th)

&= 45°

Figure 8.10. (g and b) For legend see facing page.

In one approach, small aperture telescopes are used which can be matched to the
size of the seeing celis. Then, there should normally be only a single secing cell over
the aperture of each telescope. The clever thing to do is to ir_ttroduce path
compensation for the phase errors over each telescope very rapidly and the_n
combine the signals to produce the complex spatial coherence funct.ioxll. This
approach is being adopted by John Baldwin and his colleagues in Cambridge.

An alternative is to use the full aperture of the large telescope and attempt to
deconvolve the two-dimensional image seen in the focal plane into a diffraction
limited image. Very rapid photographs are taken of the object so that the speckles
are “frozen’. Typically, the cameras have to be run at a rate of 50 Hz to achieve
this. The objective is then to use Fourier wransform optics to derive the Fourier
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Figure 8.10. (@) A typical configuration of the 27 antennae of the US VLA. (b} The
typical coverage of the aperture (or u—v) plane by the VLA in an § h observation of a
source at declination 45°, (From A. R. Thompson (1986). Synthesis imaging, eds R. A.
Perley, F. R. Schwab and A. H. Bridle, page 25, NRAO Publications. {c) A map of the
radio source Cygnus A made vsing fully sampled observations by the VLA, (From R. A.
Periey, J. W. Dreher and 1. 1. Cowan (1984). Astrophys. J., 285, L35)

transform of the object with the diffraction limived resotution of the full aperture.
Weigelt (1989) describes a number of ingenious ways of performing these
deconvolutions, all of which are very demanding in terms of image processing.

8.5 The sensitivities of astronomical detectors

All signals in astronomy can only be measured with a certain statistical
precision. It is again useful to make the distinction between those wavebands in
which it is most convenient to think of the intensity of radiation as a flux
of photons and those in which it can be comsidered a superposition of
electromagnetic waves. In both cases, there are limitations in terms of the
number of photons counted per second or the strength of the signal and in terms
of the background against which the signal has to be detected. Let us deal with the
two cases separately.

8.5.1 Optical and infrared detectors

If Ave kT, it is convenient to consider the flux of radiation to be
composed of photons of energy Av. The first limit to the precision with which this
flux of radiation can be measured 1s simply the statistics of the number of photons
counted. In the absence of noise, Poisson statistics tells us that the uncertainty in
this number is roughly » £ 7. Normally, however, this signal is observed against a
noise background, for example, thermal fluctuations in the receiver, fluctuations
in the intensity of the sky background and so on. Very often the background signal
will far exceed the strength of the signal we are trying to detect. We can however

(ct
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l use the Central Limit Theorem to show how the background intemsity can be
reduced statistically. The theorem may be expressed in the following way:

| 1f N estimates of a quantity x, are made which are randomly selected from

an arbitrary probability density function p(x}, the best estmate of the
mean value of x is )

l N

X = K"_Z‘.i Xy
and the probability distribution of this vaiue X about the true mean s 2
Gaussian distribution with standard deviation 6,/Nt where g, is the
standard deviation of the probability density function p{x).

This theorem is proved in all the standard text books on statistics and is very
jmportant. Notice that the probability density function can be of any form, in
- particular of non-Gaussian form, and we need only know o, for this non-Gaussian
distribution. The other theorem we need concerns the variance of the sum of two
quantities x and y sach of which have separately variances o2 and ¢}, g, and o,
being their standard deviations. The variance of x+y is 03,, = o1 +0j.

The fundamental point is that, every time we make an astronomical observation,
we average over a large numbér of independent cstimates of the random neise
signal, x,. Consequently, whatever the characteristics of the noise described by
p(x), it is safe to assume that the probability distribution of % is of Gaussian form.
Furthermore, as N increases, the mean value of the noise is determined with greater
precision and, specifically, the standard deviation about the mean decreases as N7
so that, provided the backgrounds do not change, and this is an important

198412
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[ C4'C3?1985 0 assumption, the noise can be determined with very high accuracy by making a
) —c,? i sufficiently large number of observations.
o D76 \ Let us apply these concepts to a photon countng detector, such as an image
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photon counting system (IPCS) or a CCD which are now jin common use on all
—t classes of optical telescope and, in particular, on the Hubble Space Telescope. The

1

Figure 8.11. (2) The distribution of radic telescopes used in VLEBI observations of the

problem is as follows. The fiux density of the source we wish to detect is N(v)
radio source 3C 273. Tbe telescopes in the USA are locaied at the H;th]fcfh GR photons m™ s~ Hz™; the source is observed for a time ¢ in a waveband Av, We let
Observatory, the Natg;vnval Réd';;) A;t;z?: Eisgzii:atﬁda:hgﬁ Cfeek’ R:di o the effective aperture of the telescope be A, in the sense that this is the mirror area
8%5::;2 t:;_“.?ﬁ;:’: outs?g: thi 33 A are located at fﬁe MPIfRA Observatory at which corresponds to the number of pl_]otoyls registered by the c!etactor in t!ie focal
Effelsberg, West Germany, at the Istituto di Radioastronomia, Medicina, ltaly and at plane for a source of known flux density; in other words, Ay is the effective area

the Instituto de Pesquisas Espaciais, Atibaia, Brazil. (After R. T. Schillizzi (1989). Very

of the telescope once account is taken of all the losses between the flux of radiation
Long Buseline Interferometry — Techniques and Applications, eds M. Felli and R. E.

) entering the aperture and the fiux being detected as photons. A clearly includes,
Spencer, page 397, Dordrecht, D. Reidel Publishing Co.) (B) The very high resofution for example, the quantum efficiency of the detector and losses in the optical system.
radio maps of 3C 273 at 1.7 GHz reconstructed from VLBI observations made at the Therefore, the number of photons detected from the source is
above cight station VLBI nevwork. The expansion of the source al a rate of about
1.2 marcsec per year can be scen. (From M. H. Coben, J. A. Zensus, J. A Birstta, G. § = N(v)A4,, Avt photons
Comoretto, P. Kaufmanr and Z. Abrabam (1987). Astrophys. J., 315, L89)

The statistical uncertainty in this number of photons is just + nl s¢ that the signal-
to-noise ratio, in the absence of all other sources of noise is just

5
| 7= (N A 0t
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To work dut the noise in the presence of other sources of noise we have to add the
variances of all the sources of noise in the detector system and those dpe to th_e
environment. Let us list some of these. :

(i) First there is the variapce associated with the-total number of
photons detected, $. According to Poisson statistics, the standard
deviation of § is $% and hence the variance is of = S.

(ii) There is unwanted background radiation from both the sky and the
telescope. In both cases, the radiation enters the deteclor just as if it
consisted of photons from the source. In the optical and near-
infrared wavebands, » < 2 pm, the background from the sky is the
primary source of unwanted background radiation. If the intensity of
the might sky is B(v) photons m™ s~ Hz™ sr™, we need to know the
solid angle € subtended by the detector on the sky. The smallest this
angle could be is the diffraction limit of the telescope but this is not
normally attained at optical and near-infrared waveiengths because
of the effects of astronomical seeing. In addition, it may be desirable
to work with larger apertures than the seeing disc in order to ensure
that the observations are of high photometric accuracy. Therefore,
the signal from the night sky is A, QB(v)Avt, which by the same
reasoning as in (i} is also the variance ¢} about the mean value of the
background. In the case of the thermal infrared wavebands, A 2 2 pm,
the telescope itself is a strong source of background radiation,
particularly at wavelengths A ~ 10 wm at which a Planck function at
300 K has maximum intensity. The aim of the design of infrared
telescopes is to minimise the emissivity of the telescope and, in
particular, to ensure that the detector sees as litile of the telescope
structure as possible. For example, the primary and secondary
mitrors must be of very high reflectivity and the secondary mirror
should underilluminate the primary mirror so that as little as possible
of the thermal background from the telescope enters the detector.
The vanes holding the secondary mirror in place must have as small
a projected area as possible as seen by the detector. We include the
thermal background of the telescope in the same formula for the
background given above.

(iii) There will be a certain *dark current’ in the detector, by which is

meant noise electrons produced within the detector volume due 1o a
-variety of causes, for example, the thermal excitation of electrons into
the potential wells of a CCD detector. If C is the number of electrons
gencrated per sccond, the total variance during the observation is
o? = Ct, following the same reasoning as above.

{iv) There may also be a noise contribution when the signal is read out
through the output amplifier. If this amounts to R electrons rms, the
variance is 62 = R® for a single read-out. If the detector has to be read
oul many times in the course of an observation, this source of noise
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can amount to an important contribution to the noise signal against
which faint objects have 1o be detected. ’

We can now find the total noise signal by summing the variances of these
individual noise contributions

ao® =o6i+ol+0; 4o} (8.200

Thus, provided all the contributions to the total noise signal remain constant
during the integration, the standard deviation of the fluctuations about the mean
noise level is 6. The signal-to-noise ratio is therefore

S/N = N(V)d,, Avi/c (8.21)

Let us look at some simple applications of these formulae. First of all we can
recover our previous result when the primary source of noise is simply photon
statistics. In this case, 6 = o, = {N(V) 4, Avi} and

S/N = [N(v)A gy Avilt (8.22)
If the observations are detector-noise-limited, 0 = g, = {(Cr¥ and

5 NWAg4Av,
Nt (8.23)

For very faint objects, particularly in the infrared waveband, the observations are
often background-limited in which case 6 = o, and

S/N = N(¥) (Ao /LB (8.24)

The importanece of these resulfs is in showing how the signal-to-noise ratio depends
upon the size of the telescope, 4,,,, and the integration time necessary to achieve
this signal-to-noise ratio. One of the more interesting ways of writing these
relations is in terms of the time needed to achieve a given signal-to-noise ratio. If
the diameter of the primary mirror of the telescope is D, 4, oc D* and then the
retations (8.22), (8.23) and (8.24) become

Photon-noise-limited  toc A7} oo D72 (8.25)
Detector-noise-limited  roc A2 ¢ D7* (8.26)
Background-limited o QA QD2 (8.27)

Another way of expressing these results is in terms of the Limiting fiux density

which can be observed with a given signal-to-noise ratio in a given time. In this case
we find

Photon-noise-limited  Soc A7y oc D7° (8.28)
Detector-noise-limited Sor A7) oo D7? (8.29)
Background-limited 5 ec QAZE oo QADY (8.30)

In many programimes, the observations are made at the very limit of what is
possible technologically and generally speaking ihese observations are back-
ground-limited. It can be seen from the relations (8.27) and (8.30) that the
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limiting fiux density is then strongly dependent upon Q, the solid angle subtended
by the detector on the sky. Two examples are of _s_peqal .1n§erest. .

In the optical waveband, the angular resolution 18 limited bgﬁ th.c .eﬁ‘ects_ of
astronomical seeing and this determines the minimum pixel size vyhjch it'is sensible
to use in the observations. This means that, for ground-based observations, the

" solid angle Q is limited to about 1 arcsec® and is more or less independent of

wavelength. What this calculation shows is how sensitive the quah:ty of .the
observations is to good seeing. On these occasions when the astronomical seeing
is a factor of 2 better than the above figure, the limiting flux density is smaller by
a factor of 2. This same calculation also shows the dramatic improvement in
limiting flux density which car be achieved by the Hubble Space Telmcppe. Wi'fh
an angular resolution about 10 times better than that norma]l.y ach;ew.able.m
ground-based observations, the limiting flux density for the detection of pomt-l}ke
sources is about a factor of 10 fainter than for the identical telescope observing
from the surface of the Earth or, equivalently, the same source can be observed
with the same signal-to-noise in only 1/100 of the time needed on the ground.

In the second example, we consider the advantages which are gained when the
telescope is diffraction-limited as occurs in the thermal inf.rarec.f. region of the
spectrum. As shown abave, a 4 m telescope becomes diﬁl'rachon-lm}lted' at abgut
5-10 pm because of the increase in the size of the seeing cells with increasing
wavelength. In this case, 8 = &/ D and hence Qoo At/D®. As a result, the relations
(8.27) and (8.30) become

ICCD“‘; Sm.lno:D_E

Thus, the gains in using a large telescope in the thermal infra1:cd region of the
spectrum are large, provided the detectors are matched to the diffraction pattern
of the telescope.

These simple calculations are indicative of those necessary to evaluate the
performance of telescopes at optical, infrared and ultraviolet wavelengths. More
detailed calculations are necessary fo assess the performance of telescopes for
spectroscopy since the spectrograph has to be matched to the optics of the
telescope. In this type of calculation, the sensitivity depends strongly upon whether
the object lies completely within the siit of the spectrograph or whether onlly a
portion of the image passes through the jaws of the spectrograph. A detal.led
discussion of the signal-to-noise ratios expected for different classes of ob_servauon
is very clearly explained by Schroeder (1987), who makes reference 1o earlier works
by Code (1973) and Bowen {1964).

Observations of faint objects from the surface of the Earth are background-
limited and, for rough calculations, it may be assumed that the background in the
V waveband corresponds to 22 magnitudes arcsec™?. This intensity correponds to
B(v)=6x 10 Wm? Hz srt at d = 550 nm. Some other useful background
intensities are given in Table 8.2. It should be noted that these figures should be
used with caution because the background intensity is strongly wavelength
dependent, particularly due to the presence of strong atmospheric emission lines at
certain wavelengths.
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Table 8.2. The intensity of the sky background in the optical and infrared
wavebands :

1) @ 3 @) (5 (6) M ) ()
U 0365 B2x10% 0068 42x10% 188x10% 22 150 10
B 044 68x10% 0098 72x10°® 464xi0® 23 100 10
V055 S55x104 0089 40x10° 395x1¢® 22 170 15
R 070 43x10® 022 18x10® 287x10™ 21 250 55
I 090 33x10¥ 024 83x10" 224x10°% 185  L5x10% 370
TO125 24%10% 028 3.07x10° 160x10°%® 16 LOx10%  28x10°
H 165 L18x10% 030 1I2x10°% 1.02x107% 13 5.6x10%  17x104
K 22 b4x10M 042  407x107° 657x10°% 125 44x10'  18x 10
L 345 87x10® 060 730x167 290x107% 55 8.0x10¢  50x10°
M 47 64xI0® 067 212x107 LEIx107% 2 L0x10F 7.0 10°
N 102 29x10® 52¢  L10x107%® 390x10°% -3 LOx10*  5.0x10°
Q 200 15x10® 52¢  T80x10°M 1.04x10°% -5 60x10°  3.0x10°

@ These bands may be observed with narrower filters to reduce the background
intensity.

v In these wavebands the background is dominated by hydroxyl (OH) airglow emission
lines.

Colamn Labels

(1) Name of waveband
(2) Effective wavelength of the waveband (A, /pm).
(3) Effective frequency of the waveband (v, /Hz).
(4} Effective width of the band (AX,, /um).
(5) Flux demsity of a zero magnitude star per unil wavelength (S,(0)/W m™ pm™).
(6) Flux density of a zero magnitude star per unit frequency range (5,(0)/W m™* Hz™).
(7) Background intensity in magnitudes {(arcsec™).
(8) Background photon intensity per unit waveband
{f(\)/photons m™? arcsec™® s~ pm~?).
{9} Background photon intensity in standard waveband given in column (4)
(I /photons m~2 arcsec™® 574).

The names of the standard astronomical wavebands are given in column (3} with their
mean wavelengths and frequencies in columns () and (3). Column (4) gives the effective
width of the standard wavebands. In the optical waveband (A < | pm), these are
determined by the properties of the standard filters. 1n the infrared waveband
(» = 1 mn), the widths of the bands are primarily determined by the widths of the
atmospheric windows. Columns {5} and (6} give the flux densities of & zero magnitude
star per unit wavelength and per unit frequency respectively. Column (7) gives the
background sky brightness in magnitudes (arcsec*) and in terms of the intensity per
untt bandwidth in column (8). In column (9), the background intensities in the standard
wavebands of column (4) are given.

The background intensities should only be used as a rough guide in making estimates
of the observing time necessary to reach a given limiting magnitude. In the above table,
it is assumed that the observations are made from a good dark site in the absence of
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85.2 Radio and millimetre-wave receivers

The basic theorem which describes the amplitude of thermal fluctuations
in an electrical circuit is Nyquist's theorem. 1 have shown in the Appendix to
Chapter 12 of Longair (19%4) how this theorem ‘can be rigorously derived from'

" Einstein’s prescription that, in thermal equilibrum, the average energy per mode
is given by the relation

J .\ — - (8.31)
exp {hv/kT)—1
where v is the frequency of that mode. By considering the modes of a transmissic_m
line of wave impedance Z, terminated by matched resistors R, it can be readily
shown that the resistors each deliver 2 noise power

hv

= ——WH?? (8.32)
7 exp(hv/ET) -1 ?

if they are maintained at temperaturc T. At low frequencies, Av < kT, which is
normally the case for radio and microwave receivers, this expression reduces to

P=kT, (8.33)

which is the familiar form of Nyquist's theorem. Thus, at radio wavelengths, the
noise power delivered by the resistor in the frequency range v to v+Av is
Pdv=kTdv. In the opposite limit, kv 3> kT, the noise power decreases
exponentially as

P =hvexp(—hv/kT)

For radio receivers, the expression (8.33) provides a convenient way of describing
the performance of a recciver which delivers a certain noise power F. “_Te can
define an equivalent noise iemperature T, for the performance of the receiver at
frequency v by the relation

T,= B/k (8.34)

There is another importani feature of the fluctuations in this noise signal which we
have already noted. We note that, per unit frequency range per second,l the
electrical noise power is kT which corresponds exactly to the energy of a single
wave mode in thermodynamic equilibrium. Since this energy is in the form of the
superposition of electromagnetic waves, the fluctuations in this wave mode

soatiered moonlight. In the infrared waveband at wavelengths A 3> 2 pm, it is assumed
that the telescope and the atmosphere are at a temperature of 288 K' and _that the
emissivity of the telescope is B%. Lower background fluxes are obtamed_ if narrow filters
are used. In addition, at those wavelengths at which air glow is the dominant source of
noise, lower background fluxes can be obtained by observing between the strong OH
emission lines. This is now possible with the latest generation of infrared spectrometers.
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correspond to AE/E =1, Therefore, we expect the amplitude of the noise
fluctuations per unit frequency interval to be kT .

We have already described in Section 8.3 how a wave packet consisting of waves
with frequencies in the interval v to v+ Av remains coherent for a time © = Av?
which is called the coherence time. To make independent estimates of the field
strength, the samples should not be taken more than about onee per coherence
time. Thus, whereas for photons, we obtain an independent piece of information
every time a photon arrives, in the case of waves, we obtain independent estimates
only once per coherence time T & Av™, If we observe a source for time ¢, we obtain
¢/t = tAv independent estimates of the intensity of the source.

Normally, we are interested in detecting very weak signals in the presence of a
much greater noise signal generated by the receiver. As discussed above, this noise
power fiuctuates with amplitude AE/E = 1 per mode per second. We can therefore
reduce the amplitude of the fluctuations by increasing the length of the integration
and by increasing the bandwidth of the observations. In both cases, we increase the
number of independent estimates of the strength of the signal by a factor Avt and
hence the amplitude of the power fluctuations is reduced to

AP = kT/(Avi (8.35)

Thus, if we are able to integrate long enough and use large enough bandwidths,
very weak sources can be observed.

Radio astronomers extend the use of temperatures to define other aspects of the
performance of the telescope, its receivers and the objects to be observed. If the
intensity of radiation from a region of sky is I, an equivalent brighiness

temperature T, can be defined using the expression for the intensity of black-body
radiation

2hv? 1

L==g exp (hvjkT) —1 (8.36)
This brightness temperature T, is a lower limit to the wemperature of the region
itself because thermodynamically no region can emit radiation with intensity
greater than that of a black-body at its thermodynamic temperature, unless the
population of the levels is inverted as in the case of masers and lasers — the latter
are scarcely systems with a thermodynamic distribution of particle energies. The
concept of brightness temperature is thus a very useful way of setting 4 lower {imit
to the temperature of the region for sources in which the radiation mechanism is
incoherent. Very often in radio astronomy it is safe to use the Rayleigh—Jeans
approximation for the brightness temperaiure because v < kT and consequently
the expression for brightness temperature reduces to

I, = 2kT, /a2 (8.37

We have already shown that there is a certain amount of noise power available at
the terminals of a resistance R at temperature T. We can replace the resistance R by
a matched antenna of radiation resistance R and, if the antenna is then placed in
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a black-body cavity at temperature T, the same noise power will be avai_l:_abl.e atthe
output of the antenna because the system is in thermodyganuc equilibrium. If
instead, the antenna is looking at the sky and the brightness temperatm:c
distribution is T,(0;4), the mean power available at the output of the-antenna is

W =14, [T, ) PO =kT, C (838)

where A, is the effective area of the antenna and is related to the begm area of the
antenna Q, by 4,0, =% (see Section 8.2), P(8,4) is the polar diagram c_)f' .the
antenna and T, is defined to be the antenna temperature due to tl?c radiation
incident upon it. If the source is a point object or small compared with the half-
power beam width, the flux density of the source is

S = QKT /A0, (8.39)

This antenna emperature has to be detected in the presence of noise and the main
contributions are from the radio background emission from our Galaxy X, the
emission from the Earth’s atmosphere T, apd the noise temperature of tlhe
complete receiving system T, The latter term contains al _components \w.rhlch
contribute to the noise power present in the receiver at the point where the signal
is detected. This includes the contributions from the antenna itself, the antenna
noise temperature T, from the iransmission lines T, and the noise temperature of
the receiver T,. The sum of these sources of noise can be expressed

Tm=27;
i

In an observation of integration time : and with bandwidth Av, the minimum
detectable anienna temperatare is therefore

ATy, = T/ (AVEF

as shown above. .

Various potential contributions to T,,, are illustrated in Fig. 8.12. In many cases
the main source of noise is the nojse temperature of the receiver and the emphasis
has been upon the construction of low noise amplifiers of th.e very weak
astronomical signals. The main types of amplifiers used are transigtors, tunnel
diodes, parametric amplifiers and masers. At low frequencies, v £ 1 GHz, the
dominant source of noise is the radio background emission from the. Galaxy and
consequently there is no point in using the ultimate in low noise amplifiers at these
frequencies. Room temperature FET amplifiers are adequate for MaNY purposes.
At millimetre wavelengths, the atmospheric and cosmic background noise increase
and rather different techniques are used as described below.

8.6 Detectors

At the heart of any astronomical instrument there is a detector _which
converts the astropomical signal into some analogue or digital fqrm wh.u:h is used
for analysis by the astronomer. Many of the principles of detection are similar to
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Figure 8.12. A comparison of the different contributions to the noise performance of
receivers for radio and millimetre astronomy as a function of frequency. The -noise
wemperatures of the receivers shown are among the best achieved to date. Care should
be exercised in using the data in this diagram for detailed calculations. For example,
there are strong variations in the intensity of the Galactic radio emission as a function
of direction and the atmospheric noise is strongly site-dependent. (From I. Appenzeller
(1989). Evolution of galaxies: astronomical observations, eds L. Appenzeller, H. J. Habing
and P. Lena, page 355, Berlin: Sprinper-Yerlag.)

those already described in the context of the detectors which are used in the high
energy astronomies and which were described in Chapter 6. In this section, we
highlight the important differences between these detectors and those employed in
the low energy astronomies. There are several excellent books which describe in
detail the operation of astronomical detectors and I can recommend those by
Eccles, Sim and Tritcon (1983), Kitchin (1984), Walker (1987), Lena (1988) and
McLean (1989} as well as the excellent introductory survey by Appenzelier (1989).

8.6.1 Optical and ultraviolet detectors

Until the mid-1960s, most astronomical signals were recorded on
photographic plates, either in the form of direct images of the sky or in the form
of photographic spectra. The principles of the use of photographic piates are
exactly the same as those described in Section 6.2 in the context of the nuclear
emulsions vused in cosmic ray studies except that now photons rather than elecirons
excite the silver atoms. The silver bromide crystals are semiconducting materials
with band-gaps of about 2 ¢V and so they should only be sensitive to blue light.
With the addition of impurities, however, the sensitivities of photographic plates
can be extended into the red region of the optical spectrum. The problem with the
photographic plates used in optical astronomy is that they have low guantum
efficiencies, typically about 1-2% for the best emulsions such as the IIlaJ
emulsions produced by Kodak. This means that most of the light incident upon the
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photographic plate does not result in activated grains which can be revealed by the
process of development. In addition, the emulsions have a somewhat limited

dynamic range in that they can only accommodate a relatively small range of

intensities before the brightest images are saturated.
They have, however, the enormous advantage that they are able to store a huge
" amount of information. For example, ina large wide-field Schmidt Telescope, such
as the UK Schmidt Telescope at the Siding Spring Observatory in New South
Wales, the 14 in plates correspond to 2 field of view on the sky of about 6° x 6° so
that, if the typical picture-element or * pixel” at the focal plane is 1-arcsec?, the total
number of pixels observed in a single exposure is about 5x 10°. When we take
account of the intensity information contained in each pixel, it is apparent that
cach Schmidt Telescope plate contains several gigabits of information. This is a
huge amount of information and large photographic plates such as these remain
the most important detectors when very wide fields of view are required — they
have a unique role to play in sky-survey work. In addition, photographic plates
have been available for astronomical use since the beginning of the present century
and so the photographic record remains an important source of information about
astronomical objects which change their positions or intensities over petiods up to
about 100 years.

In order to take advantage of he enormous amounts of information present on
Schmidt plates, ultrahigh speed measuring machines have been developed to copvert
the photographic data into digital data which can be used, for example, _to
distinguish between stars and galaxies in an automatic fashion and also to provide
catalogues of the order of the 10°-10° stars and galaxies present on each plate (Fig.
8.13). It is studies using Schmidt Telescope plates in conjunction with the high
speed measuring machines which have led to the discovery of many of the most
distant quasars and of candidates for the elusive brown dwarfs. In both of these
examples, only one or two objects of each class are expected from among the
100000 images which are also present on the plate. Another excellent example of
the use of these facilities is in the determination of the large scale distnbution of
faint galaxies which is of crucial importance for cosmological studies (Fig. 8.14).

Photoelectric detectors were introduced into astronomy in the 19505 and they
continue to be used for the precise photometry of stars and galaxies. In these
devices, the light from an object within a given angular aperture and filter band is
incident upon a photocathode which liberates electrons by the photoelectric effect.
As in the case of the scintillation detectors described in Section 6.5.2, the liberated
electrons are accelerated down a photomultiplier tube resulting in an exponentially
increasing cascade of electrons. Thus, for gach detected photon, a large pulse is
registered at the output and so these devices can be used in a photon counting
mode. Photomultipliers of this type are used in the High Speed Fhoto-
meter/Polarimeter on board the Hubble Space Telescope.

A major advance occurred with the introduction of tmage intensifier tubes into
optica) astronomy. In a typical arrangement, the images are focussed onto the
photocathode of an image intensifier. The resulting photoelectrons are accelerated
to several kiloelectron volis and then they encounter a phosphor screen which
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Fig_'urc 8.13. The COSMOS high speed measuring machine at the Royal Observatory,
Edinburgh. This machine is used 10 scan wide angle astronomical plates very rapidly
and has particular application ib the scanning of large astronomical plates taken with
large Schmidt telescopes. (Courtesy of the Royat Observatory, Edinburgh.)

liberates typically about 100 photons for each incident electron. One possibility is
ﬂ'.len to place a photographic plate behind the phosphor and thus obtain a much
higher quantum efficiency, this factor being determined by the quantum efficiency
of the first phatocathode which is typically about 20 %. Alternatively, the fiux of
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Figure 8.14. An example of the type of large scale survey work whicfh can be
undertaken using the combination of Schmidt Telescope plates and high spfaed
measuring machines. This diagram shows the distribution of faint galaxies in the
Edinburgh-Durham Southern Galaxy Catalogue to 2 limit of -b, = 20 over an afez of
1700 square degrees of the Southern sky centred on the galactic south po]e._ (b;i52 )
photographic magnitude corresponding to the sensitivity of the IIIa:I elfnulmon_s used in
the Sky Survey.) Carefully calibrated surveys such as these are crucial in deﬁnmlg the
large scale structure of the Universe. (Courtesy of Drs C. Collins and B. MacGillvray,
Roval Qbservatory, Edinburgh.)

photons from the first stage of amplification may strike another photocathode.
Then, magnetic focussing is needed to focus the accelerated pulse of electrons onto
the next phosphor screen. In the devices used in astronomical detectors, three or
four stages of image intensification may take place.

There are different ways of dealing with the bunches of electrons, each of which
corresponds to the arrival of a single photon at the entrance window to the
photocathode. One way of dealing with the output signal is to colicet the charge
on an array of detectors which accumulate the total charge as a measure of the
total number of photons incident on each detector element. This is the principle of
the digicon detector and these devices are used in the Faint Object Spectrograph
and the Goddard High Resolution Spectrograph of the Hubble Space Telescope.

Another very successful technique has been developed by Boksenberg and his
colleagues — this mode of operation is known as an image photon couniing system
(IPCS). In this approach, the intense burst of output photons associated with eac_h
detected photon is viewed by a television scanner. The centroid of ea.ch burst is
found by electronic logic circuits and its position and time of arrival is stored in
a computer. For each photon detected by the first photocathode, a single photon
is labelled in the computer memory. The first application of this technique was in
astronomical spectroscopy but it has been extended to two-dimensional imaging so
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that ‘long-slit’ spectra can be taken as well as direct imaging. Detectors of this fype
are present on most large telescopes and the Faint Object Camera of the Hubble

" Space Teiescope contains a detector of this type. The great advantage of this type

of detector is that it is linear so that. the fluxes of photons measured -are directly
proportional to the intensities observed at the focus of the telescope.

In the case of digicon detectors, in which individual photons are not detected,
the dynamic range of the individual detectors elements must be very large. In the
case of the IPCS detectors, the dynamic range of the instrument is limited by the
ability of the centroiding logic to distinguish between successive events arriving at
the same point on the output phosphor of the image tube. Typical arrays consist
of, say, 512 digicons in a linear array or about 500 x 500 picture elements available
in an IPCS detector working in imaging mode. Thus, the fields of view accessible
to these devices are very much smaller than those obtainable with photographic
plates. The quantum efficiencies of these detectors reach about 20-25 %, the best
figures being achieved in the ultraviolet region of the spectrum. Generally, the
quantum efficiency of these detectors falls off rapidly at wavelengths A 2z 600 nm.

The most important advance in optical astronomy over the last ten years has
been in the fieid of solid-state detectors, particularly those based upon silicon
technology. The most important of the new devices are those known as charge
coupled devices (CCDs). The band-gap of silicon is 1.12¢V which means that
photons with wavelengths shorter than 1.1 um can excite electrons into the
conduction band. The design of the CCD chip is shown schematically in
Fig. 8.15(a). By selective doping, the chip is divided into a number of sensitive
strips separated by narrow channel stops. Down each channel, there is 2 very thin
insulating layer and on top of that there are the read-out eiectrodes, in-the typical
three-phase CCD, there being threc read-out electrodes per pixel of the array. In
the case of a three-phase CCD, the central electrode is maintained at a positive
voltage relative 1o the other two so that, when an electron-hole pair is created by
an incident photon, the electrons accumulate beneath the central electrods whilst
the holes are swept out into the substrate of the chip. Thus, each pixel contains a
small electrostatic potential well in which the electrons accumulate.

The term charge coupling refers to the way in which the charges are read out
from each pixel at the end of the exposure. In the typical three-phase CCD, each
pixel is read out by changing the positive voltages on the read-out electrodes in
sequence so that the accumulated charge is shifted down each chanmel (Fig.
£.15(»). The read-out of the chip is arranged so that each channel is read out
sequentially through a single amplifier which converts the charge in each pixel into
an amplified digital signal which is stored in the computer memory. The charge
transfer efficiency of the CCD is crucial for its success as a detector. The great
importance of these devices for astronomy is that silicon has a very high quantum
efficiency for the detection of photons in the wavelength range 400-1000 nm,
typical values being about 60-70 %, corresponding to an improvement by a factor
of about 50 over photographic plates. In addition, they have a wide dynamic
range. Up to about 10° electrons can be trapped in an individual well before
overfiow into neighbouring wells becomes important. The main source of noise is
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Figure 8.15. (@) Niustrating the construction of a C(?D on a chip of pure §i1i_con. T].ll.‘.
channel siops are created by heavily doping the material and then 2 very thin msglatmg
layer is deposited on top of the chip. On lop of the insulator are the thin conducFmg
read-out electrodés. Each pixel has three read-out electrodes and the central one is
maintained at a positive potential to form a potentiai well in which the electrons are

trapped. . . N
(&) DNlustrating how charge is wansferred zlong 2 row of pixels by changing the positive

voltage on the read-out electrodes sequentially. (From L. Appenzeller (1989). Evolution of
gelaxies: Astronomical observations, page 316, Berlin: Springer-Verlag.)

the dark current associated with the thermal excitation of electrons into the
conduction band., For this reason, the detectors are cooled to about — 100 °C which
reduces the dark current to a low level. An important source of noise is then the
read-out noise which is added to the signal when it is read out through the
amplifier. As an example of the performance of a modern CCD detector, the
expected instrumental performance of the Wide Ficld Planetary Camera of the
Hubble Space Telescope is listed in Table 8.3.
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Table 8.3. The wide field/planetary camera

The camera can operate with two different focal ratios, f/12.9 or £/30, the former being
known as the wide field mode and the latter as the planetary mode. In cach mode the

detector consists of an array of four thinned, back-illuminated CCDs, each consisting of
800 > 800 pixels ’

Wide field mode Planetary mode

Focal ratio J/2s J730

Picture format 1600 x 1600 pizels 16060 x 1600 pixels
Field of view 2.57 x 2.47 (arcmin)? 66.7 x 66.7 (arcsec)®
Pixel size 0.1 arcsec 0.043 arcsec
Wavelength range 115-1100 nm . 115-1100 nm
Dynamic range (per pixel, 460° 460=

single exposure)
Maximum S/N (per pixel, 170 170

single exposure)
Overall dynamic range for about 9 to 29 about § to 29

stars (V)
Expoesure times Minireum exposure time is 0.11 seconds. Maximum

length of target intergrations is 100000 seconds. In
practice, the exposure times will be kmited by
saturation effects and cosmic ray events

The camera contains twelve filter wheels, each with four filters and a clear ‘home’
position. The filters include a wide range of narrow and broad-line filters as well as
polarisation filters and transmission gratings.

¢ The full-well capacity of the CCD detectors is 30000 electrons and the rms read-out
noise per pixel is 1342 electrons. The quoted dynamic range is the full-well capacity
divided by five times the read-out noise.

A major problem has been the production of high quality CCD chips needed in
astronomical applications. The performance of the chips is very sensitive to chip

defects. Arrays of 500 x 500 pixels are now routinely available and larger chips are -

being deveioped. The increased power of optical telescopes which has resulted
from the introduction of these devices on large telescopes has been spectacular. Tt
should be noted that, since the quantum efficiencies of these detectors are now
approaching 100 %, further gains in sensitivity or speed of observation can only be
obtained by making the aperture of the telescopes larger.

8.6.2 Infrared detectors

As has already been described in Section 1.4.3, atmospheric absorption
and emission become progressively more important as observations are made
further into the infrared waveband. A larger scale diagram showing the
transmission of the atmosphere as a function of wavelength in the 1-30 pm
waveband is displayed in Fig. 1.11. It can be seen that there are a number of
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atmosphetic windows in this wavelength region in which the atmospheric
absorption is small. At wavelengths longer than 30 pm however, the atmosphe:.-e
becomes opaque until waveiengths of about 350 um at which the atmosphere again
becomes more or less transparent. On a high, dry site, such as Mauqa Kea, the
near-infrared windows at 1.1 (J), 1.65.(H) and 2.2 (K) pm are essentially IOQ%
transparent but there is also very good transparency thrc.;ughout the 1-5 pm region
with the exception of a few wavelengths at which there is very strong atmospberic
absorption. With modern infrared deiectors, observations are nea.rly alw:?ys
background-limited in the infrared waveband. One of the problems vlmh making
observations in the presence of a significant background con'{pfment is that there
are fluctuations in the atmospheric absorption and emissivity. The standard
procedure for dealing with this problem is to ‘chop’ between the source anq a
nearby blank piece of sky. Provided the chopping takes p%ace ata f.requcncy ?vhmh
is greater than that over which the sky changes, the difference in these signals
provides a measure of the source intensity. ) .

Despite the availability of infrared windows, there are several {mportant.regnons
of the spectrum which cannot be observed because of atm.osphenc_ absorption and
the whole of the wavelength region from 30 to 300 pm is es_scnhally comp]c_tel}f
opaque as can be seen from Fig. 1.11. To obtain a clear view of the sky, it is
essential to make observations from above the Earth's atmosphere. Ideally, the
observations are made from satellite observatories as was the' case for the Infrfzred
Astronomy Sateilite (IRAS) and will be for the next generation of space missions
such as the Infrared Space Observatory (ISO) of the ESA. )

One particular problem which is unique to these wavelengths is the fact .that the
telescopes and the instruments themselves are SUOng_mms of thermal infrared
background radiation. For the instruments, the solution is to coo‘l 'ﬂ]em o a low
temperature so that the thermal background is reduc‘cd. to a negligible level. For
example, for observations in the 1-5 pm window, it is customary t.o _cool the
components in the optical train to temperatures of about 50—79 Kto ehrm_nau: the
thermal background. For space experiments such as ISO which are designed to
operate in space throughout the 3-100 pm wavelength range. the telescf.)p.e a_nd the
elements in the optical train have to be cooled to about 4K 1o minimise thf:
thermal background radiation. In the case of ground-based telescopes, it is
impractical to cool the whole telescope to a low temperature and S0 every
precaution is taken to reduce the thermal emissivity of the telescope to a minimum.

Moaodern detectors of infrared radiation operate in a similar mode e that of
silicon detectors in the optical waveband but there are some importanF differences.
First, it is apparent that the band-gaps in the semiconductor matcna}s 1lnust bc
much smaller than in the case of silicon. There are various ways of achieving this.
One approach is 10 develop semiconductor materials whlph have much sma!]er
band-gaps than silicon — these are known as intrinsic sechond.uctors. Materials
such as indium antimonide (InSb) and mercury cadium telluride (Hg,  Cd Te)
have been extensively developed as suitable materials for inlfrarcd_ dctcctor§.
Another approach i to “dope’ the semiconductor so that an impurity banld is
created just below the conduction band —these are known as the extrinsic
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Table 8.4. The band-gaps and maximum wavelengths for
different semiconductor materials

Composition - E, (eV): A ae (um):
Intrinsic photoconduetors
GaAs .35 0.92
Si 112 L10
Ge 0.68 1.82
InAs 0.33 3.80
InSh 0.18 6.95
HgCdTe adjustable adjustable
Impurity band photoconductors
Si:in 0.16 ]
Si:Ga 0.07 18
Si:Bi 0.06 18
Si:As 0.05 23
Si:P 0.05 28
Ge:As 6.01 95
Ge:Ga 0.01 120
Ge:Ga stressed < 0.01 240
T = — T T
[ E=3
£ 8 (3 o "_3 (? é;’j
- o . - ® e Lo
w T w w ] OFQ
% 1.0 -
=
5 ]
& J
@
3 i
g o
= 0.5 E
£ ]
(=]
2 ]
0 . i | : : L
3 5 [+ 20 30 50 100 200
Wavelength/um

Figure B.16. The wavelength response of different types of material used as detectors of
infrared radiation (see Table 8.3). (From L Appenzeller (1989). Evolution of galaxies :
Astronomical observations, pages 312-13, Berlin: Springer-Verlag.)

semiconductors. Some examples of commonly-used materials of both kinds are
listed in Table 8.4 and their wavelength responses are shown in Fig. 8.16. For
infrared detectors, the sensitivites are quoted in terms of their noise equivalent
powers. This is the power received by the detector such that for a bandwidth of
I Hz, the signal-to-noise ratio is 1. Since the noise power decreases as (Av)73, it
follows that the noise equivalent power (or NEP) is quoted in terms of units of
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W Hz}. For the best modern detectors NEPs of about 107" W Hzt or less are
fc’;m:cl;cond problem is that the fluxes of photons are much greater in .the mfraged
as compared with the optical waveband. There are two reasons _for this _—ﬁ;f:i ;:;
energies of the photons are smaller and colnsequently moere phot(:;s are os ptain
for a given flux density. Second, often the m_gnfi_l_s havg tc_u be defsctl lagtat.‘m 2 rz
much larger background of unwanted re_ldlaﬂon. This is particu a; y dicﬁc s fo
observations made at about 10 pm at which the background ﬂ}n{ o ra}zl adot Cmrz
be about 10° times greater than the signal. The consequence 18 that the ‘e e o
must have the capacity for accepting very 1arlgc fluxes qf phcm:nm,I mf}?mng et
they must have a lincar responsc over a wide dynamic rat.lgn_:. }1 e ;a;::sa
observations in the thermal infrared region of the spectrum, it is often n s e;);
to read the detector out at a high rate, for example lat 50 Hz or more,_to px;m -
saturating the detector. With the development of l_ngh speed cl;:tromc cu'ow ;ye
and the availability of large computer storage capacity, these problems can o
so}l‘il[:xdt-il about five years ago, infrared astronomy was severely handl‘c:?.pped(‘t;yeﬂlcf
lack of availability of infrared arrays similar to the CCD and the dlgl}i:on‘.mct; -
the most exciting developments in astronom_y over the last few yc;rs U?z peen the
introduction of infrared array cameras on insitruments such as t eh Infrared
Telescope in Hawaii. Perhaps the most successful of these devices have ?;RC)
indium antimonide arrays produced by the Santa Barbara Research Center ( ; b )
which operate in the 1-5 pm waveband. These arrays are wha't are kn?-hwn as is rOf
arrays. In the case of the silicon CCD,_ the de_tecior .r:?atcna.l‘and e ttnr::at o
"reading out the array are incorporated into a single silicon C!?.lp. Il; c;m ::jsl a,tion
infrared materials are used in the same manner for the detection of ¢ edra fasion
but the array is then read out through some other type of array bo:mct!f1 ofn rc:n ot
infrared array. This read-out array may be a CCI> array or some O elii ﬁo ™ of
direct read-out device. In the SBRC arrays, an array of MOSFET am;lj ert -
bonded directly onto the indium antimonide array and each of these Nf en'llcrcl) ; o
the array can be addressed clectronically._ {MOSFET sta:Eds f.'or ?ta %
Semicon:ﬂuctor Ficld Effect Transistor which haF a very high input nnpzdan *
which results in a very low noise figure.) The devices which have been use m:r !
sutcessfully so far have array sizes of 58 x 62 elements but much larger arr:iys e
now under development. These developments l?ave led to 2 complctfl: y nLh
generation of cameras and spectrographs forl the mfrarec! wavcbandf. At.‘t a.st,ﬁ{:aei
scientific grasp of the infrared waveband. is approaching .that of t (:]_1 op !
waveband. The first of these infrared cameras are.produmng specta a; :1;_ '
science which has not been possible up till now (Fig. 8.17). In the nealil u
similar arrays will be available for the longer infrared wavelengths as well.

2.6.3 Radio and millimetre receivers

Unlike the deiectors described in the previous sub.sectiop, those usec.l in
radio and millimetre astronomy arc coherent detectors in which the recerver
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Figure 8.17. A composite three-colour infrared image of the Orion Nebula made from
observations at 1.1, 1.65 and 2.2 um using the infrared camera IRCAM on the UK
Infrared Telescope. (Courtesy of Drs M. McCaughren and L. §. McLean.)

responds to the instantaneous field strength of the signal rather than to its
intensity. Generally, in radio and millimetre astronomy, the signal strengths are
very weak compared to other sources of noise and therefore long integration times
are nmeeded. It is a characteristic of radio receivers that very large gains
are needed to make the electric field strengths measurable and this is the source of
muoch of their complexity. Excellent introductions to many aspects of receiver
systems and their performance can be found in Kraus (1986) and Rohlfs (1986),

The limiting sensitivity of a radio telescope system can be worked out using the
relations given in Section 8.5.2. A point source of flux density S has a certain
antenna temperature 7, given by the expression (8.39). As an example, let us work
out the antenna temperature of a bright radic source which has flux density
1Jy = 107" Wm™ Hz™' at a wavelength of 6 cm as observed by a 25 m radio
telescope. The antenna temperature of the source is then roughly 7, ~ 0.2 K. This
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Table 8.5(a). The specification and performance goals of the Hubble Space
Telescope . :

Telescope aperture ) : 14m
System focal ratio - ff24 N )
Optical design . Ritchey—Chrétien Cassegrain
Total obscured area 13.8% aperture area
Total fieid of view 28 arcmin diameter
Spectral range 115 nm-1 mm
Opical performance: system wave front A/13.5 at 632.8 nm
erTor :
Radius of 70% encircled energy from a
point source ai 633 nm
Faint object sensitivity subject to viewing
in directions greater than (1) 50° from
Sum, (2) 70° from Earth's limb, and (3)
15° from the Moon

0.1 arcsec

Poini objects having m = 27 or brighter;
extended sources to a limit of

23 mag arcsec™® in a visnal waveband.
Both observations to be made in 10 hours
of observation

0.007 arcsec on a guide star having
m,_ = 14-14.5 in the wavelength range
400-800 nm

60% at 632.8 om

40% at 120 nm

Poiniing stability

Minimum throughout 1o focal plane

The satellite

Launch weight

Satellite length

Satellite diameter

Size of solar panels

Power supplied by solar array
Satellite orbit

Circular earth orbit serviceable by the Space Shuttle.
Altitude About 600 km

Inclination 28.5°

11600 kg (25500 1b or 12.75 tons)
13.1m (43.5f1)

4.27m (14 ft)

Each 11.8x2.3m (394 x 7.811)
Minimum of 2400 W

is only a rough estimate because an accurate calculation would have to use the
correct expression for the effective area of the telescope and also we have neglected
any losses in the system. This figure should be compared with the system
temperature which for a modern radio telescope should be of the order of
50-100 K. To observe this source in the presence of system noise, it is apparent
that the produet (Avf)} must be at least 10° and preferably much larger.

Since the signal power may often be only one-millionth of the system noise, the
receivers must be very stable and they must be very carefully calibrated. The
calibration can be undertaken by switching the receiver between the object and a
stable reference source. Stable amplifiers are available at low radio frequencies but
large ampiification factors and siability become problems at high frequencies. To
overcome this problem extensive use is made in radio astronomy of heterodyne
techniques. In this procedure, the signal is mixe< with a reference signal at a nearby

8.6 Detectors

Table 8.3(b) Hubble Space Telescope scientific instruments

andbooks for each of them should be -

All five scientific instruments can be operated in a very large number of modes and the instrument h:

consuited for a complete description of their capabilities

Wavelength

region
(nm)

Spectral reselution

(h/AL)

Picture format

Field of view

Instrument

5-1100  Many narrow and

broad-band filters
Many narrow and

broad-band filters

1600 = 1600 pixels

WF 2.6 % 2.6 arcmin®
PC 67 x 67 arcsec?

(1) Wide Field-Planetary Camera

1600 x 1600 pixels

(WE.PC)
(2) Faint Object Camera (FOC)

512 % 512 pixels
512 x 512 pixels
512 % 512 pixels

J748 44 % 44 arcsec?

1796 22 % 22 arcsec?
J7288 1.6 x 7.6 arcsect

1300
250
2000

i10-850

512 linear diode array

Apertures 0.1-1 arcsec

(3} Faint Object Spectrograph

diameter
0.25% 0.25 arcsec?

2 x 2 arcsec®

(FOS)
(4) High Resolution Spectrograph

105-180

512 linear diode array

2% 104

10®
Many ultraviolet and

105-320

(HRS)

105-320

120-700

4 imager dissector tubes

0.4-1.0 arcsec diameter

(5) High Speed Photometer

visual filters

and photomultiplier tube

(HSP)

(FGS). The relative separations of stars within the

arcsec,

In addition, astrometric observations can be carried out using the Fine Guidance Sensors
field of view of the sensors are expected to be measured with an accuracy of about 0.0016

259
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frcquenq.( produced by a stable local oscillator. The signals are passed ?hroqgh a
non-finear mixer which has the effect of producing signals corresponding to the

sum and difference frequencies of the two signals: This can be demonstrated by a

simple calculation. For example, if the signal is ¥, = V,‘ 5in (01{+¢1) and the local
oscillator signal is ¥ = ¥, sin{®y, 7+ ¢;), when -these signals afe passed -thrqt‘xgh—a
mizer which gives an output voltage propcgtmnal to the square of the input
voltage, we find
Vout = A.V(E':
= A[V, sin{o, t+¢,)+ L, sin(0;. ! +§,)?
= AV?sin® (@, t+d,)+ AV, sin*(@, 1+ ¢g)
+2A4V, V, sin (@, + ¢} sin (@, 1+ &)
= AVEsin® (@ i +9) +AVE sin® (@, #+ )
+ AV, ¥y, sin[(o, + @t +¢]+4W ¥, sinf{c, — ) 1+
By inserting filters, the difference frequency, ®,—w,, which is k{lown as the
intermediate frequency o, can be selected and the frequency of the m_gna] reduced
to a much lower value at which it can be amplified _by standfard radio frequcnc.y
techniques. Notice that the output signal ¥, at the mtr:rmeq:at‘c frequc.ncy Oy 15
proportional to the input signal ¥, and so, although theldewce is non-linear, it is
linear so far as the transformation of the field strength is concerned between the
cy @, and O
freq’[';ll?:xrisc ltempe:ra;lt?u.res obtained with various types qf device have a{lready_becn
displayed in Fig. 8.12. The principles of transistor amplifiers, tunncll dl(l)de mixers,
parametric amplificrs and masers are well known al?d a clear description of their
modes of operation and noise figures can be found m_Ifraus (1986). PerhbaPs fess
familiar are the problems of the receivers for use at mjlhmet}'e and sub-m{lll.mcltre
wavelengths. Besides the problem that it is difficult to obta‘m l‘ar'ge ampl_Jﬁcanon
factors, the problems with mixers at these very high frcc!uenmes isin enab_hng them
io respond sufficiently rapidly to the high frequcnc:i signal. Schc_)ttky dmdes. and
SIS (supercondnctor—insu]ator—superconductor) diodes are _hlghly _non-hnea.r
devices with the ability to respond rapidly enough to‘enable mixer action to take
place. They produce strong signals at the intermedl.ate: frequency- and tl:u? SIS
devices, in particular, have good noise figures. The pn'milples of their opqaf.mn is
described in simple terms by Appenzeller (1989). At gnﬂjmctrerand sgb—nulhmctre
wavelengths, the signal is normally mixed directly with the local oscillator before
any amplification takes place.

8.7 Two more Great Observatories

87.1 The Hubble Space Telescope

On 24 April 1990, more than twenty five vears after it was first conceived
and thirteen years after its formal approval by the US Congress, the NASIA—ESA
Hubble Space Tejescope was launched into orbit by the Sp_ace Shuttle Discovery.
Unquestionably, it represents one of the greatest achievements of modern
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Figure 8.18. IMustrating the overall layout of the components of the Hubble Space
Telescope. (Courtesy of the Space Telescope Science Institute,)

technology in that a large optical-ultraviolet observatory was placed in Earth
orbit, eliminaling at a stroke all the problems which arise because we have to view
the heavens through the distorting screen of the Earth’s atmosphere. Tragically,
it has turned out that the primary mirror was polished to the wrong figure
resulting in very severe spherical aberration at the focal plame. As a result,
the full capabilities of the telescope have not been realised. Plans are afoot,
however, to include additional optical elements in the optical path to each scientific
instrument so as to eliminate largely this problem. In Table 8.5, I give the formal
specifications and performance goals of the Hubble Space Telescope and its first
generation of scientific instruments. I will restrict the discussion to some comments
about key aspects of the performance of the telescope and its instrumentation.
The layout of the components of the Hubble Space Telescope are shown in Fig,
8.18. A Cassegrain configuration with Ritchey-Chrétien optics was adopted with
the focal plane being located behind the primary mirror. This optical design
provides a wide field of view over which the optical aberrations are within the
specifications of Table 8.5. The scientific instruments are located in the aft shroud
and also surround the focal plane. The major technical problems arise from the
requirement that the 2.4 m telescope be diffraction-limited in the optical waveband.
The key requirement of Table 8.5 is that 70% of the encircled energy of a point
source should lie within a radius of 0.1 arcsec which places stringent demands upon
the surface accuracy of the primary mirror. This topic was discussed in section 8.2
in which it was shown that the surface irregularities should be less than A/20 to
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ini i ical quality of the telescope system (see
ensure a minimum degradation of the optical q i - m
Fig. 8.5). In fact, this specification has been far exceeded by the optical engineers

of the Perkin—Elmer Corporation and the primary mirror is known to have surface -

smoothness betrer than A/50 at a wavelength of 633 nm alt]_:l.ough the overall
figure of the telescope was in error.-As a result,‘ the telescope is expgcted FO be
diffraction-limited at a wavelength at least 25 tn.ncs shorter than. this _reference
wavelength with the implication that the 70% enc1_rcled energy 'radufs m!] be 0.04
arcsec at a wavelength of about 250 nm. With this quality of imaging, it is very
likely thai even higher resolution can be achieved at shorter wavelengths using

olution techniques. .

dec'l?h?cxtremely hjghqquality of the imaging pcrformat.ncfe of the telescope brings
with it stringent requirements for its pointing and stability. Clcarly‘the telescc?pe
must be able to point very accurately indeed or l:_lse the v:?lue of the high resol.utnlon
of the optics will be wasted. This is why there 15 a r.eq}nrcmcnt that th; poiniing
stability of the telescope be about (.01 arcsec. This is an cxtremei?' mpg;tant
reguirement and places enormous demands upon the quality of _the 1“-"me Guf ance
Sensors which keep the telescope pointing in Premsely the same direction. This very
high pointing accuracy is achieved by locking the Fine Gmdauf:e Sensors outc;~

bright stars which lic within an annulus between 10 and 14 arcmin of the ﬁeld- a
interest. As a result there is a further requirement to knpw all thc‘bnght stars which
are available as guide stars and the Space Tclescopt_: Science Institute has produced
an enormous catalogue of ali the bright stars in the sky down to about 15
magnitude which are suitable as guide stars for the tcleslco‘pe. . .

A second major feature of the telescope is the faf:t tha_lt it is an uluawc?let as wz
as an optical telescope. For the first time, (_ieep imaging will be ;‘aoss.lble in the
ultraviolet waveband, especially with the Fa.mt (_)b_yect Camer.a which is dcsngntchd
to exploit the ultimate in angular resolution m lthe_ uitraviolet region of g

spectrum. The two spectrographs have high efficiencies in the ulm_ivmlet waveban
and indeed the High Resolution Spectrograph only operates in the waveband

sec Table 8.5). _
“f\ihiur; riz?oﬁd(vamagc of the telescope is that it can be opera:tcd in esscntlall_y
perfect observing conditions whenever it is able 10 observe the skies. I express this
feature in this somewhat roundabout way because t‘he tt_:lesc?pe ca.nnot observe the
skv all the time. There are constraints upon the directions in which the telescope
can be pointed because the light from the Sun and Moon cannot be aflowed to
enter the telescope or ¢lse the sensitive detectprs could suffer permanent dan}age.
In fact, all the highest quality observations will be made \_when the _tclcscope is on
the dark side of the Earth and so shaded from direct sunlight. During these times
of optimum observing conditions, the telescope should operate as a perfect
i ion-limited 2.4 m telescope.

dliaértﬁhhi:;por&am point is tlljlat the Hubblf: Spaf:e Te]escope is planped to be
a long-lived observatory in space. The nomlmai hifetime of the Hubble Space
Telescope is 15 years in space. This can be achlev?d because the telescope has bee'n
placed in a relatively low Earth orbit which is semc-eable by the Space Shuttle. This
means that the telescope can be visited at regular intervals for refurbishment and
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maintenance by space-suited astronauts. Among the most important aspects of
these maintenance missions is the tequirement 1o boost the telescope to a high
enough orbit 5o that it does not suffer orbital decay and reenfer the atmosphere. It
is very important scientifically that the telescope have this long lifetime in space
because, despite the enormons power of the telescope, all observations take a finite
amount of time and many of the most important projects will require large
numbers of lengthy observations which will take many years io complete,

The instrumentation package listed in summary form in Table §.5 should be
familiar to the reader by now. It is salutory to remember that this package of
instruments was approved in 1977 and yet only now are they beginning their
operational lifetimes in space. A second peneration of instruments is now being
planned and among these are a powerful two-dimensional optical-ultraviolet
spectrograph as well as near-infrared instruments for observations at wavelengths
as long as about 2.4 pm.

The Hubble Space Telescope is operated on behalf of NASA and the scientific
community by the Space Telescope Science Tnstitute (8TScI) which is located on
the campus of the Johns Hopkins University in Baltimore. The operations are
extremely complex because of the enormous number of modes in which the
telescope can be operated. All the observations will be pre-planned well in advance
in order to make optimum use of the observing time. Thus, there is little sense in
which the astronomer ‘makes an observation® with the Hubble Space Telescope.
Rather, the data are acquired by the STScl and then provided to the observer who
kas sole rights to the data for a period of normally one year.

Becavse the primary mirror has the wrong shape, the capabilities described
above are not yet available to astronomers. The fact that the mirror is the wrong
shape has resulted in severe spherical aberration which means that the light from
the outer regions of the mirror are focussed at a different point from the inner
regions. There is therefore no position in which the telescope can be focussed. In
best focus position, only about 15-20% of the encircled energy from a point source
lies within a radius of 0.1 arcsec, the rest of the energy being scattered to form a

cormplex diffraction patiern. The result is that the primary images are blurred. This
problem can be partially remedied by deconvolvin g the blurred images if the point-
spread function of the telescope is known well enough. Using these techniques, it
has been possible to recover the full angular resolution of the telescope. However,
these deconvolution techniques are not effective for very faint objects or for diffuse
structures. This problem is most severe for the two cameras of the Hubble Space
Telescope. Spectroscopic observations can be carried out with larger slit-widths
than originally intended and so many of these programmes can be carried out,
particularly in the ultraviolet wavebands which are inaccessible from the ground.

The proposed solution to this problem involves placing pairs of correction
mirrors in front of each of the scientific instruments which compensate for the
effect of spherical aberration and which should largely recover the lost capability
of the telescope. It is proposed that these changes be made during the first
maintenance and refurbishment mission which is scheduled for about 1wo vears
from the time of amending this text (February 1991).
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We will have more to say about the economics.of & projefft such aslthe Hubble
Space Telescope in the final section of this chapter. A gentle introduction te many
of its aspects will be found in my book Alice and the Space Telescape_(Longmr
1989). :

8.7.2 The Space InfraRed Telescope Facility (SIRTF)

The fourth of the Great Observatones is the Spgce Infraredl Tclescop_e
Facility (SIRTF). Its role can be most simply summarised by stat;ng lh;‘;i t:t
provides for the infrared waveband from 3 to 700 pm the same type (})1 cé;}):()lf );
as those provided by the Hubble Space Telescope, the AXAF and the \ ﬁ-o;
their respective wavebands. It is in the 3-700 pm waveband.t.h‘at observiioriasmh,s
the ground are severely hampered by the background ra'du_mon from ﬁ:
atmosphere and from the telescope itself. The IRAS mission was the first sfPace
telescope to survey the whole sky in the difficult waveband from 12 to 100 ym from
space, The TRAS instruments were state-of-the-art when the telescoP; was
launched in 1981 but they have now been superseded by array dct?clors \_wt v:rly
high sensitivites (see Section 8.6.2). In addition, as was pointed outl in Section 8: e&
there are enormous pains in sensiivity as well as angular res-oluuon to be g:;u](:l1
from a telescope which is diffraction Timited in the thermal 1nfrare$l waxfeban th

In 1993, the ESA will launch the Infrared Space Obs.ervazory th.ch will be. the
first cooled infrared telescope (o be fiown in spa(:f: \fVlT.h meoedern infrared a;?]y:
detectors. Then, towards the end of the decade, it 15 pli{unc.d tl:;at the S1
observatory will be launched. The specifications apd the scientific instruments are
summarised in Tables 8.6(z) and (») and a plan view of the telescope is shown in
Fig. 8.19. The key feature of the telescope is the cloo_hng of the complete t;:lescop;L
assembly to cryogenic temperatures in order to eliminate the theml bac! gmm'i1
radiation of the telescope throughout theste v&rav?banc?s. For this reasgx;ﬁ: 3
telescope assembly is honsed inside a superfivid liquid helium t_ank and t]ln_e Thng
of the telésoope from external radiation ha§ to be of the very h_Jghcst quality, hlusﬁ
the telescope may be thought of as being confined w:thm' a cryostat whic
maintains the telescope structure at about 4 K The conﬁgm_'anon of the tel.esgoie
is again of Cassegrain type with the scientific instruments being located behin lt 13
primary mirror. The instruments themselves have to operate at very_dow;
temperatures so that they do not conu-i};ute Thor: :Jackgl;ound than the residual
- incident at the focal plane from the telescope.
baftk S:l:u‘:: sler::n from the table of instruments that it is planned to make full use
of tecent advances in infrared detector array .technology. The cqrgnt package
consists of a complete set of photometric, ima.gmg and specltroscoplc }nstmmenl:s
using large format infrared arrays. To sim;.;h_fy the operations and m(;rcase t_e
efficiency of the observational programme, it is plann.ed' to place the te! escope 111
a 100000 km circular orbit. The great advantage of this is that the tc].csclope Ea 1::‘)‘1
continually moving in and out of the Earth’s sl?adow as is th_e case for low
orbit. The disadvantage is that the telescope will not be serviceable by the Space
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Tablg: 8.6(a). Space Infrared Telescope Facility (SIRTF)

Mirror diameter > 90 cm
‘Wavelength coverage 2-700 pm
Diffraction-limited wavelength 3 um
Angular resolution {A/4 um) arcsec
Pointing stability accuracy 0.15/0.25 (arcsec)
Field of view 7 arcmin
Sensitivity

10 pm 6 ply

60 pm 100 ply
Spectral resolving power T > 2000
Lifetime 5yr
Orbit 100000 km circular

Shuttle and consequently the telescope will only remain a cryogenically cooled
telescope until the time when all the crvogens have boiled off. It is planned that
SIRTF will have sufficient cryogens to guarantee a five-year lifetime in orbit. A
new start for this project is proposed for the US Fiscal year 1993.

8.8 Economic and political considerations

In the first edition of this book, the section with a similar title to this was
the subject of considerable debate among my colleagues. There can be no
argument about the fact that many of the most important facilities described in this
and the previous chapters are very expensive and represent enormous investments
by the communities and countries involved. Whilst the pioneering studies were
undertaken with modest instruments and satellite packages often built by small
groups of dedicated scientists, that epoch of exploration is largely over for most
fields of astronomy. Once the exploratory phase is over, observatories are needed
to convert the pioneering observations into real astropbysics and this means
building large observatories with much increased sensitivity and angulér
resolution. High energy astrophysics and aswonomy are seen as part of Big
Science, by which is meant that they are expensive. There is also the implication
that the science is pure science and hence of no immediate practical application.

An interesting part of the argument concerns what the costs of a large project
reaily are and whether or not some of the large space projects are really vastty more
expensive than what are conceived of as being less expensive ground-based facil-
ities. Let us sharpen up the argument by listing some of the important scientific
projects we have just described, their capital costs and their expected lifstimes. In
Table 8.7, the figures are approximate but they are good enough to make the
essential point. First of all, there is the important distinction between the caprial
costs of building a facility and the operating costs needsd to make sure that the
facility remains operating with good efficiency and that the instrumentation
remains up-to-date. The usual working rule which applies to order of magnitude
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compare the overall costs of a space mission which lasts five years with that of a
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ground-based observatory which has a lifetime of fifty vears. According to the
above prescription of the total costs, these facilities will have the same total costs
if the capital cost of the space experiment is four times that of the ground-based
experiment! For example, if 2 10 m optical telescope project has a capital cost of
100 M$ and operates for 50 years, the total cosi is equivalent to the cost of a
400 M$ space project lasting five years which is the order of magnitude of a
cornerstone project of ESA, for example the High Throughput Spectrometer (or
XMM) project (Section 7.3.3). -

This example is just playing games but there are serious questions behind it. In
the end, the total costs of long-term projects-are totally dominated by the operating
costs rather than by the capital cost of the facility. Any director of a ground-based
observatory, including the present author in his previous position, will confirm that
getting the capital costs of a facility is trivial compared with securing a proper level
of funding to ensure that the facility can be operated properly in the long term.

The other side of the coin is the maintenance of the essential expertise to enable
the facilities to perform at a high level of effectiveness. This is where the argument
is turned on its head so far as the space community is concerned. Whilst it is an
advantage from the programmatic peint of view if the projects have a short rather
than a long duration, what do you do with your staff when they are not in the thick
of a major project. In fact, you have to keep the team together if you wani io have
a realistic hope of participating in the next big project. Another way of expressing
this is that these large projects need an ongoing scientific, engineering and
managerial infrastructure to make them feasible and in addition an ongoing
programme of missions has to be planned.

These points may seem to be rather far from the mainstream of a text on high
energy astrophysics but they are absolutely vital for the health and well-being of
what are in the end observational and instrumental sciences. My conclusions which
the reader may like to ponder are the following.

(i) Itis inevitablc that the facilities needed for innovative research at the
frontiers of present capabilities will require larpe and expensive
facilities. These have grown to a scale where they are becoming
beyond the capabilities of even the richest countries and international
collaboration is crucial for many of the next generations of facilities.
There is a real danger that facilities will not be built because they are
just too expensive even for sympathetic governments. It will be
appreciated that a strong political element enters the argument in all
these expensive projects.

(ii) In the end, the overall cost of a programme may well be dominated
by the operations costs and not the capital cost of the facility. The
costs are roughly equal when the lifetime of the project 15 ten years.
The success of projects is largely determined by how well the
operating phase is supported.

(iii) There must be scope for small as well as large programmes within the
scientific programme. In my view, the most beautiful example of this
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is the Japanese space programme which has not gone in for very large -

programmes but which has launched modest packages to study
specific goals in X-ray astronamy. Thus, provided one is prepared to
limit the scope of one’s ambitions, the small dedicated project can be
very successful. The dichotomy here is that a specialised programme
may not gain the necessary community support if it becomes 100
expensive,

(iv) Every discipline needs an intellectual and managerial infrastructure
before any of these projects can be realised. In the end, none of these
projects is feasible without the dedicated scientists and engineers
prepared to put an enormous amount of life-bloed into them. In
addition, it is not just good enough to have inspired science and
engineering. The management has to be of the highest order or the
project will simply fail.

It is inevitable that the scientists, engineers and astrophysicists involved in these
disciplines become involved in precisely these arguments. It is not surprising that
they are required to be powerful advocates for their disciplines. If they are not,
there is a real danger that progress will grind o 2 halt.
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The cosmic ray flux at the top of
the atmosphere

It is now time to summarise the data which have been accumulated over the last
20 years on the properties of the fluxes of high energy particies armiving at the top
of the atmosphere. In terms of numbers, if we simply count the numbers of high
energy particies of different types, about 98% of the particles are protons and
nuclei whilst about 2% are electrons. Of the protons and nuclei, about 87% are
protons, 12 % are helium nuclei and the remaining 1% are heavier nuclei. For
particles with energies up to about 1000 GeV per nucleon, the best data have been
obtained from space experiments. At energies greater than about 10* eV, the data
are derived from studies of extensive air-showers and we discuss these techniques
in Sections 9.4 and 9.5.

21 The energy spectra of cosmic rays

The most striking feature of the cosmic rays is the fact that their energy
spectra span a very wide range of energies indeed. The energy spectra are not of
Maxwellian form but can be well represented by power-law energy distributions as
illustrated in Fig. 9.1, which shows the energy spectra for protons, helium, cacbon
and iron nuclei as a function of the kinetic energy per nucleon of the particles. Let
us note some of the features of these energy spectra.

(1) First of all, at energies less than about 1 GeV nucleon™, the energy spectra
of all four species show a pronounced attenuation relative to the power-law
observed at high energies. The energy and shape of the cut-off vary with the phase
of the solar cycle so that the fluxes of low energy particles decrease during periods
of high solar activity and are at a maximum during phases of low solar activity,
In fact, the cut-off is entirely an artefact of the fact that the cosmic ray particles
have to diffuse in towards the Earth from interstellar space through the outflowing
Solar Wind. This phenomenon is known as solar modufation of the flux of cosmic
rays. It appears that the greater the solar activity, the greater the disturbances in
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Figure 9.1. The differential energy spectra of cosmic rays as measured at the Earth
from observations made from above the Earth’s atmosphere, The specira for hydrogen,
helium, carbon and iron are shown. The solid line shows the unmodulated spectrum for
hydrogen, i.e. the effects of propagation through the interplanetary medivm upon the
energy spectia of the particles have been eliminated using & model for the modulation
process. The flux of helium nuclei below about 60 MeV nucleon™ is due io ar additional
fiux of these particles which is known as the anomalous ‘He component. (From J. A,
Simpson (1983). Ann. Rev. Nucl. Part. Sci., 33, 330).

the interplanetary magnetic field which impede the propagation of particles with
energies less than about 1 GeV nucleon™ to the Earth. This is a topic which we
take up in much meore detail in Chapter 11.

For present purposes, two points should be noted. First of all, an example is
given in Fig. 9.1 of what the shape of the energy spectrum of cosmic ray protons



272 9 Cosmic ray flux at the top of the atmosphere

is expected to be in local interstellar space once the effects of solar modulation have
been removed. 1t can be seen that the cut-off more or less disappears. The second

point follows from one of the important resuits established in Section 11.1 and that -

is that the dynamics of high energy particles in any magnetic field configuraiion
depends upon what is known as the rigidity or magnetic rigidity of the particles.
This is defined to be the quantity R = pe/ze where p is the relativistic -three-
momentum of the particle and z is its electric-charge. Particles of different charges
and masses but with the same rigidities have the same dynamics in any magnetic
field configuration. It might appear that this makes the comparison of the relative
abundances of the different elements in the cosmic rays more difficult to interpret
but in fact this is not so. In Table 11.1, we compare the various ways of describing
the energies, momenta and rigidities of particles. The normal wnits for expressing
the energies of the particles are in terms of their kinetic energies per nucleon and,
as was shown in Section 2.4.2, this s a measure of the velocity, or Lorentz factor
v, of the particles. Therefore, if the particles have the same velocity, their rigidities
R = (A/z){m,yve/e) depend only upon the mass to charge ratio 4/z of the
particles where A is the mass number and z the atomic number. Since this number
is always close to 2 for elements up to about iron, it is expected that different
elements are influenced in the same way, provided the energies are expressed in
iterms of the kinetic energy per nucleon. More detailed calculations show that, even
in energy ranges where it is known that the effects of solar modulation are strong,
the relative abundances of the different elements are well represented by the ratio
of particie fluxes shown in Fig. 9.1.

(2) The differential energy spectra of the various cosmic ray species can be well
represented by power-law distributions over the energy range E > T GeV pucleon™!
as can be seen in Fig. 9.1. The spectra are conventionaliy written

N(E}dE = KE“*dE ©.1)

The energy E is expressed in terms of the kinetic energy per nucleon. The exponent
x lies in the range 2.5-2.7. The spectra shown in Fig. 9.1 extend to the highest
energies which can be attained with clear discrimination of the charge of the
species. As can be scen in Fig. 2.1, these spectra extend to about 10° GeV nucleon™.
At higher energies, it is normally possible only to measure the total energy of the
particles.

This power-law distribution of particle energies is only the first of many
occasions upon which we will encounter power-law energy distributions and
continuum spectra in high energy astrophysics. We will demonstrate in due course
that this power-law distribution of particle energics represents the spectrum of high
energy particles m the interstellar medium.

(3) Although the spectra shown in Fig. 9.1 look remarkably similar, there are
significant differences between the energy spectra of different elements. An
example of this is given in Fig. 9.2 which shows the observed spectra of certain
elements relative to the differential spectrum of iron. Some elements have energy
spectra similar to iron, for example nickel, but others show significantiy steeper
spectra, some of them such as boron, titanjum, vanadium and potassium markedly
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Figure 3.2. Examples of the variation of the differential energy spectra of cosmic rays
of different elements. (g} Differential spectra of carbon, titanium and boron relative to
iron. (From N. Lund. Cosmic radiation in contemporary asirophysics, ed. M. M. Shapiro,
page 1, D. Reidel Publishing Co., Dordrecht, 1984.) (5) The differential spectra of argon,
calcium, titanium, nickel, potassium, scandivm and vanadiwm relative to iron. (From

M. D. Jones, J. Klarmann, E. C. Stone, C. J. Waddington, W. R. Binns, T. L. Garrard

and M. H. Israel (1985). 19th Intl. cosmic ray conference, La Jolla, USA, Velume 2, page
28.)

s0. As we will discuss in Volume 2, Chapter 20, there is an important distinction
between those cosmic ray species which are accelerated in sources of high energy
particles such as supernovae and those species which are created by nuclear
interactions of these species with the nuclei of atoms and molecules of the
interstellar gas — this process is known as spallation. Those elements which are
produced in large abundances in the sources are called primary elements while
those which are principally produced by spallation in the interstellar gas are called
secondary elements. It will be demonstrated in Chapter 20 that carbon and iron are
primary species while titanium, vanadium, potassium and boron are secondary
products. This result suggests that part of the difference between these energy
spectra can be attributed to differences in the path lengths for spallation as a
function of particle energy.

(4) Tt will be noted that, at the very lowest energies below about 60 MeV
nucleon™, there is a turn-up in the energy spectrum of helium nuclei. This
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component is referred 1o as the aromalous *He component. The spectral turn-up
only appeared in 1972 and its intensity began to decrease again in 1981. Thus, it
was at its maximum intensity during the period of minimum Solar activity.
Apparently there was no evidence for this component-in 1965 during the previous
Solar minimum. The nature of this component is far from clear. The flux of these
particies increases with increasing distance from the Sun suggesting that they are
accelerated in the outer regioms of the heliosphere. The variability of the
component and the fact that it does not conform to any simple model of Solar
modulation is consistent with the hypothesis that the particles are accelerated in
the outer heliosphere. .

The energy spectra of cosmic ray electrons have been determined both from high
flying balloon experiments and from satellites. The problem with the balloon
experiments is that large fluxes of high energy electrons are generated as secondary
particles in collisions between cosmic rays and the nuclei of the atoms and
molecules in the upper layers of the atmosphere. The best data have been
summarised by Webber (1983) who has shown that they are all consistent with a
differental energy spectrum which follows the hatched area in Fig. 9.3(8). In this
figure, the differential energy spectrum is displayed in the form E*N(E) so that a
power-law distribution of clectron energies N(E}oc £72 wouid correspond to a
straight line parallel to the x-axis across the diagram,. It is immediately apparent
that the spectrum of the electrons is strongly influenced by the effects of solar
modulation at energies E 5 1 GeV and that it is probable that only at energies
greater thar about 10 GeV are the observations free of these effects. In the high

energy range, £ = 10 GeV, the observations can be described by a spectrum of
power-law form

N(E)YdE =700 E-**dE particles m™ ™! 7% 9.

where the energies of the particles are measured in gigaelectron volts. This
spectrum is somewhat steeper than that of cosmic ray protons and nuclei. We will
show in Volume 2, Chapters 18 and 19 that this spectrum has been significantly
influenced by the effects of synchrotron radiation losses and hence it probably does
not reflect the injection spectrum of the electrons.

Fortunately, there is complementary information about the spectrum of
ulirarelativistic electrons in the interstellar medium from cobservations of their
synchrotron radic emission and also from the low energy y-ray emission of the
Galaxy. These data enable reasonable estimates of the demodulated electron

spectrum to be. made and we take this story up in much more detail in Chapters 11
and 18.

9.2 The abundances of the elements in the cosmic rays

The chemical abundances of the cosmic rays provide important clues to
their origin and to the processes of propagation from their sources to the Earth.
If we can deduce from these data the abundances of the cosmic rays at their
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Figure 9.3. The spectrum of cosmic ray electrons. In both figures, the spectra are
plotted as (AN/AE)E®. () The differential spectrum as presented by Lund (198%)
showing how estimates of the spectral shape have changed since the earfiest estimates.
{From N. Lund {1984) Cosmic radiation in contemporary astrophysics, ed. M. M,
Shapiro, page 1, D). Reidel Publishing Co., Dordrecht.) (b) The differential energy
spectrum as presented by Webber (1983). According to Webber, all the data are
consistent with the spectrum indicated by the shaded region in (4). (From W. R. Webber
(1983). Compasition and origin of cosmic rays, ed. M. M. Shapiro, page 83, Dordrecht:
D. Reidel Publishing Co.)



0.2710.06) x 10*

Local Galactic

£300 4+ 300
2304100

2300 £ 500

Solar System
50107
8.1x10°*
35x 10

1110

1000-2000
69.4+10
22110
684 127
18816
607128

Average at

136+3
6742
23314

Cosmic rays
600-1000
270304 580

760+ 16
W08+ 5

100 +46
4515
2109
851+ 29
19448

41700 }: 3000

Table 9.1. Galactic cosmic ray elemental abundances at 1 AU, normalised to Si = 100 compared with the Solar System and local
70-280

interstellar abundances. (energy intervals given in MeV nucleon™)

Element

Li
Be

He

9.2 Abundances af elements in cosmic rays n
sources, this would provide an important astrophysical clue to potential sites of .

acceleration. The relevant comparison of these abundance data is with the typical
cosmic abundances of the elements and this is where we begin.

9.2.1  The Solar System abundances of the elements
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10043

The determination of the chemical abundances of the elements in different
objects is one of the great goals of astronomical spectroscopy. The subject is vast
and a gentle introduction to the subject is provided by Tayler in his excellent text-
book The origin of the chemical elements. The problem is easily appreciated if one
considers the enormous differences one would find if the elemental abundances of
a representative sample of material dug up in the centre of Edinburgh is compared
with those found on the surface of the Moon, the outer layers of the Sun or in a
typical sample of interstellar gas. Every sample we consider has been influenced to
a greater or lesser extent by its past history and the surface layers of the Earth are
particularly unreliable because of the influence of the Earth’s ecosystem. It is safer
to use abundances derived from the photosphere of the Sum, from meteoric
samples and estimates of chemical abundances in the interstellar gas.
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20.0

231
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The Sun

If the Sun were truly a black-body, we would obtain no information about the
abundances of the chemical elements since the spectrum would be featureless. In
the outer layers of the Sun, however, photons can escape without being reabsorbed
and this means that the system is no longer in thermodynamic equilibrium. The
fact that we observe absorption lines superimposed upon the underlying Planck
spectrum is due to resonance absorption by ions, atoms and molecules in the Sun’s
photosphere. The problems of radiative transfer in the non-equilibrium physical
conditions of the Solar photosphere are formidable but the great advantage of
studying the Sun is that it is so bright that very faint lines indeed can be observed
in its spectrum. The theory of the Solar atmosphere can then be used to determine
relative abundances of the elements.
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Meteorites

! We have already described the importance of meteerites in determining the
; average cosmic ray fiux over periods up to roughly the age of the Solar System
(Section 6.3.2). The meteorites have the great advantage over studies of the Earth’s
composition that they have not undergone fractionation and other terrestrial
geophysical phenomena and are believed to have chemical abundances similar to
that of the primitive solar nebula. There are important abundance differences
between different types of meteorite which probably reflect their differing origins.
One class of meteorite, however, the chondritic meteorites, have chemical
abundances which are similar to those found in the solar photosphere. The result
is that the abundances in these meteorites can be used to fill in the abundances of
some of the rarer elements in the periodic table. In Table 9.1, a set of abundances
are given for the Solar System based upon studies of the solar atmosphere and
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The cosmic ray data are taken from the review by Simpson (1983) who gives detailed references to the sources of these data, The data on the

Sofar System and Local Interstellar abundances are taken {rom the same review, supplemented by data from Cameren (1973).
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W T T T T ‘ : from meteorites. Also shown in that table are estimates by Meyer (1979) of local
F He E ’ ; | . interstellar abundances. It can be seex that the valnes are in rcasonable agreement.
' N ) . What guarantee do we have that these abundances are typical of ordinary matter

: : . in the Universe? This question takes us deeply into the problem of the chemical
evolution of our Galaxy. We cannot obtain nearly as refined information for the
stars as we can for the Sun and only abundances for the commoner specics can be
determined with high accuracy. These studies show that, for stars like the Sun,
E . there is not a great deal of variation in the chemical abundances. Our own Sun is
] ' only about 4.6 x 10" years old compared with the age of the Galaxy which is at least
twice that age. This means that onr Sun was formed from interstellar material
] which had already been rather thoroughiy processed by previous generations of
i massive star formation. It is true that the chemical abundances of the very oldest
stars in our Galaxy are deficient in heavy elements as compared to stars like the
] Sun and this is interpreted as meaning that they formed from material which had
not been enriched by the products of steltar nucleosynthesis. The results of studies
of the evolution of the chemical abundances of the elements show that fhe typical
costnic abundances of the elements are attained rather rapidly and this strongly
Suggests that on average the abundances found in stars like the Sun may well be
fairly typical of the average cosmic abundances in the Galaxy at the present day.
These ideas will become somewhat clearer once we have described the astrophysical
background to the study of stars and stellar evelution in Volume 2, Chapter 14.
For our present purposes, we will adopt the figures given in Table 9.1 as
. representing the typical chemical abundances of the matter in stars at the present
3 epoch. In our studies we wili not be interested in particularly subtle differences but
ENNSNNNIRERNENERUNRANEY rather in looking at global differences between the abundances observed in typical

81012141618 2022 24 26 23 : stellar matter and those found in the cosmic Tays.
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922  The chemical abundances in the cosmic rays

16 A wide range of data on the chemical abundances in the cosmic rays has

i been summarised by Simpson {1983) and Meyer (1985). Many of the very best data
Arriving cosmic rays i were obtained by the French-Danish experiment fiown in the HEAG-C2 experiment
and from balloon experiments in which large detector packages were fliown at high
altitude (see Section 7.2), Simpson’s summary of the abundances of the elements
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Figure 9.4. (a) The cosmic abundances of the elements in the cosmic rays found at the
top of the Earth’s atmosphere compared with the Soiar System abundances, both given

1 : relative silicon. The solid circles are low energy data (70-280 MeV nucleon™), the open
I circles show a compilation of high encrgy measurements (1-2 GeV nucleon™) and the

Local galactic abund diamonds represent the Solar System abundances. These data are presented numerically
:c.algla Iac;tr: : lu: la:c:s in Table 9.1. The data have been normalised to [Si] = 100. (From J. A. Simpson (1983).
" HHeBe C O NeMg s S ArCa TN Cr Fs NP Zh Ge Ann. Rev. Nucl. Fart. Sci, 33, 326) _

(b} (b) The same data as in (a) but shown in summary form and with the abundances
shown relative to hydrogen (from . Lund (1984). Cosmic radiation in contemporary

astrophysics, ed. M. M. Shapiro, page 1, Dordreche: D. Reidel Publishing Co.)
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Figure 9.4. For legend sec facing page
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in the cosmic rays in different energy ranges is compared with the Solar System
abundances and estimated abundances for the local interstellar medium in Table
9.1 (Simpson 1983). These data are displayed graphically in Fig. 9.4 which reveals
the overall similarities and differences between the abundances in the cosmic rays
and those of typical Solar-Sysiem and interstellar matter. The following feat
are immediately apparent: : ‘ :

(i) the abundance peaks at carbon, nitrogen and oxygen and at the iren

group are present both in the cosmic ray and Solar Systemn

abundances; .

(ii) it can be seen that the odd—even effect in the relative stabifities of the
nuclei according to atomic hnamber known to be present in the Solar
System abundances of the elements is also present in the cosmic rays
but to a somewhat lesser degree.

(iif) the Lght elements, lithium, berylium and boron are grossly
overabundant in the cosmic rays relative to their Solar System
abundances;

(iv) there is an excess abundance in the cosmic rays of elements with
atomic and mass numbers just less than those of iron, i.e. elements
with atomic numbers between about calcium and iron;

(v) there is an underabundance of hydrogen and helium in the cosmic
rays relative to the heavy elements.

Although these differences are striking, it is remarkable that overall, the
distribution of element abundances in the cosmic rays is not so different from those
of typical Solar System abundances. Some of the differences, specifically points (iii)
and (iv) bisted above, can immediately be accounted for qualitatively as a result of
spallation. The primary cosmic rays accelerated in their sources have to propagate
through the interstellar medium fo reach the Earth and in the process there are
spallation collisions beiween the cosmic rays and the ambient interstcllar gas
(Section 5.2). The net result is that the common elements in the cosmic rays are
chipped away and fragmented resulting in the production of nuclei with atomic
and mass numbers just less than those of the common groups of elements. We wili
demonstrate in detail in Volume 2, Chapter 20 how the process of spallation can
account for the observed abundances of the light elements, lithium, beryllium and
boron as well as the elements lighter than iron in the cosmic radiation,

The abundances shown in Table 9.1 extend just beyond the iron peak. The
HEAQO-C3 and BUGS experiments described in Section 7.2 were specially designed
to measure the abundances of elements beyond the iron peak and up to elements
such as uranium. Interest in these very heavy nuclei was stimulated by some of the
early work carried out using nuclear emulsions in which evidence for some
particles with atomic numbers up to uranium were observed (Fig. 6.8). In some of
the earliest experiments by Fowler and his group, it was suggested that some of the
particles might belong to the actinide group of elements which would be of the
greatest interest since many of these are likely to be radioactive nuclides with short
lifetimes.
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Figure 9.5. The abundances of the elements with very large atomic numbers in the
cosmic rays. The abundances observed in the Aricl-VI observations are indicated by
filled triangles and the HEAO-C3 observations by filled circles. The solid line indicates
the cosmic abundances of the elements. In each case, the abundances are normalised
to 10° iron nuclei. (J. P. Wefel (1988) Genesis and propagation of cosmic rays, eds.

M. M. Shapiro and L. P. Wefel, page 1, D. Reide] Publishing Ce, Dordrecht.)

There is now good agreement between these two experiments, a summary of the
data being displayed in Fig. 9.5. The resolution of the experiments was not
sufficient to resolve individual elements and so the data have been binned. In the
case of the HEAO-C3 experiment, the bins shown in Fig. 9.5 are quite broad; in
the case of the Ariel-VT data, the data are presented for even nuclei. In comparing
the observations in Fig. 9.5, it should be recalled that the HEAO-C3 data are
summed over broad bins (see also Fig. 7.7). The areas of excellent apreement are
the abundances of heavy cosmic rays with atomic numbers in the range up 1o about
42, the peak at 50 < Z < 58 and the high Z peak at 78 < Z < 84. Between the
peaks, the Ariel-VI observations show somewhat larger abundances of the
elements in the cosmic rays as compared with the HEAQO results but Meyer (1985)
suggests that the differences are small if particies of the same energy per nucleon
in the two experiments are compared. Tt can be seen in Fig. 9.5 that, between these
peaks, the cosmic ray abundances are significantly greater than the Solar System
abundances of these elements. Again, a natural explanation for this phenomenon
is the spallation of elements in the peaks as they encounter the atoms and
molecules in the interstellar gas.

The other remarkable feature of Fig. 9.5 is how the abundances of the heavy
elements relative to iron are similar in both the cosmic rays and in the Solar
System. There are important differences but the overall impression one obtains is
that the cosmic ray particles must have been accelerated from material of quite
similar chemical composition to the Solar System abundances of the elements.

One of the intriguing questions has been the presence or otherwise of members
of the actinide group in the cosmic rays. There was little evidence for them in the
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Table 9.2, }sotope ratios of hydrogen and helium

Isotope 60 MeV B0 MeV -200 MeV Cosmic
ratio nucleon™ nucieon™t nucleon™ abundance
'y 1Y ' 44205 %102 (57205 x 10 10x 10
SHe/*He 9.5+ 1.5)x lO‘f (11.8+0.7)x 10 3.0x 105
*H/*He 0.21+£0.05 .31 +0.03 F0x10-*

All measurements except those at 60 MeV nucleon were made near Solar minimum.
The figures in the table are the munber ratios of isotopes rather thap their mass ratios.
(From J. A. Simpson (1983). Ann. Rev. Nucl. Par:. Sci., page 357.)

HEAQ-C3 experiment. In the Ariel-VI experiment, three candidates for particles
with atomic number about 92 were found. The conclusion of both experiments is,
however, that there is no large excess of actinides in the cosmic rays contrary to
what was once thought io be the case.

An important analysis which we will take up in Volume 2, Chapter 20 is the
estimation of the source abundances of the elements once the effects of spallation
in the interstellar medium has been taken into account. Then, we will find a
number of significant differences between the source abundances of the cosmic rays
and those of the local interstellar medium. These similarities and differences will
provide important ciues concerning the origin of the cosmic rays.

9.2.3 Isotopic abundances of cosmic rays

In addition to overall chemical abundances, the development of detectors
which are sensitive to the mass as well as the charge of the cosmic rays, means that
isotopic abundances are available for a number of species. There are several
reasons why ihese observations are of particular interest,

First of all, the very lightest stable clements, *H, ®*H, *He and *He, form a special
group of isotopes. Only "H and ‘He are found with high abundances in the
interstellar medium - it is widely accepted that most of the helium in the Universe
was synthesised in the Hot Big Bang through the standard pp-chain as the matter
and radiation cooled down through a temperature of about 107 K - this process is
described in all the standard text-books on cosmology. It is one of the remarkable
features of the Hot Big Bang model that about 24% of helium by mass
(corresponding to a helium-to-hydrogen ratio by number of about 0.08: 1} is
synthesised for a wide range of reasonable initial conditions. The abundances of
the rarer isatopes, *H and *He, relative to hydrogen and helium are shown in Table
9.2. °H and ®He are very fragile isotopes and they are destroved rather than created
in stars. They are, however, synthesised in significant abundances in the standard
Hot Big Bang as by-products of the main pp-chain. The observed abundances of
these elements in the interstellar gas can be accounted for in world models in which
the baryon density is less than about one-tenth of the critical density required to
close the Universe. The local interstellar abundances of these elements are
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Figure 9.6. Examples of the determination of the isotopic abundances of the elements
nitrogen, oxygen, neon, magnestum, aluminium, silicon, sulphur, argon and caicium.
The charge resolutions in these observations ranges from (.23 amu for oxygen to
0.2% amu for silicon. (W. R. Webher, J. C. Kish and D. A. Schrier (1983). 19#h intl.
cosmic ray conference, La Jolla, USA, Vol. 2, page 88.)

compared with the cosmic ray abundances in Table 9.2. It is apparent that *H and
“He are present in much greater abundances in the cosmic rays than they are in the
intersteliar medium. The cosmic ray abundances can be attributed to spallation
reactions between the four species concerned. Tn fact, these elements can be
considered as an independent check of the spaliation models — their abundances
are so much greater than those of the other elements that the spallation products
of elements such as carbon, oxygen and nitro gen can contribute little to the relative
isotopic abundances of hydrogen and helium.

A second important aspect of isotopic abundances is the fact that some of the
species created in spallation reactions are radioactive and hence, if the production
rates of the different isotopes of a given element are known, informaton can he
obtained about the time that it has taken these samples to reach the Earth from
their sources, The most famous of these ‘cosmic rays clocks’ is the isotope °Be
which has a radioactive half-life of 1.5x10¢ years and so i85 a very useful
discriminant for determining the typical kifetime of the spallation products in the
vicinity of the Earth. We will take this story up in much more detail in Chapter 20.

A third aspect of isotopic abundances is related to the sources of the cosmic rays.
Quite subtie tests of the origin of the cosmic rays are possible with the ability 1o
determine the isotopic abundances of the heavy elements. It is found that the most
common isotopes of the heavy elements are the same as the most comtmon isotopes
found in the Solar System and in the local interstellar medium but, in a number
of cases, significantly greater abundances of relatively rare isotopes are found
among the cosmic ray particles. Examples of these are shown in Fig. 9.6 in which
the necon, magnesium and silicon isotopes have been clearly resolved. The
advantage of using isotopic abundances is that the differentia] effects of spallation
should be very much a second-order effect because the cross-sections for spallation
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should not be very different for isotopes of the same element. Thus, the isotopic
ratios of a particular heavy element should be relatively insensitivé to the
spallation history of the species. In the example shown in Fig. 9.6, the ratio of
#Ne/*Ne is about four times greater than the value found in the Solar-System. It
is the case that for the elements which have been well studied, ‘there is a greater

_abundance of neutron rch isotopes as compared with the Solar System
abundances. For example, the isotopic abunddnces of ¥Mg/*Mg, *Mg/**Mg,
Mg /®Mg and 8i/®5i are each about 1.6 times greater in the cosmic rays than
they are in the Solar Systern abundances.

These enrichments are important clues about the sites of acceleration of the
cosmic ray particles. Evidently, a source is required which favours the production
of neutron rich elements. We will have to investigaie these features in much more
detail once we have disentangled the effects of spallation upon the abundances of
the elements.

9.3 The isotropy and energy density of cosmic rays

It is immediately apparent from Fig. 9.1 that the flux of cosmic rays with
energies less than about 10 GeV must be significantly influenced by the process of
solar modulation and hence information about the arrival directions of these
cosmic rays at the Solar System is lost. In fact, only relatively high energy protons
and nuclei penetrate to the vicinity of the Earth undeflected by the magnetic field
in the interplanetary medium. As we will show in Chapter 11, a measure of the
defiection suffered by a particle is the ratio of its radius of gyration in the
interplanetary mapnetic field to the scale of the Solar System. For a relativistic
proton, the gyroradius is

r, = 3x 10°%{B/10*T) m (9.3)

where the magnetic field strength B is measured in tesla and 1 = (1 —v¥/c®)Fis the
Lorentz factor. Therefore, adopting the local value of the magnetic field strength
in the interplanetary medium B = 107" T, relativistic protons with v = 10° (i.e.
energies of 10** eV) have gyroradii which are 3 x 10 m = 20 AU, i.e. 20 times the
distance from the Sun to the Earth, corresponding roughly to the radius of the
orbit of the planet Uranus about the Sun. Thus, particles with these energies and
greater are likely to preserve information about their arrival directions at the Solar
System when they arrive at the top of the Earth’s atmosphere.

Observations of the arrival directions of high energy protons and nuclei can be
undertaken using the Earth’s atmosphere itself a5 a ‘convertor’. As was shown in
Chapter §, very high energy protons and nuclei create pions in collisions with the
nuclei of atoms and molecules in the upper layers of the atmosphere, The charged
pions decay into muons which have hali-lives such that they decay long before they
reach the surface of the Earth unless they are highly relativistic, v 2 20 (see Section
5.4}). This process is the basis of studies of the isotropy of cosmic rays using
underground muon detectors. These experiments are designed to be sensitive to
primary particles entering the atmosphere with energies of 10" ¢V and greater.
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Figure 9.7. The amplitude of the anisotropy in the distribution of arrival directions of
cosmic rays as a function of energy. In each case, a best fitting sine wave has been fitted
to the data and the percentage amplitude of this harmonic measured. The solid line
shows the shape of the differential spectrum of cosmic rays. (From A. M. Hillas (1984).
Ann. Rev. Astr. Astrophys., 22, 425.)

These data are sammarised together with data on much higher energy particles
in Fig. 9.7 which is taken from Hillas (1984) (see also Wdowczyk and Wolfendale
(1989)). It can be seen that, in the range 10*3-10 eV, the distribution of arrival
directions of high energy particles is remarkably uniform, anisotropy only being
detected at the level less than 1 part in 10°, Quantitatively, the amplitude of the
best-fitting first harmonic function to the distribution of arrival directions of these
cosmic rays corresponds to 0.06%. This is an important result for many aspects of
the high energy astrophysics of the interstellar medium. The implication is that the
net streaming velocity of the flux of high energy particles relative to the local frame
of reference in our Galaxy is small. This, in turn, has implications for the diffusion
of high energy particles in the interstellar medium and also for the escape of these
particles from the Galaxy. We return to this important topic in Section 9.5 and
Volume 2, Section 20.4, '

We can now derive an estimate of the local enerpy density in high energy
particles. It is immediately apparent that this calculation is strongly affected by
assumpiions about the degree to which the fluxes of particles are influenced by
solar modulation. We obtain a lower limit by assuming that the flux of particles
observed at the top of the atmosphere is representative of that present in the local
interstellar medium. Although the spectram of the cosmic rays extends to very high
energies, there is little total energy in these because of the steepness of the energy
spectrum of the particles, dN oc E~2# dE. The maximum of the proton spectrum
corresponds to about 2 protons m~® 57 s~ MeV™? at an energy of about 1 GeV.
Wdowczyk and Wolfendale (1989) show the total energy density in high energy
particles with energies greater than different limiting energies. According to their
estimates, the total energy density of cosmic rays with energies greater than 1 GeV
is about 1 MeV m™ (or | eV em™).

—rmmien
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When the effects of solar modulation are taken inte account; the local
interstellar energy density is expected to be greater although, even when the effects
of medulation are removed, the demodulated spectrum converpes at energies less
than about 1 GeV (see Fig. 9.1). . .

It is intriguing that this energy density.is similar to that present in the interstellar

magnetic field, B*/2p, =~ 0.2 MeV m™, It is also remarkable that it is similar
" to the local energy density in starlight (about (.3 MeV m™) and to the energy
density of the Microwave Background Radiation (about 0.3 MeV m~2). Some of
these coincidences have real physical significance. Others are probabiy just genuine
coincidences of no deep astrophysical significance. Opinions differ about this topic,

9.4 The highest energy cosmic rays and extensive air-showers

Evidence on the highest energy cosmic rays is provided by observations of
extensive air-showers. Showers of cosmic rays were noted in some of the earliest
air-shower experiments. Auger and his colleagues began systematic studies with
separated detectors in the late 1930s and observed coincidences between two or
more detectors separated by distances up to 300 m. They made the correct
inference thar these coincidences were associated with showers of secondary and
higher-order cosmic rays triggered by the arrival of a single cosmic ray of very high
energy &t the top of the atmosphere. These showers were called extensive air-
Showers.

In these showers the nuclear cascades described in Section 5.4 are initiated by
cosmic rays of such high energy that large fluxes of secondary, tertiary and higher-
order products reach the ground without losing all their energy by interactions and
ionisation losses in the atmosphere. A great deal of experimental and theoretical
work was undertaken during the 1960s and 1970s to understand these showers and
several very large cosmic air-shower arrays have been constructed specifically to
detect the most energetic of these particles. The objectives were to measure the
energy spectra, chemical composition and isotropy of the highest energy cosmic
rays.

1t is found empirically that the reiative number of charged particles as a function
of distance from the core of the shower is similar for showers of different sizes (Fig.
9.8}. In practice, it is found that the distribution with distance from the core of the
shower is not very different from the distributions expected from electron—photon
cascades, Only very close to the core of the shower do the distributions vary.
Sometimes, the cores are multiple and this has suggested that these showers are
initiated by nuclei rather than by protons but there is no general agrecment about
this.

The mere fact that we observe 10° or more relativistic particles at ground level
tells us that the initiating particle must have had very high energy. To estimaie the
energy of the incoming particle, we need a model of the overall development of the
shower and an example of how this is done is provided by the results of a combined
US-Japanese coliaboration carried out at an altitude of 5200 m on Mount
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Figure 5.8. The distribution of charged particles as a function of distance from the
axes of extensive air-showers of different sizes as described by the total number of

particles in the shower. (From A. M. Hillas (1972). Cosmic Rays, page 87. Oxford:
Pergamon Press.)

Figure .9. A diagram illustrating the arrival of an extensive air-shower at zenith
angle @,

Chacaltaya in Bolivia (for details, see Hillas (1972)). At this altitude, the detector
array is about hatf-way rhrough the atmosphere, the vertical column density above
the detector being only about 5200 kg m~. On the site, detectors for particles of
all types were distributed over a wide area and the mumbers of extensive air-
showers arriving at different zenith angles 8 were noted, the angle 8 being measured
with respect to the vertical direction (Fig. 9.9). From the geometry of Fig. 9.9, it
can be seen that the path-length of the shower through the atmosphere varies as
5200sech kg m™. The angle 8 is measured from the delay time between the
triggering of the detectors at various points in the array. This technique works
because the thickness of the shower is no more than a few metres. The thickness
of the layer of electrons, which are the lightest particles, is less than 2 m and that
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Figure 9.10. The determination of the development of extensive air-showers of different
sizes through the atmosphere from observations at different zenith angles 8; n(N} is the
rate of occurrence of showers of N particles. A zenith angle 8 is eguivalent to a depth
through the atmosphere of 5200sect kg m™2.

of the muons about 3—4 m. The hadrons, which are the most massive particles, trail
behind the others at a distance of about a few metres. Thus, the particles
constituting the showers may be thought of as arriving in ‘pancakes’,

To interpret these results, it is assumed that showers initiated by particles of the
same energy develop in the same way and that the rate of arrival of cosmic rays
does not vary with time. We can then plot the frequency distribution of the sizes
of the showers at different depths I through the atmosphere from those arriving
at different zenith angles # and obtain distributions of the form shown in Fig, 9,10,
It is assumed that showers which have the same frequency of occurrence at
different zenith angles were initiated by particles of the same energy and hence the
development of the showers with depth through the atmosphere can be derived
directly from the distributions observed at different zenith angles. This procedure
provides an average picture of the development of showers for particles of a
particular energy. Fig. 9.11 shows examples of the results of this type of analysis.
On the diagram, the development of showers initiated by particles of two different
energies are shown. The estimated strengths of the showers as observed at sea-level
are also shown. Both of these showers reached maximum development at about
5200 kg m~? through the atmosphere. In Fig. 9.11, the development at shorter path
lengths through the aimosphere is derived from theoretical modelling,

More recently other techniques have been used to map out the development of
the showers through the atmosphere (see e.g. Sokolsky (1989)). One approach is
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Figure 9.11. The number of particles N in showers which are detected at fixed rates 4
and B as a function of depth through the atmosphere from inclined showers at
Chacaltaya and from sea-level laboratories. N(D) shows approximately the growth and
decay of showers of a particular energy. The continuation of the curves 1o path lenghs
less than 5200 kg m~? is based upon theory. (From A. M. Hillas {1972}. Cosmic rays,
page 89, Oxford: Pergamon Press.)

to measure the optical Cherenkov radiation emitted by the relativistic electrons
created in the shower. Another clever optical method makes use of the fact that the
relativistic electrons in the shower excite the molecules of the atmosphere and as
a result they emit fluorescent radiation. The intensity of this radiation is
proportional to the flux of elecirons and so, by measuring the flux of fluorescent
radiation, the development of the shower through the atmosphere cam be
determined. These observations are made with 'Fly’s Eye’ telescopes in which a
number of optical telescopes observe the flux of optical emission at different zenith
angles. If more than cne Fly’s Eye iclescope is used separated by a few kilometres,
the geometry of the shower can be determined. Fig. 9.12 shows the type of data
which can be accumulated by this means. This new technique for measuting
ultrahigh energy cosmic ray particles has already detected some of the highest
energy particles known.

Since mamy of the nuclear interactions end up producing electromagnetic
cascades, much of the energy of the shower ends up in the form of relativistic
electrons. In Figs. 9.11 and 9.12 the fluxes are the numbers of relativistic electrons,
each of which loses enerpy at a rate of 0.22 MeV kg™ m?, the mean energy loss rate
for electrons in the ultrarelativistic regime. Therefore, we can estimate the total
energy loss in the form of relativistic electrons by integrating the total area under
the curve, since it registers all the relativisitic electron energy resulting from the
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Figure 9.12. The determination of the development of an extensive air-shower through
the atmospbere using the ‘Fiy’s Eye’ technique. The energy of the primary particle was
2x 10" ¢V and the angle of the shower from the vertical was 28°, (From A. A. Watson
(1983). 19tk intl. cosmic ray conference, La Jolla, USA, Val. 9, page 111.)

shower. Because most of the electron energy is expended in the relativistic regime,
we obtain a good estimate of the total electron energy by simply taking the integral

0.22N (D)dD MeV (9.4)

Let us now look in a little more detail at the enmergies of the two particles
responsible for initiating the showers shown in Fig. .11 (Table 9.3}. The following
points can be noted.

(i) Most of the energy arriving at ground leve! is actually in the form of
muons, although at maximum development the electrons contain
most of the energy.

(i) The total energy of the shower is proportional to the number of
particles present at maximom development. A useful rule is that, to
within about 25% accuracy, the energy of the initiating particle may
be found by assuming that there is 1.4 GeV of energy per particle
present at shower maximum.

(i) The more energetic the particle, the lower the maximum occurs in the
atmosphere.

These showers have been modelled in considerable detail using computer
simulations which inchude a very wide range of particle interactions and in which
integrations are made over the appropriate probability distributions to estimate
the characteristics of the showers such as size, lateral extent, composifion as a
function of initial energy, etc.
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Table 9.3. Energy content of two selected showers

Shower 4 Shower B
Rate of arrival Im sty 17300 m=% sy yr?
Size of shower at maximum 39 =18 7.8 %107
Size of shower at sea-level 6.3 x10¢ 2.0 % 107
Tonisation above sea-level (eV) (from 4.4 x 10 8.8 x 10
integration under curve)
Energy of remaining soft component at 0.14 x 104 0.4 x 10
sea-level (eV)
Energy of nucleons and pions at sea-level  0.08 x 10'* 0.27x 10'*
(eV)
Energy of muons at sea-level (eV) 0.64 x 10™ 1.3x 10
Energy of neutrinos (estimated) at sea- 0.33x 10" 0.6x 10
level (V)
Total energy (eV) 5.6x 100 11.3x 10t®

In order to detect the most energetic particles, very large arrays are required for
two reasons — first, because they record the air-showers of the greatest lateral
extent and, consequently, the particles of the highest energies and, second, because
the most energetic particles are so rare that a large area detector is required 1o have
a reasonable chance of detecting even a few of them each year. For example, the
Yakutsk array in Siberia covered am area of 35 km?* and the Giant Sydney Air-
shower Array covered an area of 34 km®.

9.5 Observations of the highest energy cosmic rays

A compilation of results is shown in Fig. 9.13 {from Watson, {1985); sec
also Hilias (1984) and Wdowczyk and Wolfendale (1989)). In this differential
energy spectrum, corrections have been made to the raw data to account for the
fact that the arrays are located at different depths through the atmosphere, have
different collecting areas and so on. The experimenters responsible for each set of
data have made their own energy calibrations and no attempt has been made to
reduce the data to a common energy scale. Watson (1985) states that a systematic
error in the energy scale of any of these experiments could be as much as 20 % and
the effect of such an error is indicated on Fig. 9.13. According to Watson, part of
the scatler in the points could be due to this uncertainty in the calibration. The
results are presented in the form of a differential energy distribution j(E),
multiplied by the energy of the particle E raised to the power 2.5, i.e. {(E)E*®. This
presentation is used because the low energy spectrum of cosmic rays follows the
law j{E} oc E~** quite closely and therefore, if the high energy particles were to
follow the same law, the function {F)E** should be independent of energy E. This
procedure of renormalising distributions which span many orders of magnitude is
common in astronomy in which very wide ranges of parameters are often found.
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Figure 9.14.  The overall spectrum of cosmic rays from 101-10% eV. (g} The overall
spectrum showing the observations at 2 wide range of particle energies. E, means energy
measured in units 10° V. (From A. M. Hillas (1984). Ann Rev. Astr. Astrophys.,

22, 425)

(B) A schematic representation of the overall spectrum, showing also the spectra of

various elementis which have somewhat flatter spectra than cosmic ray protons. (From J.

Wdowczyk and A. W, Wolfendale (1989). Ann. Rev. Nucl. Part. Sci, 39, 43))
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the energy of the primary particles. If the primary particle of a given energy were
an iron nucleus rather than a proton, the iron nucleus would have a lower Lorentz
factor and therefore the secondary and subsequent generations of the electrons
would have on average lower Lorentz factors and the maximum development
would occur somewhat higher in the atmosphere than would the corresponding
shower associated with a proton of the same energy. Unfortunately, there are
internal disagreements in interpreting the experimental data and it is not clear
whether the composition of the highest energy cosmic rays is similar to that at
lower energies or whether there is a deficit of heavy nuclei relative to protons as
suggested by some experiments. This is a key question which urgently needs
resolution but the observations and their interpretation are not straightforward.

(iv) Isotropy In air-shower experiments, the incoming directions of the cosmic
rays are determined and hence 1t is possible to estimate whether ot not the arrival
directions of the highest energy cosmic rays are isotropically distributed on the sky.
The analysis is far from straightforward since there are many selection effects
which could bias the observations. Data concerning the isotropy of. the arrival
directions of high energy cosmic rays are summarised in Fig. 9.7 which is due to
Hillas (1984). In this diagram, the anisotropy in the arrival directions is found by
taking the first 24 hr Fourier component of the intensity of cosmic rays on the sky.
Hillas (1984) showed thai there is now good agrecment among the different
observers about the magnitude of the anisotropy and its direction on the sky.

At energies less than aboumt 10'® €V, an anisotropic flux of cosmic rays is
observed with good statistical significance. In the energy range 10" < E £ 10" eV,
there are measurements and limits to the anisotropy. These data provide significant
constrainis on models of the volume within which the cosmic rays are confined. We
will have a great deal to say about this topic later but we give here just one example
of the type of question which can be asked. One interpretation of the break in the
spectrum of the cosmic rays at 10 eV is that it represents the emergy at which
cosmic rays can escape more freely from the Galaxy. In this case, one might expect
the cosmic rays to be anisotropic above this energy if they were to originate within
the Galaxy. ‘

At the very highest energies, E = 10" eV, there is strong evidence for a large
scale anisotropy in the distribution of arrival directions. According to Watson
{1985), the anisotropy of all those cosmic rays with energies greaier than
4 x 10 eV amounts to 47 + 18 % with a statistical significance of about 3 %. The
direction of the maximum excess lies close to the direction of the Local Supercluster
of galaxies. There is no evidence for these very high energy particles being
concentrated towards the Galactic plane as might be expected if they were of
Galactic origin. The very highest energy cosmic rays observed by the Sydney Giant
Air-shower Array all came from a direction close to the north Galactic pole. This
is suggestive evidence that the very highest energy particles may have an origin
within the local supercluster.
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9.6 The problems to be solved
It is useful to summarise the key astrophysical problems which have to be solved.

{iy The acceleration of particles to very high energies, E > 10% eV,

(iiy The nature of the-acceleration processes which lead to the forma'tion
of a power-law spectrum of particle energies. ’

(iif) The origin of the high abundances of light elements such as lithinm
beryllium and boron and of the heavy elements lighter than iron il;
th‘e cosmic radiation and the variation of their reiative abundances
with energy. '

(iv) The overall preservation of the universal abundances of the elements
throughout the pertodic table.

(v) The origin of the anisotropy in the distribution of cosmic rays

(vi) Astrophysical sources of the cosmic rays and the processe:.s of
propagation from their sources to the Earth.

These are the most important astrophysical problems which have to be solved and
they turn out to be related to a very wide range of problems in high energy
astrophysics. We emphasise again the important point that, in studying the
astrophysics. of cosmic ray particles, we are dealing directly with the only high
energy particles which originate in astronomical sources which are directly

observable. As such, they have a unique contribution to make to high ener,
astrophysics. &

e o s <t e b,

10

The Solar Wind and its inﬂuence-
upon the local flux of cosmic rays

10.1  Introdoction

The next problem we have to tackle js the propagation of high energy
particles from the interstellar medium te the top of the atmosphere. A dominant
theme of this topic is the dynamics of charged particles in magnetic fields which is
a central subject for all high energy astrophysics. In the immediate vicinity of the
Earth, the magnetic field distribution is dipolar and, as early as 1929, Clay found
a correlation between the number of charged particles arriving at the surface of the
Farth and peomagnetic latitude. This discovery stimulated research into the
propagation of high energy particles in dipolar magnetic fields and it turns out that
the Earth’s magnetic field can be used to diagnose the properties of incoming high
energy particles. Unfortunately, this particular story was overtaken by the
realisation that the Earth’s magnetic field is only dipolar rather close to the Earth.
Beyond a few Earth radii, the magnetic field distribution is strongly influenced and
distorted by the outflow of hot gas from the Sun, what is known as the Solar Wind.
It turns out that the Solar Wind influences very strongly the observed flux of high
energy particles with energies E > 1 GeV observed at the top of the atmosphere.

For these reasons, we discuss briefly in the Appendix to this chapter the
dvnamics of particles in dipole magnetic fields and emphasise in the chapter itsell
the plasma physics and magnetohydrodynamics of the interaction of the Solar
Wind with the Earth’s magnetic field structure. The physical processes discussed in
this chapter and the next will reappear in their astrophysical context in the
discnssion of the physics of high energy phenomena in many different COSIIC
environments.

10.2 The Solar Wind

The photosphere of the Sun is at a temperature of about 5800 K asdediced
from the absorption lines observed in the solar spectrum. Qutside the surface
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Figure 10.1. A High Altitude Observatory photograph of the solar corona taken -
during the total solar eclipse of 1970. (From G. W. Pneuman and F. Q. Orrall. Physics
of the Sun, Volume 2, eds P. A. Sturrock, T. E. Holzer, D. M. Michalas and R. K.
Ulrich, page 97, D. Reidel Publishing Co., Dordrecht, 1986.) The photograph was taken
with a radially graded filter which enhances the brightness far from the Sun relative to
that closer in. Notice that the hot corona is not circularly symmetric but that there are
sectors in which there is little radiation. These are referred to as coronal holes, the
largest of which is 1o the top left of the image.

lavers of the Sun, however, there is observed to be high temperature gas in what
is known as the selar corona. The corona is seen clearly during total eclipses of the
Sun (Fig. 10.1) and its high temperature is inferred from the observation of very
high excitation lines in its spectrum, for exampie, FeXIIT, FeXIV, etc. which are
often referred to as caronal lines. The heating mechanism for the coronal gas is still
a matter of controversy but is almost certainly associated with the transport of
enetgy by hydromagnetic waves or shock waves, the energy for which is generated
in the surface layers of the Sun (see Chapter 12).

The physical situation led to one of the most beautiful predictions of modern
astronomy. E. N. Parker wrote down the eguations of hydrodynamics for the
dynamics of a hot plasma in the gravitational field of the Sun and demonstrated
that there must exist a general outfiow of material from the Sun which was named
the Solar Wind. We will not demonstrate this but refer the interested reader to the
relevant sections of Parker's book Interplanetary dymamical processes. It is
interesting that exactly the same set of equations describe stellar winds and
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Table 10.1. Typical parameters of the Solar Wind

Particle velocity ~ 350 km 5™
Particle flux ~15x 10 m?s?
Particle concentration ~ 1 m*®

Energy of proton ~ 500 eV

Energy density of protons ~4x 107 J m™*
Temperature ~10fK

These figures refer to the normal Sun. In high speed streams, velocities up to
700-800 km s~! are found and the particle concentrations are ~ 5% 10° m™® so that the
particle fluxes are more or less the same.

accretion flows, the latter being the energy sources in X-ray binary systems (sec
Volume 2, Chapter 16).

Parker’s prediction was made in 1958. In 1959, one of the first Soviet satellites,
Lunik IT, measured a fiux of particles emanating from the Sun and then, in 1962,
the US Venus prebe Mariner 2 measured continuously the mumber density of
particles, their velocities and the magnetic field strength in the interplanetary
medium between the Barth and Venus. At the distance of the Earth from the Sun,
the unperturbed Solar Wind is characterised by the quantities given in Table 10.1
when there is littie Solar activity. It should be cmphasised that these are average
figures and there is considerable variation about the mean values, particularly
during periods of high solar acuvity. The average magnetic field strength in the
Solar Wind is found to be about 5 x 1078 T (5 107° G). The corresponding energy
density in the Solar Wind magnetic field is

B3

== =10 Fm™®
Upae TN 10 m

Comparison with the figures quoted in Table 10.1 shows that most of the energy
in the Solar Wind is carried by the bulk kinetic energy of the protons.

Our teasons for looking at the interaction of the Solar Wind with the Earth’s
magnetic field are multi-fold. First of all, there is convincing evidence that the level
of solar activity strongly influences the flux of cosmic ray particles with energies
about 1 GeV and less which we observe at the top of the atmosphere. Second, the
Salar Wind and the environment of the Earth provide an ideal laboratory in which
to study the physics of rarefied cosmic plasmas and these will prove to be
important in studying many problems in high energy astrophysics involving high
energy particles, plasmas and magnetic fields. Third, many of the processes
observed in the interplanetary medium have direct analogues in astronomical
systems but, in the case of the environment of the Earth, the particies and magnetic
fields can be observed directly.

The study of the Solar Wind is only one part of the subject of solar—terrestrial
relations which has become a discipline of the greatest importance. It has been
established that the leve] of solar activity can influence the terrestnal epvironment
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in important ways and numerous space vehicles have been flown and are planned
1o increase this understanding.

10.3  Evidence for solar modu_latidn

The evidence that the Solar Wind influences the local flux of cosmic rays
is most dramatically illustrated by the inverse correlation between the intensity of
the cosmic rav flux at the top of the Barth's aimosphere and the level of solar
activity. A measure of the level of solar activity is the number of sun-spots observed
on the surface of the Sun.

This is found to be correlated strongly with phenomena such as radio
interference detected in long wavelength radio transmissions and the number of
aurorae observed at high geomagnetic latitudes, The increase in Solar activity also
has the effect of increasing the heating of the upper atmosphere of the Earth so that
its scale height increases. This is important in determining the length of time
satellites can remain in low Earth orbit since the higher the particle density
encountered by the space probe, the more rapidly it is decelerated and spirals
towards the Earth. The solar cyele is the 11 year period during which the sun-spot
number and general solar activity rises from a low level to a maximum value and
then returns to a low value.

The anticorrelation between solar activity, and the consequent turbulence in the
plane of the ecliptic, and the flux of cosmic rays at the top of the Earth's atmosphere
can be studied by comparing various measures of these three quantities. The
cosmic ray flux can be studied at ground level using very stable counters which
measure the fluxes of neutrons or muons at ground level. In the case of the muons,
these are the secondary products produced by the flux of high energy COSIIIC rays
incident upon the top of the atmosphere {(see Section 5.5); in the case of the
neutrons, these are tertiary or higher products observed at sea-level of the cosmic
rays incident at the top of the atmosphere. The standard measure of the level of
Solar activity is. the Zurich relative sun-spot number. The number of sun-spots on
the disc of the Sun is the standard measure of activity on the Sun and most of them
are found between heliocentric latitudes +45°. A measure of the degree of
turbulence in the plane of the ecliptic plane in the vicinity of the Earth is provided
by the geomagnetic aa index (see Mayaud (1950)). This index measures fluctuations
in the magnetic field strength in the vicinity of the Earth and these result from the
interaction of the Earth’s dipole magnetic field with the Solar Wind as we will
describe later. Fig. 10.2 shows the variations of thess three quantities over the
period 1954-80 (Shea and Smart 1985). The periods of solar minimum and
maximum are indicated along the top of this diagram. The Mount Washington
neulron monitor intensities have been used as a measure of the cosmic ray flux.
This station has the advantage that it is located geographically at a point of the
Earth’s surface at which the geomagnetic cut-off is only 1.3 GV (see Appendix to
this chapter) and hence this monitor provides a good measure of the casmic ray
flux incident at the top of the atmosphere.
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Figure 10.2. The correlation between the relative sun-spot number, the intensity of
nentrons measured by the Mount Washingion neutron monitor and the geomagnetic aa
index. {(From M. A. Shea and D. F. Smart (1985). 19tk international cosmic ray
conference, La Jolla, USA, Vol. 4, 501.}

Tt can be seen from Fig. 10.2 that there is an excellent correlation between the
relative sun-spot number and the aa geomagnetic index showing that the local
degree of turbulence in the geomagnetic field is strongly correlated with the level
of activity on the Sun. In addition there is a perfect anticorrelation between these
quantities and the intensity of cosmic rays. Thus, the greater the level of solar
activity, the more effective the Solar Wind is in preventing the interstellar flux of
cosmic rays from reaching the Earth. This is the phenomenon known as solar
modulation.

More evidence is provided by changes in the shape of the primary cosmic ray
spectrum observed at the top of the atmosphere as a function of phase of the solar
cycle. Fig. 10.3(g) shows the energy spectra of hydrogen and helium nuclei at
different phases of the solar cycle. The top and bottom curves correspond 10 sun-
spot minimum and maximum respectively whilst the middle curve corresponds to
an intermediate level of sun-spot activity. Notice that for clarity of presentation,
the curves for the protons have been displaced by a factor of 5. The influaence of
the Solar Wind in attenuating the flux of low energy cosmic rays is apparent.
Webber and Lezniak {1974) also present these spectra in terms of the rigidity of the
particies (Fig. 10.3(5)). As we will show in Section 11.1, the Hgidity R = pe/ze is
a measure of the amount by which a particie of electric charge z and relativistic
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i 4ic field. Thus, particles of the same
tum p = ymy is deflected by a magne P2 ' ¢ 5
u'w":iin shoﬁd bz deflected by the same amount and hav_e _sumlar tr_ajectones ina
s ?11:1 etic fieid configuration. It will turn out that it is often simplest to use;
i‘:l:'igidigt; rather ‘than the energy pef nucleon as a measure of the degree O

modulation of the cosmic rays.
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Figure 10.3. () The differential energy spectra of hydrogen and helium nuclei in the

cosmic rays as a function of phase of the Solar cycle. In each set of specira, the top
curve shows the measurements at the time of minimutmn sun-spot number and the bottom
curve at sun-spot maximum. The middle curve shows the spectra at intermediate levels
of sun-spot number. The data were obtained in the period 1964-73. (From W. R.
Webber and J. A. Lezniak (1974). Astrophys. Sp. Sci., 30, 361.)

(b) The same data a5 in {g) but with the specira plotted as differential ngidity spectra.
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A third powerful method of investigating Solar modulation is tq ;SG tl:e
information provided by cosmic ray electron spectra. Unfortunaj;ely, we a;i: Lo
anticipate somewhat the future dcvelopn-.ncnt of our st_or}'. Encﬂy, we o a1:1
information about the cOSIMIc ray electrons in two ways. First, d}rect measura:nen 5
ai the top of the atmosphere give us the moduia.ted spe.ctrum of the cdo.srmc ra.);
elecirons (Fig. 9.3). Second, the same electrons in the intersteliar medium ;l:'tl:
synchrotron radiation in the radio waveband and, fortunately, the spectrum a the
radio emission enables us to infer the energy spectra of tpe electrons in the
intersteliar medium outside the Solar System (V. olgme 2, Sections 18._2 andI18.31).
By comparing these specira, the degree of m_m‘iu‘latlon can be c}ctermmed dlrr;ct y
as a function of the energy per nucleon (or rigidity) of the particles and the phase
OT\t:;: ?t?i:;fz:lct;ecd to understand the structure of the rr}agnetic ﬁe-ld in the
interplanetary medium and how it can influence the propagation of Parucles f rltc}rn
interplanctary space 1o the Earth. First of all, we have to establish some key
physical properties of the interplanetary plasma.

10.4  The electrical conductivity of a fully ionised plasma

The reason for introducing this topic here is that we must n_ext build a
model for the strocture of the magnetic field in the inle.rplla_nctary medium. To‘ do
this, we need to know the electrical conductivity (or resnsuwty) of the pl.asma ?r:i{ie
dissipative effects can have a major effect Ppon th'e dyn?m'ucal beha.wour 05 e
magnetic field. This wilt become apparent in ouf dlscgsswns of Scf:t_lon_lo. .

We are all familiar with the phenomenon of elecltncal conductivity in metals
which we can model by the Drude picture according _to school phys:.cs or b-y
phonon scattering according to university physics. Netthf:r of _these pictures is
relevant to our present considerations because we are dealing w1tlh conductw_n.m
a fully ionised plasma. The picture is closer to that of tht‘T condl%cuon o.f f:lecmTc;;c'y
in gases in which energy and momentum are transfcrr_ed in Parucle col!.}smns. 1151
is straighiforward in the case of a gas of molecules in which the pamclc_s are a
neutral and the collision cross-section is roughly the sz'xr_ne as the gec?metnc cross-
section of the molecules, In a plasma, however, the collisions are mediated thr‘ougl;
long-range electrostatic forces between the e]ect.rons a-nd grotons. The dym:im;lcs o
a particie in the plasma are illustrated schemat-tcally in Fig. 10.4. We can define a
collision between the particles in the plasma if we remember that, c}as.smalﬂy,- a
collision is just an interaction in which thcd .part.lcle loses all memory of its initial

jrecti starts off in a new random direction. _
dlff:t::’;:;;?a! a charged particle feels a large n.u.mber of little impulses, just as we
worked out in the case of jomisation losses (Section 2.2) and the av‘crage of aﬂ these
random impulses is to give no net sideways momentum to the pa_rt:cle. SLan.stlcal!y,
however, just as in a random walk process, althm.lgh therzc is no net 5|dew:-?,ys
velocity ¢Av, > =10, the root mean square velocity {Avi} is not zero, L&
statistically, the particle acquires net sideways momentum by random scatienng.
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Figure 10.4. A schematic diagram illustrating the concept of a collision accarding to
() the Drude model and (b) collisions mediated by long-range electrostatic forces. In (c)

we illustrate how eventually a particle is deflected through 90° by the stochastic effect of
a large number of distant encouniers.

Notice that, if the process were truly continuous, there would never be any net
velocity perpendicular to the line of flight but, because the impulses are given in
discrete random packets, the net value of {A¥]} is not zero. Exactly asin the case

of a random walk, if the rms sideways velocity acquired per second is (Avi}é, then
this velocity will become v after a time ¢,

(AL =W

We define this time 1, to be the time for a particle to make a collision. By this time,
the perpendicular velocity is as large as the initial velocity and we can then deem
the particle to have forgotten its initial direction. This caiculation is quite
straightforward if we make simplifiations such as the protons remaining stationary.
The problem in the present case is that we are interested in the dynamics of the
protons themselves since they carry all the momentum of the Solar Wind.

In the spirit of our previous calculations, let us work out a simple expression for
the mean free path of a proton of velocity v interacting with the prolons and
electrons of the plasma. For simplicity, we assume that the protons and electrons
of the plasma are stationary. Our analysis will indicate the origin of the
dependences upon physical parameters which appear in the full calculation.

In a single collision, the profon receives an impulse perpendicular to its direction
of motion

Ze®

= e, by

(see equation (2.1)). Hence,

Ze?
Ay, = ——— :
i 2ne, bvm (1e.n
Our approach is to work out the mean square deviation of the particle’s velocity
about its initial direction. When the mean square velocity is v*, the mean velocity
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-3 iel e t
uared, the particle i8 deflected through mug}_nl)( 90 as?d a colhsmri;;lz dt;e;ilad o
i:we talicen place. Using the same procedure as I Section 2.1, we

we (2 \orpNvat
= - nbNv
Ay = J':m (21:1-:,, bvm) _

in one
second
Therefore,
z llm_%)
(Avi} = WZTEN lﬂ(bmm
Z3N hA (10.2)
~ 2neimty

= . Once again, we have encountered our old fr_lcnd inA, a

‘:}gﬁt ‘;ac:otl"m’}'xé: T)?d complicitions are present again. In the present ms';aml;:; ]:1:
maximum collision parameter by 15 the D_eb_ye lengﬂ'{ for 1-3 :l;_ermgisfance 0%
= (g, kT/Ne®)t; it will be recalled that this is the typical shielding distan of

e t (r?ﬂin the p!a;ma by the gas of oppositely charged elacu_'ons. The mmn;:m N
. eter is again the closest distance of approach in the clagsical mi
‘;0111510!‘%;%'&:: m. ¥, the usual value for a low temperature plasma (see Section

min — g/Me ¥ »

2.2). Therefore,
1, = Vi /{AV)

Imelm™v®
T ZWNImA

el m(3KT _ 103
=TZ:WN A

i ical thermat velocity of a proton
‘_Nhel'ﬁ e ey ;?:r:ﬁ;‘o?ni};::‘}%g . t”t['lﬁctf are considerable complicationsl in
.y plaﬂt?;ﬂ - t ebt:c]:)::se alt t1:|: particles are in motion and there is a Maxvx_reﬂsap
g::t?li]uﬁoer?rif velocities. Spitzer (1962) give de;gil:} of these results in his

1 foni ases pp. 1 .
m?c:gxp\iogleo}:gys:: t;);{j;‘z{{yrz:::goi timspof a proton il‘] the interplanctar.);
medium We can adapt the result (10.3) we have alreads{ den.ved and comz::: cl,f
i ‘ ult presented by Spitzer. He gives thfa relm.tatmn time for 3 par

e b : d atomic number Z interacting with a gas of particles of the
e mlm})ﬁf in iﬁis case, we have to write m = Am, and the dcpendcnce upon
Sim: :f;z;cs z* rathcr!than Z* because in our last sum we considered ad proton
.i:nzargacting with the particles of a gas of atomic number Z. Then, we fin

2ne} mi,(sk)%( T )
1= — =T A

& NZiInA
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This ts of identical form to that presented by Spitzer (his formula (5.26)) and the
~ constant is the same to within 25%. Spitzer quotes the result

1
i, = 11.4><10“——-——NZT:?HAS . (10.4)
where T is the temperature in degrees Kelvin, N in particles m™ and A4 is the mass
number of the particles. The mean free path of the particle is just A = vz,. For the
Solar Wind, we adopt T= 10K, A=, N=5x10'm™, Z=1 and In A =28
(see Spitzer (1962) p. 128), Then, we find A = 3 x 10" m. This should be compared
with the distance from the Earth to the Sun, 1.5 x 10" m, the distance known as
the astronomical unit (AU) We can therefore see that for the protons which carry
all the momentum of the Solar Wind, the mean free path for electrostatic collisions
is much larger than the Sun—Earth distance and therefore, for the purposes of
describing the dynamics of the intermixed Solar Wind particles and magnetic field,
we can consider the plasma to be collisionless with infinite conductivity.

In many astrophysical situations, we will encounter this same phenomenon that
the mean free path is very long so that the plasma may be considered collisionless.
The appropriate mean free path for any particular situation requires careful
consideration and depends upon the physical problem being studied. For example,
the effective mean free path may be related to the gyroradius of the particles

(Section 10.8) or to the distance for scattering of electrons streaming along ihe
magnetic field Lines (Volume 2, Section 15.7).

10.5 Flux freezing

A distinctive feature of many of the plasmas we have to deal with in high
energy astrophysics, and astronomy in general, is that they have very high
electrical conductivities or, to put it another way, the particles have very long mean
free paths. What simplifies many discussions is the fact that, in the limit of infinite
conductivity, the magnetic field behaves as if it were frozen into the plasma. Tlis
phenomenon is known as flux freezing.

We can adopt two approaches. In one approach, we write down the equations
of magneiohydrodynamics, take the limit of infinite electrical conductivity and
then find the dynamics of the fields and the plasma. Unless one is fluent in
magnetohydrodynamics, this approach does not give an immediate feel for what
the answer means and so we will begin with a more physical approach in which we
study the behaviour of the flux linkkage of closed circuits in a fully ionised plasma
when the circuits are moved or distorted.

First, we state the theorem we wish to prove. If we represent the magnetic field
by magnetic lines of force, so that the number per unit area perpendicular to the
fines is equal in magnitude to the magnetic field strength, then, when there are
movements in the plasma, the magnetic field lines move and change their shape as
though they were frozen into the plasma.
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Figure 10.5.

10.5.1 The physical approach o
We adopt the pleasant approach of Ratcliffe (1972) .m.hls monog'raph An
introduction to the ionesphere and magnetosphere. The analysis is perform:f ,::11::,;
i i jc flux linkage in a statiopary cur
_ First, the changes in the magnetic
‘;?:Sstu;:ed when the magnetic field strength changes and then the effect of
i i lysed.
i the shape of the current loop 15 analysed. N
dls\t;})tr:“cl:_\%'lsider cuﬁrcnts flowing in a plasma of infinite conduc.twlty. Supposere
ngider a little cursent loop 1o which no batteries are attached in the plasma (Fig.
clc(JJ 5). Then, the emf induced in the circuit can only be due to the rate of change
of magnetic flux through the circuit
& = —dd/ds o
i i ris, one part due to the current in the l00p
magnetic flux ¢ consss of two parts, .
'i.l;‘::lf cb.i?\d the other due to all external currents $.,. Let the inductance of the loop
be L; then, by definition
d,=Li o=+ N
Now, if the external currents change so that &, changes., then an emf is 1_nd1liced
in th’e circuit and the resulting equation for the current induced in the wire 1s
Ldifdi+Ri= —do,, /dt
We take the resistance of the coil 1o be zero, a superconducting loop, to model the
case of a collisionless plasma. Then,
Ldijdt = —dé,,/dt = dé,/fdr
ie. . 005)
&+ &,, = constant N R
This means that, although ¢, may change, by virtue quii:h;qgn%e ;:} 1::;::;;1
i ‘ hich might have .
hich exactly cancels out the decrease W :
?;Jhr:n:s wa 1property of the fact that the current loop is sE:ppo'se_d to be
erconducting. It is not tru¢ if R is finite but is very closely 50 if R is yust very,
i:rr)y small. Note that there is nothing inconsistent in assuming that there is a

rent { flowing without any em{ heing present initially. Because the current 1ts
cur : ecause -
flowing in a conductor of zero resistance, there 1s no way of dissipating the curren
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A corollary of this proof is that, if the circuit is moved, the fiux will also remain

unchanged because, so far as the loop is concerned, it is only the external field
which changes.

Figure 10.6.

Finally, what happens if the loop changes shape? Let us consider the concrete
example of the circuit shown in Fig. 10.6 which consists of a loop with paraliel
wires crossed by a conductor. We suppose that the entire circuit is made of
superconducting material and that the field in the region of the parallel wires is B,.
Now let the conductor move down the wire a distance dx at a velocity v. The

strength of the induced electric field is |[E| = |v x B| = vB, in the sense shown in Fig.
10.6. The induced emf is

& =El=B,!

where [ is the length of the conductor crossing the parallel wires. But & = —d¢/ds
and therefore the magnetic flux induced in the circuit is

dd = (vB, }dz in the sense opposite to B,.

But, because the area is bigger, we enclose more magnetic flux. In fact, because all
the changes are smali,

d¢ = B, ldx = (B, Iv)d: in the same direction as B,.

Thus, the two effects cancel exactly and there is no change in the magnetic flux
through the circuit after its shape has changed. Since the magnetic fiux through the.
circuit is constant, L, i, = L, i,, where the subscripts 1 and 2 refer to the values of
L and i before and afier the deformation of the circuit. Thus, the current flowing
in the circuit changes as the loop deforms. Again, because there is no dissipation,
the current simply maintains this new value. The emf produced while the loop is
being distorted induces a further current in the loop which just ‘stays around’
because there 18 no means of dissipating it.
To express the result mathematically, if we choose any loop Cin the plasma, and -

follow it as the shape changes due to motions in the plasma,

[sB-dS = constant

where dS is the increment of surface area and § refers to the total surface area
bounded by the loop C. If we take a little circular loop of wire and then let the
plasma expand uniformly, the above result leads to B4 = Brr® = constant, i.e.

Bor?
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Thus, in a uniform expansion, the energy density of the magneil:ic ﬁe_].d decre_a.scs
as B;/Zp. o r~L. This is the same result as is obtained for the adiabatic expansion
of a gas :"or which the ratio of specific heats isvy=% An 'u!trarclatlvxsuc gas has
= & (see Volume 2, Section 19.2) and this makes sense since such a gas behaves
?n n:any ways like a gas of mzssless particles and a magnetic field is -an-cxcgllcnt
example of a massless gas. ’ . _ .

Allp these considerations are directly relevant to the interplanetary ?.nd
interstellar plasma since these are collisionless pla;mas am:.l hence the field lu;les
imove with the plasma as if they were frozen in. This result is true for a very wide
range of diffuse cosmic plasmas.

10.5.2 The mathematical approach

First, we write down the equations of magnetohydrodynamics. These
consist of:

The equation of continuity

10.6
%?+V'(P") =0 (106)

where p is the mass density and v is the velocity at a point in the fluid;

Force equation .

pdv/dr=-—Vp+JxB+Fv+pg (10.7)
where p is the pressure, J is the current density, B is the m.agnetic fiux density, F,
represents viscous forces and g is the gravitational acceleration. We note that dv/dt
is the convective derivative, i.e. the force pdv/df actson a pamcu-la%' element of the
fuid in the frame of reference which moves with the plasma. This is }'elated tc%x th:1
partiat derivative which describes change in 2 property of a fiuid at a fixe
point in space by

k!
I 003)

Readers wishing a simple revision of these concepts may consult Longair (1984),
Appendix 1o Chapter 5, pp. 105-11.

Maxwell's equations
We need the equations in the following form:
¥ < E ='—3B/df (10.9)
VxB=—ul (10.10)
= 1]
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Notice that no displacement current I is included in the equation (10.10). This is
because we are dealing with slowly varying phenomena, » < c. Therefore, there are
no space charge effects present i.e. the particles of the plasma always bave time to

neutralise any charge imbalance on the scale of motion of the plasma. Finally, we
have:

Ohm’s law

J=o(E+vxB) {(10.11)

where o is the electrical conductivity of the plasma. Now substituting (10.11) inio
(10:9)

Vx(J/o—vxB) = —aB/er (10.12)
Now, putting (10.10) into {10.12)
Vx(VXB—va)=—aB/at (10.13)
B,
Therefore
B

E:Vx{vxﬂ)—Vx(VxB)/pnc
We now use the identity V x(V x B) = V(V-B)— V*B. Since V-B = 0, we find
B0t = V x (v x B)+—— VB (10.14)
Ol

The system of equations (10.6), (10.7), (10.8) and (10.14) form the basic equations
of magnetohydrodynamics.

Let us look at two particular solutions. I the plasma is at rest, v =0,
B_ gy
8 oy,
This is just a standard diffusion equation. We can determine the time it takes the
magnetic field to diffuse out of a region by the standard trick of writing

oB/or ~ B/t where 11is ‘a characteristic diffusion time and V2B =~ B/L?, where L is
the scale of the system i.e.

.12
T op, L*
T = Op, L*
This trick always works to order of magnitude. This result is important, for

example, in the study of star formation if the gas cloud is permeared by a magnetic

field. The time t is that required for the field o diffuse out of a region of dimension
L.



312 10 Solar Wind and the local flux of cosmic rays

We are interested in the case of infinite conductivity ¢ = ¢o in which. case
equation (10.14) becomes :

B/t =Vx(vxB)

If we consider any loop S in the plasma, there are two contributions to the change
in B with tme. First, there may be changss in the magnetic flux density due to
external causes and second, there is an induced component of the flux density due
to motion of the loop. The first contribution is simply ‘

dB
¥, [
L dt

The second contribution results from the fact that, because of the movement of the
loop, there is an induced electric field E = vx B. Then, because V< E = —0¢/a1,
there is an additional contribution to the total magnetic flux through the loop, i.e.

J d—'ivd5=—J ¥ x(vxB)-dS
Sd! 5

Therefote, adding together both contributions, we obtain

d oB
ELB ds = La* dS—LVx{va) das

= J (CB/0t—V x (¥ x B))-dS

=0

i.e. the magnetic flux through the loop is constant, which is what we mean by flux
Sreezing.

10.5.3 Application to the Solar Wind

Now let us apply this important result to the dynamics of the Solar Wind.
The plasma and the magnetic field are strongly fied together and therefore the
dynamics depend upon which of them has the greater energy (or mass) density.
From Table 10.1 we observe that the kinetic energy of the protons is much greater
than that of the magnetic field and therefore the magnetic field is dragged around
by the particles.

The Sun Totates once every 26 days on its axis and the Solar Wind is released
radially cutwards with more or less comstant radial velocity of the order
350 kan ™. Therefore, with respect to the point on the Sun from which 1 was
ejected, the Solar Wind traces out an Archimedian spiral. The particles are all tied
1o magnetic field lines rooted in the Sun and therefore the magnetic field in the
Solar Wind takes up a spiral pattern. This is illustrated schematically in Fig.
10.7 (a) which shows the dynamics of particles ejected at constant radial velocity
from the Sun as it rotates. The dynamics are the same as those of a Totating garden
sprinkler.
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Fi_gure 10.7. {a) A schematic diagram showing how the magnetic field of the Solar
Wind takes up a spiral configuration. The plasma leaving the solar corona moves out
more or less radially and the magnetic field is dragged with it, The diagram shows the
dynamics of plasma associaled with one field line while the Sun rotates through half of
ane rotation. At large distances, the spiral is Archimedean.

(b} A schematic diagram showing the structure of the magnetic field out of the plane.
The magnetic field has opposite polarity on either side of the neutral sheet.
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Figure 10.8. () A schematic diagram showing the sector structure observed in the
magnetic field distribution in the Solar Wind when the field direction is measured close
to the plane of the ecliptic. (After J. M. Wilcox and N, F. Ness (1965). J. Geophys. Res.,
70, 5793.) ) )

(b) A model of the wavy inclined. neutral sheet (or heliospheric current sheet) which
separates the oppusite polarities of the magnetic field in the northern and soutl_)em
halves of the Solar Wind. The sheet is as observed from 30° above the equatorial plane
at a distance of 75 AU. The figure is 25 AU across. (From 1. R. Jokipii and B. T. ~
Thomas (1981). Astraphys. J., 243, 1t15)

Since the magnetic field of the Sun is dipolar, we would expect the polarity of

the magnetic field to differ on either side of the plane of the ecliptic as illustrated
in Figure 10.7(f). The magnetic field distribution in the interplanetary medium was
found to have this basic spiral configuration by Wilcox and Ness {1965) but they
aiso found that the magnetic field direction reversed so that, in some sectors, the
magnetic field points inwards and in others outwards as indicated schematically in
Fig. 10.8{a). 1t was subsequently noted, however, that the sector structure could
equally well be accounted for if the basic north-south polarity of the Solar
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magneﬁc field is maintained and, in addition, the neutral sheet separating the two
regions is inclined to the plane of the ecliptic. More recent measurements by the

" Pioneer-11 spacecraft as it iravelled to northem solar latitudes between Jupiter and

Saturn have confirmed this magnetic field configuration (for details of the
observations, see Sirapson (1989)). The wavy inclined neutral sheet has been
modelled by Jokipii and Thomas {1981) (Fig. 10.8(b)). The observed sector
structure is due to the inclined wavy neutral sheet passing by the observer twice per
rotation of the Sun.

In addition o defining the basic structure of the magnetic field in the Solar
Wind, the Voyager and Pioneer spacecraft have confirmed the tight wrapping of
the spiral field beyond about 20-25 AU. Superimposed upon this basic pattern,
there is a myriad of other phenomena. For example, the Solar Wind is not uniform
over all latitudes and, in particular, at periods when there is a high level of solar
activity, there are fast sireams in the Solar Wind. These result in shock waves
propagating outwards through the interplanetary medium which bring with them
a wide variety of new phenomena in the plasma physics and magnetohydro-
dynamics of the Solar Wind. Simpson {1989) provides a clear introduction to these
phenomena.

This outflow of material from the Sun also medifies the structurs of the magnetic
field of the Earth and the shape of the distorted magnetic dipole has been
determined in detail from satellite studies. As we will show, the Solar Wind is
highly supersonic when it encounters the Earth’s magnetic field and hence a shock
Jfront forms and there is the characteristic ‘stand-off” behaviour that one sees in
front of blunt objects when they move supersonically. This is a topic of wide
importance in many areas of astrophysics and one to which we now turn.

10.6  Shock waves

Shock waves are found ubiquitously in high energy astrophysics and play
2 key role in many different astrophysical environments. It is useful to derive some
of their basic properties which we will find have application in as diverse fields as
star formation in the spiral arms of galaxies, the high velocity outflows from young
stars, extragalactic radio sources, compact galactic nuclei and our present concern,
the interaction of the Solar Wind with the magnetic field of the Earth. The basic
physics is set out in two classic texts, Fluid mechanics by Landau and Lifshitz
(Chapter 9) and Physics of shock waves and high-temperature hydrodynamic
phenomena by Zeldovich and Raizer.

It is & general property of perturbations in a gas that they are propagated away
from their source at the speed of sound in the medium. It is therefore plain that,
if a disturbance is propagated at a velocity greater than the speed of sound, the
disturbance cannot behave ltke a sound wave at all. There is a discontinuity
between the regions behind and ahead of the disturbance and the latter region can
have no prior knowledge of its imminent arrival — the sound waves which would
transmit the information are propapated at a speed less than that of the
disturbance. These discontinuities are called shock waves. They commonly arise in
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Figure 10.9. {a)} A shock wave propagating through a stationary gas a.t a_supe:rsonic
velocity U. The velocity U is supersonic with respect to the sound velocity in the
stationary medium. ) B

{b) The flow of gas through the shock front in the frame of reference in which the shock
froni is stationary.

situations such as explosions or where gases flow past obstacles at SUpersenic

velocities or, equivalently, objects more supersonically through a gas. The basic '

phenomenon is the flow of gas at a supersonic velocity relative to the local velocity
of sound. This is an enormous subject and our object here is to derive some useful
relations for shock waves in a perfect gas.

10.6.1 The basic properties of plane shock waves

We assume that there is an abrupt discontinuity between the two regions
of fluid Jow. In the undisturbed region ahead of the shock wave, the gas is at rest
with pressure p,, density p, and temperature 7. Behind the shock wave, the gas
moves supersonically and jts pressure, density and temperature are py, p, and T,
respectively (Fig. 10.9(b)). It is convenient to transform to a reference frame
moving at velocity U in which the shock wave is stationary (Fig. 10.9(b)). Then,
the undisturbed gas flows towards the discontinuity at velocity v, = |U| and, when
it passes through it, its velocity becomes vy in the moving reference frame.

The behaviour of the gas on passing through the shock wave is described by a
set of conservation relations. First, mass is conserved on passing through the
discontinuity and hence ’

PV = Pa¥y (10.15)
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Second, the energy fiux ie. the energy passing per unit time through unit area

~parallel to v, is continuous. It is one of the standard results of fluid dynamics

that the energy flux through a surface normal to the vector ¥ is pv(3v* + w) where
wis the enthalpy per unii mass, w = e_ +pF, €, is the internal energy per unit mass
and V is the specific volume ¥ = p~* je. the volume per unit mass. We consider
only plane shock waves which are perpendicular to v, and v, and therefore the
conservation of energy flux implies

1 (VI + ) = P vV + wy) (10.16}

Motice that it is the enthalpy per unit mass and not the energy per unit mass £
which appears in this relation. The reason for this is that, in addition to internal
energy, work is done on any element of the fluid by the pressure forces in the fluid
and this energy is available for doing useful work. Another way of looking at this
relation is in terms of Bernoulli's eguation of fluid mechanics in which the
quantity $v* +w = ¥ +&,+p/p is conserved along streamlines which is the case
for normal flow through the shock wave.

Finally, the momentum flux through the shock wave should be continuous. For

the perpendicular shocks considered here, the momentum flux is given by p+pv?
and hence

PP = pavi (10.17)

Notice that the pressure p, being the force per unit area, contributes to the
momentum flux of the gas. Expressions (10.15), (10.16) and (10.17) are the three
conservation equations which are often referred to as the shock conditions.

For simplicity, we will study the case of shock waves in a perfect gas for which
the enthalpy is w = yp¥/(y— 1) where v is the ratio of specific heats and ¥ again
is the specific volume i.e. the volume of unit mass ¥ = p~*. Landau and Lifshitz
show how it is possible Lo obtain many elegant results for this case. First of all, we
define the mass flux per unit area j = p, v, = p, ¥,. Then, from expression (10.17),
which describes the conversation of momentum, we immediately find

F=(p—p)/(H - V) (10.18)
In addition, we obtain an expression for the velocity difference
v— v, = V= V) = e, —p) (K- W)F C o (10.19)

The next step is to find the ratio ¥,/ as a function of p, and p, for a perfect gas.

We begin with the equation of conservation of energy flux (10.16) and substitute
as follows:

wy v = W+
Wy gV = Wy VY
Using expression {10.18), this expression reduces to

(wy—wl+3(V + o, —~p) =0 {10.20)
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‘We can now subsiitute the perfect gas expression, w = yp V/{y—1)into the relation
(10.209, : -

¥ _ bt Dpay =D
V, py—1+paly+1)

" which gives the relation between the pressures and specific volumes on either side
of the shock. We can immediately find the relation between T, and T; from the
perfect gas law, p, ¥}/ T, = p, Vao/ T

©(10.21)

T, PV pmpy+Diply—1)

?fz B P_l ?1 B B0y — D+ pefy— 1)
Also, using expression (10.21), we can climinate ¥, from the expression for the flux
density j

. =Dp 0+ Dp,
fEert—y

(10.22)

(10.23)

From expression (10.23), we can find the velocities of the gas in front of and behind
the shock

=71 = %[{v— Dpy +{r+ 1 (10.24)
V% =J'E.V; - E [y + 1) +Pa{'l’_ ) (10‘-25)

2 ply—D+pr+1)
It is most convenient to write these results in terms of the Mach number M of the
shock wave which is defined to be M, = v, /¢, where ¢; is the velocity of sound for
the undisturbed gas, ¢, = (Tp,/pl)é. Thus,

M =G /e) = W/ (10.26)

By simple substitution, we find the following results. From expressions (10.24) and
(10.25), the pressure ratio is

po_yMi—(y—1)

= (10.27)
2 (y+1)
From expressions (10.24) and {10.25), we find the density ratio
py_ v _=Up+Gr+lp
1 h v, [+ Lp,+(y— 17,
+1) (10.28)

Th-n+2/M;
Finally, from expressions {10.22), (10.27) and (10.28), we find the temperature
ratio

7, yMi—(y—D)2+0r+ DM
T, (Y + )M?

(10.29)
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Figure 10.10. Ilustrating the flow of gas in the case of & piston which moves at

velocity I/ which is supersonic with respect 1o the velocity of sound in the stationary
medium.

It is useful to look at these ratios in the litit of very strong shocks, M, » 1. Then,

Po/py = 2YME/(y+1)

(10.30)
P/ =+ DAY=1). (10.31)
L/ =29y — 1M/ (y +1)° {10.32)

These results show that in the limit of very strong shocks, the temperature and
pressure can become arbitrarily large but the density ratio attains the finite value
(y+ 1)/(y—1). For example, 2 monatomic gas has y = £ and hence p,/p, = 4 in the
Timit of very strong shocks. These results demonstrate how efficiently strong shock
waves can heat gas to very high temperatures and this is found to be the case in
supernova explosions and supernova remnants. These are very useful results.

What exactly is happening in the shock front? It is apparent that the
undisturbed gas is both heated and accelerated when it passes through the shock
front and this is mediated by the atomic or molecular viscosity of the gas. It can
be shown that the acceleration and heating of the gas takes place over a physical
scale of the order of the mean free path of the atoms, molecules or ions of the gas.
This makes physical sense because it is over this scale that enerpgy and momentum
can be transferred between gas molecules. Thus, the shock front is expected to be
very narrow and the heating very strong over this short distance.

10.6.2 The supersonic piston

A common situation in high energy astrophysics is one in which an object
is driven supersonicaliy into a gas, or equivalently, a supersonic gas flows past a
stationary object. A useful illustrative example is that of a piston driven
supersonically into tube containing stationary gas (Fig. 10.10) (see Landan and
Lifshitz (1987) p. 357). A shock wave forms ahead of the piston and the gas behind
the shock moves at the velocity of the piston U. In the frame of reference of the
shock front, which moves at some as yet unknown velocity v,, the velocity of inflow
of the stationary gas is v, = |v,| and the gas behind the shock moves at velocity v,.
As yet we do not know v, and v, but know that their difference v,—v, = U. As
described by Landau and Lifshitz, the solution is a very neat one and involves a
little elementary algebra.

First, using expression (10.18), we find

v—vy = U=[p,—p.) (¥, — W)} (10.33)
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Substituting for ¥, using equation (10.21) and squar_ing_ expression (10.33), th
expression can be written in terms of the pressure raha py /P . :

Ut p=nut} E 3
(?)2‘(?)[2+“+‘)m]+[‘—7pﬂ-° oo e

We can now write yp, ¥, = ¢l where ¢, is the velocity of sound in the undisturbed
medium, and solve for p,/p,

syre .
Py, vt UL G DU (10.35)
1+ 2 16¢
1 4C1 & 3

The velocity v, = |v,] follows from expression (10.24)
£ _dley- i 10.36)
ﬁ=§m—mﬁwﬂp¢diw1HWHbj (

Some simple algebra shows that, substituting for p,/p, using expression (10.35),

+1 e
, =(7:”U+{c§+(l—]§——] (1037)

This is a very neat result since it determines the thickness of the layer of shocked
gas ahead of the piston for any supersonic velf)city U. Let us look at the case of
a very strong shock wave U » c,. The expression (10.37) reduces to

v, = (y+ DU/2

Thus, the ratio of the position of the shock fromt t:) the position of th:a piston Llsl
v,/U=(y+1)/2. Fora monatomic perfect gas ¥ = § and hence v /U =% Thu?t;
t;ie gas which was originally in the tube between x =0 and the posmondo he
shock wave is squeezed into a smalter distance (v,— [)t. It follows that the density
increase over the undisturbed gas is p,/p; = v f(v,— Uy = (v +1)/(y— 1), the same
di ression (10.31). -

rewTEisws‘i:nf;:?; Sa;::iu:;tl:i,on givcs(somc feel for wh.at is obser.ved when supersc;mt;_al}lly
moving gas encounters an obstacle or is jected into a stationary gas. Ak}ca oTth e
obstacle there is a shocked region which runs ahe_ad of the advancing piston. 1-15
is what is expected to occur when a supemqva gjects a spk?ere of hot gas mt? the
interstellar medium. It also shows that there isa stand-gff dlSt'al'lCE ofa sh;)ck ;Om
from a blunt object placed in the flow and [h-lS is what occurs in the case of the flow
of the Solar Wind past the Earth’s magnene dipole.

10.7  The Earth’s magnetosphere
The Solar Wind is highly supersonic when it encounters the Earth and its

magnetic field. To a rough approximation, the Earth and its associated magnetic .

field act as a spherical obstacle in the outflowing Selar Wind and, consequeutl}i;
if this were a problem in standard gas dynamics, we wm}ld expect a ﬁtand.—oﬁ“ shoc
to form in front of i, similar 10 those observed in hypersonic wind-tunnel
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Figure 10.11.

supersonic flow, It can be seen that a stand-off shock is present around the obstacle.
{From van Dycke, M. (1988). An album of fluid flow page 166, Parabolic Pregs.)

A laboratory experiment in which a solid sphere is placed in 2

experiments (Fig. 10.11}. The simple picture of a shocked zone in front of a piston
developed in Section 10.6.2 is a crude picture of what might be expected. The
important difference is that the gas can flow round the sides of the obstacle and so,
while the shock wave is perpendicular at the equator, it becomes oblique round the
edpes of the object as shown in Fig. 10.11. In the casec of oblique shocks, the
component of flow velocity parallel to the shock wave is continuous whilst the
normai component of the flow satisfies the shock conditions derived in Section
10.6.1. As a result, the streamlines are refracied on passing through the oblique
shock. It should be noted that the velocity of the flow behind the shock can become
supersonic if the shock wave is sufficiently oblique.

It is remarkable that. despite the many obvious differences berween the case of
a solid obstacle placed in a supersonic gas fiow and the Solar Wind flowing past
the Earth, the structures observed in the vicinity of the Earth can be very well
described by classical gas dynamics. The magnetic field and particle distributions
in the vicinity of the Earth have been well determined by space probe experiments
and the results of these are shown schematically in Fig. 10.12.

There is a bow shock, similar to the bow shock in front of a solid object, at a
stand-off distance of about 14Ry from the centre of the Earth in the direction of
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Figure 10.12. A schematic diagram showing the siructure of the Earth's
magnetosphere. The names of the various regions are shown.

incidence of the Solar Wind, where Ry is the radius of the. Earth. Closer to the
Earth, there is a boundary known as the magnetopause at a distance of abgut llRllg
which acts as the surface of the region within which the Earth’s magnetic field is
dynamically dominant. For the purpose of visualisation, t'hc magnetopanse may bc’
thought of as the surface of a solid obstacle. The Solar Wind plasma ﬂows lpa_st the
Earth between the shock wave and the magnelopause. :The whole Tegion wnt?nn the
magnetopause is known as the magnetosphere., rne?.nm.g the region lm which the
magnetic ficld of the Earth is the dominant dynamical influence. It is pleasant to
note that the typically density enhancements across the shock wave are obser_vcd
to be about a factor of 2-4, typical of the values expected fqr strong shocks in a
monatomic gas. Of course, this is only a crude comparison bec_ause a full
calculation would need to take account of the fiow of the Solar Wind past the
m?hn: tgg:t;s::-dipolc magnetic field is strongly perturbed by t.he 1_10w of the Solar
Wind so that, although it can be well represented by a magn?,nc fhpole close to the
surface of the Earth, forther away it is distorted as shov.vn in Fl_g. 10.12. Perhaps
the most significant distortion is the fact that the magnetic fieid-lines of th_c down-
stream side of the Earth are stretched out by the drag of _thc Sollar ngd. The
magnetospheric cavity is stretched out into a long (Eyh.ndncal region which has
radius about 25R; at the distance of the Moon’s orbit, i.c. ata c-ixstance c.:f about
§0R,. This region is known as the magnemtai{. The magnetlc_ field lines are
oppositely directed on either side of th«:: equatorial plane,. thosel in the nort?em
region heading towards the Earth, those in the southern region pointing away from
the Earth. Between the two regions is a thick layer of bot plasma which is known
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as the plasma sheet. Because the magnetic field lines run in opposite directions on

~ ecither side of the plasma sheet, there must be a surface of zero magnetic field

separating the two regions which is known as the meutral sheer. Because the
magnetic field changes sign through the neutral sheet, an induced electric current
'ﬂpws in the plasma sheet and hence particles can be accelerated in the vicinity of
the neutral sheet. If the plasma moves in such a way as to bring together regions
of oppositely directed magnetic field, the magnetic field lines can ‘annihilate’
transferring the magnetic field energy into particle energy by virtue of the electric
fields created as the magnetic field strength changes. The Solar Wind particles
flowing past the magnetotail are coupled into the magnetotail by instabilities
acting at the magnetopause, The Kelvin—Helmholtz instability which results when
one fluid streams past- a stationary fluid enables Solar- Wind particles to be
entrained into the magnetosphere.

This picture of the Earth's magnetosphere suggests an explanation of the
phenomena of aurerae observed at high geomagnetic latitudes. It can be seen from
Fig. 10.12 that particles accelerated in the region of the magnetotail can drift along
the magnetic field lines to high geomagnetic latitudes. Electrons with energies
0.5--20 keV entering the upper layers of the atmosphere at about 90-130 km can
excite oxygen atoms producing the green 558 nm and red 630 mm red lines of
oxygen characteristic of the aurorae.

From our perspective of learning about the behaviour of cosmic plasmas, there
are a number of points of special interest. First of all, it should be noted that we
have been able to use standard gas dynamics to understand the structure of the
magnetosphere, despite the fact that the plasma is collisionless on the scale of an
astromomical unit. The reason for this is the presence of the magnetic field which
is frozen into the collisionless plasma. This is a very important aspect of plasma
physics for many astrophysical plasmas. Despite the fact that the particles have
very long mean free paths, the presence of even a very weak magnetic field ties the
particles together. The fact that this works so well in the Earth’s magnetosphere
shows that this simplification can be used in many astrophysical environments.

Related to this point is the fact that there is a shock wave discontinuity at the

boundary of the magnetosheath. As described in Section 10.6.1, it is expected that -
the thickness of the shock front should be of the same order as the mean free path
of the particles. Again, the key point is the presence of the magnetic field. The
magnetic field is frozen into the plasma and, as we will show in the next chapier,
the particles of the plasma gyrate about the magnetic field direction at the
gyrofrequency. The effective friction and viscosity needed to transfer momentum
and energy through the shock wave are provided by the magnetic field tied to the
particles of the plasma. The distance over which energy and momentum are
transferred is,” to order of magnitude, the gyroradius of a proton in the
interplanetary magnetic field. The mechanism by which energy is transferred is
probably through various forms of plasma wave interaction invalving the
magnetic field. This is a highly complex subject but is of the greatest interest for
plasma physicists. The shock wave which bounds the magnetopause is one of the
best examples known of & collisionless shock wave.
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There is one final point of importance to be made. We have stated that the Solar

Wind flows supersonically but we should clarify what we mean by this. In the case
of a normal gas, the flow is supersonic if the velocity is greater than the local sound
speed. For a gas at temperature T, this velocity is ¢ = (yp/p)t = {ykT/m)t where it
is assumed that the gas is a fully ionised hydrogen plasma and # is-the mean mass
of the particles contributing to the pressure of the plasma. For a fully ionised
hydrogen plasma in thermal equilibrivm # = mg/2 since the protons and eiec.tmn.s
contribute equally to the thermal energy. The temperature of the ‘Solar W:ndl is
about 10° K and hence v = 170 km s°'. Thus, the Solar Wind is supersonic with
respect to its internal sound speed. o

We have to ask, however, what the appropriate sound speed within the
magnetosphere should be where the dynamics are dominated by the strength of t!]e
magnetic field. In this case, the appropriate sound speed is the Alfven velocity
v, = B/()g p):. The significance of this relation is that all sound speeds are roughty
the squarc root of the ratio of the energy density of the system to its mass density
v (g/ p)= where £ is the energy density in the medium. Since the magnetosphere
is magnetically dominated, € = B*/2), and hence v = B/(4, p¥. The exact answer
is the Alfven velocity quoted above which is the speed at which hydromagnetic
waves can be propagated in a magnctically dominated plasma. Inserting
appropnate values for the magnetosphere, B=3nT, n=10"m™®, we find

= 35 km s~'. Thus, the flow of the Solar Wind is certainly highly supersonic
w1t_h respect to the Alfven velocity within the magnetosphere. The important point
of principle is the fact that, if any region of space is magnetically dominated, the
approptiate sound speed is the Alfven velocity rather than the standard sound

speed in the gas. Often, the flow of the Solar Wind is described as super-Alfvenic

rather than supersonic.

Appendix The influence of the
Earth’s magnetic field

It is interesting to look at some of the early work on the propagation of cosmic rays in a
dipole magnetic field. Until the discovery of the Solar Wind and the Earth’s magnetosphere,
it was natural to suppese that the magnetic field of the Earth is of dipole form and that it
is through this field that the particles are propagated to the surface of the Earth, As early
as 1929 there was cvidence that the dipole component of the Earth’s magnetic field
influences the flux of cosmic radiation. In that year, Clay was travelling from Java to the
Netherlands to calibrate his jonisation detectors at the bottom of a Dutch salt mine. During
the voyage, he observed variations of the numbers of charged particles arriving at the Earth
as a function of geamagnetic latitude, ie. the poiar angle A measured with respect to the
equatonal plane of the Earth’s magnetic field (Fig. A10.1). We now understand that he was
detecting high order products of primary cosmic rays armiving at the top of the atmosphere,
By 1932, Compion showed that the intensity of the cosmic radiation follows closely lines of
geomagnetic latitude. The problem of describing the dynamics of particles in a dipole
magnetic field was first tackled by the Norwegian physicist Starmer in an attempt to explain

the polar aurorae. Consequently, the theory is often referred to as Sisrmer theory and the
orbits of the particles as Starmer orbits.

Al0.1 Dynamics of charged particles in a dipole magnetic field

The problem is an entirely classical one. Given a particle approaching a magnetic
dipole from infinity, what is its trajectory? The analysis is long but straightforward and
results in some pleasant answers. Details of the analysis can be found in Appendix B of the
book by Hopper (1964). It is shown in Section 11.} that the equations of motion of a
charged particle of rest mass m,, charge ze and Lorentz factor y = (1 ~ 1‘”,/0‘)”% in a static
magnetic field B reduce to

dv
‘rmaa = ze(¥y % B) {A10.1)

All we need pow is the relevant magnetic field distribution, remembering that, as every
schoolchild knows, a north pole points along magnetic lines of force towards the south poie
of a magnel and so the north pole of the Earth's magnetic dipole is Jocated close to the
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T

Figure Al10.1 Tlustrating the definition of the magnetic latitude A relative 1o the
magnetic north pole.

eographic south pole. Using the definition of geomagnetic latitude * shown in Fig. A10.1,
%he components of the magnetic field are

A10.2
B,=—2;.L“M'sink,f4'r:r”} (A10.2)
Bl=—p,,Mcoslj4nr’ . !
i i i There is no general selution to the problem
the magnetic moment of the dipole. ; . .
:hﬁcﬁ:{l;:ory enagbr:@s limits to be sei to those regions of the magncnc_ﬂe];l m:i;(;g:;;té?:
\;aich are accessible to incoming particles. Therefore, we can define permitted and
w - - .
particle approaching from infinity. ] )
mﬁefgra:f }T,.wo conven?fnt things to do. First, we measure dlsta.m?es in terms oifézlrmz;
its. There is one circular orbit in the equatorial p]la,ne of # dipole ﬁ_:r 2 particle o
unc;t;;cntum p="{my¥ Equating centrifugal and magnetic forces in the radial d:re_cuon,
m = ym,v.
find
-ymov’jr=ze(va) . ' |
where r is the distance from the centre of the dipole. Therefore, from expression (A10.2), we
find .

ymg ¥ T = zevidy Mfdrr®

P = zep, M/amym, v &103)

ry = (721, M74TPY : -
The distance r, is known as one Stermer unit of distance for a pz%rtlcle' of momen'fum p. The

at 13 v otion of the particle become very neat when wneu in these umts.l

o e no c‘thtfl to do is to express the equations of motion in terms of the coordinates r,
S :1:1:; z)c:]tmwzgin Fig. A10.2 and introduce the angle &, whlch is the anljgiichbg‘v;;r; tgee
i locity vector ¥ of the particle and the men(_i:an plane whic llows e
11':::1:1‘: 1'1]:?:;5 o:ebit (see Fig. A10.2). The solution of the equations of motion can be Wi
?n the following form

ok - ©(A104)
2b=—rsing cosl-——r—-

where r and b are measured in Stermer units (see Hopper (;‘_?64)). _'l'he tetrm b ;;:w ct??;u:ﬁ;
acl para
i when r becomes very large, —-2b/co§ is an imp ; !
o mcs):zi:nt‘:e dynamics of the electrostatic interaction of; charged !J:_me]es dlsct:seii
§amSecne o 2.1. If the motion is in the equatorial plane, A .=_0 , the collision parame T
= 28, ??)th.e:. geomagnetic latitudes, —2b/cos h is the collision para}-uet.ar mth_re;;:act to
t;e d3:ole axis. The attraction of this analysis is thal we know that sin A must lie between
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) .
Figure A10.2. (a) The coordinate system in which the dynamics of high energy
particles in a dipole magnetic field are defined; (5) the coordinate system viewed from
above showing the definition of the angle 6.

I and — 1 and this sets limits to accessible ranges of r and ) for particles with a given value
of b. Some examples of the permitted and forbidden regions are shown in Fig. A10.3. It will
be recalled that we have hidden the momentum of the particle p in r and b since they are
expressed Stermer units.

All we need do now is to specify the particle’s momentum and then we can draw the Earth
to scale on these diagrams. Fig. Al(.3 shows the permitted and exciuded regions for
different values of 4. It can be seen that critical things happen at b = —1 in the sense that
the ‘jaws’ of the forbidden region close up at r = 1. Therefore, there is a critical momentum
al which the Starmer radius is equal 1o the radius of the Earth. If we consider the case of
protons, z =1, the critical momentum is ¢p = 59.6 GeV, where we have written the
momentum dimensionally as an energy by multiplying by the velocity of light ¢. In the
ultrarelativistic regime, this is the same as the total energy of the particle.

In Fig. A10.3, the surface of the Earth is drawn for particles with the critical momentum,
i.e. a circle of radius one Stermer unit. Note the meaning of these diagrams — particles of
momentum 59.6 GeV ¢ can only reach the surface of the Earth for collision parameters
bz ~1. For more negative values of &, the jaws close up and nothing gets in.

Now let us look at particles which have momentum only a quarter of the critical
momentum. The Starmer unit is then larger by a factor of 2 and therefore, in Stermer units,
the radius of the Earth is only half of what it was in the first example (Fig. A10.3). Again,
there is a limited range of collision parameters which allows particles to reach the surface
of the Earth. Again, b must be greater than — 1 and some particles can only be precipitated
ai high latitudes, as can be seen, for example, for the case b = —0.5. When this was first
noted, it looked as if it might provide an explanation for the fact that aurorae are only seen
at particular high geomagnetic latitudes, the auroral zone. In fact, this is not the reason for
the occurrence of aurorae in these zones as described in Section 10.7.

For particles of four times the critical momentum, the radius of the Earth is 2 Stermer
units and hence particles with a much wider range of collision parameters reach the Earth,

A10.2 Particle dingnostics using the Earth’s magnetic field

We could now go on and use expression {A10.4) to work out the range of angles
6 at which particles reach the cbserver, as a function of magnetic latitude, charge and
momentum. Firsi, let us derive a useful result for particles which arrive vertically, They lie
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(a}

(iii}

L (i}

b) o
{ii9)

(i}

ich

tiii}
(i)

b=—1001

Figure A10.3. Diagrams illustrating the regions in polar coordinates which are
accessible to high energy particles entering the Earth’s magnetic field. The shaded
regions have |sin 8] > 1 and consequently are forbidden. The values of the collision
parameier b are given in Stermer units on the diagrams. The circumference of the Earth
is shown on the diagrams for three values of the rigidity for protons: (i)
R=59.6GeV/c; (i) 4R; (ifi) R/4. The distance units are Stermer units, i.e. distances in
units of r, = (zep, M/41tp)§. (From Vallatra, M.S. 1961). Cosmic rays I: Handbuch der
Physik, Vol. 6171, 88. Berlin: Springer-Verlag).

S SR
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in the meridian plane as defined in Fig. A10.2 and hence have # = 0. For these particles, we
fmd from the expression (A10.4)

26 = —cosh/r

We are interested in particles which arrive ai the surface of the Earth and hence, in terms
of Stermer units, particles for which

[ 1
g g r

3
= = - =1
i rs  (zep, M/dnp): (59.62 Gc\-’)

Therefore, the critical value of b is

1 cos*h
2 (p/59.6z GeV)

The necessary condition that particles reach the Earth if they have momentz less than
59.6 GeV ¢! is that they have collision parameters b = —1. Therefore, particles arriving
vertically must satisfy the following relation

1 cos? A I
2 (p/59.6z GeV)

p = 149z cos* L GeV ¢

Thus, only particles with momenta greater than a certain value can reach the Earth at
different latitudes. Putting in some numbers, the geomagnetic cut-off momenta are

Kinetic energy
{ A=0° ep = 149GeV  14.0GeV
z=13A=40° ¢p=5.1GeV 4.3 GeV
A= 60° cp = 093GeV 048 GeV

Thus, at each point on the Earth’s surface, there is a threshold energy below which the
particles cannot reach the surface. The geomagnetic field acts as a filter for the particles of
different energies and use can be made of this fact in balloon and space experiments in low
Earth orbit to distinguish particles of different energies. Nowadays, maps of the geomagnetic
cut-off can be made and there are kinks and irregularities in the cut-off energy which reflect
irregularities in the magnetic field.

This analysis can be extended to obtain information about the energy distribution of the
particles from the distribution of arrival directions. Particles only reach the Earth if they
have b z —1, i.e. from expression (A10.4)

cos? A

—:sinﬂcosl— 21
2

. 2

sin < cosh

g ——— AL0.5
recosh  r? { )

Therefore, when observations are made at & fixed geomagnetic latitude, we should only
observe particles of a given energy within the range of angies defined by expression (A10.5).
Notice that the directions of arrival should be opposite for protons and electrons. These
expectations are in full agresment with observation.

The complete discussion of this problem becomes rather complicated and, if we require
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more detailed predictions, we have to follow particle trajectories and this.can become a
complex business, The major problem with this analysis is-that, although the Earth’s

tnagneiic field resembles a dipole close to the surface, at distances greater than a few Earth -

radii, it is severely distorted by the flow of the Solar Wind past the Earth as described in the
main body of this chapter.

11

‘The dynamics of charged particles
in magnetic fields

We now know the basic mapnetic field confipuration through which high energy
particles have to pass in order to reach the Earth. As they travel towards the Earth,
they have to make their way upstream against the Solar Wind and into a
converging configuration of magnetic field lines. This analysis again has
applications far outside the immediate problem of understanding the degree to
which the enerpy spectrum of the cosmic rays is influenced by the Solar Wind. The
results are applicable very widely in high energy astrophysics but there is the great
advantage in the case of the cosmic ray particles that the effects of the magnetic
field can be observed directly. This subject can become one of daunting complexity
but let us begin with some simple results of importance for much of our future
discussion.

11.1 A uniform static magnetic field

We begin by writing down the equation of motion for a particle of rest
mass m,, charge ze and Lorentz factor y = (1—*/c®™ in a uniform static
magnetic field B.

%(Tmuv)=ze(vx]3) (11.1)

We recall that the left-hand side of this equation can be expanded as foliows:

d dv (v-a)
moa‘}(’YV) = mnya'*'moTa" e

because the Lorentz factor y should be written 1 = (1 —v-v/c?¥} In a magnetic
field, the three-acceleration a = dv/ds is always perpendicular to v and conse-
quently v-a = 0. As a result, :

ym, dv/dt = ze(v x B) (11.2)

331
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L N 7 OO,
AN

Figure t1.1. THustrating the dynamics of a charged particle in a uniform magnetic field.

We now split v into components parallel and perpendicular to the uniform
magnetic field, v, and v, respectively (Fig. 11.1). The pitch angle 6 of the particle’s
orbit is given by tan @ = v, /v, i.c. the angle between the vectors v and B. Since v,
is parallel to B, equation (i1.2) tells us that there is no change 0 v, ie
v, = constant. The acceleration is perpendicular to the magnetic field direction and
0.

ymo% = zev, B(i, x ig) = zevB sinb (ilx in)

where i, and iy are unit vectors in the directions of ¥ and B respectively.

Thus, the particle’s acceleration vector is perpendicular 1o the plane containing
both the instantaneous velocity vector v and the direction of the magnetic field B.
Because the magnetic field is uniform, this constant acceleration perpendicular to
the instantaneous velocity vector rtesults in circular motion about the magnetic
field. Equating this acceleration o the centrifugal acceleration, we find

v: /r = zevB sin 8 /ym,

r=1ym,vsinb/zeB (11.3)

Thus, the motion of the particle consists of a constant velocity along the magnetic
field direction and circular motion with radius r about it. This means that the
particle moves in a spiral path with constant pitch angle 8. The radius r is known
as the gyroradius of the particle. The angular frequency of the particle in its orbit
o, is known as the angular cyclotron or angular gyrofrequency and is given by

@, =v,/r=zeBfym, (11.4)

" The corresponding gyrafreguency v, i.c. the number of times per second that the
particle rotates about the magnetic field direction, is

v, = 0,/21 = zeB/2rym, (it.5)

In the case of a non-relativistic particle, y =1 and hence v, = zeB/2mm,. A
useful figure to remember is the non-relativistic gyrofrequency of an electron
v, = eB/2nm, = 28 GHz T~ where the magnetic field strength is measured in tesla;
alternatively, v, = 2.8 MHz G™* for those not yet converted to teslas.

Tn this simple case, the axis of the particle’s trajectory is parallel to the magnetic
field direction and this axis is known as the guiding centre of the particle’s motion,
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i.e. it 15 the mean direction of translation of the particle about which the gyration
takes place. In more complicated magnetic field configurations, it is convenient to
work out what the guiding centre morion is and this determines the general drift of
particles in the field. Examples of this are discussed in the next section.

Let us rewrite the expression for the radius of the particle’s path in the following
form.

r_'ym,,vsine_ pey\sin @
- - ze

ze B “Be (11.6)

where p is the relativistic three-momentum of the particie. This means that, if we
inject particles with the same value of pe/ze into a magnetic field B at the same
pitch angle 8, thev have exactly the same dynamical behaviour. Obviously, by
extension, the result remains the same for any magnetic field configuration. The
quantity pc/ze is called the rigidity or magnetic rigidity of the particle. Since pe has
the dimensions of energy and e has the dimensions of charge, pe/ze has the
dimensions of volts. A useful unit for practical purposes is gigavolts (GV). In
cosmic rays studies, the energies of cosmic rays are often quoted in terms of their
rigidities rather than their energies per nucleon. It is useful to compare the varicus

ways of describing the energies of protons, carbon and iron nuclei with ¥ = 2 and
100 (Table 11.1).

11.2 A time-varying magnetic field
11.2.1 Physical approach to the non-relativistic case

In the configuration depicted in Fig. 11.1 the particic moves in a spiral
path, the radius of which is r = (ym, v sin0)/zeB. An important case is that in
which the magnetic field strength B varies slowly with time. By this we mean that
the fractional change in the magnetic field strength AB/B changes very little in a
single orbital period T = v;*. Let us work out the non-relativistic version of this
problem in a way which brings out the essential physics.

A particle gyrating about the magnetic field is equivalent to a current loop. The
current is simply the rate at which charge passes a particular point in the loop per
second and therefore { = zev, /2nr. The area of the loop is 4 = 77* and therefore
the magnetic moment of the loop is

zevsin® ,  zev,
et = =y

=id =
H=t nr

Now, in the non-relativistic limit, » = m,v, /zeB and therefore

2
My W,

=—pt== {aLm

where w, is the kinetic energy of the particle in the direction perpendicular to the
guiding centre.

Now let there be a small change AB in the magnetic field strenpth 8 during one
orbit. Then, an emf is induced in the loop because of the changing magnetic field
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2 and 100
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Iron nucleus

{(v3/2e

1200 GeV

1188 GeV

99 GeV
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12 GeV
199.99 GV

Carbon nucleus
(v3/2c
12
12 GeV
24 GeV
12 GeV
1GeY
20.8 GeV
2+/3GY

100
(+/3/2)c 0.99995¢

1 GeV

100 GeV
1GeV 99 GeV
1GeV 99 GeV
4/3GeV 99.995 GeV
3GV 99.995 GV

Protons
1 GeV
2 GeV

Table 11.1. The properties of protons, carbon and iron nuclei having Lorentz factors ¥
4 Ta obtain the dimensions of GeV, the momentum has been multiplied by ¢, the velocity of light.

Kinetic energy per nucleon
Momentum, pc = (ymv)c*

Kinetic energy, (y— )mc?
Rigidity, pc/ze

Loreniz factor, ¥
Mass pumber, 4
Atomic number, 2
Rest mass energy, mc?
Total energy, ymc?

Velocity, v
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and so the particle in its orbit feels an acceleration. The work done on the particie:
per orbit by this emf is just

dB AB
£ = : D Cenind
zed = zenr’ - = zenr’ o
where AT = 2ar/v, is the period of one orbit. Therefore, the change in kinetic
energy of the particle in one orbit is just

z 2
Aw, = %:—vl AB= "’20;* AB= %AB

What is the change in the magnetic moment of the current loop?

Aw, w,AB Aw, Aw,
L_ =——2__ 1= 11.
B B B B 0 (11.8)

Ap =

i.e. the magnetic moment of the particle in its orbit is an invariant provided the field

is slowly-varying. There are oiher useful ways of expressing this important result.
Ap = { is equivalent to

Aw, /B) =0 {11.9
Since w, = p}/2m,, this in turn is the same as
AP /B)=0 (11.10)

This is a particularly interesting result because it accounts for the phenomenon of
magnetic mirroring. If the particle moves into a region of converging magnetic field
lines, B increases and thersfore p2 must also increase. However, the kinetic energy
of the particle is constant because no work is done by the magnetic field and
therefore the increase in p? must take place at the expense of the paratlel
component of the particle’s motion pi. Now p} goes to zero at the point where
pt = p*. Thus, the particle is reflected back along the magnetic field configuration
{Fig. 11.2). This is what happens to particles trapped in the radiation belts when
they approach the converging field lines towards the magnetic poles of the Earth
(see Fig. 10.12). -
Finally, since r = m v, jzeB and p} = (zerB)®, A(p}/B) = 0 implies that
A(Br) =10 _ (1111

j.e. the particle follows the guiding centre in such a way that the number of field
lines within the particle’s orbit is a constant (see Fig. 11.3). These expressions are
all called the first adiabatic invariant of the particle’s motion in a magnetic ficld.

These relations can all be derived from the principle of adiabatic invariance. It is

also the best way of deriving the relativistic generalisations of these formulae.
These are:

A(BrYy=0 r=1vymyv, /zeB
APL/B)=0 p,=1myy, (11.12)
A(yy =0 p=ym,vi/2B
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Mirror-paint

Mirror point

Figure 11.2. A schematic diagram illustrating the magnetic mirroring of charged
particles in & dipole magnetic field. Trapping of this type accounts for the existence of
the radiation belts in the Earth's ionosphere. (From H. Friedman (1986). Sun and earth,
page 167, New York: Scientific Americar Books.}

Figure 11.3. The dynamics of a charged particle in a slowly-varving magnetic field
illustrating how the particle’s guiding centre follows the mean magnedc field direction.
The radius of curvature of the particle’s path is such that a constant magnetic flux is
enclosed by its orbit.

If you are happy to accept these results, then you may proceed to Section 11.3. If
not, continue with the next subsection.

11.2.2 Adiabatic invariant approach

This procedure uses the Lagrangian formutlation of classical dynamics and
we follow Jacksonm’s approach (1975, pp. 588-93). We start from the result of
classical dynamics that if g, and p, are generalised canomical coordinates and
momenta, then for each coordinate that is periodic, the action integral J, defined by
J,=$p,dg, is a constant for a given mechanical system with specified initial
conditions. If the properties of the system change only slowly compared with the
period of oscillation, the action integral is an invariant. Such a change is called an
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v dl
vXB

Figure 11.4. Illustrating how to find the sign of the increment of magnetic fiux in
evaluating the action integral J.

adiabatic change. This is exactly what we need to investigate the dynamics of a
charged particle moving in a magaetic field.

The components of velocity and position perpendicular to the magnpetic field
direction are both periodic. Thus, the action integral is

J=[P, -dl (il.13)

where P, is the canonical momentum of the particle perpendicular to the
magnetic field direction and dl is the line element along the circular path of the
particle. The important resuit we need is that, for a charged particle in a magnetic
field, the canonical momentum perpendicular to the field is

P, =p,+eA
where p, is the relativistic three-momentum of the particle perpendicular to B and
A is the vector potential of the magnetic field, B = V x A. Therefore
J=4§.P,-dl
=¢p, dl+e [ A-dl
=oyme¥, -dl+ef B-dS
= nrym,v, +ef;B-dS (11.14)
dS is the vector area associated with the line integral §dl around C. Let us look at
the vector relations between dl, B and 4S. If the B is directed into the paper and
¥ has the direction shown in Fig. §1.4 the Lorentz force (v x B) for a positively
charged particle results in circular motion as shown. The vector area dS§

consequently points out of the paper, i.¢. in the opposite direction to B. Thus, the
second term in equation (11.14) is negative. Therefore,

J = 2nrtymy@ —enrB
But the angular gyrofrequency w = eB/ym, and hence
J=enr’B = ¢AB

where A is the arca swept out by the particle. According to the above rule, this is
a constant for changes in B which are slow compared with the period of the particle
in its orbit, i.e.

A(nr®B) = 0 (11.15)



338 11 Dynamics of charged particles in magnetic fields

This is the same result quoted in equation (11.11) and the other invariants follow
immediately from the relations r = ym,v, /eB, p, = ym,v, and p = ym, 8 /2B

We could go on and work out the behaviour in more and more complicated
cases — what happens when the particles are in regions where there is a magnetic
fisld gradient, what is the effect of a gravitational field, etc? However, I think the
point will now be clear that mdmduat particles are tied to magnetic field lines and
it takes a great deal to make them move across: For those interested in more details
of the complexities which can arise, Northrop's monograph (1973} -provides an
excellent introduction. )

We can see that these resulis for individual particles closely parallel those
derived in Section 10.5 concerning flux freezing. They are, however, separate
problems, although the treatments I have given make them look rather similar.
The point is that the flux freezing argument is fundamentally a magneto-
hydrodynamic process in which we treat the plasma as a perfectly conducting
fluid. The treatment using individual particies, which I have just given, is a
microscopic approach and to rationalise the two approaches one has to show that
the equations of magnetohydrodynamics can be derived from the microscopic
equations of motion. This is far from trivial (see the excellent chapter in Clemmow
and Dougherty’s The electrodynamics of particles and plasmas (1969) Chapter 11).

11.3  The diffusion of high energy particles in the interplanetary medium

An ideal environment in which to test the theory of the propagation of
high energy particles in magnetic fields under conditions which approximate to
typical cosmic conditions is the interplanetary medium. We have argued in Section
10.5.3 that the magnetic field configuration should be that of an Archimedean
spiral and this has been confirmed by direct measurements of the interplanetary
magnetic field. We therefore expect high energy particles to spiral in towards the
Earth along the magnetic field lines against the outflowing Solar Wind.
Unfortunately, this picture provides no explanation of the modulation of the flux
of cosmic rays as a function of the level of Solar activity. The answer is that we
have considered an idealised structure for the magnetic field in the Solar Wind. On
top of the overall spiral pattern, there are small scale fluctuations in the field
associated with the outflow of the Solar Wind. In addition, there are shocks
associated with high velocity streams initiated by high energy events in the solar
atmosphere such as solar flares. Thus, the particles have to make their way towards
the Earth through a magnetic fieid structure which possesses both large and small-
scale irregulanities.

There is an ongoing debate about the relative importance of large and small-
scale irregularities in determining the modulation of the flux of high energy
particles. The ‘conventional’ model of solar modulation assumes that the process
is associated with smali-scale irregularities in the Solar Wind and that the diffusion
of the particles along and across the magnetic field lines can be described by a
diffusion tensor x,,. The basis for this model was described in a classic paper by
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Parker (1965). According to McKibben (1986), it is generally believed that this
approach provides a correct local description of the physics of the diffusion of high

" energy particles from the interstellar medium to the Earth but the constants of the

diffusion equation may be a function of time and location within the cavity
evacuated by the Solar Wind. Let us look at the relevant physics involved.

11.3.1 The diffusion equation

First of all, let us consider the simplest one-dimensional version of the
diffusion problem. The flux of particles N through unit area in the positive x-
direction is just

N=—xan/éx (11.16)

where » is the number density of particles and « is a scalar diffusion coefficient.
Opposing the inward diffusion is the outward convection of the particles by the
Solar Wind. The flux of particies associated with this flow is just #v where v is the
velocity of the Solar Wind and hence the net flux of particles through unit area at
any point is just

N=nr—xinfox {(11.17)

Therefore, in the steady state, N = 0 and hence, assuming the velocity of the wind
to be constant,

nv = kdn/0x
n=n, exp[%(x-R)] (11.18)

where n, is the number density of particles at distance R through the medium
which may be taken to be the boundary between the interstetlar medium and the
Solar Wind. Thus, the number density of particles at the origin x = 0 is reduced
by a factor exp(—wR/x) as compared with that ai distance R. We will find
exponentials of this form occurring throughout the theory.

Now, in fact, we have to deal with a three-dimensional problem in which
particles diffuse inwards towards the Sun from interstellar space. We therefore
have to rewrite equation (11.16) in spherical polar coordinates. We also have to
write the diffusion of particles in the i-direction in terms of a diffusion tensor ¥,
which describes the scattering of particles into the i-direction from the j~direction.
‘We can therefore write

N, = nv,—x,nfox, (11,19)

where we use the usual summation convention over repeated indices. Now we take
the divergence of this equation and find

0 2, )
Bx, ox,° Y dx K"ax,
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We can write the divergence of the flux of particles in terms of their number density
n. By the usual procedure of considering the flow of particles into and out of an
elementary volume dxdydz, we can readily show that

divN = ON,/Ox, = —On/8!
Therefore, we can write the diffusion equation in the form

on | B af o "

E"l‘a—x‘(ﬂvt)—a—x!('lcﬁa—xj) =0 (l 120)
We can now write this equation explicitly in terms of spherical polar coordinates.
We make the simplifving assumptions that the flow is spherically symmetric, that
we can adopt a scalar diffusion temsor x, = x and that the velocity is constant.
Then, (see Longair (1984), page 57 if necessary)

an v O 1af ,omy
‘é;“i';a(?’zn)—;a—r(iﬂ’ 5)—0 (11'21)

Notice that this is not the complete diffusion equation since we have not taken
account of energy gains or losses of the particles. We will take this subject up in
the next sub-section.

Again, it is useful 1o look at the steady-state solution, &n/d: = 0. Then,

8.,. dfx. 0
o= a—r(;’ a)
iLe.
i v
E=;ﬂ, (]122) .

exactly the same result as in the one-dimensional case.

11.3.2 Adiabatic deceleration of the high energy particles

In the case of a spherical wind, there is one further effect which has io be
taken into account. This is the fact that the high energy particles diffuse in from
the interstellar medium but, at the same time, they are convected outwards in an
expanding flow. They are therefore subject to ‘adiabatic deceleration’. We now
derive suitable forms for this energy-loss process.

Let us first derive the important results for a non-relativistic Maxwellian gas.
The loss of internal energy U of the gas when it does work in expanding its
volume by d¥ is

dU =—pd¥V
where p is the pressure of the gas. Now, for a perfect gas, U = 3#kTV and p = nkT

where # is the number density of particles and T is their temperature. Since the
average energy of each particle is 3T, we find

AU = nVdE = —nE dV
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Therefore setting the total number of particies alV = N, we find

dE  2nEdV
L (11.23)

Now d¥/dt is just the rate of expansion of the volume ¥ which is determined by
the vetocity field ¥(r). If we consider the volume of a cube of sides dx, dy, dz moving
with the flow, we can go through the standard procedure for finding the change in
volume (Fig. 11.5). We add together the changes in volume due to the differential
velocities across each of the three pairs of faces of the cube ie.

ar

T (Vorae— v dpdz+ (v, — v ) dxdz 4+ (v, — v, ) dxdy

Making the usual Taylor expansions, we find

Y (P O ) gy de = (VoY (11.24)
dx dy oz

ds
Substituting into (11.23}), we find

dE  2nV
@ = 3NEY
=—-HV-v)E {11.25)

This is the general expression for the energy loss rate due to adiabatic losses of a
non-relativistic particle in an expanding flow. We can write this alternatively in
terms of the momentum p of the particle, since E = p?/2m, in which case

dp/dt = —{¥-v)p {11.26)
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The generalisation to the relativistic case is straightfbrward if we follow exactly the
same procedure but use insiead U = 3nkTV and p = §U. It is straightforward to
show that, in the ultrarelativistic limit,

dEjdt = —{V-V)E ' o
dp/di = —¥V-v)p : : ' ©{11.28)

Thus, in addition to diffusing in towards the Earth, the particles lose energy by
being convected outwards in the expanding wind.

Before considering that case, let us show that this expression reduces to a possibly
more familiar expression for the adiabatic expansion of a uniform gas sphere in
both the relativistic and non-relativistic ases. Suppose the particles partake in the

uniform expansion of a spherical volume which could be a supernova remnant or

the Universe itself! In such a spherical expansion v = y,(r/r,} where the outer
radius r, of the volume expands at velocity v,. Taking the divergence of v in
spherical polar coordinates, we find

1
. rs_mee[ar('z sin v)] = 3( 0)

Thus, for non-relativistic particles we find

dE_ v

dt 7

dE 2E (AL

d—row—z E-E.,(?) (11.29)
In the same way, for ultrarelativistic particles

dE__E

dr, h s

rO
E=E(* _ {11.30)

We will find that this relation describes the cooling of ultrarelativistic particles in
the expansion of spherical objects and leads to the famous *adiabatic loss’ problem
in non-thermal radio sources.

In the case of the Solar Wind, we can approximate the velocity field by
v = v, constant, independent of radius from the Sun. In this case,

Vev=2v,/r
and hence, substituting into the expression (11.25) for a non-relativistic gas,

LdE_ 4,
Edr 37

f@ _ _i dr

E 37

N\
E=E0(T") (11.31)
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Similatly, for an ultrarelativistic gas, we find

1dE 2y,
Ed =37
fAY .
E=Eo(}9) (11.32)

This calculation shows that particles flowing out from the Sun suffer large energy
losses because of adiabatic deceleration. In the case of relativistic particles
diffusing in from the interstellar medium, the losses are not so severe since they
diffuse at a velocity close to the velocity of light and there is not time for energy
losses due to convection 1o have been too great by the time the particles reach the
Earth. -

Let us indicate the nature of this result in the following way. The solution (11.18)
shows how the number density of particles is expected to decrease as they diffuse
into the inner Solar System from the interstellar medivm. For particles with energy
~ 1 GeV nucleon™, the value of v R/x must be of order 1 to account for the
amplitude of the modulation seen from solar maximum to solar minimum. In this
case, we can work out the time the particle takes to reach the inner Solar System.
From standard diffusion theory x = }Av where A is the mean free path and v the
velocity of the particle which in our case can be taken 1o be the velocity of light.
Then, the time to diffuse a distance r is just the time it takes 10 make N scatterings
such that r = Ni'k, ie.

1= Nhfv=ri3x (11.33)
Now the time for the particle to lose roughly balf its energy is
T = E/(dE/dsy = 3r/2v,
Taking # = R, we see that

- @)1

But we have argued that k/Rvy ~ 1 and hence the particle does not, in fact, lose
much of its energy during the iime it takes to diffuse into the inner Solar System.

Thus, the adiabatic losses are relatively small for this case but need to be taken
into account in a full treatment of this problem. To include the adiabatic loss term
into the diffusion equation we have already derived in (11.21), we can use the same
formulation we develop in Volume 2, Chapter 19 to describe the diffusion-loss
equation for relativistic electrons. Anticipating the results of that section, we can
show that it is necessary to include a term of the form

. a
+oplOE)n(£)]

in the equation where b(E) = —(d E/d¥) is the energy loss rate of the paﬁicle. Thus,
the full diffusion-loss equation is of the form

tn v 3 2v 0 xdf,0n
+tag it pnE) - rk ar( ar) 0

u o 3r3E (11.35)
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This is the standard form of the equation used to describe the diffusion of high

energy particles into the Solar System and was derived by Parker in his classic

paper of 1965 (his equation {4)). If anisotropic diffusion across field kines is also
taken inio account, the equation can be written in the more gcnera] form

dn 3 a : a( an)_ 1136
—t—(¥ — [ EN——|ky=z—]=0 (11.36)
5, O+ ap I EN =g ey

where the derivatives are in spherical polar coordinates and # describes the number
density of particles with energies in the range Eto E+4dE.

11.3.3 Empirical diffusion—convection model for solar modulation

Ideally, one would like to set about solving the general di.fft_xsion—
convection equation (11.35) for solar modutation. This can be dor_le but it is also
useful to adopt a more empirical approach by deriving a model which can account
for the observed effects of solar medulation. This model will act as a guide for the
formulation of theoretical models of the physical processes involved in the solar
modulation.

Figs 10.3(a) and () show the types of data which have to be accounﬂ_ed for. We
will discuss the results of modelling by Evenson et al. (1983) and Garcia-Munoz,
Pyle and Simpson (1985) as an example of what can be achieved by this approach.
The model makes the following assumptions. First of all, it is assumed that the
modulation can be described by a steady-state mode] so that dn/d: = (¢ and also
that the modulation volume can be assumed to be spherically symmetric about t}_xe
Sun. Drifts and non-statiopary phenomena such as high velocity streams are

neglected. The aim is to derive an empirical mode! which takes account of

convection, diffusion and adiabatic deceleration. This is achieved by bui](-iing the
dependences upon energy, rigidity, location within the Solar Wind, etc. into the
diffusion coefficient « so {hat the number density of particles of a particular energy
or rigidity is given by the simple solution of the diffusion equation {11.22) which
can be written

n = n, eXp [f ;:%dr] (11.37)

where ¥ is the velocity of the Solar Wind and r, is the outer radius of the
modulation ‘volume. Thus, at any energy, if we assume that the velocity of the
Solar Wind is constant, which is knawn to be a good approximation, the flumper
density of particles is determined by an integral over the empiric.al d_lﬁ“usmn
coefficient. Tn addition, we know that we can write the diffusion coefficient in terms
of the velocity of the particle v and its mean free path 2 as ¥ = 3Av. Thus,. the
problem reduces to finding suitable forms for the mean free path of the particles
as a function of energy or rigidity. We have argued that the dynamics of 'thc
particles in magnetic fields should be primarily a function of their rig_iditie_s since
particles of the same rigidities should experience identical accelerations m any
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Figure 11.6. The rigidity dependence of the diffusion coefficient x for the period
1977-81 derived from the empirical diffusion—convection model described in the text.
(From M. Garcia-Munoz, K. R. Pyle and J. A. Simpson (1985). 19#h International cesmic
ray conference, La Jolla, USA, Vol. 4, page 409.)

magnetic ficld configuration (see Section 11.1). In the approach of Evenson er al.
{19R3), it is assumed that the dependences of ¥ upon rigidity and distance from the
Sun are mathematically separable. The effects of adiabatic deceleration are built
into the dependence of the diffusion coefficient upon distance from the Sun r.
By analysing the variation of the energy spectra of protons and helium nuclei
from solar minimum to solar maximum over the period 1977-81 as well as
evidence on the modulation of high energy electrons by comparing the Galactic
radio spectrum and local relativistic electron spectrum {see Section 9.1 and Volume
2, Sections 18.2 and 18.3), Evenson et al. (1983) and Garcia-Munoz ¢t al. (1985)

find that the diffusion coefficient k can be satisfactorily described by the following
forms:

k() = 2 Roylr)

Ko(r) = w, exp[(r—1)/29] (11.38)

where R = pc/ze is the rigidity of the particle and o is a spectral index which takes
different values in different rigidity ranges; the distance r is measured in
astronomical units. The exponential factor gives an empirical description of the
effects of adiabatic deceleration. The adopted variations of k, with rigidity are
shown in Fig. 11.6 at different phases of the solar cycle. The authors emphasise
that what is observable is the integral over the adopted form of the diffusion

coefficient k() and hence a variety of different forms could be consistent with the
experimentally observed spectra.
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Fig. 11.6 may be interpreted as showing the v'ari'at.ion of the mean free path of
the high energy particles with rigidity within the Solar System. As expected,
particles with the highest rigidities have the longest mean free paths and the
particles with small rigidities have the shortest. The functions at different phases
of the Solar cycie show how the mean free path of the particles change as the
degree of turbulence in the interplanetary medium changes. We will attempt to
explain these relations by elementary theory in the next sub-section.

According to the Evenson et al. and Garcia-Munoz et al., these forms of
diffusion coefficient can successfully account for essentially all the observations of
electrons, protons and helium nuclei and their relative degrees of modulation over
the period 1977-81 during which the degree of Solar activity changed markedly.

11.4  Diffusion coefficients for high energy particles scattered by

magnetic irregolarities

Let us make some simple calculations to demonstrate how high energy
particles propagating in an irregular magnetic field are scattered and how order of
magnitude estimates can be made of the diffusion coefficient x. This is the type of
calculation one would like to be able to make for the interstellar medium in our
own and other galaxies but unfortunately we do not have access directly to the
relevant experimental data about the spectrum of magnetic irregularities.

11.4.1 The power spectrum of irregularities in the Solar Wind

Fortunately, in the case of the Solar Wind, direct measurements of the
spectrum of irregularities in the interplanctary magnetic field have been made
through magnetometer observations from space probes. A good example of these
types of measurement is provided by the Mariner 4 space probe which went on to
take the first pictures of the Martian surface. The strength of the magnetic field was
measured continuously throughout the flight from the Earth to Mars. We need to
know the strength of the magnetic irregularities as a function of physical scale and
so we adopt the standard procedure of taking the power spectrum of the magnetic
field strength as a function of wavelength. To do this, we use the same procedure
as in Section 3.3.5 — Parseval’s Theorem enables us to find the power spectrum of

the fluctuations in the magnetic field from the Fourier transform of the time -

variation of the interplanetary magnetic field strength as follows:

o o
f Bi(Hdt = j B o) dm (11.39)
—t -0

where B{) is the Fourier transform of the observed distribution of the magnetic
field strength with time, B(7). Note that we use the same definitions of the Fourier
transform pairs as in Section 3.3.5. The frequencies have been referred to a frame
of reference in which the Sun is stationary and therefore the corresponding
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Figure 11.7. The power spectrum of the magnetic field energy density per unit
frequency interval as measured by the magnetometers on beard the Mariner 4
spacecraft. The strength of the magnetic field is measured in nanoteslas, 1 nT =10 T
which is the same as the traditional unit used in these studies, 10-* G, which is known as
one ‘gamma’ or ¥. (From J. R. Jokipii (1973). Ann. Rev. Astr. dstrophys., 11, 1)

physical scales are A = V/v where ¥ is the velocity of the Solar Wind and v the -
frequency of the Fourier component. In these early observations, the spectrum

displayed in Fig. 11.7 could be described by the following relations

Ba) «c o7 m>mc}k o

= 11.40
B*@) = constant © < @, Vv ( )

where the critical wavenumber at which the spectrum turns over is
k, = 6x107" m™". We now derive an estimate for the mean free path as a function
of rigidity for high energy particies propagating through this irregular magnetic
field.

We know that, if the high energy particles have gyroradii much smaller than the
scale of the fluctuations in the magnetic field, the pariicles simply follow their
guiding centre motion and only change their pitch angles as a result of conserving
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(b}

Figure 11.8. Ilustrating the dynamics of a charged particle in a magnetic field, ()
when the irregularities in the magnetic field are on a scale which is much smalier than
the gyroradius of the particle’s orbit in the mean magnetic field; (b) when they are of the
same order.

their adiabatic invariants (see Section 11.2). In the opposite limit in which the
particles have gyroradii much greater than the scale of the fluctuations, the particles
do not ' feel’ the fine structure but move in orbits determined by the mean magnetic
field which, in the case of the Solar Wind, is much greater in magnitude than the
fluctuating component. Thus, it is only in the intermediate case in which the
fluctuations have the same scale as the gyroradii of the particles that there is
significant scattering. The process is illustrated schematically in Fig. 11.8 It can be
seen from the figure that there is a significant change in the pitch angle of the
particle in a single gyroradius and it is this random scattering process which can
result in the scatiering of the high energy particles.

These expectations are bornme out by more detailed calculations. We can
therefore associate a particular magnetic rigidity with each physical scale in the
power spectrum of magnetic irregularities and it is these fluctuations which provide
the most important scatterers for the particles in pitch angle. To illustrate that this
idea is at least consistent with the observations of the power spectrum of the
magnetic irregularities, let vs work out the rigidity at which we would expect a
break in the spectrum of the magnetic fluctuations to be reflected in the modulated
spectrum of cosmic rays. First, we write down the gyroradius of the particle in
terms of its magnetic ngidity

pcy 1 R
rg=(_)_=ﬁ (11.41)
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We now equate this value 1o the wavelength at which the break in the power
spectrum of magnetic irregularities is observed. Taking r=A, = 2x 10° m and

" B=3n0T, we find R'=2 GV. It can be seen that this value is remarkably close to

the change in slope of the mean free path of the cosmic rays as determined by the
empirical diffusion-convection model of Fig. 11.6. Let us now make an order of
magnitude calculation for the mean free path of high energy particles in the
interplanetary magnetic field to see if they are of the observed order.

11.4.2 The diffusion coefficients for high energy particles in the Solar
Wind

The evaluation of the diffusion coefficients for high energy particles given
the spectrum of magnetic irregularities is an interesting problem in the theory of
stochastic processes and detailed calculations have been carried out by Jokipii
(1971). In the spirit of our present discussion, we will indicate the essence of the
calculation by an order of magnitude calculation.

The important assumption is that the magnetic field irregularities are random.
The power spectrum of the magnetic field strength tells us how much energy there
is in each Fourier component of the field and it is implicit in this procedure that
the phases of the waves are random. What this means physically is that each
particle ‘feels” the influence of a particular field component for only about one
wavelength before it encounters another wave with a random phase relative to the
last wave. Our model of the diffusion process is therefore one in which the particle
expetiences any given wave for about one wavelength before it is scattered by
another wave of random phase.

Now, in a single wavelength, the average inclination of the field lines from the
mean field direction due to the magnetic irregularities is ¢ =~ B, /B, where B, is the
strength of the mean magnetic field and B, is the amplitude of the random
component. Therefore, the pitch angles of particles with gyroradii 7, ~ A mus:
change by about this amount per wavelength. Let us look at the change in pitch
angle from the point of view of the change in the guiding centre of the particle in
one wavelength. The guiding centre is displaced by a distance r = ¢r, and this
represents diffusion of the particles across the magnetic field lines as well as a
change in their pitch angles. Thus, scattering by magnetic irregularities enables
particles to diffuse across magnetic field lines.

In the next wavelength, the particle meets another wave of about the same
energy density but the change in pitch angle is now random with respect to the
previous wave and so the particle is scattered randomly in pitch angle. Therefore,
to be scattered randomly through 1 rad, N scatterings are required where N éd: = 1.
The distance necessary for scattering through 1 rad is thus A, = Ni = Nry=r 4%
This is the effective mean free path of the particle diffusing along the magnetic field
in the Solar Wind, In this distance, the pitch angle of the particle has been changed
by a large factor so that, just as in the case of a charged particle in a plasma
considered in Section 10.4, the particle loses all memory of its initial pitch angle in
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this distance. This is our measure of the mean free path A, of the particle in the
interplanetary medium. :

We can now combine this result’ with the spectrum of irregularities in the

interplanetary magnetic field to work out the mean free path as a function of
magnetic rigidity R. All we have to do is to work out the energy in the irregularities
on a particular scale. The only thing to beware of is that the power spectrum of the
irregularities is guoted in terms of the power pér unit frequency interval, What we
need is the energy density of the magnetic field on a particular physical scale A. To

order of magnitude, this is given by multiplying by the power spectrum by the

angular frequency of the waves. Therefore, the energy density in the magnetic field
on scale A = /v is

Bio)n/2y,

We can now insert appropriate power-law approximations for Bi{w). In the low
frequency range, o < o,

Bi(w) = constant _ (11.42)

To relate this scale to the fgidity of the resonating particles, we recall that v = /A
where A = r, = R/Bc. Consequently, as the frequency decreases, the rigidity of the
particles with which the waves ‘resonate’ increases. Thus, for high energy particles
having R > R,

Moo = 1 /OF = 1, By Biw)w o 7l o R

At high frequencies, @ > @, in exactly the same way,
Bi(o) < a7t

and the mean free path for low energy particles R < R, is
Ay & 1 B/ Bi{w)o oc R

Results of exactly the same form come out of the detailed calculations by Jokipii
(1973), including, to order of magnitude, the values of the numerical constants in
front of the relations. These predictions of the dependence of the mean free path
of high energy particles on magnetic rigidity are not dissimilar from those found
from the empirical diffusion-convection model shown in Fig. 11.6, It is true that
the exact dependences have not been found but our analysis has been based upon
early observations. The encouraging aspect of the analysis is that the observed
qualitative dependence of mean free path upon rigidity can be derived from this
physical model of the modulation process.

One interesting example of the application of calcutations of this type is the
scattering of high energy particles streaming through the interstellar medium. In
that case, the scaitering is due to waves generated by streaming instabilities of high
energy particles in the interstellar medium. We will find that this is an important
calculation when we study the diffusion of cosmic rays in interstellar space.

B
£
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11.5. High energy particles in the outer heliosphere

A natural consequence of Solar modulation is that, as we move out
through the Solar System, we would expect the flux of particles with energies
0.1-1GeV to increase as intersiellar space is approached. This has been
demonstrated beautifully by a combination of observations made by the Voyager
1 and 2 and Pioneer 10 and 11 spacecraft, the space probes which explored the

_ outer Solar System (Fig. 11.9). It will be recalled that the Voyager space probes

werc responsible for taking the magnificent close-up images of Jupiter and the
outer planets as is indicated in Fig. 11.9. The payloads of the Pioneer missions
include particle detectors which are sensitive to protons with energies E > 67 MeV,
It can be seen from the shape of the energy spectra in Fig. 9.1 that this means that
all the particles over the flat peak of the energy distribution are detected, the mean
energy of the particles detected being about 1GeV. Fig. 11.10 shows the
percentage radial gradient of the particle flux with distance from the Sun measured
by the Pioneer 10 spacecraft while it travelied between about 10 and 45 AU from
the Sun. The fluxes of particles were normafised to the fluxes observed in the
vicinity of the Earth by the IMP-§ spacecraft. The increase in particle flux with
distance from the Sun corresponds to a fractional increase of between about
2-3% AU,

Adopting the steady state diffusion—convection model for the propagation of the
particles, we can estimate their average mean free path since

dn
DH; =nl
where n is the number density of the high energy particles and D is their diffusion
coefficient which can be written in terms of the mean free path A as D = Ay where

v is the velocity of the particles between collisions. The fractional gradient of
cosmic rays with distance is therefore

ldn 3¥
ndr v

Taking ¥ =300 km s™" and v to be the velocity of light for illustrative purposes,
we find & & 0.1 AU. This mean free path is not so different from the vaiues derived
from the theoretical model of Section 11.4.3. Let us select the wavelength of the
turn-over in the power spectrum of magnetic irregularities, A =2x 0% m,
v=3x10"Hz The power spectrum of irregularities of this wavelength
corresponds to 107 T® Hz™'. Assuming the mean field in the Solar Wind is
3x 107" T, we find the mean free path A ~ (By/vBr, = 0.3 AU,

One imporiant point about these observations is that there is still a significant
amount of modulation of the high energy particle flux even at a distance of 45 AU.
from the Sun. Several authors have shown that, as a result, the region responsible
for the modulation must extend to at least 60 AU from the Sun.

This same set of observations produced many other important results
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Figure 11.9. Trajectories projected onto the plane of the ecliptic of the space proves,
Voyager 1 and 2 and Pioneer 10 and 11. The positions of the planets Jupiter (J), Saturn
(8), Uranus (1) and Neptune (N) are shown when the different space craft had close
encounters with them. Periods near the minima of the Solar cycle are indicated by heavy
lines. {From 1. A. Simpson (1989). Adv. Sp. Res., 9. No. 4, (4)5~(4)20.)

-
1

5
3 3
= = . ’x; T -
;‘-_;, - -- f_-...-.. Py M kN ..:~iq ‘.‘ . .
a » sfs fea

-,§ 2 F:". .. -_‘.. oLt . bl 5_‘ LY .-
E} LY L LI 3 . »
E 1 b4 -
©
g o A .| 1 ] 1 | | ] L |

1976 1978 1980 1982 1984 1986

Year

Figure 11.10. The percentage radial gradient of the number density of protons with
energy E = 67 McV normalised to the number density of protons with energies

E > 106 MeV in the vicinity of the Earth as measured by the IMP- satellite. Each point
is a 27-day average. (From J. A. Simpson (1989). Adv. Sp. Res., 9, Na. 4, (411.)

concerning modulation processes in the interplanctary medium. For example,
there are significant time variations in the degree of modulation in addition to the
general correlation with the phase of the solar cycle. Some of these increases in
modulation have been associated with increases in solar flare activity. In addition
some of these changes in modulation have been observed both in the vicinity of the
Earth and at much greater heliocentric distances. The cross-correlation of these
changes has shown that the causes of the increase in modulation propagate at a
velocity of about 300 km s7%, i.e. roughly at the velocity of the Solar Wind.
Whilst the above arguments show that it is plausible that scattering by magneiic

B i i i
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irrepularities is a prime cause of the modulation of the flux of high energy particles

~ entering the Solar System, it is likely that other factors play an‘important role in

determining the local fiux of high energy particles. These phenomena have been
reviewed by McKibben (1986) and by Simpson {1989). As usual, this story can
‘become as complicated as one desires and we will do no more than list some of the .
issues which are currently the subject of active investigation.

First of all, it is now apparent that the changes in modulation do not occur
smoothly with the solar cycle. Rather, the modulation changes occur rather
abruptly. These have been described as occurring ‘in a series of steps separated by
plateaus of nearly constant intensity’ (McKibben 1986). The steps have been
shown to move out through the interplanetary medium at the velocity of the Solar
Wind. It has also been shown that the steps in the moduiation are associated with
high velocity transient flows and shocks in the Solar Wind and that, between these
events, the Solar Wind structure appears to be determined by more-or-less steady
state flows.

This strong association between shocks and increases in modulation has been
confirmed by studies of the correlation of the magnetic field strength in the Solar
Wind with intensity variations in the high energy particle fluxes and the local Solar
Wind velocity (Figure 11.11). These data from the Voyager 2 experiment show that
when the magnetic field strength increases due to the passage of shocks or other
disturbances in the Solar Wind, the modulation of the high energy particle fiux
increases. Thus, it may well be that solar modulation is not a smooth continuous
process but ope in which the effects are associated with the superposition of
successive regions of enhanced magnetic field which could be due to a variety of
energetic phenomena. These regions have been referred to as ‘merged interaction
regions’, to describe the amplification of the magnetic field which could be due to
a variety of causes.

One of the major questions which can be addressed by these new data is the
influence of the reversal of the Sun’s magnetic polarity upon the process of
modulation. If there were no small-scale irregularities in the magnetic field in the
Solar Wind, the dynamics of charged particles would be determined entirely by the
large-scale magnetic field distribution. We have given a gualitative description of
recent studies of the magnetic field distribution in the Solar Wind in Section 10.7.
It is an intriguing problem in the dynamics of charged particles in magnetic fields
to work out the particle drifts which would be expected in the magnetic field
structures suggested by Figs 10.7 and 10.8, especially when account has to be taken
of the wavy inclined neutrat sheet shown in Fig. 10.8 (). The results of calculations
by Jokipii and his colleagues indicate that positively and negatively charged
particles have completely opposite drifts in such a magnetic field structure. The
nature of these particle drifts is indicated schematically in Fig. 11.12. Thus, when
there is a reversal of the polarity of the Sun’s magnetic field, as occurred in 1980,
differences in the fluxes of positively and negatively charged high energy particles
might be expected. This model has had some success in accounting for the increase
in modulation with the tilt of the neutral current sheet but the relative magnitudes
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Figure 11.11. Voyager 2 observations of the integral intensity of high energy particles
with energies greater than 75 MeV pucleon™ compared with simultaneous measurements
of the strength of the magnetic field and the velocity of the Solar Wind. It can be seen
that there is a very strong correlation between decreases in the number density of
particles and enhancements in the magnetic field intensity and the velocity of the Solar
Wind. (From R. B. McKibben (1986). The Sun and the heliosphere in three dimensions,
ed. R. G. Marsden, pages 361-74, Dordrecht: D. Reidel Publishing Co.)

of the radial intensity gradients for high energy particle nuclei before and after the
solar polar reversal of 1980 were opposite to the predictions of this model,

The question of the relative importance of large-scale drifts as compared with
diffusion in the conventional diffusion—convection model of solar modulation is of
the greatest interest and will be the subject of intense study by the forthcoming
Ulysses space mission which is a joint project of the ESA and NASA. The
spacecraft will be launched into a trajectory which takes it out to Jupiter. Its
trajectory has been chosen so that, as it sweeps past Jupiter, it will be deflected into
an orbit which takes it back over the north pole of the Sun at high ecliptic latitudes.
For the first time, it will be possible to measure directly the particle fluxes and
magnetic field structure far out of the ecliptic plame. These observations will
provide a wealth of information about the relative importance of drifts and
scattering for high energy particles within the heliosphere.
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Figure 11.12. A schematic diagram illustrating the drifts expected for positively and
negatively charged particles in the model for the heliosphere which includes the wavy
current sheet. The drifts of the positively and negatively charged particles are expected
to be in opposite directions. The drifts shown are expecied when the north pole of the
Sun has positive polarity, as was the case between 1970 and 1980. (From J. A. Simpson
(1989). Adv. Sp. Res., 9, ()13, afier R. B. McKibben (1988). The 6t Ins! Solar Wind
Conference, eds V. J. Pizzo, T. E. Holzer and D. G. Sime, NCAR/TN-306, 2, 615.)

11.6  Discassion

The above discussion provides an introduction to the many effects which
can influence the propagation of high energy particies under conditions which
must bear some resemblance to those found in other asirophysical environments.
It is salutory to note the uncertainties and problems which arise, even when we are
able to measure the particle fluxes and magnetic field strengths directly,
circumstances which are excluded in any other astrophysical environment.

An example of the results of correcting for the effects of solar modulation upon
the local fiux of cosmic ray protons was shown in Fig. 9.1. This curve shows that
the turn-over at low energies is largely due to the influence of solar modulation and
that at energies less than about 1 GeV nucleon™, there is a considerable amount
of energy present in high energy particles. Estimating the amount of modulation
present at low energies is important for a number of astrophysical questions
because this correction determines the total energy density of high energy particles
in the Galactic disc. For example, this energy density directly influences the
stability of the gaseous disc of the Galaxy and also the rate of heating of the
interstellar gas by low energy cosmic rays. As discussed in Section 2.4.2, the
ionisation losses of these low energy cosmic rays are important in heating cool gas
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clouds in which stars are forming and in determining the rate at which many
chemical processes can proceed in cool molecular clouds. Unfortunately, the
demodulation models are too uncertain to enable reliable estimates of the energy
densities of the lowest energy cosmic rays to be made and astrophysicists invert the
problem so that the heating rate due to these particles is déetermined frqm the
requirements of the chemistry.

12

The high energy astrophysics of
the Solar System

12.1 Introduction — a word of caution

This chapter is of an entirely different nature from the others in this
volume. So far, we have tried to set out reasonably systematically the development
of the tools needed to undertake studies in high energy astrophysics. This chapter
1s different in that I make no attempt to derive everything we will need. Rather, it
is an essay which describes phenomena occurring within the Solar System which
are of direct relevance to high energy processes occurring in Galactic and
extragalactic astronomy.

The word of caution refers to the fact that these are areas which are normally
far outside the interests of Galactic and extragalactic astronomers, including those
of the present author. I therefore tread with some trepidation into what are for me
uncharted areas. The story is, however, fascinating because, although there are
important differences between physical conditions in the Solar System and, say, the
environs of an active galactic oucleus, qualitatively similar phenomena are
observed. For example, particles are accelerated to high energies in solar flares and
they emit intense radio and X-ray emission. Similar phenomena are observed in
active galaxies and quasars and it is an intrigning question whether or not these
phenomena are related. The advantage of studying solar flares is that it is possible
to study the acceleration of high cnergy electrons, protons and nuclei sim-
ulataneocusly and, in addition, the accelerated particles can be detected directly at
the top of the Earth’s atmosphere once they have travelled from their source in a
solar flare to the Earth through the Solar Wind.

Some of the most important advances have resulted from observations with
space missions dedicated to the study of the Sun, for example, the Skylab space
laboratory lawnched in 1972, the Solar Maximum Mission (SMM) and the
Japanese Hintoro mission. These have revealed high energy processes occurring on
the surface of the Sun — for example, the emission of X and y-rays from Solar flares
as well as the products of nuclear interactions involving the high energy particles

357
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accelerated in flares, This chapter is intended to stimulate interest in these topics
by astrophysicists whose interest normally only begin outside our .own Solar
System. ’

12.2  The atmosphere of the Sun and the solar corona

The structure of the atmosphere of the Sun and its corona is an excellent
example of how wrong one's naive expectations can be. Intuitively, it might be
expected that the atmosphere of the Sun would simply form the natural extension
of its internal structure out to very iarge distances at which the envelope becomes
highly rarefied. The internal structure of the Sun is now quite well understood,
particularly as a result of the combination of theoretical studies of stellar structure
with observations of solar osciliations, or helioseismology. Energy is generated
within the core of the Sun principally by the pp-chain in which protons combine
to form helium nuclei in the hot core of the Sun, its central temperature being
about 1.6 % 107 K. These nuciear processes take place within the central 10% of the
Sun by radius and are responsible for the total luminosity of the San which is
3.90 x 102¢ W. The energy liberated in this process diffuses outwards through the
Sun, the transport process being radiative diffusion in the inner 70% of the Sun
(again by radius) and by convection in the outer 30 %. The temperature gradient
associated with the diffusion of energy outwards from the centre results in an
effective temperature of about 5780 K at its visible surface. What we call the
atmosphere of the Sun is the region from which photons can reach the observer on
Earth without being scattered many times. This corresponds roughly to the layer
at which the optical depth of the Sun has t = 1. We can think of the lower regions
of the Sun’s atmosphere as being a spherical shell from which the Sun's optical
radiation was last scattered. This region is known as the photosphere and lies at a
radius of 6.9% x 10 m from the centre.

Naively, one might think that that is the end of the story but this is very far from
the case. Observations of the solar atmosphere have now been made at a wide
range of wavelengths and, because it is such a bright star, the temperature and
density distribution in and above the photosphere can be determined with
considerable precision. It turns out that the temperaiure of the atmosphere does
not continue to decrease outwards but becomes slightly. hotter above the
photosphere in a region known as the chromosphere. This region is so called
because it can be clearly observed as a thin ring of coloured light surrounding the
disc of the Sun during total eclipses by the Moon. Above the chromosphere, there
is a parrow transition region, less than 100 km thick, which separates the
chromosphere from the hot corona of the Sun. In the tramsition region, the
temperature of the corona rapidly attains 2 value of about 3x10° K and then
continues to increase outwards reaching a maximum value of about 1.5 x 10° K at
a distance of about 3 % 10° m above the solar disc. These variations of density and
temperature are shown in Fig. 12.1. Also shown in Fig. 12.2 are the ions of
different elements which are sensitive probes of ihis temperature and density
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Figure 12.1. The variations of temperature and density as a function of height above
the base of the Sun's photosphere. {From E. H. Avrett (1991). The reference
encyclopaedia of astronomy and astrophysics.)
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D. M. Michalas and R. K. Ulrich, pages 1--50, Dordrecht: D. Reidel Publishing Co.)



360 12 High energy astrophysics of the Solar System

Figure 123, An example of a soft X-ray image
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transport in the outer 30% of the Sun (by radius) is convection. The convection
cells themselves do not extend into the photosphere but vestiges of the convective
transport of energy are observed in the ‘cellular granulation patterns which are
present in images of the photosphere. The major complication is caused by the
magnetic field which is frozen into- the bulk convective motions of the material of
the Sun. It is the combination of these convective motions and the Sun’s magnetic
field which is respomnsible for most of the active phenomena observed on the surface
and in the atmosphere of the Sun. This leads us into the complexities of the
magnetohydrodynamics and plasma physics of the solar atmosphere. This is an
enormous subject and goes far beyond what we can hope to deal with in this text.
The enthusiast is strongly recommended to study the book Solar magnero-
hydrodynamics by Priest (1982).

Deep inside the Sun, the magnetic field does not exert a large pressure compared
with the thermal pressure of the gas. On the contrary, flux freezing ensures that the
magnetic field is stretched and distorted by the convective motions in the outer
layers of the Sun. This process is likeiy to be associated with the origin of the Sun’s
magnetic field through magnetic dynamo processes. However that field is
generated, direct observations of the surface structure of the magnetic field show
that, at the base of the atmosphere, the magnetic field is compressed into small fiux
tubes. As we progress up through the atmosphere, however, the gas pressure
decreases relative to the magnetic pressure, the magnetic flux tubes expand and
they can have a profound dynamical effect upon the structure of the corona.

To estimate the importance of the magnetic field dynamically, we can compare
the thermal pressure of the hot gas at the base of the corona with the pressure of
the magnetic ficld. A simple way of expressing this is in terms of the magnetic field
strength which would exert the same pressure as the hot gas. I we write

P _ 2nkT
B /2,

(2.1

Przg
assuming that there are egual pressure contributions from the protons and
electrons, then the ratio of pressures is unity when

B =B = (uynkT) | az2)

In Fig. 124, the varation of B, with distance through the photosphere and
chromosphere is shown on the basis of the density and temperature distributions
shown in Fig. 12.1. The strength of the magnetic field is difficult to measure directly
above the photosphere. Photospheric magnetic fields are measured to be in the
range 107-10"° T outside sun-spots and Solar flares. Within sun-spots, fields up to
0.3 T are found while coronal fields in flaring spot regions are indirectly inferred
to be about (5-50) x 107* T from their microwave burst spectra. Thus, as we move
oul through the Solar atmosphere, magnetic forces are likely to be a dominant
factor in determining the dynamics of the hot gas.

Tn general, it is now believed that most of the active phenomena observed on the
Sun’s surface and in its atmaosphere are different manifestations of the dissipation
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Figure 12.4. The variation of the magnetic flux density B, through the chromosphere
and corona. If the magnetic flux density is greater than the vaJue shown at any radius,
the magnetic field will be dominant in determining the dynamics of the plasma.

of magnetic field energy. There is, however, uncertainty about the precise physical
processes which are important in some of the most conmspicuous physical
phenomena. A key example is the problem of heating the solar corona to
temperatures in excess of 10° K. Evidently, some form of mechanical heat pump
is required to transfer energy from its source in the vicinity of the photosphere at
a temperature of about 6000 K to values of about 10°K in the coroma. The
identification of the precise mechanical mechanism has proved elusive.

There is little probiem in understanding how waves can be generated in the outer
layers of the Sun. The convective motions inside the Sun generate waves which can
transport energy outwards into the corona. The problem has been to identify an
effective means by which energy can be dissipated in the corona. There is a vast
literature on this topic (see e.g. Heyvaerts and Priest (1983) and the references
therein). An example of the type of mechanism which may be important js the
dissipation of shear Alfven waves by phase mixing in the steep Alfven velocity
gradient in the Solar corona. In addition, the Kelvin-Helmholtz and tearing-mode
instabilities may generate tusbulence which assist in the dissipation of energy.
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Another prime candidate is the creation and dissipation of singularities or current
sheets in the magnetic field distribution (see Section 12.4.3). In this case, magnetic
stresses are built up in field which can be dissipated at the reconmection rate
(Heyvaerts and Priest 1984). This is-a major problem for the understaudmg of the
heating of stellar coronac in general. .

" The electrical conductivity of the coronal plasma is very high and, as a resuk,
the process of magnetic flux freezing described in detail in Section 10.5 is very
effective. This is excellent news from the point of view of explaining the dynamics
of magnetic flux tubes since it can be assumed that the plasma and magnetic fields
move together. Thus, in magnetically dominated regions, processes can be
envisaged involving the dynamics of magnetic flux tubes which bear more than a
passing resemblance to phenomena such as prominences seen in the solar corona,
Indeed, the solar aunosphere is a gold-mine of phenomena for the magneto-
hydrodynamicist and plasma physicist. Whenever energy is released in the
Solar atmosphere, the gas s heated up causing expansion so that buoyancy effects
can cause magnetic flux tubes to rise up through the aimosphere. If particies are
accelerated in magnetic loops, they spiral along the flux tubes, much as is known
to occur in the radiation belts surrounding the Earth, and these particles can
deposit their energy in the denser plasma at the bases (or ‘fooipoints’) of the
magnetic loops. The gyrosynchrotron radiation of these particles can be observed
at radio wavelengths as well as much higher brightness temperature phenomena
associated with the coherent emission of these particles at very low frequencies.

Fig. 12.5 is a schematic diagram which pulls together a number of phenomena
observed on the surface of the Sun. The central role of magnetic fields in producing
such features can be appreciated. To the asirophysicist, these phenomena provide
a unmique opportunity for studying the behaviour of reasonably dense cosmic
plasmas. Of these phenomena, the most important are the solar flares which we
now study in a little more detail.

12.3  Solar flares

The most energetic events observed on the Sun are selar flares. They were
first observed in 1859 by R.(C. Carrington and R.Hodgson who noted
independently an intense brightening of the intensity of the Sun in the vicinity of
a complex group of sun-spets (Carrington 1859). In that particular case, the

enhancement was what 15 now known as a ‘white light' flare -in which the .

continuum intensity is significantly enhanced over the background light of the Sun
for a few minutes. Observations of these types of event remain rare but ail fiares
can be observed in the optical waveband as enhancements of the Hu intensity. The
Heo line in the Solar spectrum is one of the dark Fraunhofer lines which absorb the
continuum emission from the Solar interior and flares are observed as reversals
into emission of the dark lines. In large flares, the He intensity can exceed the
intensity of the neighbouring continuum. The surface area of the Sun which can
be covered by a flare can be as much as 10° km®. These Ha flares have been studied
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Figure 12.5. A schematic diagram illustrafing some of the types of active phenomena
observed on the surface of the Sun. (From H. Karttunen, P. Kroger, H. Oja, M.
Pountanen and K. I. Donner {eds) (1987). Furdamental astronomy, page 278, Berlin:
Springer-Verlag.}

extensively for many years. Sometimes the flaring takes the form of a ‘double-
ribbon’ patiern and these are known as ‘two-ribbon flares” (Fig. 12.6).

The study of solar flares has been revolutionised by the ability to make
observations in the radio, ultraviolet, X and y-ray wavebands. The following brief
summary is based upon the monograph The physics of solar flares by Tandberg-
Hanssen and Gordon Emslie (1988) and the volume Solar flare magneto-
hydrodynamics edited by Priest (1981), as well as volumes 118 (1988) and 121
(1989} of the journal Solar Physics which were devoted to the impact of space
observations upon the study of solar flares.
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Figure 12.6. An example of a two-ribbon flare. (From E. Tandberg-Hanssen and A.
Gordon Emslie (1988). The physics of solar flares, cover picture. Cambridge: Cambridge
University Press.}

There is considerable variation in the time evolution of the Juminosity of solar
flares. Fig. 12.7(a) which is taken from Priest’s review of 1981 summarises the
various phases of the typical solar flare. If we were only interested in flares as
intense emitters of He radiation, there would only be two phases — there would be
the flash phase during which the Ho intensity increases to maximum intensity over
a period of about 5 min followed by a main phase which lasts about an hour. The
other wavebands, however, reveal a much more complex behaviour. In the soft X-
ray waveband, corresponding to temperatures of about (1-10) x 10° K, flares show
both the flash and main phases but, in addition, there is a pre-flare phase which
lasts for about 10-30 min before the start of the flash phase. Also, for the first
10-100 s after the onset of the flash phase, there is often an impulsive phase which
is observed at radio microwave wavelengths, in the hard X-ray waveband and
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Figure 12.7. {a) A schematic diagram showing the time development of the luminosity
of a solar flare in different wavebands. {(Afier E. R. Priest {1981). Solar flare
magnelohydredynamics, ed. E. R. Priest, page 2, London: Gordon and Breach Science
Publishers.)

(b) The early time development of the solar flare of 1 November 1980 showing the

impulsive phase of the flare. (From E. Tandberg-Hannsen and A, Gordon Emslie (1988).

The physics of solar flares, page 5, Cambridge: Cambridge University Press.)
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sometimes in y-ray lines. This impulsive phase of the flare is clearly seen in Fig.
12.7(p) which shows the early development of the strong flare of 1 November
1980 at radio, ultraviolet and hard X-ray wavelengths — the ultraviolet intensity is
in fact the line emission of highly ionised oxygen (OV) and iron (FeXXI). It can be
-seen that there are rapid iemporal variations of the intensity of the emission during
the impulsive phase, the shortest variations occurring on timescales as short as
5-10 5. These intense emissions during the impulsive phase are attributed to the
emission of high energy electrons accelerated on very short timescales in the solar
flares themselves. In the strongest flares, there is sometimes an extended impulsive
phase corresponding to multiple bursts of particle acceleration.

There is 2 wide range of luminosities among solar fiares but there appear 10 be
two basic types. The low luminosity flares appear to consist of a single magnetic
flux tube which emits X-rays and remains essentially unchanged in structure and
size throughout the solar flare. These are referred to as simple loop flares or
compact flares. There seems to be a strong heat source which causes the whole of
the fiux tube to be raised to a high temperature.

Much more dramatic is the other class of solar flare — the two-ribbon fiare. These
are much larger than compact flares and take place in the vicimity of solar
prominences. Solar prominences are those features observed at the imb of the Sun
during total eclipses by the Moon and they can take a variety of forms. Typically,
they take the form of long arches, to all appearances looking like magnetic flux
tubes with their ends anchored in the sun (see Fig. 12.5). During total eclipses of
the Sun, they are observed in emission but, when they are observed on the disc of
the Sun, they absorb the continuum emission of the Sun and so are observed as
dark bands, particularly when observed in the strong resonance line of Ha. When
these dark filaments are located close to active regions on the Sun, for-example,
close to complex networks of the sun-spots, and they become unstable, the most
viclent and energetic flares are observed. During the flash phase, the Ha intensity
increases on either side of the dark filament, giving rise to the characteristic ‘ two-
ribbon® structure. The Ha emission increases to maximura intensity and then,
during the main phase of the flare, the two ribbons move apart at a velocity of
about 2-10 km 5™ (Fig. 12.8). In those strong solar flares which are associated with

d)

{a)

Figure 12.8. The development of a strong solar flare as observed in the Ha line on 7
September 1973. The six images show the developmment of the solar flare over a period
of less than one hour.

{a) 117357 UT This is the pre-flare state of the region in which there is sun-spot activity
and a dark filament which breaks a bright filament into two parts.

{6} 11"42" UT Bright spots of Hu begin to appear along the dark filament

{¢) 11"50™ UT The flash phase of the flare. The bright zones begin to rise and lengthen.
(d) 12%02™ UT The time of maximum development of the solar fiare.

(e) 12732 UT The fiare is decaying. The two ribbons have moved apart.

(f) 14"22™ UT The region has almost returned to a quiescent state.

(From Vial, J-C. (1988). The Cambridge atlas of astrenomy, eds J. Audouze and G.
Israel, page 40, Cambridge: Cambridge University Press.)

Figure 12.8. (/). For legend see page 369
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regions'of intense solar activity and complex magnetic field configurations, the
flare is accompanied by impulsive hard X-ray emission and the bursts of radio
emission known as Type I11 solar bursts. Some of these large fiares give rise to mass
ejections into the Solar Wind at supersonic velicities so that shock waves are
formed a1 the leading edges of these high velocity streams. -More details of one
possible classification of solar flares is given by Bai and Sturrock (1989).-

According to Priest (1981), the energy released in flares can range from about
102 J in small flares to about 3 x 10°7 J in the largest flares. Much of this energy
is released in the form of electromagnetic energy at wavelengths up to the soft X-
ray waveband and in the form of mechanical energy as an interplanctary biast
wave. A significant fraction of the energy is also released in the form of the high
energy particles which are responsible for the hard X-ray emission although the
exact values are somewhat uncertain and, in the case of the high energy electrons,
are model-dependent.

Further important clues concerning the central importance of magnetic fields are
provided by sympathetic flares in which flares are observed to begin one after
another at different locations on the Sun's surface. Skylab observations have
shown that different active regions are connected by arch or loop-like structures
observed in soft X-rays. These features are characteristic of magnetic flux tubes
and it is natural to assume that the disturbances are propagated along the magnetic
flux tubes from one region to another. The images obtained at soft X-ray
wavelengths have been crucial in showing that most of the activity on the Sun’s
surface can be associated with magnetic flux tubes.

An aspect of great interest for high energy astrophysics is the means by which
the energy needed to power the Solar flares is generated in the Solar atmosphere

and, in particular, how the energy can be released rapidly enough. Let us deal, first |

of all, with the energetics. The problem is to release an energy of 10%° ] or more
from the volume of the flare. The typical dimensions of a large flare are about
L ~3x10°m in diameter and about H ~ 2x 10" m in height so that the flare
volume is aboul 2x10%2 m® (Prest 1981). Following Tandberg-Hannsen and
Gordon Emslie, we can estimate the available thermal energy in the quiescent
chromosphere and corona using the column depths p,,, and temperatures of these
regions. In the chromosphere, the column depth is about p,,, ~ 0.1 kg m™® and the
temperature  about 10* K whereas, in the corona, the values are
Pewy ~ 3% 107° kg m~? at a temperature of about 3 x 10° K. The thermal energy of
each component is therefore &, & 3p,, kTL"/my; assuming that the electrons and
protons make equal contributions 1o the thermal energy of the gas. Therefore, the
best case, that of the chromosphere, can provide only about &, = 2 x 10® J which
is only enough to power the smallest flares and certainly not the most powerful
examples for which at least a thousand times more energy is required. In any case,
we have already argued that some form of mechanical heat pump is necessary to
heat the material of the flare to a high temperature, Nuclear energy generation can
be exciuded because the temperatures in the solar atmosphere are not high enough
and so this leaves only magnetic energy as a potential energy source.
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Tf we take the volume of the flare to be ¥ = 3x 10% m®, the magnetic energy
within the volume is .

. 2
. E= VB;= 10%B% ],
2

Thus, if the magnetic field strength in the flare is 0.03-0.1 T, the available energy
is almost 10*-10* ] which is more than adequate for the most energetic flares,
provided it can be used cfficiently and provided it can be released fast enough. This
magnetic field strength is of the same order of magnitude as the values estimated
from observations of the microwave radio emission of flares during their early
impulsive phases.

12.4  Magnetic fields in the solar atmosphere

The magnetohydrodynamics of the solar atmosphere is a subject of
considerable complexity. The problem is a fully three-dimensional one in which
magnetic flux tubes are streiched and sheared in the presence of convective and
turbulent motions as well as having their own buoyancy in the Sun’s gravitational
field. These processes give rise to a myriad of topological possibilities for the
behaviour of magnetic fields in the presence of turbulence. Let us outline some of
the key concepts necessary to understand the basic physics of solar flares. Priest’s
text Selar magnetohydrodynamics provides a full discussion of these and other
important phenomena.

12.4.1 Magnetic flux freezing

We have already treated the problem of magnetic flux freezing in the
context of understanding the structure of the magnetic field in the Solar Wind. Let
us repeat these calculations for the conditions found at the base of the corona. In
Section 10.4, we worked out the mean frec path of a proton in the Solar Wind. In
the present instance, we are interested in the electrical conductivity of the plasma
in the Sun’s chromosphere and corona. We can detive an appropriate conductivity
using the same tools described in Section 10.4 but now we are interested in the
transfer of energy between electrons and protons by collisions — we recall from the
discussion of that section that, in a plasma, a collision is the statistical exchange
of energy between the electrons and the protons mediated by the electrostatic fields
of the particles. Repeating the same order of magnitude calculation as in Section
10.4, we find that the collision time for an electron to transfer its energy to a gas
of nuclei of charge Ze 15

_ 2nelmb(3kT)

- 12.3
= "Z:ANInA (2.3
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where A is a Gaunt factor and N is the number density of nuclei of electric charge
7. We can now use the classical formuia to work out the conductivity o of the
plasma, o = (n,¢*/m,v,), where #, i§ the number density of electrons and v_ is the
collision frequency v, = #;*. If the plasma is electrically neuiral, then n,'= ZN and
hence :

n,e* 21:50(3)'(1“)!
m.v

(12.4)
A Zezmg InA

A detailed description of the conductivity of a plasma is given by Spitzer (1962)
who gives the following result:

1.2
=M)—_263x10'2—1mh0m (12.5)
Ze*miln A ZlnA

This formula neglects electron—electron interactions and Spitzer shows that, for a
hydrogen plasma, this has the effect of decreasing the conductivity by a factor of
0.582. For our present purposes, it is adequate to use a Gaunt factor In A = 10 (see
Spitzer (1962) page 128) and hence the expression ¢ = 1077 mho m™t. This is, in
fact, a very high conductivity indeed and leads to the phenomenon of magnetic flux
freezing in the Solar corona.

Let us demonstrate this in a slightly different way by returning to the equations
of magnetohydrodynamics and in particular to equation (10.14).

B

5 VX(va)—-—Vﬂn (10.14)

We recall that the condition for magnetic flux freezing is that the first term on the

right hand side of the equation far exceeds the second. Suppose we are interested
in phenomena on the scale L. Then, to order of magnitude, the ratio of the first to
the second terms on the right hand side is just ‘

Vx(xB)  (vB/L)
R = Ol 8" ™ B/on, LF)

~ Oy VL {12.6}

where v is the velocity of the plasma. The quantity R, is known as the magnetic
Reynolds’ number and is a measure of the importance of the phenomenon of
magnetic flux freezing on the scale L. In the case of Solar flares, we can adopt the
following values: T=2x10°K, v=20kms™ and L =2x10°m. In this case,
R, ~ 10" 5o that it is a very secure assumption that, on the scale of the Solar flare,
the magnetic field is frozen into the plasma.

This is the source of both good news and bad news. The good news is that we
can assume that the magnetic field is effectively frozen into the plasma. The-bad
news is that it is only the finiteness of this same conductivity which allows there to
be dissipation of the magnetic field energy. The timescale to dissipate the magnetic
field energy into heat is just the time it takes to reduce the magnetic field to zero
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by ohmic dissipation which is represented by the last term in equatmn {(10.14). This
timescale is just

P B 2
T —m L He O E (}2.7)

Adopting the same values as above, we find that the timescale for the dissipation
of energy is T ~ 5x 10" 5, much greater than the typical duration of a Solar flare
which is of the order of 10° s and very much greater than the timescale for the
acceleration of high energy particles which is of the order of seconds. This is one

of the biggest problems in the theory of solar flares and we will look at 31 in a little
more detail in a moment.

12.4.2 Magnetic buoyancy

One of the very attractive pieces of physics which displays some of the
important features of flux tubes is the concept of magnetic buoyancy. Following
Tandberg-Hanssen and Gordon Emslie, suppose there is an isolated magnetic flux
tube in a plane-parallel stratified atmosphere. The number density of protoas in
the atmosphere is », and that inside the Hux tube is n. As in any buoyancy
calculation, the atmosphere and the tube are in pressure balance and hence p, = p,.
The buoyancy arises from the fact that the mass density inside the flux tube is less
than that surrounding it and consequently, in the Sun’s gravitational field, the
lighter volume ‘floats up’ the potential pradient. For simplicitly, let us assume that
the material inside and outside the flux tube are at the same temperature. Then,
assuming that we are dealing with fully ionised gas, the electrons and ions each
contribute a pressure i T and therefore the equation of pressure balance becomes

2n kT = 2%:+2nlkT ) (12.8)
and hence
Bz
n, = n"’_tlp.n_kT

The force acting upon the flux tube in the potential gradient is therefore

BmggV

Fe=(n—nymygV= A kT

where m,, is the mass of the hydrogen ion and ¥ is the volume of the flux mbe.
Now, for an atmosphere in hydrostatic equilibrivm, dp/dx = —pg and since

p = 2pkT/m,, the scale height of the atmosphere H defined by dp/p = dx/H is

H=2%T{mug
Therefore,
F=BV/2p H
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After the tube has risen a height A it has acquired a kinetic energy
LMu® = IpVu? = FH = B'V/2p,

because of the work done in accelerating the ﬂux tube by the acceleratmg force F,

The resulting velocity v is therefore

u= (B, p} : - (129)

We recognise that this is just the local Alfven speed v, = (B?/p, p)t. This is the
rather elegant result we have been secking — the flux tube rises up through the
atmosphere at roughly the local Alfven speed. Since we expect the flux tube will be
tied to the material of the solar atmosphere at its footpoints, we can see how it is
very natural for flux tubes to develop into loop-like structures driven by the
buoyvancy of the magnetic field. Notice that this property of the buoyancy of
magnetic filux tubes is a very general one in that it simply occurs when the matter
density inside the tube is less tham that outside and the system is located in a
gravitational potential gradient. For example, a similar process applies to the
magnetic fields confined to the plane of the Galaxy and in accretion discs. More
details of these ideas and their application more generally are given by Parker
(1979).

12.4.3 Neutral current sheets and the reconnection of magnetic fines of
Sforce

The problem identified in Section 12.4.1 was the means of tapping the
large amounts of magnetic field energy present at the base of the corona, despite the
fact that the conductivity of the plasma appears to be far too large to enable energy
to be tapped efficiently. The considerations of the last two sub-sections suggest that
the magnetic field structures can become remarkably complex. The magnetic flux
tubes behave as though they are frozen into the plasma and are subject to a vaniety
of forces. For example, the buoyancy of the flux tube makes it rise up through the
atmosphere, the convective motions just below the photosphere are in the end
responsible for energising the magnetic field and there are strong perturbations of
the magnetic field distribution due to 2 wide variety of other disturbances seen on
the surface of the Sun. Among the most important of these processes are the
shearing and twisting of magnetic field lines, driven by motions in the plasma.
These have a crucial effect in that they transfer enexgy from the bulk turbulent and
convective motions in the plasma inte magnetic field energy. In this way, as in
other astrophysical situations, the strength of the magnetic fisld can be amplified,
There is thus every reason to suppose that strong magnetic fields are generated at
the base of the corona.

We have siill not extracted any energy and this is where the concepts of the
reconnection and annihilation of magnetic lines of force become important. In the
Solar atmosphere, situations frequently occur in which the magnetic field lines in
neighbouring flux tubes run in opposite directions. It is in such regions that there
is the possibility of converting magnetic field energy into thermal energy if the
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Figure 12.9. Hiustrating the process of magnetic field line reconnection. The magnetic
field reverses in direction along the x-axis leading to a large current density in the z-
direction. The magnetic field is convected into the neutral sheet in the p-direction and
this is balanced by the outfiow of material along the positive and negative x-axes. The
dimensions of the reconnection region are shown on the diagram. It is assumed that the
geomeiry extends indefinitely in the - z-direction. (From E. Tandberg-Hannsen and A.
Gordon Emslic (1988). The physics of solar flares, page 151, Cambridge: Cambridge
University Press.)

regions of opposing magnetic field come close enough together and there is
sufficiently high resistivity to dissipate the currents flowing in the neutral sheet
between the oppositely directed field lines.

The simplest picture is illustrated in Fig. 12.9. The magnetic field reverses
direction along the x-axis and the oppositely directed field lines are convected
towards the x-axis at velocity v in the y-direction. The sheet is considered to be
infinite in the z-direction. To preserve continuity, the inflow of plasma and
magnetic field have to be balanced by outflow along the x-axis. It is a pleasant sum
to work out the rate at which magnetic field energy is dissipated by ohmic losses
in this system. First, we construct a closed loop path about the dissipation region
and then apply Stokes’ theorem to work out the current flowing through the loop.
We write Stokes’ theorem in the standard form

I J-ds =LJ B-dl (12.10)
5 HoJe

where J is the current density passing through the loop and the integral on the
right hand side is taken round the closed loop. Writing the expression in terms of
the current density through the loop, we find to order of magnitude

ILT ~ 2Bijy, J = 2B/, (12.11)

where ! is the width of the loop and L its length. Note that this is no more than
writing J = curl B/p, in the vicinity of the neutral sheet. Thus, as we make the




376 12 High energy astraphysics of the Solar System

value of / smaller and smaller, the current density J in the reconnéction region
becomes greater and greater so that, even if the conductivity of the region is very

high, it would appear that there can be efficient ohmic losses in the neutral sheet |

provided the region in which the dissipation takes place is narrow enough. An
absolute lower limit to the width of this region is set by the gyroradii of the
particles in the field. If the resistivity of the plasma is 1 = 67, the dissipation rate
is nJ? = 4nBZ/I% per unit volume. B

What we have omitted, however, is the influence of the gas pressure in the
neutral sheet. The plasma as well as the magnetic field is convected inte the
dissipation region and hence the material cannot be compressed indefinitely, The
limiting pressure is set by the equality between the magnetic pressure and the
thermal pressure of the pas. The solution is to alleviate the build up of pressure by
allowing the material to flow out along the positive and negative x-axes. We can
guess that this outflow velocity can only be the characteristic velocity at which the
magnetoplasma can respond to the inflow and that is the Alfven speed. Let us
demonstrate this slightly more properly than simply by assertion.

Neglecting magnetic forces, the equation of motion of the plasma along the x-
axis is just

pdv_/dt = —dp/ox {1212

In the steady state 8w,/ = 0 and, since d/d¢ = &/0¢ +(v-V}, we cap rewrite the
equation in terms of Eulerian coordinates so that

pv,Ov,/0x = —dp/ox (12.13)
Now, integrating from x =0 to x = + <o,
Pr—Po = 1pV: (12.14)

But the pressure difference is just that due to the magnetic pressure within the
region of the neutral sheet and so

Pi—P. = B2y, (12.15)

Therefore, the velocity of escape of the material along the x-axis is just of the order
of the Alfven velocity v, & B/(j, p)t = v,. By continuity, this outflow is balanced
by the inflow along the y-axis and hence by mass conservation we find that the
speed at which the material is convected into the dissipation region is v = (I/L)v,.

To complete the analysis, we can now equate the dissipation rate by ohmic losses
to the rate at which mapnetic energy is convected into the reconnection region i,

B
TV = J‘ —vdS 12.16
J; i 52y ( )
Therefore, per unit length in the z-direction, we find

B? By
JHLD = — v nJH = 12.17
nJSHLI) TN m i ( )

(1]
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But, from the expression (12.12), J = 2B/u,/ and hence
v=4dn/lu, - {12.18)

‘Notice that we can obtain the same result simply by setting the right hand side of

equation (10.14) equal to zero - in a stationary (Eulerian) frame of reference, there
is no varjation in B at any point. Using expression (12.18) and the relation
v = (I/L)v,, we can solve for v and /

L I
pl * Bo¥a

(12.19)

Motice that, in this model, the thickness of the reconnection region / has
disappeared from the expression for .

Tt is now convenient to introduce a “longitudinal’ Reynolds’ number R, for the
neutral sheet in which the length scale L is the length of the neutral sheet and the
velocity v the Alfven velocity v,. We can therefore write

Ry = oy vL = fyv, LM

Therefore, we find that the convective or reconnection velocity v, into the neutral
sheet is just

41 i
=y = — = 1 12.20
v=y, (nﬁLVA) 2vA/.R:,, ( )
and the thickness of the neuiral sheet is
4qL)%
1= =2L/R}, (12.21)
(uuL /

Since R,, = 10" (see Section 12.4.1), it is clear that the velocity at which magnetic
field lines are convected into the neutral sheet corresponds to 107% of the Alfven
speed. The implication of this result is that this type of neutral sheet dissipates
energy slowly. Notice, however, that dissipation in neutral sheets takes place much
more rapidly than the diffusive dissipation of energy over a length scale L for
which the timescale is T, ~ oy, L? (see equation (10.4)). The diffusive velocity is
vy ~ Lty ~ 1jope L ~ v, /R, which is less than the reconnection velocity by a
factor of R, We can define a reconnection timescale 1, associated with the neutral

current sheet tp = I/v ~ L/v, ~ 1, RE, where 1, is the time it takes an Alfven wave

to cross the neutral sheet.

Let us now see how well we are doing in terms of explaining the rate at which
energy is released from the current sheet. The total amount of magnetic energy in
the neutral sheet is (B%/2p,)¥ where ¥ ~ L¥ ~ I*/R and this is released over a
timescale ©,. Following Tandberg-Hanssen and Gordon Emslie, we adopt the
following parameters for the neutral sheet: L = 10" m, B=0.03T, n= 10" m?
and T = 2x 10¢ K, which are representative values for pre-flare conditions. The
Alfven velocity is then 6x 10°ms™, the Reynolds' number R, = 10", the
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Figure 12.10. The geometry of reconnection according to Petschek (1964). The solid
lines represent the magnetic field lines and the dashed lines the streamlines of the plasma
flow. The standing shock waves are labelled 5. H can be seen that the magnetic field
lines do indeed reconnect in this picture, (From E. Tandberg-Hanssen and A. Gordon
Emslie (1988). The physics of solar flares, page 155, Cambridge: Cambridge University
Press.)

reconnection timescale about 1 s, the energy in the neutral sheet about 3 x 10*€J

and hence the luminosity of the current sheet is L, ~ 3 x 10" W, The energy within
the volume of the fiare is E ~ 3 x 102 J, not a particularly energetic flare, and
therefore this energy would be liberated over a timescale T~ E/L ~ 1075,
corresponding to months rather than hours or the much shorter timescales
associated with the impulsive phases of large flares. Evidently, the energy of the
pre-flare region is not liberated rapidly enough by a factor which can be as large
as 108,

It was pointed out by Petschek (1964) that the dissipation rate can be increased
if standing shock waves form on ecither side of the neutral sheet, creating the
geometry shown in Fig. 12.10. The magnetic field lines genuinely reconnect as
shown in the sketch. According to Petschek’s analysis, the reconnection velocity
can be as large as v,/In R . The structure of these neutral sheets and their
associated shock waves requires careful attention to the detailed microphysics and
goes far beyond what can be covered here. Priest and Forbes (1986) have
generalised the models for the reconnection of magnetic field lines in neutral sheets
and shown that the reconnection velocity can almost be as large as the Alfven
velocity v,. They stress that the reconnection velocity is critically dependent upon
the boundary conditions.

There are a number of ways in which the energy release is modified within the
neutral current sheet. Among the most important of these considerations is the
question of the stability of the current sheet. 1t furns out that the current sheet is
susceptible to what is known as the iearing mode instability. In this instability, the
peutral current sheet becomes unstable and, rather than the plasma flowing
uniformly into the current sheet, the sheet breaks up into a2 number of X and O-
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Figure 12.11. ({a} Xustrating the formation of magnetic itslands and O and X-type
neutral points as a result of the development of the tearing mode instability in a neutral
current sheet. {b) Nustrating the overlapping of magnetic reconnection regions in which
tearing mode instabilities have developed. This process increases the number of magnetic
peutral points and enhances the rate of magnetic field dissipation in the region. (From
E. Tandberg-Hansen and A. Gordon Emslie (1988). The physics of solar flares, pages
1567, Cambridge: Cambridge University Press.)

neutral points as illustraled in Fig. 12.11(a). Thus, the current sheet is converted
into a layer of current filaments. The flow pattern is different from that in the
simple neutral current sheet. The magnetic islands collapse and dissipate energy
with a much smaller length scale than that of the current sheet itself. The effect of
the instability is not necessarily to enhance the reconnection rate but rather it
makes the process impulsive and bursty. In addition to the simple tearing mode
instability, Spicer has pointed out that these magnetic reconnection regions may
overlap so as to produce many more X and O-neutral points (Fig. 12.11(8)).

In addition to these instabilities, the resistivity of the plasma may be enhanced
because of the phenomenon of anomalous resistivity. An important possibility is
that the resistivity of the plasma is significantly increased because of the presence
of waves or turbulence in the plasma. The effect of these waves is to move the
particles of the plasma in a coherent fashion so that an individual electron interacts
with the collective influence of a large number of particles rather than with a single
particle. An example of the type of plasma instability which could have this effect
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in the neutral sheet is the ion-acoustic instability, This instability occurs when the
drift velocity of the plasma exceeds the ion sound speed (or ion acoustic speed)
o= (kT,/mp)%. This condition is likely to be satisfied in the neutral current sheets
in Solar flares. ) ‘ . - .
Insofar as there is a consensus in this complex area, it is agreed that much more

than simple neutral sheets are needed to account for the energy release observed -

in Solar flares. Whilst reconnection of lines of force can explain the basic process
of energy telease, more realistic models need to take account of the detailed
physical processes taking place in the vicinity of neutral sheets. Detailed numerical
modelling of these processes has been carried by Priest and his coworkers (see e.g.
Forbes, Malherbe and Priest (1989), Priest and Forbes (1990)). The basic
conclusion is that it may be possible to account for the most energetic flares, both
their total energy release and their high luminosities during their impulsive phases.
Tt is a salutory story for astrophysicists in that, even in what might appear to be
a relatively straightforward problem in Solar magnetohydrodynamics, the precise
means by which a solar flare generates its energy is far from trivial and by no
means established with certainty.

12.4.4 Models for solar flares

There have been many attempts to model solar flares but we describe only

two of the most popular field configurations which seem to account for most of the
essential geometric features. The key point is to conceive of plausible magnetic field
configurations in which neutral sheets appear naturally.

Sturrock (1968) proposed that the solar flare consists of a * helmet and streamer’
configuration (Fig. 12.12(a)). A neutral sheet is formed in the streamer where the
magnetic field lines run in opposite directions and terminate in a Y-type neutral
point. The field lines below the neutral point are closed. Reconnection begins at the
Y-type neutral point which becomes the seat of a source of strong heating and
possibly of particle acceleration. One of the attractions of the neutral sheet models
is that strong clectric fields can be induced in the neutral sheets where the strong
magnetic ficlds are convected into the region in which the field is dissipated. These
eleciric fields can contribute t0 the acceleration of high energy particies in the Solar
flare. The strong magnetic energy conversion in the vicinity of the Y-type neutral
point is the basic energy source for all the other phenomena observed in the flare.
The hot gas and high energy particles stream down the magnetic loops below the
reconnection region and deposit their energy in the denser regions of the solar
atmosphere where they are respomsible for the production of Ha ribbons. As
further-out field lines are convected into the reconnection region, the Hx ribbons
at the footpoints move outwards on either side of the neutral sheet producing the
characteristic ‘ two-ribbon’ flare pattern, The field lines in the ‘streamer’ above the
Y-type neutral point are open and are responsible for the ejection of streams of
particles into the interplanetary medium.

Another popular model is known as the emerging flux model due to Heyvaerts,
Priest and Rust (1977) (Fig. 12.12¢5)). This model was motivated by the fact that
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Figure 12.12. (@) The magnetic field geometry of a solar flare proposed by Sturrock
(1968). The origin of the various phenomena observed during solar flares are indicated
on the diagrams. () A schematic diagram of the emetging flux model of solar flares of
Heyvaerts, Priest and Rust (1977). The emerging flux tube collides with a pre-existing
flux tube, creating a neutral sheet. In this case, reconnection is a ‘driven’ process but
refaxes to a steady state during the main phase. (From E. Tandberg-Hanssen and A.
Gordon Emslie (1988), The physics of solar flares, pages 162—3, Cambridge: Cambridge
University Press)

emergent flux tubes are ofien observed just prior to the development of a two-
ribbon flare. The idea is that the emerging flux tube rises up through the
atmosphere driven by buoyancy and collides with a larger pre-existing magnetic
flux loop. Reconnection of the magnetic lines of force takes place at the neutral
sheet which is formed between the two flux tubes. In this case, the reconnection is
driven by the buoyancy of the emerging flux tube. The magnetic field distribution
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expected in the vicinity of the flare is of a quadrupole nature and this has been
observed in a number of flares. Again energy is liberated in the neutral sheet which
is the prime energy source and the particles and hot gas stream along the ﬁeld lines
causing loops of X-ray emitting pas and Hex filaments. .

Many variations upon this topological theme are possible. They all involve
bringing together magnetic fields running in opposite directions, creating a neutral
sheet, quite possibly with enhanced resistivity through the phenomenon of
anomalous resistivity, and appealing to the magnetohydrodynamic phenomena
discussed by Priest and his co]lcaguss to achieve the observed rates of energy
release.

12.5 High energy particles in solar flares

Unlike any other location in the cosmos, solar flares provide us with a
unique opportunity for studying the acceleratton of charged particles. The
acceleration process can be studied in situ from the various emissions at X and -
ray wavelengths as well as from observations in the radio waveband in which
certain phenomena have the clear characteristics of the emission of high energy
electrons. In addition, some of the most powerful flares are strong sources of high
energy particles which have been detected soon after the flare as fluxes of high
energy particles at the top of the atmosphere. Despite this vast quantity of
information, the acceleration processes for the high energy particles are not
established with any certainty.

12.5.1 X and y-ray studies of solar flares

The most direct evidence for in situ acceleration of high energy particles

in solar flares comes from the X and v-ray emission observed during the impulsive
phase of the flare. The emission consists of multiple bursts in the hard X-ray
(40-100 keV) and y-ray (4-100 MeV) wavebands on the timescale of tens of
seconds (Fig. 12.7(5)). These bursts are known to be coincident in time within the
accuracy of the measurements. There is evidence for fine structure in the hard X-
ray bursts on the timescale of milliseconds. EUV line emission is observed on the
same timescale as the hard X and y-ray emission. In addition, there is a correlation
with emissions in the optical wavebands such as the Ho radiation which is
coincident with the hard X-ray emission on the timescale of about 1s. The
situation for the soft X-ray emission is more uncertain since it is more difficult to
separate out the impulsive emission from that associated with the longer flash
phase of the fiare.

Among the most remarkable observations of the impulsive phase of the flares
have been y-ray spectroscopic observations which show, not only the underlying
continuum but also nuclear emission lines due to carbon and oxygen as well as the
characteristic lines of electron-positron pair annihilation at 511 keV and, even
more remarkably, the neutron capture line at 2.223 MeV (Fig. 5.6). In the case of
the neutrons, these are created in collisions between high energy protons and
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helium nuclei accelerated in the flare colliding with the thermal matter in the solar

_photosphere. Typical spallation nuclear reactions are

p+'Hes>p+n+*He+ns p+*He—-p+n+*H+ns (12.224)
Cptpoptn+ns ‘He+*He—-n+'Be - (12.225)

and so on (see the review by Chupp (1988)). These observations are direct evidence
for the acceleration of protons and nuclei in solar flares.

The general picture which has been adopted to account for these observations
during the impulsive phase of the flare is one in which the electrons, protons and
nuclei are accelerated in a magnetic reconnection region within a magnetic flux
tube. The high energy particles strcam down the magnetic field lines and hit the
chromosphere at the footpoints of the magnetic loop. The impact of the streams
of particles causes the explosive heating and evaporation of the material of the
chromosphere and creates hot turbulent plasma which is then responsible for
producing the intense soft X-ray emission observed following the impulsive phase
of the flare. These processes are summarised in Fig. 12.13.

Continuum emission

One of the more contentious issues in these studies is the location in which the hard
X-ray emission is produced and the efficiency of its energy production. The most
likely mechanism is the bremsstrahlung of the high energy electrons accelerated in
the reconnection region when they interact with the material of the solar
chromosphere. This model is known as the “thick target bremsstrahlung model” in
that the beam of non-thermal particies is wholly absorbed in the solar atmosphere
{Brown 1971), The problem with this model is that it requires most of the energy
in the flare to be in the form of high energy electrons because the bremsstrahiung
emission process is not particularly efficient, most of the energy of the electrons
going into heating and ionisation Josses which causes strong heating of these
regions of the chromosphere (sec Chapters 2 and 3). If this is the correct model,
we are able to reconstruct the spectrum of the accelerated electrons. Examples of
the hard X-ray spectra observed during the impuisive phase of the flare are shown
in Fig. 12.14. It can be seen that the X-ray specira are steep, the photon spectral
indices lying in the range o« = 3-5 where the spectral index « is defined in terms of
the photon number spectrum by N(g)de = Ae™de.

Let us carry out some simple model calcutations to illustrate how information
about the energy spectrum of the electrons responsible for the X-ray emission can
be obtained, assuming that the X-rays are the non-thermal bremsstrahlung of non-
relativistic electrons.. We can use the results developed in Chapters 2 and 3 to
provide some simple answers. First of all, we recall the expression for the intensity
of bremsstrahlung of a non-relativistic electron of kinetic energy E = {m, v (under
the simplifying assumptions of Section 3.4},

Z%SN 1

Ho) = 12n%3 s v A (3-36)



384 12 High energy astraphysics of the Solar System

RADIO  panp x.maYS

MAGNETIC FIELD DISSIPATION ' SOFT X-RAYS
PARTICLE ACCELERATIO
ENERGY RELEASE
HEATING

HOT PLASMA -

1107 TO 108 K} MIRRORING
..... ‘ MASERING?

PARTICLE

CORONA BEAMS

TRANSITION ZONE

CHROMOSPHERE

PHOTOSFHERE

NUCLEAR RAYS

NEUTRONS

UV HEATING

Figure 12.13. A possible model for a solar flare which is consistent with a wide range
of observations (from J. B. Gurman {ed.) (1987). NASA’s Solar Maximum Mission: A
new look at the Sun. Greenbelt, Maryland: NASA Goddard Space Flight Center
Publications). This picture shows the simplest geometry of 8 magnetic reconpection
region located in 2 magnetic loop. The energy released in the magnetic reconnection
process results in very rapid acceleration of electrons, protons and nuclei as well as the
strong heating of a superhot flare “kernel’. Hard X-rays, y-rays, microwave radiation
and neutrons are produced during this impulsive phase of the flare. These particies and
plasma propagate aiong the magnetic field lines and interact with the material of the
chromosphere at the footpoints of the loops where the particle beams are thermalised
producing extreme ultraviolet radiation and Ha bursts. The energy of the beam may not
be removed sufficiently rapidly by radiation and so explosive ‘evaporation’ of the
chromospheric material occurs. This material is heated to temperatures of the order of
10° K or greater and is responsible for the soft X-rays. This gas gradually fills the
magnetic loop during the gradual phase of the flare.
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Figure 12.14. Hard X-ray spectra of four different events observed by the OSO-5 Solar
observatory. The spectra can be well approximated by power laws over the energy range
10-100 keV. The horizontal bars represent the channel widths of the detectors. (From E.
Tandberg-Hansen and A. Gordon Emstie (1988). The physics of solar flares, page 173,
Cambridge : Cambridge University Press: after Kane, 8. R., Frost, K. J. and Donnelly,
R F. (1979). Astrophys. J., 234, 669.)

In a simple approximation, the spectrum is flat up to a frequency w,,, which
corresponds to an electron of energy E, giving up all its energy in a single collision,
fip = m_v* = E,. Therefore, we can find the emission spectrum for optically thin
non-thermal non-relativistic bremsstrahlung by integrating over the energy

distribution of all energies of electrons which can contribute to the intensity at
frequency w. We find

Kw) = constants J N ME)E-dE (12.23)
BII

If we assume that the spectrwm of the electrons is of power-law form,
N(E)dE oc E-=dE, the emission spectrum is J(w) oc =¥, I we express this in
terms of the number of photons per unit energy range, we divine by #w and hence
the photon spectrum is

N(@)  o~=b (12.24)

However, we are interested in the case in which the electrons lose all their energy
in colliding with the solar chromosphere. If we suppose that there is a steady infiow
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of electrons and that they lose all their energy in the emission region, then the
emission spectrum of the electrons is modified because most of their energy is
dissipated as heat through the ionisation joss process described in Chapter 2.
Fortunately there is a simple way of treating this problem which we will use
extensively in our discussion-of the origin of cosmic rays in volume 2, Section 19.4,
To quote a result derived in that volume, the steady state spectrum of electrons
under continuous energy losses of the form, —dE/d: = b(E) is given by the
solution of

Semei=o® (1225)

where Q(E) is the injection energy spectrum which can be assumed to be of the
form xE~*. Now, in the non-relativistic regime, the dominant energy loss for the
electrons s ionisation losses as described by equation (2.10). The key point about
this equation is the dependence upon the energy of the electron which is
dE/di o v oc E7Hin the non-relativistic regime. We can now solve for the steady
state spectrum of the electrons in the emission region and find that

MNE)oc E~=h (12.26)

i.e. the effect of the energy losses is to flatien the energy spectrum of the electrons

— this makes complete sense since the lowest energy electrons lose their energy -

fastest by ionisation losses. We can now enter this relation into the energy
spectrum of the electrons as above and we find that the spectrum of the X-ray
emission is 1.5 powers of @ flatter than was found in the previous example in which
the particles lose only a small fraction of their energy in the source region,

N(w) oc @D (1227

This is exactly the same result found by Brown (1971) in his seminal paper. A much
more general treatment of the processes involved in heating by fluxes of non-
thermal electrons, including the hydrodynamics of the motion of the plasma along
the field lines is given by Brown and Emslie (1989).

A probliem with the thick target model and all non-thermal models, such as
those involving 2 non-thermal population of electrons trapped in the corona, is
that most of the energy of the non-thermal electrons is not radiated away as
bremsstrahlung but is dissipated as heat and therefore large fluxes of high energy
clectrons are needed. An alternative possibility is that the electrons have a roughiy
Maxwellian energy distribution and so lose much more of their energy by radiation
and conduction. The problem is then to heat up the flux of electrons to high
enough energies to produce intense fluxes of hard X-rays. In one viable model,
known as the 'dissipative thermal model’ (Brown, Melrose and Spicer 1979}, the
streams of high energy particles are prevented from escaping from their place of
origin by streaming instabilities associated with the ion-acoustic instability. In
addition to restricting the flow of the bulk of the particles to the ion sound speed,
the ion-acoustic waves enhance the resistivity of the plasma, increasing the heating
of the hot gas. The apparent power-law distribution of the X-ray emission from the
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solar flare is attributed to the sum of a pumber of thermal spectra at different
temperatures. The advantage of this model is that, because the eleciron distribution
is close to local coliisional equilibrium, more of the thermal energy of the electrons
is used in producing bremsstrahlung -as compared with the thick target model or
indeed any non-thermal model.

There is an interesting relation between the spectra of the hard X-ray emission
of the high energy electrons and their gyrosynchrotron emission. We will have an
enormous amount to say about the emission of high energy electrons in Volume
2, Chapter 18. Gyrosynchrotron radiation is the radiation of mildly relativistic
electrons gyrating in a magnetic field. In many areas of interest to astronomers, the
electrons are of very high energy indeed, E » m, ¢?, and then this radiation process
is ssmply known as synchrotron radiation. Fortunately, the same rules for relating
the energy spectra of the electrons to the emitted radio spectrum applies to
gyrosynchrotron radiation and synchrotron radiation. As we will show in some
detail in Volume 2, Chapter 18, if the energy spectrum of the electrons is
N(E) oc E=, the spectrum of gyrosynchrotron radiation is J(v) oc v ™"k oc v™& 072,
On the other hand, the hard X-ray emission due 1o this spectrum of electrons is
Nylg) o €% oc 7@, Therefore, we see that the refation between the spectral
indices in the radio and hard X-ray wavebands is

o, = 0.5, —0.75 (12.28)

According to Heyvaerts (1981), this relafion s quite a good representation of the
spectra of coincident hard X-ray and radio bursts observed during the impulsive
phase of the flare. Notice that it does not matter which meodel is correct in
producing the radio and X-ray emission — the only important thing is that the same
electron spectrum is responsible for both emissions. There is one important caveat
about this simple result. It has been assumed that the gyrosynchrotron radiation
is optically thin and the analysis has also neglected the strong directional
dependence of the radiation process. More details of these calenlations as applied
to solar flares are given by Crannell, Dulk, Kosagi and Magun (1988).

y-ray {ines

The other aspect of the spectra of the hard X-rays and y-rays from solar flares is
the presence of y-ray lines, an example of which was shown in Fig. 5.6. Strong
nuclear emission lines due to carbon, oxygen, neon, magnesium, silicon and iron
are present in that spectrum and this enabies the abundances of these elements in
the solar flares to be determined. The excitation is due to collisions between high
energy particles accelerated in the flare, principally protons and *He nuclei, and the
ambient cold matter. According to Ramaty, Dennis and Emslie (1988), the
intensities of the lines of these elements are in reasonable agreement with the
expectations of models in which the excitation of the y-ray lines is attributed to
collisions between the accelerated ions and typical material in the solar atmosphere
and in which it is assumed that the cross-sections for the high energy interactions
are those measured in the laboratory. The success of this model is important
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because it enables 2 number of other possible models for the production of the
nuclear emission lines to be excluded — for example, thermonuclear processes.

The neutron capture line at 2.223 MeV is produced by the following interaction
between a hydrogen nucleus and a slow neutron

p+e-»H+y : ’ : ' ' (12.29)

The neutrons themselves are pi'oduced by-spallation through reactions such as
those shown in (12.22} between high energy protons and the ambient material of
the Solar atmosphere and have to be slowed down to thermal energies before
peutron capture by the protons can take place efficiently — this results from the
strong dependence of the neutron capture cross-section upon energy. As a
consequence, this line is created quite deep in the Solar atmosphere. High energy
neutrons can be created in spallation interactions of high energy helium nuciei with
the ambient pas and these have been observed in the vicinity of the Earth,
immediately following Solar flares. Timing of these events has shown that the high
energy nentrons must have been created at the same time as the high energy
electrons responsible for the hard X-ray and y-ray emission. A detailed study of the
implications of studies of neutrons in flares, the observation of the decay products
of neutron decay in the interplanetary medium and direct observations of Solar
neutrons at the top of the Earth’s atmosphere is given by Chupp (1988).

12.5.2 Soler energetic particles

One of the most interesting aspects of the high energy astrophysics of solar
flares for the extra-Solar System astronomer is the fact that the chemical

abundances of the particles accelerated in Solar flares can be detected directly by

observations made with cosmic ray telescopes on board space platforms. The
energy spectra and chemical abundances of the particles turn out to have many
properties in common with the high energy particles present in the interstellar
medium and presumably those accelerated in exotic objects such as supernova
explosions and active galactic nuclei, Guzik (1988) has reviewed many aspects of
the study of Solar energetic particles relevant to our story.

One of the first problems to be addressed is the fact that the solar energetic
particles arrive at the Earth having traversed the interplanetary medium from their
source in the solar flare to the top of the Earth’s atmosphere. They are therefore
subject to the complete range of interplanetary phenomena which can strongly
influence their propagation to the Earth and, in particular, modify the injection
energy spectrum of the particles. In addition to the processes of Solar modulation
described in Chapters 10 and 11, interplanetary shock waves can significantly
modify the energy spectra of the particles. Therefore, care must be taken to select
those samples for which there is evidence that the particles have travelled along
simply-connected paths from the flares to the Earth.

The energies of particles detected on Earth range from about one to several
hundred MeV nucleon™. Some examples of the spectra of protons are shown in
Fig. 12.15. Tt can be seen that there is considerable variation in the forms of the
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Figure 12.15, Examples of the energy spectra of protons accelerated in solar flares as
observed at the top of the atmosphere by the IMP 7/8 satellites. (From R. E. McGuire
and T, T. von Rosenvinge (1984). Adv. Space Res., 4, No. 2-3, 117.) The spectra have
been fitted to various simple forms of spectra, including a power-law fit, a Bessel
function fit, 2nd exponential fits in rigidity and velocity. The authors describe the
techniques involved in deriving these spectra which are believed to be unafiecied by the
effects of propagation from their source in the flare to the-top of the atmosphere.
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Figure 12.16. The energy spectrum of high energy electrons from the flare of 7
September 1973 az observed by the IMP 6/7 satellites. There is a change in slope of the
spectrum at about 100 keV, the index being v = 1.1 at low energies and about 2.8 at
higher energies. (From Guzik, T. G. (1988). Solar Physices, 118, 185.)

spectra, although they are qualitatively of roughly the same form. The figures show
various fits to the spectra of the events, the adopted forms including power-laws,
Bessel function fits and exponential fits in rigidity and velocity (or momentum).
According to McGuire and von Rosenvinge (1984), Bessel funciions provide
generally the best fits, although there are examples in which power-law or double
power-law fits can provide better agreement with the observations. The attraction
of the Bessel function fits is that they are among some of the simpler solutions for
the expecied spectrum of particies accelerated by random scattering in flares. If the
spectra are described in terms of power laws, spectral indices v = 1.5-4 seem to be
required. The spectra are more poorly defined for elements heavier than helium.

The spectrum of solar energetic electrons is shown in Fig. 12.16. The spectral
index in the energy range 10-100 keV is about 2.8 with some evidence for a
stespening above 100 keV and possibly an even steeper spectrum above about
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Figure 12.17. A comparison of the ¢lement abundances in the solar energetic pariicles
with other abundance measurements. The average observed abundances for solar
energetic particles are shown as filled triangles. These have been converted to source
abundances in the corona by Breneman and Stone (1985) and these are shown as open
diamonds. The abundances in the solar corona from EUV and X-ray spectroscopic
observations are shown as filled boxes and the cosmic (or photospheric) abundances of
the elements are displaved as open boxes. The normalisation is to silicon {(Z = 14).
(From Guzik, T. G. (1988). Solar Physics, 118, 185.)

3 MeV. According to Guzk (1988), this form of spectrum is comsistent with
observations of the hard X-ray spectra and radio emission associated with the
impulsive phase of solar flares although this statement is clearly model-dependent
and considerable variations in the spectral indices are observed. It is therefore
likely that this form of spectrum represents the spectrom of electrons accelerated
in the flare.

Of particular interest are the element abundances of the solar energetic particles.
The best data are derived from observations of particles with energies in the range
10-40 MeV nucleon™ although data are available outside this energy range. The
interesting comparisons are between these element abundances, those in the local
interstellar medium and also those of the solar corona which have been derived
from analyses of extreme ultraviolet and X-ray spectrographic studies (Meyer
1985). The results presented by Guzik (1988) are shown in Fig, 12.17 in which the
three different abundance measurements are compared as a function of the atomic
number (or charge) of the heavy elements. The solar energetic particle abundances
have been found by averaging over many flares, Significant variations in the
abundances are found in some flares, for example, those in which there are
enhancements in the heavy ion abundances (*heavy-ion flares”).

It is interesting that there is reasonable agreement between the coronal and high
encrgy particle abundances but there are significant differences between these and
the local cosmic, or interstellar, abundances. The disagreement is particularly
significant for carbon, nitrogen, oxygen, neon, phosphorus, sulphur and argon. It
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Figure 12.18. The ratio of the solar energetic particle abundances to the local cosmic
abundances plotted as a function of the first ionisation potential of each element. The
normalisation is 1o silicon. The dashed error bars inchude the uncertainties in the local
galactic abundances. (From Gueik, T. G. (1988). Solar Physics, 118, 183.)

was noted as long ago as the early 1970s, thal this discrepancy can be ordered by
the first ionisation potential of the elements involved. The ratios of the element
abundances in the Solar energetic particles to the cosmic abundances are shown in
Fig. 12.18, ordered by first jonisation potential. It can be seen that the elements
showing a deficit in the Solar energetic particle fluxes have first ionisation potential

greater than about 9.5 V. It is of the greatest interest that exactly the same trend .
is apparent in the abundances of high energy particles in the Iocal interstellar

medium (Fig. 12.19).

The interpretation of these data is not at all clear. If the ‘transition energy’ of
8-12 &V is interpreted as a measure of the temperature of the region in which the
particles are accelerated, a temperature of about 8 x 10° K is found, typical of
the very base of the corona or the top of the chromosphere rather than
the photosphere. However, if the particles were accelerated in these regions, the
elemental abundances would be strongly modified by the effects of spallation as the
particles escape into the interplanetary medium. Furthermore, measurements of
the charge state of the elements observed in the solar energetic particles are more
consisteat with coronal temperatures rather than with values less than 10° K.
Finally, it has been found that the element abundances in the Solar Wind itself are
similar to those of the solar energetic particles. These arguments suggest that the
correlation of element deficiency with first jonisation potential may not be
associated with the mechanism by which the particles are injected or accelerated
but rather may simply refiect intrinsic differences between the composition of the
photosphere and the corona. We will return to this topic in Chapter 19 of Volume
2 in the context of the origin of Galactic cosmic rays.
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Figure 12.19. The same plot as in Fig. 12.18 but for the abundances of Galactic cosmic
rays (from 3-P. Meyer (1985). 19th Inil. Cosmic Rays Conference, La Jolla, USA, Vol. 9,
page 161.)

12.6  The acceleration of particies in solar flares

This section will be a severe disappointment to those astronomers who
might look to solar flares for guidance in solving the problems of accelerating high
energy particles in Galactic and extragalactic systems. This remains among the
most difficult probiems of high energy astrophysics and we will devote the whole
of Chapter 21 of Volume 2 to these problems. The interested reader should study
the impressive review article by Heyvaerts (198]) for details of the enormous
amount of work which has been done in trying to understand the processes by
which particles can be accelerated to very high energies in solar flares.

‘We will leave the bulk of the discussion to Chapter 21 and concentrate here upon
the one important aspect in which the problems of particle acceleration in solar
flares may differ from the mechanisms discussed in high energy astrophysics. In
contrast to the situation in most astrophysical problems, we know that the
principal source of energy is the reconnection of magnetic field lines and we can be
certain that, in these regions, there are strong electric fields generated because of
the facts that curl B and @B/dr are not zero. The question is how effective these
processes are in creating electric fields which can accelerate charged particles.

12.6.1 DC electric field acceleration

Let us suppose that a DC electric field E is created in the reconnection
region. We can then write down the equation of motion for a charged particle in
this field, taking account of the fact the particle will collide with other particles in
the plasma in the usual stochastic way (see Sections 10.4 and 12.4.1). The coilision
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frequencir v, for electrostatic collisions can be found from the expression (12.5).
We can therefore wrife the equation of motion for an electron

m,dvfdt = ~eE—v . m¥ ) ) (12.30)

For simplicity, we consider fields parallel to the velocity of the electron and then
we can write ) _
m dv/ds = eE—v,m,v ' (12.31)

We now require an expression for the collision frequency v,. We can adopt the
expression (10.3) for the case of electron-electron coltisions by setting m =m,,
N=n, and Z = 1. We therefore find that

_ennA _ e'nInA
Ve T etV 2nelmi(3kT)

(12.32)

In the last eguality of expression {12.32), we have set the mean squared velocity of
the electrons equal to 3kT/m, for the case in which the velocity distribution of the
electrons is Maxwellian at temperature 7. It can be seen that, because of the v*
dependence of the collision frequency upon the velocity of the electron, once the
electron’s velocity becomes greater than a critical velocity v,, the effect of collisions
becomes less and less important with increasing velocity and hence the electrons
are accelerated without any impediment under the influence of the electric field.
This process is known as eleciron runaway. For velocities less than the critical
velocity, the particles are not accelerated. The critical velocity is found by setting
the right hand side of equation (12.31) equal to zero.

en, In AN
Vo = (Zm:ﬁ m, E) (1233

Correspondingly, for a thermal plasma, there is a critical electric field associated
with this process which is known as the Dreicer field which we can write

_en InA

En= 6re? kT

(12.34)
at which aff the electrons runaway. We can write this relation in terms of the Debye
length of the plasma Ay, = (g,kT/ne®)} in which case

elnA

Ep= o
D7 eme, AL

(12.35)

A remarkably similar result is quoted by Heyvaerts (1981), considering the
simplifications we have adopted in deriving the collision frequency. Putting in the
values of the numerical constants, we find

Ey=12x 10—13"—4;-’3v m™ (12.36)

where », is measured in electrons m~® and T in degrees Kelvin.
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Let us put in some values which may be appropriate for the conditions found
in Solar flares. We use the values adopted in Section 12.4.3. For the values used -
in that section, the Dreicer field is E, = 107* V m™, We can estimate the strength
of the electric field in the neutral sheet by writing E ~ v, 82 0.02V m™, It can be
seen that this process may well be important in the neutral sheets in solar flares.

There are, however, a number of problems. First of all, there is a limit to the
current which can be associated with the accelerated beam because the béeam of
particles itself will create a magnetic field which cannot be greater than the initial
magnetic field strenpth. The result is that a return current is induced which tends
to neutralise the effect of the electric field. Second, the beam of accelerated particles
will be subject to a variety of streaming instabilities. In particular, the beam may
excite fon sound waves which will enbance the resistivity of the plasma. If only a
small fraction of the electrons have velocities which exceed the critical velocity,
these may be accelerated without exciting plasma instabilities. This proccss may
also be important as part of the stochastic acceleration of particles. Heyvaerts
(1981) gives a comprehensive description of the plasma instabilities which are
likely to be associated with electron runaway. The significance of this mechanism
of particle acceleration in solar flares has not been established.

12.6.2 Double layers

Another possible means of creating a potential gradient in which particles
can be accelerated was proposed by Alfven and Carlgvist (1967). If a large enough
current is present along a magpetic flux tube and a density fluctuation in the
current arises, then it is possible that a potential gradient is set up along the flux
tube. The type of configuration envisaged is shown in Fig. 12.20. It is called a
double layer because it consists of two sheets of opposite charge density which act
somewhat like the plates of a capacitor. Such a configuration is contrary to the
usual impression that a plasma cannot tolerate charge accurnulation but it can if
it is strongly enough driven. The idea is that protons are accelerated down the
potential gradient from left to right and electrons are accelerated from right io left.
In fact, analysis of this configuration using the methods developed by Bernstein,
Green and Kruskal (£957) has shown that self-consistent sotutions of this form can
be found. One can envisage the acceleration of the particles to take place in a
similar manner to that discussed in Section 12.6.1. The applicability of this process
to solar flares has been analysed by Heyvaerts (1981) to whom the reader is
referred for further details. He concludes that there are three basic problems with
the model — first, large currents are necessary fo sustain the field configurations;
second, whilst it can be shown that self-consistent charge and current distribution
can be found, instabilities associated with the streams of accelerated particles are
certain to limit the utility of the process; and third, the formation of these regions
is not believed to be possible.
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Figure 12.20. A schematic diagram of a double layer. Charged particles are accelerated

when they find themselves in the electrostatic potential, the ions being accelerated down
the poiential and electrons up the potential. (From E. Tandberg-Hanssen and A.
Gordon Emslie (1988). The physics of selar flares, page 167, Cambridge: Cambridge
University Press.)

12.6.3 QOther processes

In addition to these processes specific to flares, there are several other
processes which are of importance more generally in astrophysics and which are
almost certainly important in solar flares. Among these, the most important are
first and second order Fermi acceleration but we will delay discussion of these
topics to Volume 2, Chapter 21.

12.7 Particle acceleration in other regions in the Solar System

Almost certainly, solar flares are the most relevant phenomena in the
Solar System for the high energy astrophysics of Galactic and extragalactic
systems. It is, however, worthwhile noting other phencmena within the Solar
System which may have some bearing on these topics.

The Earth’s magnetosphere

We described in some detail the overall structure of the Earth’s magnetosphere in
Section 10.7. There are two footnotes to that story which we should bear in mind
for the considerations of Volume 2, Chapter 21. First, it has been established by
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in st experiments that particles are accelerated at the shock wave at the interface

. between the magnetosphere itself and the incident Solar Wind. This is an excellent

example of particle acceleration in a collisionless shock wave and in Chapter 21
we will study how successfully the theory can account for the observations. This
process is of the greatest importance for all astrophysical environments in which
shock waves oceur.

The second point concerns the magnetohydrodynamics of the magnetosphere.
Space observations have now delineated the current structures present through-
out the system so that models of the magnetic field distribution and its dynamics
can be compared in detail with the theory. An example of this is the process of
reconnection of kines of force in the neutral sheet which lies within the magnetotail
and which stretches to many Earth radii. The processes of particle and magmetic
field convection into this neutral current sheet and the instabilities associated

with it have now been observed. These processes are of considerable interest for
astrophysicists.

Io

Of all the discoveries made during the Voyager missions to the outer planets, none
are more remarkable thar the images of To, the satellite of Jupiter closest to the
planet itself. Whole books have been written about this remarkable object and its
refation to Jupiter. Io does not have an internal heat source but the tidal forces due
1o its proximity to Jupiter are so strong that the mechanical stresses acting on its
interior provide a strong heat source for the satellite. The combination of the tidal
distortion of To’s shape and the dissipation of mechanical energy in its interior
results in a pgreat deal of volcanic activity on Io. The images of volcancs on Io
taken by the Voyager space probes are among the most beautiful discoveries of
these missions. The net result is that heavy elements, in particular sulphur and
oxygen, are ejected into the atmosphere and environment of Io where they can be
ionised by the Sun’s ultraviolet radiation. Io therefore leaves behind a trail of ions
and this is the origin of the jon torus which has been observed about Jupiter. The
torus has the same radius as Lo’s orbit about Jupiter and lies in the magnetic
equatorial plane of Jupiter. The result of all this activity is that Io has a highly
ionised atmosphere and therefore can be considered a highly conducting sphere
moving through Jupiter's strong magnetic field. It is little wonder that this gives
rise to a number of remarkable plasma phenomena.

This is not the place to go into the details of these phenomena but one aspect
is worthy of pariicular note. Jupiter is the strongest radio emitter of all the planets,
In the wavelength range 100 MHz-10 GHz, the emission is the synchrotron
radiation of high energy electrons trapped in the radiation belts about the planet.
Presumably, these electrons are accelerated in the complex current systems in
Jupiter’s magnetosphere. There is certainly mo lack of electrons because of the
continual injection of atoms, ions and molecules from Io.

Equally remarkable is the radio emission at longer wavelengths, v ~ 10 MHz,
which has a very steep spectrum and has never been observed above about
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Figure 12.21. A schematic diagram illustrating the origins of the radio emissions from
Jupiter. The decimetre radiation (A ~ 0.1—1 m; v ~ 0.3-3 GHz} is synchrotron radiation
from Jupiter’s radiation beltts. The decametre radiation (A ~ 10-100 m; v ~ 3-30 MHz)
is gyroradiation associated with particles tied to the magnetic lines of force passing
through Io. The hectometre radiation (A ~ 1001000 m; v ~ 0.3-3 MHz) is associated
with various coberent plasma processes and has been observed from space probes since
radiation of this wavelength cannot penetrate the Earth’s ionosphere. (From A. Boischot
(1988), The Cambridge atlas of astronomy, eds J. Audouze and G. Israel, page 167,
Cambridge : Cambridge University Press.)

40 MHz. The remarkable feature of this radiation is that it is highly variable but
is strongly correlated with the position of Io in its orbit and with specific locations
on the surface of the planet. Almost certainly, this radiation is the gyroradiation of
electrons spiralling along the magentic field lines which join Io to Jupiter. The
highest frequency radiation originates closest to the planet in the region of
strongest magnetic field. In addition, the radiation has to be strongly beamed so
that the radio bursts are only observed when Io and Fupiter are in the same relative
positions. A sketch of some of these phenomena is included in Fig. 12.21.

These phenomena bear more than a passing resemblance to the observation of
gyro-radiation features in the X-ray spectrum of X-ray binaries and possibly to the
emission mechanisms in pulsars.

128  Conclusion

1 had criginally hoped that this final chapter of Volume 1 would have
provided clues to physical processes which will be important in understanding high
energy astrophysical objects such as supernovae, pulsars, guasars, radio galaxies
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and so on, the objects which will be the prime subject of Volume 2. In fact, many
of the problems are just as complex as those found in Galactic' and extragalactic
systems and, generally, much more data are available, It is striking how many of
the topics arising in this chapter will recur in Volume 2 - the acceleration of

‘charged particles, the amplification of magnetic fields in different astrophysical

environments, shock waves, the shaping of emission spectra by different energy
loss processes for electrons, and so on. The links are clear and, in my view, their
study will repay astrophysicists the effort needed io break into these ficlds.
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adiabutic bosses, 3404
of cosmic rays in the solar wind, 3404, 345
in a unifore expansion, 342
Advanced X-ray astronomy facility (AXAF),
174, 194, 196-8
proposed scientific instruments for, (97-8
Airy pattern of a circalar aperture (Airy disc),
221-3
Alfven speed, 324, 374
Alfven waves, 362
alpha () particles, 7
discovery ef, 7
aluminium, radioactive isotope of (*®Al), 127,
146-7
Anderson, C. D., 14-15, 61
Andrade, E.N.da C., 7
Andromeda Nebula (M31), 194
angalar resolving power, 217-27
annihilation of magnetic field lines, see,
reconnection of magnetic field lines

anomalus helinim componeni of the cosmic
radiation, 271, 273-4
anomalous resistivity, 379-80
antenpa temperature, 246, 257-8
anticoincidence techniques, 178-85, 187, 201,
204, 208, 211
aperture synthesis, 230-7
Earth rotation, 234-7
apodisation, 223
Apollo missions, 1601, 163
Ariel V, 189
Anel V1, 185, 280-2
arrays for detecting exiensive air showers,
286-91
astronomical seeing, 2247
agironomical units, 33
astrenomical wavebands, 18-20, 34-8
astrophysics, as a science, 1-3
atmosphere, 18-20, 206-8
depth of, 206, 287-9
density distribution with height in, 206
fluctuations in refractive index of, 235-7
opacity for photons of different wavelengths,
18-20, 34§, 2334, 264
refractive index of, 206-7
of the Sun, 358-63
turbulence of, 224-7
atmospheric windows, 35-6, 2534
Auger, P, 286
aurorae, 323, 327
autocorrelation function, 230-1
autocorrelation theorem, 231

background limited performance, 241-2, 254

background radiation of sky in optical and
infrared wavebands, 240-3

Balmer, 1. 1., 2

Barkla, C. G., 6, 92

Becker, H., 13

Becguerel, A. H., 6-7, 155

Bell, 5.1, 24-5
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Bemoully's equation, 317
beryllium-E0 (1"Be), 283
beta (B) particles, 7
discovery of, 7
Bethe--Bloch formula, 49-50, 58
Bethe—Heitter formula, 75-6, 84
big science, 265-9
binary ¥-ray sources, 26, 105
black holes, 1, 26
evaporation of, 31
Biackett, P. M. §,, 14-15, 205
BL-Lac objects (Lacertids), 23
Bohr, N.H. D, 2
Bohr model of the atom, 44
bolometric detectors, 225
Bose—Finstein disiribation, 108-12
Bothe, W. W,, 10-13
bremsstrahlung, 27, 60-1, 71-87, 3837
Bethe-Heitler formula, 75-6, 84
collision parameters for, 75-6, B34
critical energy, 84
Graunt factors for, 77-8
models for the continuum X-ray emission in
solar fiares, 3837
non-relativistie, 75-9
optical depth of a medium for, 81-2
radiation length for, 84-5, 119
relativistic, 82-7
and the gamma-ray emission of the
intersteliar gas, 87
spectral distribution of, 7T1-87
stopping power for relativistic electrons, 85-6
thermal, 75-9
of hol gas in clusters of galaxies, 26, 78-9
thermal bremsstrahiung absorption, 79-82
total energy loss rate of, 769
brighimess temperature, 245
Bristol University Gas Scintillators {(BUGS-4),
85, 280-2
brown dwarfs, 248
Bulter, C. C., 15
buoyancy of magnetic ux tubes, 363, 380-2

Canada-France-Hawaii Telescope (CFHT), 227
carbon-14 (#C) dating, 1514
calibration by tree-ring dauing, 1514

Carringron, R. C., 363

Cassegrain telescope, 231-2, 261, 264, 266

Cassiopaeia A, X-ray image of, 193

cathode 1ays, 3

Centaurus A, 209

centeal limit theorem, 23%

Chacaltaya, Mount, 186-21

Chadwick, J., 13-14

charge-coupled device (CCD), 26-30, 37, 174,
198-9, 239-40, 251-3

chemical potential, 108-9

Cherenkov detectors, 177, 1833

Cherenkov radintion, 27, 122-7, 177, 205-8,
2i1-12, 289-90, 293-5

chlorine-37 (**Cl) peutrino experiment,
212-15

chondritic meteorites, 277-9

chopping techniques for infrared astronomy,
254

chromosphere of the Sun, 358-62, 37
Clay, 1., 297, 325 :
cloud chambers, 9, 12, 14
clusters of galaxies
dynaumical evolution of, 58
dynamical friction in, 55-8
hot intergalactic gas in, 26, (03
Sunyaev—Zeldovich effect in, 113-1
virial theorem applied to, 57-8
X-ray emisston of, 26, 78-2, 194
coherence time, 229-30
coherent desectors, 229-30
coincidence techniques, 11, 178-85
collimators for X-ray telescopes, 188-9
collision parameter, 40—1, 306, 326
collision of particles in a fully ionised plasma,
347, 371--2, 394
definition of, 304—6
duration of, 42
collisionless shock wave, 323-4, 396-7
collisionless plasma, 307, 310, 3234
Coma.cluster of galaxies, hot gas i, 115-16
compact flares, 369
complex spatial coherence function, 234
Compton, A.H., 91, 325
Compion scattering, 38, 88, 91-118, 119,
199204
derivation of formulac for classical, 98-100
Klein—Nishina formula for, 99109
recoil effect in, 99, 110
Thomson cross-section for, 94-6
see also Comptonisation, inverse Compton
scattering, Thomson scatiering
Compton telescopes, 2024
Comptonisation, 105-18
conservation equations for shock waves, 316-17
conservation of magnetic flux, see magnetic flux
freezing
constants, physical, 33 .
convection in the solar atmospbere, 360-3
convertors for gamma-rays, 172-3, 200-3
convolution, 230-3
coovolution theorem, 231-3
coronal holes, 298
coronal lines, 298
COS-B, 22-3, 26-7, 22
Cosmitc Background Expiorer (COBE), 21, 25
cosmic ray ciocks, 283
cosmic ray efectroms, spectrum of, 274-5, 304
cosmic ray protons and nuclei, spectra of, 2704
corrected for solar modulation, 271-2, 355,
356
variation with the solar cycle, 301-3
cosmic ray telescopes, 178-87
anoticoincidence techniques for, 178-85
determination of characteristics of, 179
cosmic rays, 2-3, 17-18, 270-96
sbundances of the elements in, 18, 274-82
relative to cosmic abundances, 392-3
constancy of flux over lonp time-scales from
meteoritic studies, 165
diffusion of, 338-56
and the discovery of elementary particles,
1317
energy specira of, 17, 2404, 291-5
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extensive air-showers, 134, 149, 286-9%5
highest emergy, 28695
history of, 3-18 ’
inflnence: of the earth’s magnetic field, 1514,
325-30
pernitted and forbidden zones in a dipole
magnetic field, 327-9
variations of intensity as a function of
geomagnetic latitude, 325-30
influence of the solar wind upon the flux of,
297-330
isotopic abundances of 282—4
isotropy of the arrival directions of, 284-5,
295
loca) epergy demsity of, 2846
main problems to be solved, 17-18, 296
observations at the top of the atmosphere,
270-96
in the outer heliosphere, 3515
radial gradients in the outer heliosphere,
3513
scatiering by magnetic irregularities, 346-50
tracks produced in meteorites by, 161-7
variations of abundances with energy, 272-3
cosmic rays in the atmosphere, 149-51, 186-7
COSMOS high speed measuring machine,
249-50
costs of high energy astrophysics, 265-9
Coulomb scattering, 202, 208
Cowar, E., 15
Crab Nebula, 25
pulsed gamma-rays from, 23, 26-7, 202, 209
ultra-high energy gamma-rays from, 208
X-ray image of, 195
Crookes, W., 45
Crookes™ wbes, 46, 168
cross-correlation, 2301
crystai detectors, 1767
Cure, M. and P., 7
current sheets, see neutral current sheets
cyclotron freqoency, 332-3
Cygnus-A, 235-7
Cygnus X-1, X-ray spectrum of, 111, 114
Cygnus X.3, 27

dark current, 240-2, 251-2
DC electric field acceleration of charged
particles, 393-5
de Broglie wavelength, 131-2
Debye lengih, 306
deconvolution, 2367, 263
delta rays, 54-5, 1567
density effect, 50
detectors, 155-177, 246-60
background-limited performance, 241-2
charge-conpled devices (CCDs), 29-30, 37,
174, 198-9, 239-40, 251-3
Cherenkov, 122, 127, 177
coberenl and incoberent, 229
crystal, 176-7
detector-noise limited performance, 241-2
for cosmic ray electrons, 1857
for gamma-rays, 172, 1757
for high energy particles, 155-77
for infrared radiation, 253-6
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for millimetre radianon, 246-7
for optical radiation, 29-30, 247-53
for neutrinos, 210-13
for radia waves, 2467
for X-rays, 167-77
for ultra-violet radiation, 247-53
for ultra-high energy gamma-rays, 122, 205-9
gas-filled detecrors, 167-73
Geiger counters and spark chambers, 68-9,
172-3
microchannel plate, 187, 192-3
nuciear emulsions, 1557
photoelectric, 248
proportional couniers, 168-72
scintillation detectors, 1745
semiconductior devices, 1734
sensitivities of, 23746
solid-state devices, 172-7
detectior-noise limited performance, 241-2
diffraction limited telescopes, 21727, 242,
2613
diffraction pattern of telescope aperture or
diffraction grating, 217-27, 231-2
diffusion cocfiicients for bigh energy particles due
to scaitering by magnelic irregularities,
346-50
diffusion equation for high energy particles,

diffusion of magnetic flax, 310-11, 372-3, 377
diffusion-convection model for solar
modulation, 33940, 351-3
empirical model for, 3446
diffusion-loss equation for electrons in solar
fiares, 386
diffnsion-l

for particles in the sojar
wind, 3434
digicon detectors, 2501
Dirac, P. A. M., 14
discovery of,
subatomic particies, 1890-1910, 3-7
cosmic rays, 7—13
dissipation of magnetic field energy, 310-11,
723, 371 .
dissipative tbermal mode} of the X-ray emission
from solar fiares, 3867
double layers, 3356
double radio sources, 20
Dreicer field, 31945
Drude model of electrical conductivity, 304-5
dust, mtersteltar, 28
dynamical friction, 55-8
dynamics of cherged particles in dipole magmetic
field, 325-30
dynamics of charged particles in magnetic fields,
331-56
in a dipole magnetic field, 325-30
in the beliosphere, 3535
irregular magnetic fields, 333-8, 347-9
time-varying magnetic ficld, 333-8
imiform static Held, 331-3

Earth's mapmetic field, 325-7
dynamics of charged particles in, 325-30
economics and politics of high energy
astrophysics, 265-9
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Effelsberg radio telescope of the Max Planck
Institut fiir Radicastronomie, Bonn, 225
Eiffel tower, 9
Einsiein, A., 89, 91, 108, 21617, 244
Einstein coefficients for emission and absorption
of radiation, 801
Einstein X-ray satellite observatory (HEAO—B),
26, 191-5, 196-7, 364
scientific highlights of, 194
scientific instcuments of, 191-3
sensitivity of, 194
electrical conductivity of a fully jonised pk

footpoints of magnetic Joops, 363, 374, 384
farce equation, 310
four-vectors, definifions, 33-4

.acceleration, 69-70

frequency, 98

momenturn, 48-9, 62, 98, 128 -

potential in electromagmetism, 66
Fourier transform optics, 217-25, 230-7
Fourier transforms, 70, 230-1, 346-7
fragmeniation cross-sections, see spallation,

‘cross-sections

304-7, 363, 3712
electromagnetic showers, see electron-photon
cascades
electron, discovery of, 6
cleciron runaway, 394
electron-photon cascades, 120-2
critical energy for, 120-1
associated with nucleonic cascades, 146-50
produced by ulira-high energy gamma-rays,
27, 2059
electron—positron aunihilation, 88, 127-30
cross-gection for, 130
511 keV line of, 27, 88, 127, 129-30, 141-4,
3523
electron—positren pair prodoction, 38, 88, 118-22,
127, 199K
radiation Jength for, 119
see also eectron—photon cascades
electroscope, gold-leaf, 7-9
emerging flux model of solar flares, 3802
encircled energy function, 221-4, 232
energy density of cosmic rays, 284-6, 3556
energy losses for high energy electroas, see
bremsstrahlung, cherenkov radiation,
inverse Complon scattering, ionisation
‘osses, synchrotron radiation
energy spectra of cosmic rays,
electrons, 274-5
for highest energy particles, 286-95
protons and nuclei, 270-74
enthalpy, 317
equation of continnity, 314
equivalent noise temperature, 244
etched cone lengths, 159-61, 163
total etchable iength, 161-3
Ewen, H. L, 29
exchange of energy between photons and
electrons by Compton scaltering, see
Comptonisation
Explorer II, 200
explosive nucleosynthesis, 143-5
extensive air-showers, 134, 149, 284-91
development of, 286-91
estimation of energies, of, 286-91
rates of occurrence of, 288-91

Fermi-Thomas model of atom, 834

first ionisation potential, ordering of
abundancies of cosmic rays by, 391-3

flash phase of solar fiare, 365-70

fiux density, 239, 246, 257-8

flux freezing, see magnetic filux freezing

Fly's Eye telescopes, 289-90

Fraonbofer diffraction pattern, 219-2
"Fraumhofer lines in the solar spectrum, 363-70
free—free, emission, see bremsstrahlung
full-width half-maximum, 225

galactic coordinates 2}
galactic pamma rays, see gamma-ray emission
from the Galaxy
galactic radio emission, 20-1, 2467
Galaxy, the, 21-2
images in different wavebands, 21-3
Galbraith, W., 205
gallium experiment (GALLEX), 215
gallivm neutrino experiments, 215
gamma-ray astronomy, 25-7, 38
gamma-ray background, 26, 201
gamma-ray bursts, 27
pamma-ray emission from the Gataxy, 22-3,
26-7, 202
discovery of, 201
511 keV line of electron—positron
annihilation, 129-30
predicted line and continuum emission of the
intersteltar gas, 1425
gamma-ray line emission, 27
from the intersteliar gas, 142-5
from solar flares, 141-3, 382-3, 3878
from supernova explosions, 142-5
from SMN1987a, 1436
Gamma-ray Observatory (GRO), 106, 2045
scientific instruments of, 204-5
gamma-ray sources, 202
gammma-ray telescopes, 199209
Zamina-rays
discovery of, 7
electron—photon cascades, 120-2
energy hoss mechanisms for, 88~-130, 199
production in pion decay, 18, 23, 26, 147-9
total mass absorption coefficient for, 199
ultra-high energy, 27, 38, 205-9
pas-filled deteciors, 167-73
Gauni factors, for,
bremsstrahlung, 77-8
electricai conductivity of a plasma, 306-7,
in
iomisation losses, 42-4, 48-9
mean free path of charged particles in 2
plasma, 306-7, 371-2
Geiper-Maller detector, 10-11, 13-14, 163-9,
172-3
Geissler, . H W, 5
general theory of rejativity, 2, 25
promagnetic aa index, 300-1
geomagnetic cut-off, 300, 327-30
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geomagnetic latitude, 325-6

grading of telescope aperture, 223
Grand Unified Theories (GUTS), 212
grating arrays of aerials, 232-4
gravitational radiation, 2

" gravitational relaxation time, 56

grazng incidence reflection, 37, 188-9, 191-3
*Great Observatories ™ programroe of WASA,
104, 2045, 260-7

guiding centre motion, 332-8, 347-8
gyrofrequency, 332-3

relativistic, 332
gyroradiation of lo, 398
gyroradins, 284, 307, 332, 347-9

of high energy cosmic rays, 284
gyrosynchroiron radiation, 363, 387

H-o line emission in solar flares, 363-70
Hawking, 5. W, 31
HEAO A-1 survey of the X.ray sky, 22
HEAQ A-2 observation of X-ray emission from
clusters of galaxies, 78-9
HEAO-B see Einstein X-ray satellite
obscrvatory
HEAO-C, observations of gamma-ray line
emission, 27, 146-7
HEAQO-C2 cosmic ray telescope, 183-3
and the chemical abundances of cosmic rays,
278-80
HEAQ-C3 heavy cosmic ray telescope, 183,
185-6
abundances of elements derived from, 2802
heating of molecular clouds by ionisation losses
of high energy particles, 55, 58, 3556
heavy-ion flares, 391
belioseismology, 358
heliosphere, outer, 351-5
“helmet and streamer’ model of solar flares,
380-1
Hercules X-} (Her X-1)
time variations of X-ray flux from, [91-2
ultra-high energy pamma-rays from, 27
Hertz, H. R, 3, 5-6
Hess, V. F., 9-10
heierodyne receivers, 258—60
Hewish, A., 24-5, 134
energy astrophysics
history of, 1831
nature of, 1-3
of the solar system, 357-99
high epergy pamdes im solar flares, 382-93
highest energy cosmic rays, 18, 286-95
chemical composition of, 2035
energy specira of, 291-4
isotropy of, 18, 295
observations of, 291-5
rate of armival of, 291-2
Hintoro satellite, 357
history of,
cosmic ray physics, 3-18
high energy astrophysics, 18-31
Hodgson, R., 363
hodoscope, 183-5
hot Big Bang model of the Universe, 24, 31,
105
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formation of helium in, 282
neutrine background of, 210

" HII regions, radio spectrum of, 82

Hubble Space Telescope (HST), 196, 2247,
2331-2, 239, 242, ME, 250-3, 158-64
fine guidance sensors, 262
probiems of, 261, 263
scientific instruments of, 259
specification ané performance goals of, 258
Hubble's constant, measurement using hot gas
in clusters of galaxies, 117
Huygens® constructror, 122, 218
hydroxyl radicai (OH), 29

image intensifiers in optical and uluaviolet
astronomy, 248-50
image photon counting system (IPCS), 239,
2501
IMP-ITI, 178-81
IMP-§, 351-2
impact parameter, 326 see also collision
parameter
impulsive phase of solar flare. 365-9, 3824
mcoherent detectors, 229
inelastic cross-sections for nuclear interactions,
131-2, 136-8
infrared astronomy, 28, 253-7
infrared wavebands, 2§, 36, 2534
Infrared Astronomy Satellite (IRAS), 22, 28,
224-5, 254, 264
infrared detectors, 2536
infrared telescopes, design of, 240
infrared map of the Galaxy, 22
Infrared Space Observatery (IS8Q), 2245, 254,
264
mtensity of radiation, 79
of black-body radiation, 79
intensity of sky background in optical and
infrated spectral regions, 242-3
interactions of high energy photons, 88-130
interactions of high energy protons and nuclei
with matter, 131-53
interferometry, 230-7
Internationai Ultraviolet Explorer (IUE), 2’1‘ 28
interplanetary mediom, 298-9, 304
diffusion of particles in, 338-46
interstellar chemistry, 2%
interstellar molecaies, 28-9
invariance of epergy loss rate by radiation, 62,
70, 103
imverse Compton scattering, 27, 88, 98-9, 100-5
emission spectrum of, 103-5
energy loss rate due to, 103
Io, 397-8
jon torus about Jupiter, 397-8
ion-acoustic instability, 380
ionisation losses, 39-59, 168
Bethe—Bloch formula, 49-50, 58
delta-rays, 54-5
density effect in, 50
of electrons, 60-1
limits 10 collision parameters, 424, 459
non-relativistic treatment, 40—4
number of electron-hole pairs created by, 172
numbers of jon pairs created by, 55, 169
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practical forms of the formulae for, 51-5
range of high energy particles in matter, 52-4
relativistic treatment, 45-50 . :
roie i heating giant molecular clouds, 55
shieiding effects at large collision parameters,
50 .
in solar fAares, 383-6
spectrum of gjected electrons, 48
stopping power for, 513
stagpling, 54 .
iron lines observed from het intergalactic gas in
clusters of galaxies, 789 .
irregularities in the magnetic field in the solar
" wind, 338-9
Irvine-Michigan-Brookhaven (IMEB)
expenment, 210-i2
1SEE-C, heavy isotope spectrometer of (HIST),
1824
isotopic abundances of cosmic rays, 1814
measured isotopic abundances, 282
problems of determining, 181, 184-5
see also veryllium-10
isotropy of cosmic rays, 284-5, 295
from muons underground, 284-5

James Clerk Maxwell Telescope (JCMT), 224-5
Jansky, K. G., 20

Jeliey, 1. V., 265

Joliot, J. F., 13-14

Joliot-Curie, 1., 13-14

Jupiter’s radio emission, 397-8

Kamioka Nuclear Decay Experiment
{Kamickande), 210-12, 215

kaons, discovery of, 135

Keivin—-Helmholtz instability, 323, 362

Keplet, 1., 2

Kepler's supernova, X-ray image of, 195

Klein—Nishina formula, 99100

Kohlhérster, W, 9-13

Kompaneets equation, 109-16

lambda-particles (A), discovery of, 15

Jarge-scale distribution of galaxies in the
Universe, 248, 250

Larmor’s formula for radiation of accelerated
charged particle, 65, 71, 92

Liénard-Wiechert potentials, 69

local oscillator, 260

local supercluster of galaxies, 295

Lorentz factor, 33

Lorentz gauge, 68

Lorentz transformations, 33

Lunik II, 299

Mach number, 318

Magelianic Clouds, 22, 194

magnetic beoyancy, 3734

magnetic field of the Earth, variations in
magnetic dipole moment over last 9000
years, 1514

magnetic field in the solar atmosphere, 361-3,
371-82

magnetic fieid in the solar wind, 299, 304,
3[2-15

magoetic flux freezing, 307-13, 338
application to the solar wind, 312-15
mathematical approach, 310-12

. physical approach to, 308-10
in the Son, 361, 363, 371-3

magpetic mirroring, 335-6 o

magnetic moment of catrent loop, 3356,

magnetic Reynolds” pumber 372

magnetic rigidity, see, rigidity,

magnetohydrodynamies, 307, 310-12, 338, 361,

363
basic equations of, 310-11
of solar flares, 37182

magnetopause, 322

maguetosheath, 322-3

magnetosphere of Earth, 3204, 325
acceleration of particles in, 3%6-7

magnetotail, 322-3

main phase of solar flares, 365-70

Mariner 2, 299

Mariner 4, 346-7

‘maser, interstellar, 29

Maunder minimum, 1534

Maxwell, James Clerk, 3

Maxwell’s equations
in freg space, 66
in magnetohydrodynamics, 310-11

mean [ree path
of a particle diffusing in an Tregular magnetic

field, 34950
of a proton in a plasma, 305-7, 371

measuring machines, high speed, 248-50

merged interaction regions, 353-4

mesotrons, discovery of, 14-15

M87, 25

meteorites, 161-7
abundances of the elements in, 2779
ages from studies of spallation products it,

165
effects of bombardruent by cosmic rays, 163

meteorites as detectors of cosmic rays, 161-7

evidence for the constancy of the cosmic ray
flux from, 165

microchannel plate delectors, 187, 192-3

microwave background radiation, 21, 24-5
distortion of the spectnum of, 111-13
spectrum of, 24

Milky Way, 21-2

Mitlikan, R. A., 9, 14

millimetre and submillimetre astropomy, 35-6

millimetre emission of the Galaxy, 21

millimetre-wave receivers, 2447, 25660

mxers, 260

modulation, see solar modulation

moduiation theorem, 231

modulation transfer function, 225, 232

molecular line astronomy, 28-9

monthly supspot number, 3001

Monte Carlo techniques, 137

MOSFET amptifiers, 256

Mount Washington neuwtron mounitor, 300-1

muons,
counters, as a measure of cosmic ray flux in

the atmosphere, 300-1
decay of, 148-9
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discovery of, 15

isotropy of cosmic ray flux from studies of,
148 -

relativistic -time dilation for, 48

" Neddermeyer, S. H., 14-15

peutral hydrogen, 26-%
peutral current sheet, 313-15, 322-3, 363,
374-80, 393-5
neutrinos, 131, 210-13
in astrophysics, 210
scatiering, 212
neutring telescopes, 210-15
neutron,
counters and measurements of the cosmic ray
flux in the atmosphere, 300-1
discovery of, 13-14
kiberated by cosmic rays in the atmosphere,
151
liberated in solar fiares, 387-8
neulron capture line emission, 387-8
neutron stars, 1, 25-6, 31, 191
Newton, Isaac, 2
N-galaxies, 23
noise equivalent power (NEP}, 2556
noise power, 244-6
noise temperature, contributions to, 246-7, 260
nuclear emission lines, 140-6
cross-sections for the excitauon of, 140-2
puclear emolsions, 1517, 155-7
stripped, 156-7, 185
ouclear interactions, 39, 131-54
cross-sections for, 131-9
mean free path for protons and nuclei in the
atmosphere, 133
spatlation fragments, 133-9
see also spailation
nuclear testing, effects on “C in atmosphere,
1534
mcleonic cascades, 146-9, 1501, 286-91
Nyquist's theorem, 244

Occialini, G. P. 5., 14

occupation number, 109-13

0GO-1, 180-2

Obm’s law, 311

ohmic losses in neutral current sheets, 375-80

optical astronomy, [8-20, 29-30, 36-7

Orion Molecular Cloud 1, infrared images of,
95-7 .

Orion Nebular, infrared image of, 257

OB80-II, 26, 200-1

pair-production, see electron—positron pair
praduction.

Palomar 5-metre telescope, 223

paraboloid-hyperboloid mirrors for X-ray
imaging, 192-3, 197, 199

Parker, E. N., 208-9

Parseval's theorem, 70-1, 125, 131, 346

particle diagnestics using the Earth’s magnetic
field, 327-3¢

penetrating pawer, 7

of cosmic rays, 9
Penzias, A. A., 24
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Perseus cluster of galaxies, 113
X-ray emission of, 78-9
Petschek mechanism, 378
phase coherence, 225
phoswich detector, 187-8
photographic plates, 15, 2030, 35 15¢
absorption edges, 8591 o 195-7. 247-9
energy dependence of, 89-91
in proportional counters, 16971
photoelectric detectors, 248
photoexcitation of nuclear emission lines; 14p-3
photographic plates, 15, 29-30, 36, 155-7, 247-9
photor-photon collisions, pair production in
1279 ’
threshold for, 128-%
photosphere of the Sun, 358-61
picture-element {pixel), 30, 242, 248
piomn,
created in nuclear interactions, 1334
discovery of, 15
pion decay, 18, 26, 127, 148-9
Pionexr [0, 3512
Pioneer 11, 315, 351-2
pionisation, 148
pitch angle of charged particle in 3 magpetic
field, 331-2
scattering in, 347-50
plasma frequency, 50
plasma sheet, 322-3
plastics and meteorites as cosmic ray detectors,
15867
results from using, 160-2
point-spread function, see diffraction patiexa of
a telescope or aperture
politics of high energy astrophysics, 265-9
positron,
discovery of, 14
production mechanisms for, 127
positronium atoms, 127
Powell, C.F., 15
power spectrum of magnetic irregularities in the
Solar Wind, 346-50, 351
power theorem, 231
Poynting vector, 63-4, 93, 1234
preflare phase of solar flare, 365-9
principle of detailed balance, 79
proportional counters, 37, 89, 168-72
position-sensitive, 171-2
specrral response of, 170-1
statistical precision of, 171
proton decay experiments, 2i0-12
puisars, 24-§
pulsating X-ray sources, 26, 19i-2
pulse-shaped discrimination, 187-8, 204
Purcelt, E. M., 29

quasars, 23, 27, 248
quasi-stellar radio sowrces, see quasers

tadiation belts of the Earth, 3356, 363
radiztion damage, 39, 15861
density of, 158-9
etching techniques to measure, 159-60, 163
materials used to measure, 158-9
rechniques for measuring, 15861, 163
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radiation of an accelerated electron, 61-70
energy loss rate, 65
moving at relativistic velocities, 69-70
polar diagram of, 64-35
polarisation of, 64-5
spectral distribution of, 70-1
. 1. Thomson's treatment of, 62-6
radio astronomy, 20-5 , 343
radic emission of the Galaxy, 20-1, 2467
radio galaxies, 20-3
radio receivers, 20, 2447, 256-60
radioactive nuclei created in supernova
explosions, 142-5
radioactive nuclei produced by spaliation,
WHe a5 a cosmic ray clock, 283
MC apd *H in the atmosphere, 1514
in meteorites, 1657
radioactivity, discovery of, 67
radiogarbon dating, 1514
random walk 304-5
in determining the conductivity of a fully
jomised plasma, 305-7 ]
in scattering of cosmic rays by magnetic
irregularives, 347-50
range, 7
of high energy particles iz matter, 524
1esidual, 1567
Rayleigh criterion, 221, 225
Rayleigh—Jeans region of the spectrum, 216-17,
245
Rayleigh's theorem, 231
read-oul noise, 240-2
recoil effect, 99
reconnection of magnetic lines of force, 323, 363,
374-80
relativistic bremsstrahlung, see bremsstrahiung
relativistic collision between a high energy .
. particle and a stationary electron, 45-9
relativistic plasma, 23
relativistic transfi tion of an i square
law electric field, 45-7
relativistic ransformations of electric and
magnetic fields, 45-7
residual range, 1567
resolving power of a telescope, 217-27
rigidity, 186, 272, 301-3, 331-3, 334-5, 347-9
rise-time discrimination, 187-8
Rochester, G. D, 15
Rantgen, W. C., 5-6, 155
Rontgensatellit (ROSAT), 198-9
Ramhkorff, H.D., 5
Rutherford, E., 79, 13, 168, 174
Ryle, M., 234

SAS-II, 26, 2012

scaiar polential for the clectromagnetic field,
66-7

scatiering of charged particles by magnetic
irregularities, 346-50

Schmidt telescopes, 248-9

Schwarzschild radius, 25 .

scintiliation desectors, 37, 174-6, 204

secondary radiation, 146-51

development of in the atmosphere, 146-9,

149-51

seeing, 224-7, 242
seeing celis, 235-7, 242
seeing disc, 26
semiconducior ‘materials for infrared deteciors,
254-5 '
sensitivities of astronomical detectors, 23746 -
opuical and infrared detectors, 23743
radio and millimetre receivers, 244-7
X-ray telescopes, 190-1
shift theorem, 231, 235
shock waves, 315-20, 3214
acceleratton of charged pariicles in, 3%6-7
collisionless shocks, 323-4
conservation equations for, 316-17
Earth's bow shock, 3204
in a perfect gas, 316-19
oblique shocks, 321
strong shock waves, 31920
supersonic piston, 319-20
sigma (T) particles, discovery of, 17
signal-to-noise ratio,
for optical and infrared telescopes, 239-242
for X-ray telescopes, 190-1
similarity theorem, 231
simple loop flares, 369
SIS devices for millimetre astronomy, 260
Skobeltsyn, D., 9-10, 12-13
sky backpround, 240-3 .
Skylab space laboratory, 357, 360, 370
solar activity, 300-1, 338
solar corona, 298, 35863
heating of, 298, 362-3
solar cosmic rays, 163-7
solar cycle, 300-3
solar energetic particles, 388-93
element abundances in, 391-3
compared with cosmic abundances, 391-3
ordered by first ionisation potential, 391-3
energy spectra of, 388-90
energy specira of electrons in, 390-1
zolar flares, 357, 363-71
acceleration of particles in, 3936
energy released by, 370-1
gamma-ray emission of, 36470, 382-8
gamma-ray lines from, 141-3
high energy particles i, 382-93
magnetic fields in, 371-82
models for, 380-2, 3834
pewtral current sheets in, 374-80
observations of, 363-70
reconnection of lines of force n, 376-80
two-ribbon, 364-70
X-ray emission of, 364-70
Solar Maximum Mission (SMM), 141-3, 145-6,
35
solar modulation of cosmic rays, 1524, 186,
270-2, 274, 3004, 338-56
demodulation of ¢pergy spectrum of cosmic
rays, 270~-2, 344-6, 355-6
diffusion-convection model for, 33940, 35§-3
effects on cosmic ray electron spectrum,
274-5, 304
effects of shocks and high velocity streams,
3534
evidence for, 300—4
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at Jarge heliocentric distances, 3513
theory of, 33856
solar neatrinos, 210, 212-15
problem of, 213-15
solar prominences, 364, 369
solar system abundance of the elements, 277-9
solar system, high energy astrophysics, of
35799
solar—terrestrial relations, 299-300
solar wind, 24, 297-324, 325, 331, 338-9, 343-50
dynamics of high energy parcticles in, 333,
338-9, 343-56
evidence for solar modulation, 3004
power spectrum of irregularities m, 34651
sector strueture in magoetic field of, 314-15
structure of magnetic field in, 312-15
iypical parameters of 292, 312
solid-state detectors, 172-7
Soviel-American gallium experiment (SAGE),
215
Space Infrared Telescope Facility (STRTF), 196,
264-7
scientific instruments of, 266
specifications of, 265
Space Shuttle, 196-7, 260
Space Telescope, see Hubble Space Telescope
Space Telescope Science Institaie {STScI), 263
spallation, 133-9, 273, 280, 2824
determination of cross-sections, 134-9
experimental determination of cross-sections
for, 13841
processes in meteorites, 165-7
semi-empirical relations for, 13841
in solar flares, 382--3, 388
variations of cross-sections with energy,
13941
spark chambers, 168-9, 172-3, 199-202, 204
special relativity, 33-4
speckie patteros, 226-7, 2357
Sporer minimum, 1534
85433, 209
stand-off shocks, 320-2
star clusters,
dynamical evolution of, 57-8
dynamical friction in, 56-8
star formation, regions of, 28-9
stimulated emission, 80-1, 109-10
stopping power,
for bremsstrahlung, 856
for ionisation losses, 51-3
Stermer, C., 325
Starmer units, 3268
straggling, 54
strange particles, discovery of, 15
Sun,
internal structure of, 358
neutrino huminosity of, 210
phenomena observed on the surface of, 3634
photospheric abundances of the elements in,
27
photosphenic temperature of, 297
reversal of magnetic polarity of, 353
soft-X ray image of, 360
sunspod number, 3K-3
variations over iast 1000 years, 1534
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Sunyaev—Ze,idovich effect, 113-17

. superluminal velocites, 233, 238

supernovae, 23, 31, 143-7, 1584, 195, 210, 320
SNR 1006, X-ray image of, [95
SN1987a, 131, 143-4, 210-12
gamma-ray lines from, 1436
infrared lines of cobalt and nickel, 145-7
neutrinos from, 210-12
superposition of random electromagnetic waves,
228-30
sipersonic flow, see shock waves
supersonic piston, 31520
sympathetic flares, 370
synchrotron radiation, 17-18, 201, 274, 304,
387, 397-8
system noise lemperature, 246

tearing-mode instabiiity, 362-3, 378-80
telescopes, 178215
cosmic ray, 178-87, 286-91
gamma-ray, 1959209
infrared, 240-3, 2536
negtring, 210-15
optical, infrared and oltraviolet, 216-27
radio, 216-25
X-ray, 187-99
temperature—wavelength relation, E8-20
theoretical astronomy, 30-1
tnermal background radiation, 240-3, 254
thick 1arget bremsstrablung model for the X-ray
emission of solar flares, 383-7
Thomson, J.J., 5-6, 62-6, 92
Thomson cross-section, 52, 94
differential, 94
Thomson scattering, 92-7
optical depth for, 35-6
polarisation of, 93-7
3C273, 23-4, 26, 202,°235, 138
threshold detectors, 122, 127, 177
time dilavion, relativistic, 148
transient gamma-ray sources, 204-3
transition region of the solar aunosphere, 358-9
transmission of the atmosphere, 18-20, 35-6.
at all wavelengths, 18-20
at infrared and submillimetre wavelengths,
35-6
transparency of the atmosphere, see
transtmission of the aimosphere
transuranic elements, 281-2
tritiusn, 151
two-ribbon flares, 364-70, 380-2
Tycho Brahe, 2
type III solar radio bursts, 370

UHURU X-ray observatory, 26, 189-91
UK Infrared Telescope (UKIRT), 225-6,
256-7
UK Schmidt Telescope, 246-9
ulira-high coergy gamma rays, 27, 38, 122-3,
127-9, 204, 205-9
ultraviolet astronomy, 27-8, 37
Ulysses mission, 354
uniis, 32-3
astronorical, 33
conversion factors, 32
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unmodulated spectrum of cosmic rays, 270-2,
344-6, 355-6
u-v plane, 234-7

van de Hulst, H., 289

variations of abundance of elements in cosmic
rays with energy, 272-3

vector potential for the electromagnetic field,
6569

Vela satellites, 27

Vela supernova remnant, pulsed gamma-tays
from pulsar in, 23, 26, 202, 208

Very Large Array (VLA), 234-7

Very Long Base-line Interferometry (VLBI),
21358

Villiard, P., 7

virial thegrem, for clusters of stars and galaxies,
57

vor Lave, M. T.F., &

Voyager 1 and 2, 315, 351-4, 397

wavebands, astronomical, 34-8

wavefront error, 223-7

Wide Field/Planetary camera of the Hubble
Space Telescope, 252-3

Wien distribution, [110-12

‘Wien region of the spectrum, 216-17

Wilson, C. T. R, 8-9, 13

Wilson, R. W., 24

Wolf minimum, £534

Wull, T.. 9

Xi () particle, discovery of, 17

XMM X-ray spectroscopy missien of ESA, 199

X-ray, discovery of, 6

- K-ray absorption coefficient for interstellar gas,
901 '

X-ray astronomy, 25-6 - :
X-ray background radiation, 22-3, 25, 190
Xaray emission from hot intergalactic gas in
clusters of galaxies, 26, 194
X-ray map of the sky, 22 .
X-ray observations of solar flares, 382-§
continuurn emission, 383-7, 391
X-ray source counts, 194
X-ray stars, 25, 26, 194
X-ray telescopes, 187-99
Advanced X-ray astrosomy facility (AXAF),
196-8
design of, 187-99
Einstein X-ray observatory, 191-5
UHURU X-ray observatory, 26, 189-91
KMM, 199
X-ray term diagram, 89-90
X-ray waveband, 37

Yukawa, H., 14-5
Zeeman, P, 5

zodiacal light, 22
Zurich relative sunspot number, 300-1
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